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1 Topics

The study of compact objects such as white dwarfs, neutron stars and black
holes requires the interplay between nuclear and atomic physics together
with relativistic field theories, e.g., general relativity, quantum electrodynam-
ics, quantum chromodynamics, as well as particle physics. In addition to the
theoretical physics aspects, the study of astrophysical scenarios characterized
by the presence of at least one of the above compact object is focus of exten-
sive research within our group. The research of our group can be divided
into the following topics:

• Nuclear and Atomic Astrophysics. We study the properties and pro-
cesses occurring in compact stars in which nuclear and atomic physics
have to be necessarily applied. We focus on the properties of nuclear
matter under extreme conditions of density, pressure and temperature
in the compact star interiors. The matter equation of state is studied in
detail taking into account all the interactions between the constituents
within a full relativistic framework.

• White Dwarfs Physics and Structure. The aim of this part of our re-
search is the construction of the white dwarf structure within a self-
consistent description of the equation of state of the interior together
with the solution of the hydrostatic equilibrium equations in general
relativity. Non-magnetized, magnetized, non-rotating and rotating white
dwarfs are studied. The interaction and evolution of a central white
dwarf with a surrounding disk, as occurred in the aftermath of white
dwarf binary mergers, is also a subject of study.

• White Dwarfs Astrophysics. We are interested in the astrophysics of
white dwarfs both isolated and in binaries. Magnetized white dwarfs,
soft gamma repeaters, anomalous X-ray pulsars, white dwarf pulsars,
cataclysmic variables, binary white dwarf mergers, and type Ia super-
novae are studied. The role of a realistic white dwarf interior structure
is particularly emphasized.
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1 Topics

• Neutron Stars Physics and Structure. We calculate the properties of the
interior structure of neutron stars using realistic models of the nuclear
matter equation of state within the general relativistic equations of equi-
librium. Strong, weak, electromagnetic and gravitational interactions
have to be jointly taken into due account within a self-consistent fully
relativistic framework. Non-magnetized, magnetized, non-rotating and
rotating neutron stars are studied.

• Neutron Stars Astrophysics. We study astrophysical systems harbor-
ing neutron stars such as isolated and binary pulsars, low and inter-
mediate X-ray binaries, inspiraling and merging double neutron stars.
Most extreme cataclysmic events involving neutron stars and their role
in the explanation of extraordinarily energetic astrophysical events such
as gamma-ray bursts are analyzed in detail.

• Radiation Mechanisms of White Dwarfs and Neutron Stars. We here
study the possible emission mechanisms of white dwarfs and neutron
stars. We are thus interested in the electromagnetic, neutrino and grav-
itational wave emission at work in astrophysical systems such as com-
pact star magnetospheres, accretion disks surrounding them and inspi-
raling and merging relativistic binaries such as double neutron stars,
neutron star-white dwarfs, white dwarf-white dwarf and neutron star-
black hole.

• Exact and Numerical Solutions of the Einstein and Einstein-Maxwell
Equations in Astrophysics. We analyze the ability of analytic exact so-
lutions of the Einstein and Einstein-Maxwell equations to describe the
exterior spacetime of compact stars such as white dwarfs and neutron
stars. For this we compare and contrast exact analytic with numerical
solutions of the stationary axisymmetric Einstein equations. The prob-
lem of matching between interior and exterior spacetime is addressed
in detail. The effect of the quadrupole moment on the properties of the
spacetime is also investigated. Particular attention is given to the appli-
cation of exact solutions in astrophysics, e.g. the dynamics of particles
around compact stars and its relevance in astrophysical systems such as
X-ray binaries and gamma-ray bursts.

• Critical Fields and Non-linear Electrodynamics Effects in Astrophysics.
We study the conditions under which ultrastrong electromagnetic fields
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can develop in astrophysical systems such as neutron stars and in the
process of gravitational collapse to a black hole. The effects of non-
linear electrodynamics minimally coupled to gravity are investigated.
New analytic and numeric solutions to the Einstein-Maxwell equations
representing black holes or the exterior field of a compact star are ob-
tained and analyzed. The consequences on extreme astrophysical sys-
tems, for instance gamma-ray bursts, are studied.
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Brazil)
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• S. Filippi (Università Campus Biomedico, Rome, Italy)

• C. L. Fryer (University of Arizona; Los Alamos National Laboratory,
USA)

• E. Gacı́a-Berro (Universitat Politècnica de Catalunya, Spain)
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• G. A. González (Universidad Industrial de Santander, Colombia)

• M. M. Guzzo (Universidade Estadual de Campinas, Brazil)

• F. D. Lora-Clavijo (Universidad Industrial de Santander, Colombia)

• P. Lorén Aguilar (University of Exeter, United Kingdom)

• S. O. Kepler (Universidade Federal do Rio Grande do Sul, Brazil)

• M. Malheiro (Instituto Tecnológico de Aeronáutica, Brazil)
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• R. V. Lobato (ICRANet; Sapienza University of Rome, Italy; Instituto
Tecnológico de Aeronáutica, Brazil)
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3 Publications 2018

3.1 Refereed Journals

3.1.1 Printed

1. Rodrı́guez, J. F.; Rueda, J. A.; Ruffini, R., On the Final Gravitational Wave
Burst from Binary Black Holes Mergers, Astronomy Reports 62, 940, 2018.

We use perturbation theory in the strong-field regime to study the inspiral-
to-plunge transition of a test particle into a Kerr black hole. We found
a smooth transition, without burst, and with lower energy and angu-
lar momentum radiated in gravitational waves with respect to previous
treatments in the literature. Besides their theoretical interest, our results
are relevant for the waveform templates of binary black hole mergers
used for gravitational waves detection which are constructed on the ba-
sis of a inspiral-to-plunge transition with a high energetic burst.

2. Rueda, J. A.; Ruffini, R.; Becerra, L. M.; Fryer, C. L., Simulating the in-
duced gravitational collapse scenario of long gamma-ray bursts, International
Journal of Modern Physics A 33, 1844031, 2018.

We present the state-of-the-art of the numerical simulations of the su-
pernova (SN) explosion of a carbon-oxygen core (COcore) that forms a
compact binary with a neutron star (NS) companion, following the in-
duced gravitational collapse (IGC) scenario of long gamma-ray bursts
(GRBs) associated with type Ic supernovae (SNe). We focus on the con-
sequences of the hypercritical accretion of the SN ejecta onto the NS
companion which either becomes a more massive NS or gravitationally
collapses forming a black hole (BH). We summarize the series of results
on this topic starting from the first analytic estimates in 2012 all the
way up to the most recent three-dimensional (3D) smoothed-particle-
hydrodynamics (SPH) numerical simulations in 2018. We present a new
SN ejecta morphology, highly asymmetric, acquired by binary interac-
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3 Publications 2018

tion and leading to well-defined, observable signatures in the gamma-
and X-rays emission of long GRBs.

3. Rueda, J. A.; Ruffini, R.; Wang, Y.; Aimuratov, Y.; Barres de Almeida, U.;
Bianco, C. L.; Chen, Y. C.; Lobato, R. V.; Maia, C.; Primorac, D.; Moradi,
R.; Rodriguez, J. F., GRB 170817A-GW170817-AT 2017gfo and the observa-
tions of NS-NS, NS-WD and WD-WD mergers, Journal of Cosmology and
Astroparticle Physics, Issue 10, 006, 2018.

The LIGO-Virgo Collaboration has announced the detection of GW170817
and has associated it with GRB 170817A . These signals have been fol-
lowed after 11 hours by the optical and infrared emission of AT 2017gfo.
The origin of this complex phenomenon has been attributed to a neu-
tron star-neutron star (NS-NS) merger. In order to probe this association
we confront our current understanding of the gravitational waves and
associated electromagnetic radiation with four observed GRBs origi-
nating in binaries composed of different combinations NSs and white
dwarfs (WDs). We consider 1) GRB 090510 the prototype of NS-NS
merger leading to a black hole (BH); 2) GRB 130603B the prototype of
a NS-NS merger leading to massive NS (MNS) with an associated kilo-
nova; 3) GRB 060614 the prototype of a NS-WD merger leading to a
MNS with an associated kilonova candidate; 4) GRB 170817A the proto-
type of a WD-WD merger leading to massive WD with an associated AT
2017gfo-like emission. None of these systems support the above men-
tioned association. The clear association between GRB 170817A and AT
2017gfo has led to introduce a new model based on a new subfamily
of GRBs originating from WD-WD mergers. We show how this novel
model is in agreement with the exceptional observations in the optical,
infrared, X- and gamma-rays of GRB 170817A-AT 2017gfo.

4. Ruffini, R.; Rodriguez, J.; Muccino, M.; Rueda, J. A.; Aimuratov, Y.; Bar-
res de Almeida, U.; Becerra, L.; Bianco, C. L.; Cherubini, C.; Filippi, S.;
Gizzi, D.; Kovacevic, M.; Moradi, R.; Oliveira, F. G.; Pisani, G. B.; Wang,
Y., On the Rate and on the Gravitational Wave Emission of Short and Long
GRBs, The Astrophysical Journal 859, 30, 2018.

On the ground of the large number of gamma-ray bursts (GRBs) de-
tected with cosmological redshift, we classified GRBs in seven subclasses,
all with binary progenitors which emit gravitational waves (GWs). Each
binary is composed of combinations of carbon-oxygen cores (COcore),
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3.1 Refereed Journals

neutron stars (NSs), black holes (BHs), and white dwarfs (WDs). The
long bursts, traditionally assumed to originate from a BH with an ultra-
relativistic jetted emission, not emitting GWs, have been subclassified
as (I) X-ray flashes (XRFs), (II) binary-driven hypernovae (BdHNe), and
(III) BH-supernovae (BH-SNe). They are framed within the induced
gravitational collapse paradigm with a progenitor COcore-NS/BH bi-
nary. The SN explosion of the COcore triggers an accretion process onto
the NS/BH. If the accretion does not lead the NS to its critical mass, an
XRF occurs, while when the BH is present or formed by accretion, a
BdHN occurs. When the binaries are not disrupted, XRFs lead to NS-
NS and BdHNe lead to NS-BH. The short bursts, originating in NS-NS,
are subclassified as (IV) short gamma-ray flashes (S-GRFs) and (V) short
GRBs (S-GRBs), the latter when a BH is formed. There are (VI) ultra-
short GRBs (U-GRBs) and (VII) gamma-ray flashes (GRFs) formed in
NS-BH and NS-WD, respectively. We use the occurrence rate and GW
emission of these subclasses to assess their detectability by Advanced
LIGO-Virgo, eLISA, and resonant bars. We discuss the consequences of
our results in view of the announcement of the LIGO/Virgo Collabora-
tion of the source GW 170817 as being originated by an NS-NS.

5. Becerra, L.; Rueda, J. A.; Lorén-Aguilar, P.; Garcı́a-Berro, E., The Spin
Evolution of Fast-rotating, Magnetized Super-Chandrasekhar White Dwarfs
in the Aftermath of White Dwarf Mergers, The Astrophysical Journal 857,
134, 2018.

The evolution of the remnant of the merger of two white dwarfs is still
an open problem. Furthermore, few studies have addressed the case in
which the remnant is a magnetic white dwarf with a mass larger than
the Chandrasekhar limiting mass. Angular momentum losses might
bring the remnant of the merger to the physical conditions suitable for
developing a thermonuclear explosion. Alternatively, the remnant may
be prone to gravitational or rotational instabilities, depending on the
initial conditions reached after the coalescence. Dipole magnetic brak-
ing is one of the mechanisms that can drive such losses of angular mo-
mentum. However, the timescale on which these losses occur depends
on several parameters, like the strength of the magnetic field. In addi-
tion, the coalescence leaves a surrounding Keplerian disk that can be
accreted by the newly formed white dwarf. Here we compute the post-
merger evolution of a super-Chandrasekhar magnetized white dwarf
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3 Publications 2018

taking into account all the relevant physical processes. These include
magnetic torques acting on the star, accretion from the Keplerian disk,
the threading of the magnetic field lines through the disk, and the ther-
mal evolution of the white dwarf core. We find that the central remnant
can reach the conditions suitable to develop a thermonuclear explosion
before other instabilities (such as the inverse beta-decay instability or
the secular axisymmetric instability) are reached, which would instead
lead to gravitational collapse of the magnetized remnant.

6. Rodrı́guez, J. F.; Rueda, J. A.; Ruffini, R., Comparison and contrast of test-
particle and numerical-relativity waveform templates, Journal of Cosmology
and Astroparticle Physics, Issue 02, 030, 2018.

We compare and contrast the emission of gravitational waves and wave-
forms for the recently established “helicoidal-drifting-sequence” of a
test particle around a Kerr black hole with the publicly available wave-
form templates of numerical-relativity. The merger of two black holes
of comparable mass are considered. We outline a final smooth merging
of the test particle into the final Kerr black hole. We find a surprising
and unexpected agreement between the two treatments if we adopt, for
the mass of the particle and the Kerr black hole a Newtonian-center-
of-mass description, and for the Kerr black hole spin an effective value
whose nature remains to be clarified.

7. Becerra, L.; Guzzo, M. M.; Rossi-Torres, F.; Rueda, J. A.; Ruffini, R.;
Uribe, J. D., Neutrino Oscillations within the Induced Gravitational Collapse
Paradigm of Long Gamma-Ray Bursts, The Astrophysical Journal 852, 120,
2018.

The induced gravitational collapse paradigm of long gamma-ray bursts
associated with supernovae (SNe) predicts a copious neutrino-antineutrino
(νν̄) emission owing to the hypercritical accretion process of SN ejecta
onto a neutron star (NS) binary companion. The neutrino emission can
reach luminosities of up to 1057 MeV s−1, mean neutrino energies of
20 MeV, and neutrino densities of 1031 cm−3. Along their path from
the vicinity of the NS surface outward, such neutrinos experience fla-
vor transformations dictated by the neutrino-to-electron-density ratio.
We determine the neutrino and electron on the accretion zone and use
them to compute the neutrino flavor evolution. For normal and in-
verted neutrino mass hierarchies and within the two-flavor formalism
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3.1 Refereed Journals

(νeνx), we estimate the final electronic and nonelectronic neutrino con-
tent after two oscillation processes: (1) neutrino collective effects due
to neutrino self-interactions where the neutrino density dominates, and
(2) the Mikheyev-Smirnov-Wolfenstein effect, where the electron den-
sity dominates. We find that the final neutrino content is composed
by 55% (62%) of electronic neutrinos, i.e., νe + ν̄e, for the normal (in-
verted) neutrino mass hierarchy. The results of this work are the first
step toward the characterization of a novel source of astrophysical MeV
neutrinos in addition to core-collapse SNe and, as such, deserve further
attention.

3.1.2 Accepted for publication or in press

1. Becerra, L.; Ellinger, C. L.; Fryer, C. L.; Rueda, J. A.; Ruffini, R., SPH
simulations of the induced gravitational collapse scenario of long gamma-ray
bursts associated with supernovae, to appear in The Astrophysical Journal.

We present the first three-dimensional (3D) smoothed-particle-hydrodynamics
(SPH) simulations of the induced gravitational collapse (IGC) scenario
of long-duration gamma-ray bursts (GRBs) associated with supernovae
(SNe). We simulate the SN explosion of a carbon-oxygen core (COcore)
forming a binary system with a neutron star (NS) companion. We fol-
low the evolution of the SN ejecta, including their morphological struc-
ture, subjected to the gravitational field of both the new NS (νNS) formed
at the center of the SN, and the one of the NS companion. We compute
the accretion rate of the SN ejecta onto the NS companion as well as
onto the νNS from SN matter fallback. We determine the fate of the bi-
nary system for a wide parameter space including different COcore and
NS companion masses, orbital periods and SN explosion geometry and
energies. We identify, for selected NS nuclear equations-of-state, the bi-
nary parameters leading the NS companion, by hypercritical accretion,
either to the mass-shedding limit, or to the secular axisymmetric insta-
bility for gravitational collapse to a black hole (BH), or to a more mas-
sive, fast rotating, stable NS. We also assess whether the binary remains
or not gravitationally bound after the SN explosion, hence exploring
the space of binary and SN explosion parameters leading to νNS-NS
and νNS-BH binaries. The consequences of our results for the model-
ing of long GRBs, i.e. X-ray flashes and binary-driven hypernovae, are
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discussed.

3.1.3 Submitted for publication

1. Rodrı́guez, J. F.; Rueda, J. A.; Ruffini, R.; Zuluaga, J. I; Blanco-Iglesias,
J. M.; Lorén-Aguilar, P., Chirping compact stars and inspiral planets around
intermediate-mass black-holes: gravitational radiation and detection degener-
acy, submitted to Physical Review Letters.

Compressible, Riemann-S type ellipsoids can emit gravitational waves
(GWs) with a chirp-like structure (chirping ellipsoids, CELs). The po-
tential detection of these type of sources with eLISA and other future
space-based GW observatories can reveal previously undetected astro-
physical processes in system of compact objects (eg. white dwarf bi-
nary mergers). In this letter we demonstrate that the GW frequency-
amplitude evolution of CELs (mass ∼ 1 M�, radius ∼ 103 km, poly-
tropic equation of state with index n ≈ 3) is almost indistinguishable
from that emitted by extreme mass-ratio inspirals (EMRIs) composed
of an intermediate-mass black hole (e.g. 103 M�) and a planet-like com-
panion (e.g. 10−4 M�). The detection of these EMRIs is relevant for the
understanding of planetary formation and dynamics in crowded stellar
systems. We estimate that for reasonable astrophysical assumptions, the
rate in the local Universe of CEL and EMRIs in the mass range consid-
ered here, is very similar. The astrophysical implications of the above
CEL-EMRI detection degeneracy, including the consequences on their
detectability by space-based GW-detection facilities, are outlined.

2. Becerra, L.; Boshkayev, K.; Rueda, J. A.; Ruffini, R., Time evolution of
isolated massive, fast rotating, highly magnetized white dwarfs losing angular
momentum via magnetic dipole braking, submitted to Monthly Notices of
the Royal Astronomical Society.

We investigate the evolution of isolated, zero and finite temperature,
massive, uniformly rotating, highly magnetized white dwarfs (WDs)
under angular momentum loss driven by magnetic dipole braking. We
consider the structure and thermal evolution of the WD isothermal core
taking also into account the nuclear burning and neutrino emission pro-
cesses. We estimate the WD lifetime before it reaches the condition ei-
ther for a type Ia supernova explosion or for the gravitational collapse
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3.1 Refereed Journals

to a neutron star. We analyze the behavior of the WD parameters such
as the central density, radius, moment of inertia, angular momentum,
angular velocity, central temperature and magnetic field intensity as a
function of lifetime. In addition, we compute the characteristic time of
nuclear reactions and dynamical time scale. We discuss the astrophysi-
cal consequences of our results.

3. Riahi, R.; Kalantari, S. Z., Rueda, J. A., Universal relations for the Keplerian
sequence of rotating neutron stars, submitted to Physical Review D.

We investigate the Keplerian (mass-shedding) sequence of rotating neu-
tron stars. Twelve different equations of state are used to describe the
nuclear structure. We find four fitting relations which connect the ro-
tating frequency, mass and radius of stars in the mass-shedding limit to
the mass and radius of stars in the static sequence. We show the break-
down of approximate relation for the Keplerian frequency derived by
Lattimer and Prakash [Science, 304, 536, (2004)] and then we present a
new, EOS-independent and more accurate relation. This relation fits the
Keplerian frequency of rotating neutron stars to about 2% for a large
range of the compactness MS/RS of the reference non-rotating neu-
tron star, namely the static star with the same central density as the
rotating one. The performance of the fitting formula is close to 4% for
MS/RS ≤ 0.05 M�/km ( fK ≤ 350 Hz). We present additional EOS-
independent relations for the Keplerian sequence including relations
for MK fK and RK fK in terms of MS fS and RS fS, respectively, one of
MK/RK as a function of fK/ fS and MS/RS, and a relation between the
MK, RK and fK. These new fitting relations are approximately EOS-
independent with an error in the worst case of 8%. The universality of
the Keplerian sequence properties presented here add to the set of other
neutron star universal relations in the literature such as the I-Love-Q
relation, the gravitational binding energy and the energy, angular mo-
mentum and radius of the last circular orbit of a test-particle around
rotating neutron stars. This set of universal, analytic formulas, facilitate
the inclusion of general relativistic effects in the description of relativis-
tic astrophysical systems involving fast rotating neutron stars.

4. Rueda, J. A.; Ruffini, R.; Wang, Y.; Bianco, C. L.; Blanco-Iglesias, J. M.;
Karlica, M.; Loren-Aguilar, P.; Moradi, R.; Sahakyan, N., Electromagnetic
emission of white dwarf binary mergers, submitted to Journal of Cosmology
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and Astroparticle Physics.

It has been recently proposed that the ejected matter from white dwarf
(WD) binary mergers can produce transient, optical and infrared emis-
sion similar to the ”kilonovae” of neutron star (NS) binary mergers.
To confirm this we calculate the electromagnetic emission from WD-
WD mergers and compare with kilonova observations. We simulate
WD-WD mergers leading to a massive, fast rotating, highly magnetized
WD with an adapted version of the smoothed-particle-hydrodynamics
(SPH) code Phantom. We thus obtain initial conditions for the ejecta
such as escape velocity, mass and initial position and distribution. The
subsequent thermal and dynamical evolution of the ejecta is obtained
by integrating the energy-conservation equation accounting for expan-
sion cooling and a heating source given by the fallback accretion onto
the newly-formed WD and its magneto-dipole radiation. We apply
our model to the most detailed observed kilonova, AT 2017gfo, and its
associated gamma-ray burst (GRB) 170817A. We show that magneto-
spheric processes in the merger can lead to a prompt, short gamma-
ray emission of up to ≈ 1046 erg in a timescale of 0.1-1 s. The bulk of
the ejecta initially expands non-relativistically with velocity 0.01c and
then it accelerates to 0.1c due to the injection of fallback accretion en-
ergy. The ejecta become transparent at optical wavelengths around ∼ 7
days post-merger with a luminosity 1041-1042 erg s−1. The X-ray emis-
sion from the fallback accretion becomes visible around ∼ 150-200 day
post-merger with a luminosity of 1039 erg s−1. Therefore, we show that
WD-WD mergers can lead to electromagnetic emission as the one ob-
served in GRB 170817A-AT 2017gfo. We also predict the post-merger
time at which the central WD should appear as a pulsar depending on
the value of the magnetic field and rotation period.

3.2 Conference Proceedings

1. Rodrı́guez, J. F.; Rueda, J. A.; Ruffini, R., Strong-field gravitational-wave
emission in Schwarzschild and Kerr geometries: some general considerations,
Joint International Conference of ICGAC-XIII and IK-15 on Gravitation,
Astrophysics and Cosmology, Seoul, Korea 2017; EPJ Web of Confer-
ences 168, 02006, 2018.
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3.2 Conference Proceedings

We have used the perturbations of the exact solutions of the Einstein
equations to estimate the relativistic wave emission of a test particle or-
biting around a black hole. We show how the hamiltonian equations
of motion of a test particle augmented with the radiation-reaction force
can establish a priori constraints on the possible phenomena occurring
in the merger of compact objects. The dynamical evolution consists of
a helicoidal sequence of quasi-circular orbits, induced by the radiation-
reaction and the background spacetime. Near the innermost stable cir-
cular orbit the evolution is followed by a smooth transition and finally
plunges geodesically into the black hole horizon. This analysis gives
physical insight of the merger of two equal masses objects.

2. Becerra, Laura M.; Bianco, Carlo; Fryer, Chris; Rueda, Jorge; Ruffini,
Remo, On the Induced Gravitational Collapse, Joint International Confer-
ence of ICGAC-XIII and IK-15 on Gravitation, Astrophysics and Cos-
mology, Seoul, Korea 2017; EPJ Web of Conferences 168, 02005, 2018.

The induced gravitational collapse (IGC) paradigm has been applied to
explain the long gamma ray burst (GRB) associated with type Ic super-
nova, and recently the Xray flashes (XRFs). The progenitor is a binary
systems of a carbon-oxygen core (CO) and a neutron star (NS). The CO
core collapses and undergoes a supernova explosion which triggers the
hypercritical accretion onto the NS companion (up to 10−2 M� s−1).
For the binary driven hypernova (BdHNe), the binary system is enough
bound, the NS reach its critical mass, and collapse to a black hole (BH)
with a GRB emission characterized by an isotropic energy Eiso > 1052 erg.
Otherwise, for binary systems with larger binary separations, the hy-
percritical accretion onto the NS is not sufficient to induced its gravi-
tational collapse, a X-ray flash is produced with Eiso < 1052 erg. erg.
We are going to focus in identify the binary parameters that limits the
BdHNe systems with the XRFs systems.

3. Rueda, J. A.; Ruffini, R.; Rodriguez, J. F.; Muccino, M.; Aimuratov, Y.;
Barres de Almeida, U.; Becerra, L.; Bianco, C. L.; Cherubini, C.; Filippi,
S.; Kovacevic, M.; Moradi, R.; Pisani, G. B.; Wang, Y., The binary pro-
genitors of short and long GRBs and their gravitational-wave emission, Joint
International Conference of ICGAC-XIII and IK-15 on Gravitation, As-
trophysics and Cosmology, Seoul, Korea 2017; EPJ Web of Conferences
168, 01006, 2018.
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We have sub-classified short and long-duration gamma-ray bursts (GRBs)
into seven families according to the binary nature of their progenitors.
Short GRBs are produced in mergers of neutron-star binaries (NS-NS)
or neutron star-black hole binaries (NS-BH). Long GRBs are produced
via the induced gravitational collapse (IGC) scenario occurring in a tight
binary system composed of a carbon-oxygen core (COcore) and a NS
companion. The COcore explodes as type Ic supernova (SN) leading
to a hypercritical accretion process onto the NS: if the accretion is suf-
ficiently high the NS reaches the critical mass and collapses forming a
BH, otherwise a massive NS is formed. Therefore long GRBs can lead
either to NS-BH or to NS-NS binaries depending on the entity of the
accretion. We discuss for the above compact-object binaries: 1) the role
of the NS structure and the nuclear equation of state; 2) the occurrence
rates obtained from X and gamma-rays observations; 3) the predicted
annual number of detections by the Advanced LIGO interferometer of
their gravitational-wave emission.
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ABSTRACT

We present the first three-dimensional (3D) smoothed-particle-hydrodynamics (SPH) simulations of

the induced gravitational collapse (IGC) scenario of long-duration gamma-ray bursts (GRBs) associ-

ated with supernovae (SNe). We simulate the SN explosion of a carbon-oxygen core (COcore) forming

a binary system with a neutron star (NS) companion. We follow the evolution of the SN ejecta,

including their morphological structure, subjected to the gravitational field of both the new NS (νNS)

formed at the center of the SN, and the one of the NS companion. We compute the accretion rate of

the SN ejecta onto the NS companion as well as onto the νNS from SN matter fallback. We determine
the fate of the binary system for a wide parameter space including different COcore and NS companion

masses, orbital periods and SN explosion geometry and energies. We identify, for selected NS nuclear
equations-of-state, the binary parameters leading the NS companion, by hypercritical accretion, either

to the mass-shedding limit, or to the secular axisymmetric instability for gravitational collapse to a

black hole (BH), or to a more massive, fast rotating, stable NS. We also assess whether the binary
remains or not gravitationally bound after the SN explosion, hence exploring the space of binary and
SN explosion parameters leading to νNS-NS and νNS-BH binaries. The consequences of our results

for the modeling of long GRBs, i.e. X-ray flashes (XRFs) and binary-driven hypernovae (BdHNe),
are discussed.

1. INTRODUCTION

The induced gravitational collapse (IGC) concept was
initially introduced to explain the temporal and spatial

coincidence of long gamma-ray bursts (GRBs) with en-

ergies Eiso > 1052 erg and type Ic supernovae (SNe). In

a binary system composed of a carbon-oxygen (COcore)

and a neutron star (NS), the explosion of the COcore

triggers the hypercritical accretion onto the NS. For the

most compact binary systems, the accretion rate onto

the NS is such that it can reach the critical mass against
gravitational collapse and forming a black hole (BH)

with consequence emission of a GRB. These systems
have been called binary-driven hypernovae (BdHNe; see

Ruffini et al. 2014). Later, the IGC paradigm was ex-

tended to X-ray flashes (XRFs) with energies Eiso <
1052 erg that occur when the accretion rate onto the

NS is lower and so it does not induce its gravitational
collapse to a BH but instead leads to a massive, fast

rotating, stable NS. For further theoretical and observa-

tional details on these two subclasses of long GRBs, we

refer the reader to Ruffini et al. (2016), and references

therein.

The physical picture of the IGC was first proposed
in Ruffini et al. (2001), formally formulated in Rueda &

Ruffini (2012), and then applied for the first time for the

explanation of GRB 090618 in Izzo et al. (2012). Rueda

& Ruffini (2012) presented analytical estimates of the

accretion rate and the possible fate of the accreting NS
binary companion. This first simple model assumed: 1)

a pre-SN uniform density profile following an homolo-

gous expansion and 2) approximately constant masses

of the NS (≈ 1.4 M�) and the pre-SN core (≈ 4–8 M�).

The first 1-dimensional (1D) simulations of the IGC
process were presented in Fryer et al. (2014). These

simulations included: 1) detailed SN explosions of the

COcore obtained from a 1D core-collapse SN code (Fryer
et al. 1999a); 2) hydrodynamic details of the hypercrit-

ical accretion process; 3) the evolution of the SN ejecta
falling into the Bondi-Hoyle accretion region all the way

up to its incorporation into the NS surface. Follow-

ing the Bondi-Hoyle formalism, they estimated accre-
tion rates exceeding 10−3 M� s−1, making highly pos-

sible that the NS reaches the critical mass and the BH
formation.
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Already from these works, it was clear that the main
binary properties that decide the occurrence of the IGC

process are: 1) the orbital period, P , 2) the SN ejecta

velocity, vej, and 3) the initial NS companion mass. The

shorter the period and the slower the ejecta the higher
the Bondi-Hoyle accretion rate and the more massive the

NS companion the less mass is needed to induce its grav-

itational collapse to a BH. Both P and vej have a direct

effect in the Bondi-Hoyle accretion rate via the gravita-

tional capture radius but they have also an indirect role
via the density of the accreted matter. Since the ejecta

decompress during their expansion until the NS gravita-

tional capture radius position, there is the obvious effect

that the shorter the P and the slower the vej, the higher

the density at the accretion site hence the higher the
accretion rate. Clearly, the effect of vej can be seen as

the effect of the SN kinetic/explosion energy since the
stronger the explosion the higher the kinetic energy and

the higher the expansion velocity and viceversa.

There were still additional effects needed to be in-
cluded in the model to have a more general picture.
Becerra et al. (2015) improved the analytical model re-
laxing assumptions made in Rueda & Ruffini (2012).

The ejecta density profile was adopted as a power-law
in radius and its evolution with time homologous. The
amount of angular momentum transported by the ejecta

entering the Bondi-Hoyle region and how much of it can
be transferred to the NS was also estimated. It was there
shown that the ejecta have enough angular momentum
to circularize around the NS forming a disk-like struc-

ture and accretes on short timescales. Bearing in mind
the above mentioned effect of P on the accretion rate,
it was there determined the critical binary period below

which, i.e. P . Pmax, the NS accretes enough mass and
angular momentum such that its gravitational collapse

to a BH is induced. Conversely, for P & Pmax, the NS

does not gain enough mass and angular momentum to
form a BH but just becomes a more massive NS.

Later, we presented in Becerra et al. (2016) a first
attempt of a smoothed-particle-hydrodynamics (SPH)-

like simulation of the SN ejecta expansion under the

gravitational field of the NS companion. Specifically,
we described the SN matter formed by point-like par-

ticles and modeled the initial power-law density profile

of the COcore by populating the inner layer with more

particles and defined the initial conditions of the SN

ejecta assuming an homologous velocity distribution in

free expansion; i.e. v ∝ r. The particles trajectory were
computed by solving the Newtonian equations of motion

including the effects of the gravitational field of the NS

companion. In these simulations we assumed a circular
motion of the NS around the SN center, implemented

the changes in the NS gravitational mass owing to the

accretion process via the Bondi-Hoyle formalism follow-

ing Becerra et al. (2015) and, accordingly, removed from
the system the particles falling within the Bondi-Hoyle

surface. The accretion process was shown to proceed

hypercritically thanks to the copious neutrino emission

near the NS surface, which produces neutrino luminosi-
ties of up to 1052 erg s−1 and mean neutrino energies of

20 MeV. A detailed analysis of the fundamental neutrino

emission properties in XRFs and BdHNe was presented

in Becerra et al. (2018).
Becerra et al. (2016) made a first wide exploration of

the binary parameters for the occurrence of the IGC pro-

cess, hence of the systems leading to XRFs (P & Pmax)

and BdHNe (P . Pmax), as well as of the dependence

of Pmax on the COcore and NS companion mass. In ad-

dition, these simulations produced a first visualization
of the SN ejecta morphology. Indeed, we showed in Be-

cerra et al. (2016) how the structure of the SN ejecta,

becoming asymmetric by the presence of the accreting
NS companion, becomes crucial for the inference of ob-

servable signatures in the GRB afterglow. The specific

example of XRF 060218 was there examined to show the
asymmetry effect in the X-ray emission and to show the
feedback of the accretion energy injected into the SN

ejecta on its optical emission.
It became clear that the SN ejecta morphology and

the feedback of a GRB emission onto the SN could be
relevant also in BdHNe. In Ruffini et al. (2018a) we

showed that the GRB e+e− plasma, expanding at rel-
ativistic velocities from the newborn BH site, engulfs
different amounts of mass along different directions ow-

ing to the asymmetries developed in SN density profile,
leading to different dynamics and consequently to differ-
ent signatures for different viewing angles. The agree-
ment of such a scenario with the observed emission from

the X-ray flares in the BdHN early afterglow was there

shown (see also section 6 below for a discussion on this
topic). The SN ejecta geometry affects as well the GeV

emission observed in BdHNe (Ruffini et al. 2018b).

Ruffini et al. (2018a) also showed the relevance of the

binary effects and the SN morphology on a most fun-

damental phenomenon: the GRB exploding within the
SN impacts on it affecting its dynamics by transferring
energy and momentum and finally transforming the or-

dinary SN into a hypernova (HN). Therefore, this model

predicts that broad-lined SNe or HNe are not born as
such but instead they are the outcome of the GRB im-

pact on the SN. We have given evidence of such a SN-HN

transition in a BdHN by identifying the moment of its

occurrence in the case of GRB 151027A Ruffini et al.

(2017).
All these results point to the necessity of a detailed

knowledge of the physical properties of the SN ejecta
and in general of the binary system, in the 3D space and

as a function of time, for the accurate inference of the
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consequences on the X, gamma-ray emission in XRFs
and BdHNe and also on the GeV emission in BdHNe.

In view of the above we present here the first 3D hy-

drodynamic simulations of the IGC scenario. We have

used the SPH technique as developed in the SNSPH code
(Fryer et al. 2006b). The SNSPH is a tree-based, par-

allel code that has undergone rigorous testing and has

been applied to study a wide variety of astrophysical

problems (see, e.g., Fryer & Warren 2002; Young et al.

2006; Diehl et al. 2008; Batta et al. 2017). The simu-
lation starts from the moment at which the SN shock

front reaches the COcore external radius and, besides to

calculate the accretion rate onto the NS companion, we

also follow the evolution of the binary parameters (e.g.

the binary separation, period, eccentricity) in order to
determine if the final configuration becomes disrupted

or not. This implies that we have introduced as well the
gravitational effects of the remnant neutron star, the

νNS formed at the center of the SN explosion, allow-

ing us to calculate also the accretion onto it via matter
fallback.

This article is organized as follows. In section 2 we
describe the main aspects of the SNSPH code (Fryer

et al. 2006b) and the algorithm applied to simulate the
accretion process. In section 3 we give the details on
the construction of the initial binary configuration. Sec-

tion 4 shows the results of the simulations. We have
covered a wide range of initial conditions for the binary
system, i.e. we have varied the COcore progenitors, the

binary initial separation, SN total energy and the ini-

tial NS mass companion. In Section 5 we analyses if
the binary system is disrupted or not by the mass loss
due to the SN explosion of the COcore and in Section 6

we compute the evolution of the binary and determine
whether the stars’ gravitational collapse is possible. In

section 7 we discuss the consequences on our results.

Specifically, in Section 7.1 we analyze in depth the main
parameters of the system that decide the fate of the NS

companion, then we discuss, in Section 7.2, how these
conditions could be realized in a consistent binary evo-

lutionary path. Section 7.3 contains estimates of the

occurrence rate of these systems and Section 7.4 out-
lines the consequences on the explanation of the GRB

prompt and afterglow emission, as well as the prediction

of new observables. Finally, in section 8 we present our

conclusions and perspectives for future work. In Ap-

pendix A we present convergence tests of the numerical

simulations.

2. SPH SIMULATION

We use the 3D Lagrangian hydrodynamic code

SNSPH (Fryer et al. 2006b) to model the evolution of
the binary system after the COcore collapses and the SN

explosion occurs. The code follows the prescription of

the SPH formalism in Benz (1990). Basically, the fluid
is divided by N particles with determined position, ~ri,

mass, mi, and smooth length, hi. Physical quantities

for each particle are calculated through an interpolation

of the form:

Ai(~ri) =
∑

j

Aj

(
mj

ρj

)
W (|~rij |, hij), (1)

where |~rij | = |~ri − ~rj |, W is the smoothing kernel (that

is equal zero if r > 2h) and hij = (hi + hj)/2 is the

symmetric smooth length between particles i and j. The

code allows to evolve the smooth length with time as

dhi/dt = −1/3(hi/ρi)(dρi/dt).
Then, the hydrodynamical equations of conservation

of linear momentum and energy are written as:

d~vi
dt

= −
N∑

j=1

mj

(
Pi
ρ2
i

+
Pj
ρ2
j

+ Πij

)
~∇iW (r, hij) + ~fg ;

(2)

dui
dt

=
N∑

j=1

mj

(
Pi
ρ2
i

+
1

2
Πij

)
(~vi − ~vj) · ~∇iW (r, hij) ,

(3)

where ~vi, Pi, ρi and ui are the particle velocity, pressure,
density and internal energy, respectively. In order to

handle shocks, an artificial viscosity term is introduced
through Πij as in Monaghan (1992, 2005):

Πij =





−α(ci+cj)µij+0.5βµ2
ij

ρi+ρj
if ~vij · ~rij < 0

0 otherwise
, (4)

where ci is the sound speed, ~vij = ~vi − ~vj and

µij =
hij~vij · ~rij
|~rij |2 + εh2

ij

. (5)

The form for the viscosity of Equation (4) can be inter-

preted as an bulk and von Neuman-Richtmyer viscosity

parametrized by α and β viscosity coefficients. In the
simulations we adopt, as usual, α = 1.0 and β = 2.0.

The last term of Equation (2) refers to the fluid self-

gravity force. The particles are organized in a hashed

oct-tree and the gravitational force is evaluated using

the multipole acceptability criterion (MAC) described
in Warren & Salmon (1993, 1995).

Finally, the equation of state adopted treats the ions

as a perfect-gas and takes into account the radiation

pressure:

P =
1

3
aT 4 + nionκT ; (6)

u = aT 4 +
3

2
nionκT , (7)

where nion is the number density of ions, T , the temper-

ature and a the radiation constant.
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2.1. Accretion Algorithm

In the simulation, the remnant of the COcore and the

NS companion are model as two point masses that only

interact gravitationally with the other particles and be-
tween them. Their equation of motion will be:

d~vs
dt

=

N∑

j=1

Gmj

|~rs − ~rj |3
(~rj − ~rs) +

GMs′

|~rs − ~rs′ |3
(~rs′ − ~rs) ,

(8)

where subindex s and s′ make reference to the stars.
In the same way, each particle of the fluid will feel an

additional force from the stars gravitational field:

~fs,i =
GMs

|~rs − ~ri|3
(~rs − ~ri) . (9)

The stars accrete a particle j from the SN ejecta if the

following conditions are fulfilled (Bate et al. 1995):

1. The particle is inside the star accretion radius, i.e.:

|~rj − ~rs| < Rj,acc .

2. The gravitational potential energy of the particle

in the field of the star is larger than its kinetic
energy, i.e.:

GMsmj

|~rj − ~rs|
>

1

2
mj |~vj − ~vs|2 .

3. The angular momentum of the particle relative to

the star is less than the one it would have in a

Keplerian orbit at Rj,acc, i.e.:

|(~rj − ~rs)× (~vj − ~vs)| <
√
GMsRj,acc .

The accretion radius for a particle j is defined as:

Rj,acc = min

(
ξ

2GMs

v2
js + c2j

, hj

)
, (10)

and we adopt in the simulations ξ = 0.05–0.1 (see below

for further details on this parameter).
These conditions are evaluated at the beginning of

every time step. The particles that fulfill them are re-

moved from the simulation and we update the properties
of the star as:

Ms,new =Ms +
∑

j

mj ; (11)

~vs,new =
Ms~vs +

∑
jmj~vj

Ms,new
; (12)

Ls,new =Ms,new

Ls~vs +
∑
jmj(~rs,j × ~vs,j)
Ms

. (13)

The above sum is over the particles accreted during the

corresponding time step.

3. INITIAL SETUP

Our calculations include a suite of pre-SN progeni-

tors with zero-age-main- sequence (ZAMS) masses rang-

ing from 15 to 40 M� obtained via the KEPLER code
(Heger & Woosley 2010). The SN explosions are simu-

lated with the 1D core-collapse code (Fryer et al. 1999a)

and the multi-parameter prescriptions introduced in

Fryer et al. (2017) to mimic the supernova engine: the
energy deposition rate and duration, the size of the con-

vection cell above the base of the proto-NS and the time
after bounce when the convective engine starts. These

parameters are designed to include the uncertainties in

the convection-enhanced supernova engine (see Herant

et al. 1994; Fryer & Young 2007; Murphy et al. 2013, for
details).

When the shock front reaches the edge of the

COcore, the configuration is mapped into a 3D SPH-

configuration of about 1 million particles with variable

mass. This is done using the weight Voronoi tessellation

(WVT) as described in Diehl et al. (2015).
The SPH configuration of the SN ejecta is constructed

in the rotating reference frame of the progenitor star. In

order to translate it to the center of mass reference frame
of the initial binary system (COcore + NS), the position

and velocities of the particles are modified as follow:

~ri,new =R~ri − ~rCO ; (14)

~vi,new =R~vi − ~ri × ~Ωorb − ~vCO , (15)

where R is a rotation matrix, ~rCO and ~vCO are the po-
sition and velocity of the COcore before the explosion
and Ωorb is the binary orbital angular velocity, that is

determined once the orbital separation and star masses

are established:

Ωorb =

√
G(MCO +Mns)

a3
orb

, (16)

with MCO being the COcore total mass, MNS the NS

mass and aorb the binary separation. The equatorial
plane of the binary corresponds to the x-y plane, then

the initial position of the stars (NS and νNS) are on the

x-axis and its initial motion is counter-clockwise.

The minimum binary period that the system can have

is given by the condition that the compactness of the

COcore is such that there is no Roche lobe overflow be-
fore the SN explosion. Then, the minimum binary sep-

aration is determined by (Eggleton 1983):

Rstar

aorb
=

0.49q2/3

0.6q2/3 + ln
(
1 + q1/3

) , (17)

with q = MCO/Mns.

Since we are interested in identifying the favorable
conditions for which the NS companion can accrete

enough mass and collapse into a BH, we will explore
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Table 1. Properties of the COcore progenitors.

MZAMS Mrem Mej Rcore Rstar vstar,0 Egrav mj

(M� ) (M� ) (M� ) ( 108 cm ) ( 109 cm ) ( 108cm/s ) ( 1051 erg ) ( 10−6 M� )

15 1.30 1.606 8.648 5.156 9.75 0.2149 0.2− 4.4

25 1.85 4.995 2.141 5.855 5.43 1.5797 2.2− 11.4

30a 1.75 7.140 28.33 7.830 8.78 1.7916 1.9− 58.9

30b 1.75 7.140 13.84 7.751 5.21 1.5131 1.9− 58.9

40 1.85 11.50 19.47 6.529 6.58 4.4305 2.3− 72.3

Note—Each progenitor was evolved with the KEPLER stellar evolution code (Heger & Woosley 2010) and then was exploded
artificially using the 1D core-collapse code presented in Fryer et al. (1999a).

aEsn = 1.09 × 1052 erg

bEsn = 2.19 × 1051 erg

0.2 0.4 0.6 0.8 1.0
m/Mstar

103

104

105

ρ
[g

cm
−

3
]

Mzams = 15M�
Mzams = 25M�
Mzams = 30Ma

�

Mzams = 30M b
�

Mzams = 40M�

Figure 1. Density profile of the SN ejecta when the shock
has reached the carbon-oxygen edge for the Mzams = 15,
25, 30 and 40M� progenitors (see table 1). The density is
given as a function of the variable m/Mstar, namely the mass
coordinate, m, normalized to the total mass of the COcore,
Mstar. At this moment, the 1D simulation is mapped into a
3D SPH-configuration.

different initial conditions for the system. We have

worked with four progenitor for the COcore with dif-
ferent ZAMS mass: Mzams = 15, 25, 30 and 40M�.

In Table 1 we present the main proprieties of each of

these progenitors at the mapping moment: the SN mass
ejected, Mej, the the gravitational mass of the remnant

star, Mrem (i.e. the COcore mass before its collapse is

Mstar = Mej + Mrem), the SN ejecta innermost radius,

Rcore, the COcore radius when the collapse happens,

Rstar, and the forward shock velocity, vstar,0. In the last

two columns of Table 1 we specify the gravitational en-

ergy of the star, Egrav, and the maximum and minimum
masses of the SPH particles, mj . Figure 1 shows the

density profile of each progenitor at the moment of the

mapping to the 3D SPH configuration (when the shock

front of the explosion has reached the star surface). We
have two models for the 30M� progenitor, each with

different SN explosion energy.

It is important to notice that we are working with pro-
genitors that were evolved as isolated stars, i.e. without
taking into account that they are part of a binary sys-

tem. However, as it was indicated in Fryer et al. (2014),

there is a 3–4 order of magnitude pressure jump between
the COcore and helium layer, this means that the star

will not expand significantly when the helium layer is

removed: the COcore can be 1.5–2 times larger (Moriya
et al. 2010), then the minimum period of the system
might increase by a factor of 1.8–2.8.

The final fate of the system also will depend on the

characteristics of the SN explosion. We run simulations
varying the explosion energy of the SN. Rather than

produce a broad range of explosion energies, (as we did

with the 30M� progenitor), we scaled the kinetic and
internal energy of the particles behind the forward shock
by a factor η. In this way, the internal structure of the

progenitor does not change, just the velocity and the

temperature.

In order to study the effect of an asymmetric SN ex-
pansion (see, e.g., Janka 2012) we adopt a single-lobe

prescription (Hungerford et al. 2005) following Hunger-
ford et al. (2003); Young et al. (2006). Namely, the ex-

plosion is modified to a conical geometry parametrized

by Θ, the opening angle of the cone, and f , the ratio

of the velocities between the particles inside and outside
the cone. The velocities of the SPH particles behind the

forward shock are then modified as:

Vin−cone = f

[
1− f2

2
cos Θ +

1 + f2

2

]−1/2

Vsymm ;

(18)

Vout−cone =

[
1− f2

2
cos Θ +

1 + f2

2

]−1/2

Vsymm , (19)
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where Vsymm is the radial velocity of the original ex-
plosion. This prescription conserves the kinetic energy

of the symmetry explosion, and to conserve the total

energy of the supernova we scale the particles internal

energy in the same way.
In the next section, we present the results of our SPH-

simulations.

4. RESULTS

In Table 2 we summarize the properties of the SN and
the parameters that characterize the state of the initial

binary systems with the different COcore obtained with

the progenitors of table 1. The models are labeled as

“x1mx2px3e”, where x1 is the Mzams of the COcore pro-
genitor star, x2 is the fraction between the initial orbital

period and the minimum orbital period of the system to
have no Roche-lobe overflow; and x3 is the value of the

η factor by which the SPH particle velocities and in-

ternal energy are scaled. For each model in Table 2 we

specify the sum of the ejecta kinetic and internal energy,
Ek + Ui, the initial orbital period, Porb,i as well as the

initial binary separation, aorb,i.

For each model, we first run a simulation of the SN
expansion assuming that the COcore collapses and ex-
plodes as an isolate star, i.e. without the NS compan-

ion. In Table 2 we summarize the final mass of the νNS,

indicated as Mνns,fb, and the magnitude of the νNS kick
velocity, Vkick. The latter is the νNS velocity due to the

linear momentum accreted by the star from the fallback

particles.
Then, we run simulations of the SN expansion with

the COcore as part of a binary system with a 2M� NS

as companion. We expect a massive initial NS compan-

ion because the binary system evolutionary path lead-
ing to these systems have at least one common-envelope

episode (see e.g. Fryer et al. 1999b; Becerra et al. 2015,

and section 6). However, we have also performed simula-

tions with a NS companion with an initial mass 1.4M�
and 1.6M�. In Table 2 we summarize the parameters

that characterize the final outcome of these simulations:
the νNS final mass, Mνns, the NS final mass, MNS, the

velocity of the final binary system center-of-mass, VCM,

the final orbital period, Porb,f , the major semi-axis and

eccentricity of the orbit of the final system, aorb,f and
e, respectively, and the amount of mass that is still
bounded to the binary stars at the moment when the

simulation is stopped, mbound. This bound material cir-

cularizes around the stars and at some moment might be
accreted by any of the them. In the final column of Ta-

ble 2, we have specified if the system remains bound as a
new binary system or if it is disrupted in the explosion.

4.1. Fiducial model: 25M� progenitor

We are going to take the 25M� progenitor star for
the COcore and a 2M� NS as our fiducial initial binary

system in order to describe in detail the main features

of the simulations while the SN expands in presence of

the NS companion (model 25m1p1e of table 2). This
fiducial binary system has the minimum orbital period

allowed for the system to have no Roche-lobe overflow,

4.86 minutes, which corresponds to a binary separation

of 1.34 × 1010 cm. Thus, this model presents most fa-
vorable conditions for the occurrence of the induced col-

lapse: a short period for the binary system and a massive

initial NS companion. Later, we will change one by one

the initial conditions and compare the outcomes with

the one of this fiducial system.

Figure 2 shows snapshots of the mass density in the
x-y plane, the binary equatorial plane (upper panel) and

x-z plane (lower panel) at different simulation times.

In the plot, the reference system has been rotated and
translated in a way that the x-axis is along the line that

joins the stars of the binary system and the origin is at

the NS companion. In general, when the SN starts to ex-
pand, the faster outermost particles of the SN will pass
almost without being disturbed by the NS gravitational
field. The slower-moving material is gravitationally cap-

tured by the NS, initially forming a tail and ultimately
forming a thick disk around it. In addition, there are
particles from the innermost layers of the SN-ejecta that

do not have enough kinetic energy to scape, leading to
fallback accretion onto the νNS. Then, at some point,
the material that have been capture by the NS com-

panion start to be also attracted by the νNS and being
accreted by it.

To confirm the formation of the disk around the NS
companion, in Figure 3 has been calculated the angular

velocity profile with respect the NS companion position

at different times and for two different directions: the
line that joins the binary stars with the νNS in the −x
direction labeled as θ = 0; and the line perpendicular

to it on the orbital binary plane, labeled as θ = π/2.

The angular velocity of the particles closed to the NS

companion (r/a0 < 0.25) superpose the Keplerian an-

gular velocity profile. This confirms the estimates from
analytical approximations made in Becerra et al. (2015),

where it was shown that the SN ejecta have enough an-

gular momentum to circularize around the NS before
being accreted.

Figure 4 shows the mass accretion rate as a function

of simulation time onto the binary system stars: the

NS companion, the νNS and the sum of both. Either

the fallback accretion rate or the NS accretion rate are
much greater that the Eddington limit. The NS is al-

lowed to accrete at this high rate by the emission of
neutrinos at its surface via e+e− pair annihilation that

is the most efficient neutrino emission process at these
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Table 2. SPH Simulations

Model Ek + Ui Porb,i aorb,i Mνns,fb Vkick Mνns Mns VCM Porb,f aorb,f e mbound bound

( 1051 erg ) ( min ) ( 1010 cm ) (m� ) ( 104 cm/s ) (m� ) (m� ) ( 107 cm/s ) ( min ) ( 1010 cm ) (m� )

Mzams = 15M� Progenitor

15m1p07e 1.395 6.58 1.361 1.302 3.99 1.302 2.003 4.05 19.0 2.437 0.443 2.7 × 10−6 yes

15m1p05e 1.101 6.58 1.361 1.303 4.83 1.303 2.006 4.02 18.6 2.393 0.433 4.8 × 10−5 yes

15m1p03e 0.607 6.58 1.361 1.304 18.93 1.315 2.023 3.91 15.9 2.182 0.398 6.9 × 10−4 yes

15m1p01e 0.213 6.58 1.361 2.478 6.62 1.916 2.199 0.39 3.04 0.773 0.233 0.098 yes

15m1p005e 0.135 6.58 1.361 2.731 1.73 2.649 2.034 0.08 5.92 1.257 0.036 0.029 yes

15m2p03e 0.607 11.7 2.000 1.304 18.93 1.304 2.007 0.39 − − 1.192 5.8 × 10−3 no

15m2p01e 0.213 11.7 2.000 2.478 6.62 2.238 2.101 0.08 12.9 2.068 0.419 0.0759 yes

15m3p01e 0.213 17.6 2.000 2.478 6.62 2.405 2.057 0.32 14.5 2.249 0.103 0.0313 yes

Mzams = 25M� Progenitor

25m1p1e 3.14 4.81 1.352 1.924 1.35 1.963 2.085 7.49 116.9 8.747 0.866 0.081 yes

25m1p09e 2.84 4.81 1.352 1.935 2.97 2.013 2.162 7.17 38.29 4.199 0.744 0.043 yes

25m1p08e 2.53 4.81 1.352 1.953 3.57 2.081 2.441 6.09 16.5 2.454 0.600 0.075 yes

25m1p07e 2.22 4.81 1.352 2.172 41.30 2.371 2.621 3.77 4.33 1.043 0.381 0.160 yes

25m2p1e 3.14 8.56 1.988 1.924 1.35 1.929 2.029 6.46 − − 1.005 0.073 no

25m3p1e 3.14 11.8 2.605 1.924 1.35 1.924 2.024 5.76 − − 1.086 0.025 no

25m4p1e 3.14 15.9 2.984 1.924 1.35 1.916 2.014 5.34 − − 1.096 0.013 no

25m2p07e 2.22 8.56 1.988 2.172 41.30 2.352 2.522 3.43 18.3 2.699 0.461 0.185 yes

25m3p07e 2.22 11.8 2.605 2.172 41.30 2.301 2.523 3.25 23.5 3.11 0.477 0.138 yes

25m5p07e 2.22 19.8 3.463 2.172 41.30 2.166 2.401 3.24 27.8 3.49 0.526 0.0051 yes

25m15p07e 2.22 59.4 7.203 2.172 41.30 2.088 2.208 2.72 321.5 17.41 0.639 3.4 × 10−3 yes

Mzams = 30M� Progenitor - exp 1

30m1p1ea 8.43 5.82 1.667 1.756 40.80 1.757 2.007 9.67 − − 1.701 0.0 no

30m1p07ea 5.95 5.82 1.667 1.755 39.36 1.758 2.015 9.58 − − 1.647 9.6 × 10−4 no

30m1p05ea 4.26 5.82 1.667 1.758 96.20 1.764 2.031 9.46 − − 1.501 0.012 no

30m1p03ea 2.59 5.82 1.667 2.178 3.93 × 103 1.869 2.455 7.79 101.5 8.137 0.852 0.168 yes

30m2p03ea 2.59 10.8 2.449 2.178 3.93 × 103 1.837 2.192 7.21 − − 1.095 0.0854 no

Mzams = 30M� Progenitor - exp 2

30m1p1eb 3.26 5.82 1.667 4.184 141.30 3.675 2.382 3.59 12.1 2.209 0.569 0.331 yes

30m1p12eb 3.91 5.82 1.667 2.462 147.79 2.515 2.376 5.86 46.1 5.009 0.733 0.133 yes

30m2p12eb 3.91 10.8 2.410 2.462 147.79 2.621 2.228 4.85 157.1 11.302 0.848 0.029 yes

30m1p2eb 6.45 5.82 1.667 1.771 13.89 1.783 2.077 9.50 − − 1.447 5.7 × 10−3 no

30m1p31eb 10.02 5.82 1.667 1.766 5.21 1.768 2.017 9.95 − − 1.712 6.5 × 10−4 no

Mzams = 40M� Progenitor

40m1p1e 10.723 3.49 1.295 1.871 176.43 1.874 2.119 13.68 − − 1.845 0.038 no

40m1p09e 9.670 3.49 1.295 1.872 141.38 1.881 2.274 13.35 − − 1.538 0.027 no

40m1p08e 8.618 3.49 1.295 1.873 242.93 1.886 2.545 12.52 − − 1.276 0.016 no

40m1p07e 7.506 3.49 1.295 1.879 464.82 2.095 3.033 10.12 85.9 7.712 0.881 0.051 yes

40m1p06e 6.513 3.49 1.295 6.568 69.73 3.784 3.209 4.57 2.42 0.792 0.612 1.053 yes

40m1p05e 5.145 3.49 − − 0.91 5.430 3.642 − 0.06 0.339 0.243 1.250 yes

40m2p1e 10.723 6.22 1.904 1.871 176.43 1.873 2.046 10.79 − − 2.194 6.13 × 10−3 no

40m2p07e 7.506 6.22 1.904 1.879 464.82 2.064 2.755 8.757 4408 104.26 0.984 0.078 yes

40m4p07e 7.506 12.45 3.022 1.879 464.82 1.959 2.507 7.799 − − 1.180 0.0744 no

40m2p06e 6.513 6.22 1.904 6.568 69.73 5.581 2.961 2.58 5.79 1.523 0.648 0.509 yes
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Figure 2. Snapshots of the SPH simulation of the IGC scenario. The initial binary system is formed by a COcore, which
progenitor is a Mzams = 25M�, and a 2M� NS with an initial orbital period of approximately 5 min (Model 25M1p1e of
table 2). The upper panel shows the mass density on the binary equatorial plane, at different times of the simulation, while the
lower panel corresponds to the plane orthogonal to the binary equatorial plane. The reference system was rotated and translated
in a way that the x-axis is along the line that joins the binary stars and the origin of the reference system is at the NS position.
At t = 40 seconds (first frame from left to right), it can be seen that the particles captured by the NS have formed a kind of tail
behind it, then this particles star to circularize around the NS and a kind of thick disk is observed at t = 100 s (second frame
from left to right). The material captured by the gravitational field of the NS companion is also attracted by the νNS and start
to be accreted by it as can be seen at t = 180 s (third frame). After around one initial orbital period, at t = 250 s, around the
both stars have been form a kind of disk structure. The νNS is along the x-axis at: −2.02, −2.92, −3.73 and −5.64 for t = 40,
100, 180 and 250 s, respectively.
Note—This figure and all the snapshots figures where done with the SNsplash visualization program (Price 2011).
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Figure 3. Angular velocity profiles of the SN material closed
to the NS companion at three different times: t1 = 140.0 s,
t2 = 280.0 s, t3 = 599.9 s. The label θ = 0 corresponds to
the line that joins the binary stars and the label θ = π/2
is the line perpendicular to the latter and lies on the equa-
torial binary system. Close to the NS, the angular veloc-
ity approaches the Keplerian angular velocity (black line).
This suggests that, before being accreted, the particles have
enough angular momentum to circularize around the star a
form a kind of disk structure. The minimum of the solid line
in the −x direction indicates the position of the νNS: at 3.01,
5.04 and 10.49 for t1, t2 and t3 respectively.
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Figure 4. Mass accretion rate onto the NS (red line) and the
νNS (blue line) during the SPH simulation of the expansion
of the SN ejecta. The green line shows the sum of both
accretion rates. The initial binary system is formed by the
COcore of a Mzams = 25M� progenitor and a NS of 2M�
with an initial binary period of approximately 5 min. The
dotted black line corresponds to the fallback mass-accretion
onto the νNS when the COcore collapses in an single-star
configuration, i.e, without the presence of the NS companion.

density and temperature conditions (see Becerra et al.
2016, for details). This allows the matter to cool fast

enough to be incorporated onto the star and we can add

the mass of the particles that fulfill the accretion con-

ditions (see section 2.1 and Equations 13). As we have
shown the SN ejecta might transport a high amount of

angular momentum and form a thick disk around the

NS before the accretion take place. There, the densi-

ties and temperatures are not high enough to cool the

matter by neutrino emission and outflows might occur
(Blandford & Begelman 1999; Kohri et al. 2005; Dexter

& Kasen 2013, see, e.g.,). Up to 25 % of the infalling

matter can be ejected in strong outflows removing much

of the system angular momentum (Fryer et al. 2006a;

Fryer 2009). This means that the mass-accretion rate
calculated here might overestimate the actual accretion

rate onto the star but up to a factor of order unity. It is

also important to note that the accretion rate directly

depends on the value adopted for the ξ parameter in

Equation (10). For this simulation we adopted ξ = 0.1.
In Section 6.1, we are going to vary this parameter and
establish the influence of it on the system final fate.

As we anticipated, we have also run the simulation

of the SN ejecta expansion without the NS companion,
in order to calculate the fallback accretion rate (black
dotted line in Figure 4) and compare it with the ac-

cretion rate onto the νNS in the binary simulation. At
the beginning of the simulation, there is no difference
between both accretion rates: an almost flatter high ac-
cretion phase at early time and then a decline as t−5/3

(Chevalier 1989; Zhang et al. 2008; Fryer 2009; Dexter
& Kasen 2013; Wong et al. 2014). However, at around
t/Porb . 1.0, there is a jump in the fallback accretion

rate of the binary simulation, that can be associated

with the time at which the νNS starts to accrete the

material decelerated by the NS companion. The high

early time accretion rate calculated here, is due to the

fallback of those particles that did not have enough ki-
netic energy to escape from the νNS gravitational field.

This can occur, either because after the forward shock

is launched the proto-NS cools and contracts sending a
rarefaction wave to the ejecta that decelerates it (Col-

gate 1971), or because the SN shock is smoothly decel-

erated when it goes outward pushing the star material

out (Fryer 1999; Woosley & Weaver 1995).

4.2. SN explosion energy

In the following, we start to change systematically the
initial parameters that will affect the fate of the final

configuration. We will do it one by one, in order to

determinate the most favorable conditions that increase

the accretion rate onto the NS companion. Figure 5

shows the mass accretion rate onto the NS and onto the
νNS for different energies of the SN explosion, with the
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same progenitor star: the 25M� of Table 1. As we ex-
plained in Section 2, in these simulations we scale the

kinetic energy and the internal energy by a factor η (i.e.

the velocities of the particles by
√
η) once we map the

1D exploded configuration to the 3D one. As expected,
the total mass accreted by the NS companion is larger

for low energetic SN than for high energetic ones, and

then more favorable to the collapse of the NS (see mod-

els from 25m1p1e to 25m1p07e in Table 2). On the other

hand, the energy of the SN explosion needs to be enough
high, otherwise a considerable part of the ejected mass

causes fallback and can instead induce the collapse of

the νNS to a BH. This is a novel and alternative possi-

bility not considered in the original version of the IGC

scenario (see, e.g., Rueda & Ruffini 2012; Fryer et al.
2014). Additionally, the energy of the SN explosion do

not have a big influence on the magnitude of the peak of
the mass-accretion rate but do have on its shape. The

NS companion accretes more mass in the weakest SN

explosion (η = 0.7) because the accretion rate is main-
tained almost constant for a longer time than in the
strongest explosion (η = 1) where a clear peak appears.
We can see that the late decay of the accretion rate de-

pends on the SN explosion energy.
For these simulations, Figure 6 shows snapshots of

the mass density and the specific internal energy on the

equatorial plane after about one orbital period of the ini-
tial configuration (∼ 5 min). Each panel corresponds to
a different value of the η parameter: η = 1.0 and η = 0.9

for the left and right upper panels, η = 0.8 and η = 0.7

for the left and right bottom panels. The asymmetries of
the interior ejecta layer are more pronounced for the less
energetic explosion. The orbital period of the final con-

figuration shortens with the decreases of the SN energy,
i.e. with the accretion of mass by the binaries stars. For

example, the accretion onto the νNS and onto the NS

companion is around 20% and 16%, respectively, more
efficient for the weakest explosion (η = 0.7) with respect

to the strongest one (η = 1), and the final orbital period
is almost 90% shorter than the one of the final system

from the most energetic explosion (see table 2).

As we did before, we calculate the fallback accretion
rate for these explosions onto the νNS for the isolated

progenitors and compare and contrast it with its binary

system counterpart. The right panel of Figure 5 shows

the evolution of the mass accretion rate onto the νNS.

The black lines correspond to the single progenitors sim-

ulations. The accretion rate peaks at an early time and
then decays as Ṁ ∝ t−5/3 (Chevalier 1989). For the

binary simulations (colors lines) a late peak on the fall-

back accretion rate is produced from the accretion of
the material captured by the gravitational field of the

NS companion. This is higher and even early for low

energetic supernova (around one order of magnitude for

the less energetic explosion).
In order to compare the SN evolution in the single

and binary simulations, in Figure 7 we show the SN

density profile as seen from the νNS at different times

and for two different SN energies (models 25M1p1e and
25M1p07e of table 2). The left-side plots correspond to

the explosion of the COcore of the 25M� progenitor of

table 1, while the right-side plots show its binary coun-

terpart with a 2M� NS companion. For the isolated
SN explosions, the SN ejecta density profiles evolve ap-

proximately following an homologous evolution keeping

its spherical symmetry around the explosion center. For

the explosions occurring in the close binaries, the NS

companion gravitational field induced asymmetries in

the SN fronts closer to it, that will be more pronounced
for the low energetic explosions (see also Figure 6). We

have shown in Becerra et al. (2016) that these asymme-

tries lead to observational effects both in the supernova
optical emission and in the GRB X-ray afterglow.

4.3. Initial binary period

We continue the exploration of the parameter space of

the initial binary configuration by running simulations
with different values of the initial orbital period. Fig-

ure 9 shows the mass-accretion rate onto the NS com-
panion for three different initial orbital periods: 4.8 min,

8.1 min and 11.8 min, and for two different SN energies:

the fiducial explosion (with η = 1) and the η = 0.7
modified explosion. For the two explosion energies, the
accretion rate seems to scale with the initial binary pe-

riod of the configuration and follow the same power law

at the late times of the accretion process. On the other
hand, for longer binary periods, as expected, the accre-

tion onto the νNS tends to equal the fallback accretion

when the COcore explodes as an isolated star. This can

be seen by comparing the final mass of the νNS in both

scenarios (columns Mνns,fb and Mνns in Table 2).
Figure 8 shows snapshots, at two different times, of

the surface density on the orbital plane for the same

initial binary periods of Figure 9 and the modified ex-

plosion with η = 0.7. The system appears to evolve

self-similarly with the increase of the binary period.

4.4. Initial mass of the NS

Up to now we have considered a massive initial NS

companion of 2.0M�, since we expect the progenitor of
the COcore losses its hydrogen and helium layers inter-

acting with its companion (through common envelope

and Roche-lobe overflow episodes (Lee & Cho 2014)).
Observationally, the measured NS masses in double NS

binaries are lighter than 1.5M� (Lattimer & Prakash
2007) and massive, ∼ 2 M� NSs have been measured in

binaries with white dwarf companions, i.e. PSR J1614–

2230 (Demorest et al. 2010) and PSR J0348+0432 (An-
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Figure 6. Snapshots of the mass density (left panel) and the specific internal energy (right panel) on the equatorial plane after
290.0 s from the beginning of the SPH simulation (around one orbital period of the initial binary system). The initial binary
system parameters are the same as the one represented in Figure 2 but the SN explosion energy has been scaled by a factor η
shown at the upper side of each panel (these simulations correspond to models 25M1p1e with η = 1, 25M1p09e with η = 0.9,
25M1p08e with η = 0.8 and 25M1p07e with η = 0.7 of table 2). The accretion onto the νNS as the NS companion is higher
for the weaker SN explosions, then the star masses increases faster and the final orbital period of the system shortens. In these
explosions also the amount of mass accreted by the νNS is larger.



12 Becerra et al.

(a) Single star ( η = 1.0 ) (b) Binary system ( η = 1.0 )

(c) Single star ( η = 0.7 ) (d) Binary system (η = 0.7 )

Figure 7. Density profile evolution of the SN ejecta after the core-collapse of the COcore of a 25M� progenitor. The r
coordinate is measured from the νNS position. The plots at the left panel correspond to the evolution of the SN in a single-star
system while, in the ones at the right panel, the COcore belongs to a binary system with a NS companion of 2M� and an initial
binary separation of 1.36 × 1010 cm. The blue-dotted lines indicate the position of the NS companion. The SN energy of the
upper plots is 1.56×1051 erg (Model 25M1p1e of table 2) and for the lower plots the SN energy is 6.4×1050 erg (Model 25M1p07e
of Table 2). For isolated SN explosions (or for very wide binaries), the density of the SN ejecta would approximately follow the
homologous evolution as is seen in the left panel plots. For explosions occurring in close binaries with compact companions (as
it is the case of the IGC progenitors), the SN ejecta is subjected to a strong gravitational field which produces an accretion
process onto the NS companion and a deformation of the SN fronts closer to the accreting NS companion, as seen in the right
panel plots.
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Figure 9. Mass-accretion rate onto the NS companion in
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SN energy of 1.57×1051 erg, while the dotted ones correspond
to a lower SN energy of 6.5 × 1050 erg. It can be seen that
the mass-accretion rate scales with the binary orbital period.

toniadis et al. 2013).
In order to increase the parameter space, we have also

run simulations with different initial masses for the NS
companion: 1.4M� and 1.6M�. In Table 3 we summa-
rize the results of these simulations. In these cases, the

models are labeled as “x1Mnsx2px3e”, where x1 is the

initial mass of the NS companion, x2 and x3 have the
same meaning as the model labels of Table 2. We report

also the same columns as in Table 2. For the progenitor

of the COcore we used Mzams = 25M�.
Figure 10 shows the evolution of the mass accretion

rate onto the NS companion as a function of the time

normalized to the initial orbital period. As expected,
for an initial binary system with a massive NS compan-

ion, the mass accretion rate onto it increases during the

SN expansion, i.e. the gravitational force due to a mas-

sive NS is stronger. For example, the NS companion

gained around 4.2%, 3.9% and 3.1% of its initial mass
for the 25Mns1p1e, 16Mns1p1e and 14Mns1p1e models,

respectively and 36.3% and 31.1% for the 14Mns1p07e

and 25Mns1p07e, respectively. On the other hand, the

evolution of the mass accretion rate seems to not be in-

fluenced by the NS companion initial mass. For the most

energetic explosion (η = 1.0), there is an early peak, fol-
low by a power-law decay and a late bump. This bump

is early and bigger for a more massive NS companion.

For the less energetic explosion (η = 0.7), there is a
nearly constant mass accretion phase, followed by some
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Figure 10. Mass-accretion rate on the NS companion for
different initial masses. The initial orbital period is close to
the minimum period that the system can have in order that
there is no Roche Overflow before the collapse of the COcore.

oscillations and a power-law decay. Finally, the total ac-
creted mass on the νNS from the fallback seems not to

be affected by the initial mass of the NS companion. In

the case of the most energetic explosion, the νNS final
mass, in these simulations, is around 1.9M� and for the
less energetic one is around 2.4M�. The differences be-

tween the simulations of equal SN energy could be due
to numerical errors.

4.5. Asymmetric SN expansion

We now explore how a SN explosion with an asym-
metry blastwave affects the evolution of the system. In

Table 4 we summarize the results of these simulations.

In these cases, the models are labeled as “x1fx2Θ:x3”,

where x1 and x2 are the values of the parameter f and

Θ, respectively, of Equations (18) and (19), and x3 is the
direction of the lobe. We started the simulations with

the parameters f = 2.0 (in-cone to out-cone velocity ra-
tio) and Θ = 20.0 (cone amplitude), with the direction

of the lobe in the z-axis (perpendicular to the equato-
rial binary plane) and in the +x-axis (directed to the NS

companion) and -x-axis (opposed to the NS companion).

Additionally, we explore the dependence with the open-
ing angle and the velocities ratio, running simulations

with f = 4.0 and with Θ = 40. Figure 11 shows the
accretion rate onto the NS companion for these simula-

tions. We can see that the introduction of asymmetries

in the SN expansion velocity increases the accretion rate
onto the NS companion as well as the fallback accretion

rate onto the νNS. This is expected because, in order
to conserved the SN energy explosion, we increased the

velocities of the particles inside the cone while we de-

creased the velocities of the particles out-side it, then

these slower particles are more probably captured by

the stars. The direction on the lobe does not introduce

great changes in the evolution of the accretion rate or

the final star mass of the configurations but it does when

the parameters f or Θ are increased.

Figure 12 shows snapshots of the surface density for

the simulations of the asymmetric SN expansion. As it

was previously done, the reference system was rotated

and translated in the way that its center corresponds to

the NS companion position and the x-axis joins the bi-

nary stars. Contrary to the symmetry cases, the binary

orbital plane change after the SN explosion if the lobe
of the explosion is outside the equatorial plane of the

initial binary. For example, for f = 2.0, the final orbital

plane makes an angle of 2.55◦ with respect to the initial

orbital plane and for f = 4.0, this angle grows up to
11.5◦ . However, either for the symmetry or the asym-
metry explosion, the magnitude of the velocity of the

center-of-mass of the final binary system remains around
100–800 km s−1. The kick velocities given in Table 2 are
due to the accretion of linear momentum from the ac-

creted particles and the gravitational attraction that the
ejecta material do on the νNS (Janka & Mueller 1994).
Another source for the NS kick velocity can be due to
the anisotropic emission of the neutrino during the star

collapse (Woosley 1987; Bisnovatyi-Kogan 1993; Fryer
& Kusenko 2006).

4.6. COcore progenitor mass

Finally, we have varied the progenitor of the COcore.
Figure 13 shows the mass-accretion rate onto the NS

companion for all the progenitors listed in Table 1. In

Table 2 we summarize the results for these simulations,
and additionally we have run more simulations with each

of these progenitors changing the SN energy and the
initial binary separation. We now present the salient

properties of these simulations.

The 15M� ejects just around 1.6M�, then the en-
ergy of the SN explosion needs to be low (on the order

of 1050 erg) and the binary system enough compact, in

order to have a significant accretion onto the NS com-

panion. However, if the SN energy is considerably re-

duced, most of the SN material will do fallback onto the

νNS. For example, scaling the SN kinetic energy and in-
ternal energy by η = 0.05, almost 80% of the SN ejecta

is accreted by the νNS, while scaling the parameter to

η = 0.1, the accreted material via fallback is reduced
to the 30%. It is important to point out that, if the

initial orbital period is increased by a factor of 1.7, the

amount of ejected mass that can not escape the νNS

gravitational field grows to the 55%. Namely, the pres-

ence of a close NS companion could avoid the collapse
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Table 3. SPH Simulations with different mass for the NS companion.

Model Mns,0 Porb,i aorb,i Mνns Mns VCM Porb,f aorb,f e mbound bound

(m� ) ( min ) ( 1010 cm ) (m� ) (m� ) ( 107 cm/s ) ( min ) ( 1010 cm ) (M� )

14Mns1p1e 1.4 4.29 1.216 1.971 1.443 6.47 293 15.28 0.929 4.2 × 10−3 yes

16Mns1p1e 1.6 4.35 1.244 1.956 1.664 7.19 1872 53.566 0.979 5.1 × 10−2 yes

14Mns1p07e 1.4 4.29 1.216 2.457 1.909 3.33 4.20 0.977 0.375 9.8 × 10−2 yes

Note—For the progenitor of COcore we used the one with Mzams = 25M�.

Table 4. SPH Simulations with an asymmetric blastwave.

Model Mνns,fb Vkick Mνns Mns VCM Porb,f aorb,f e mbound bound

(m� ) ( 104 cm/s ) (m� ) (m� ) ( 107 cm/s ) ( s ) ( 1010 cm ) (M� )

2f20Θ : z 1.931 1.18 × 103 2.009 2.161 7.31 2852.15 4.849 0.774 0.065 yes

2f20Θ : x 1.931 1.18 × 103 1.959 2.142 7.13 8225.79 9.772 0.892 0.056 yes

2f20Θ : -x 1.931 1.18 × 103 2.002 2.182 7.82 3170.17 5.209 0.801 0.054 yes

4f20Θ : z 2.826 5.08 × 103 2.382 2.424 5.16 456.51 1.496 0.438 0.189 yes

2f40Θ : z 2.364 5.38 × 103 2.316 2.395 5.84 529.37 1.643 0.589 0.105 yes

Note—The initial binary system is formed by the COcore of the Mzams = 25M� progenitor and a NS of 2M�. The initial
binary parameters are the same of the model 25m1p1e of table 2 but the SN velocity profile was modified with equations (18)

and (19).
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Figure 11. Mass-accretion rate onto the NS companion in-
troducing a conical geometry for the SN velocity profile of
the Mzams = 25M� progenitor (see Table 1). The parame-
ter of the initial binary system are the same as the one for
Figure 4. The cone was opened along the z-axis (perpendic-
ular to the orbital plane-blue and purple lines) and along the
x-axis (on the orbital plane-green and orange lines). Since
the SN energy is conserved, the introduction of the asymme-
try reduces the particles velocity and increases the accretion
rate.

of the νNS in the weak explosion cases.

For the 30M� progenitor, we worked with two simu-

lated explosions with different energies, one almost one
order of magnitude stronger than the other. For the

lowest energetic explosion, Esn,1, a significant amount

of mass is making fallback, then the collapse due to the
hypercritical accretion onto the νNS is more probable

than the one of the NS companion. The mass accretion

rate on the NS companion flattens for this SN explo-
sion (see Figure 13). On the other hand, the velocities
of the stronger energetic explosion, Esn,2, are so high

that almost all the SN ejecta surpass the NS companion

without being captured by it. For these explosions, the
ratio between the total SN energy and the kinetic energy

is 0.45 and 0.81, respectively.
We have performed more simulations scaling the en-

ergy of these two explosions, and summarize their re-
sults in Table 2. In these cases, we can evaluate how

accurate is our alternative path of changing the explo-

sion energy by scaling the velocities and the internal

energy of the SPH particles, instead of re-run new sim-

ulations of the COcore collapse and bounce of the shock.
Figure 14 shows the density profile at around the same

time for the two explosions of the 30M� progenitor and

their respective simulations with the scaled SN energy.
In general, the internal radius of the low energetic explo-

sion is about two times smaller that the one of the high
energetic explosion (see Figure 1). These will increase

the material that will make fallback in the single star as

well as in the binary system simulations, even when the
scaled energy of the explosion becomes comparable.

Finally, we use the 40M� progenitor of the COcore.

Since for this progenitor the ejected mass in the SN is

around 11M�, the energy of the explosion needs to be

low to allow the configuration to remain bound and also
for the NS companion to be able to accrete enough mass
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Figure 12. Snapshots of the surface density on the binary equatorial plane (left panel) and the plane orthogonal to it (right
panel). The reference system have been rotated and translated in a way that the x-axis becomes directed in the line that joins
the binary stars and its origin is at the NS companion companion. The initial binary system is the same as the one represented
in Figure 2 but the SN velocity profile has been modified to a conical geometry following Equations (18) and (19). In all the
cases, the cone opens along the z-axis. The left frames of each plot have parameters f = 2.0 and Θ = 20.0 (Model 25m2f20tz of
table 2) while the right ones have f = 4.0 and Θ = 20.0 (Model 25m4f20tz of table 2). If the lobe of the explosion is directed
outside of the initial orbital plane, as in here, the orbital plane of the final configuration changes. For the case f = 2.0, the final
orbital plane makes an angle of 2.55◦ with respect to the initial orbital plane and for f = 4.0, this angle grows up to 11.5◦.
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Figure 13. Mass-accretion rate on the NS companion using
the explosion of all the COcore progenitors summarized in
Table 1. The NS companion has an initial mass of 2M�
and the orbital period is close to the minimum period that
the system can have in order that there is no Roche-lobe
overflow before the collapse of the COcore: 6.5 min, 4.8 min,
6.0 min and 4.4 min for the Mzams = 15M�, 25M�, 30M�
and 40M� progenitors, respectively.

to collapse. If we use a factor η = 0.7 to reduce the

SPH particles velocity and internal energy, we see that
the amount of mass accreted by the νNS is low but the
mass accreted by the NS-companion could make it to

induced its collapse. Instead, for η = 0.5, most of the
ejecta make fallback accretion onto the νNS. In table 5,

we estimate the initial and final mean bulk SN velocity
in the simulations, 〈v〉inital and 〈v〉inital, computed as:

〈v〉 =

√
2Ek
Mej

, (20)

where Ek is the total kinetic energy of the SPH-particles

and Mej is the total mass of the expanding material
particles. We compute this for all the COcore progenitors

and for different values of the η parameter. We do not

account here for the acceleration of the SN ejecta arising

from the energy injection in the accretion process and

in the GRB emission via the impact onto the SN by the
e+e− plasma. As it has been shown in Ruffini et al.

(2018a), the high velocities that characterize the HNe
associated with GRBs are explained by this mechanism.

Fryer et al. (2014) performed a 1D numerical simula-

tions of the COcore collapse, bounce and explosion and
it was estimated the accretion rate onto the NS com-

panion using the Bondy-Hoyle formalism (Hoyle & Lyt-
tleton 1939; Bondi & Hoyle 1944; Bondi 1952). In these
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Figure 14. Snapshots of the surface density on the binary equatorial plane. The initial binary system is formed by the COcore

of the Mzams = 30M� progenitor and a 2M� NS with a orbital period of around 6 min. We have simulated the collapse and
bounce of the 30M� progenitor with two different SN energies as is specified in the left and right panel labels. We show the
simulations scaling the SN energy of these two explosions by a factor η (specified in the upper part of each frame). In general,
the internal radius of the low energetic explosion is about two times smaller that the one of the high energetic explosion. This
increases the fallback accretion onto the νNS and the region near to the binary system becomes denser.

Table 5. Supernova initial and final mean bulk velocity

Progenitor η 〈v〉initial 〈v〉final Progenitor η 〈v〉initial 〈v〉final

Mzams 108 cm s−1 108 cm s−1 Mzams 108 cm s−1 108 cm s−1

15 M�

0.7 7.316 8.763
30 M�

a 0.7 7.931

0.5 6.183 7.103 0.7 4.912 6.227

0.3 4.789 5.066
30 M�

b 1.0 3.097 4.845

1.2 3.393 5.538

25 M�

1.0 4.186 5.805

40 M�

1.0 4.949 7.232

0.9 3.889 5.079 0.9 4.667 6.624

0.8 3.560 4.341 0.8 4.405 5.976

0.7 3.217 3.945 0.7 4.114 5.288

simulations, at the beginning of the accretion process,

there is a burst in the accretion rate, growing up to the

10−1 M� s−1, that is two order of magnitude greater

than the accretion rate that we are obtaining with the
SPH simulation. However, the total time of the accre-

tion process is much shorter in those simulations that

the one presented here, making the amount of mass ac-
creted by the NS companion comparable between the

simulations. This discrepancy is a direct consequence of

the increase of dimension of the simulation. While the

1D simulation is stopped when the SN innermost layer

reaches the NS, the 3D simulation can continue because

there are particles that remain bound to the NS com-

panion in a kind of disk structure, and the star continues

the accretion process.

5. BOUND AND UNBOUND SYSTEMS

We have also studied the evolution of the binary pa-
rameters during the SN expansion.

If we were to assume that the ejected mass in the SN

explosion leaves the system instantaneously, the semi-
major axis of the post-explosion system, a, is given by

a/a0 = (M0−∆M)/(M0−2a0∆M/r), where M0 and a0

is the total mass and the semi-major axis of the initial
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Figure 15. Evolution of the semi-major axis of the νNS-NS
binary system. The initial configuration is a binary system
formed by the COcore of a Mzams = 25M� progenitor and a
NS of 2M� with an initial binary period of approximately
5 min. The COcore collapses and undergoes a SN explosion
ejecting around 5M� and leaving a proto-NS of 1.85M�.
Not all the material ejected in the SN leaves the binary sys-
tem. Some part of this material fallback and is accreted by
the remnant star from the collapse of the COcore while, some
other part, is accreted by the NS companion. The final bi-
nary configuration can remain bound even when the system
lost most of the half of its initial total mass.

binary system, ∆M is the mass ejected in the SN and
r is the star separation at the moment of the explosion

(Hills 1983). Then, binaries with circular initial orbits
become unbound after a SN event if more than half of

its total initial mass is lost. However, as it was shown in

Fryer et al. (2015), in the IGC scenario the mass loss can
not be considered instantaneous because the binary ini-

tial periods are of the same order than the time it takes
for the slowest SN layer to reach the NS companion. For

example, the innermost layers of the 25M� progenitor

have a velocity of the order of 108 cm s−1 so they reach
the NS initial position in a time ∼ 100 s, nearly 2/5 of

the initial binary period. Moreover, it has to be con-

sidered that either the νNS or the NS companion will

accrete mass and momentum from the SN ejecta, and
this will reduce the system mass loss.

Figure 15 shows the evolution of the binary semi-

major axis with time for the same cases of Figure 5.

In these simulations, that correspond to the minimum

orbital period of the initial binary system (∼ 5 min),
independently on the SN energy, the post-explosion sys-

tem remains bound. This occurs even if the system loses

more than the half of its total initial mass. For example,

for the η = 1 case, the mass loss in the system is around

4.82M�, namely about 54.7 % of its total initial mass.

For the fiducial SN model, an increase by a factor
1.7 of the orbital period changes the fate of the post-

explosion binary system, leading to an unbound final

configuration. While, for the less energetic explosion,
the system remains bounded in all scenarios in which

we have increased the initial binary period (up to ≈

60 min, i.e. ≈ 12 times the minimum orbital period).

The determination of the maximum orbital period that

the system can have in oder to remain bound after the

SN explosion is left for a future work.

6. MASS-ACCRETION RATE, NS CRITICAL MASS

AND GRAVITATIONAL COLLAPSE

We turn now to evaluating whether the NS compan-

ion collapses or not to a BH due to the accretion of

part of the SN ejecta. For this, we need both to study

how the NS gravitational mass and angular momentum
evolve with time, and to set a value to the NS critical

mass. As a first approximation, we assume that the NS
evolves from an equilibrium configuration to the next,

using the uniformly rotating NS equilibrium configura-

tions in Cipolletta et al. (2015); Cipolletta et al. (2017).

These configurations were constructed using the pub-

lic code RNS (Stergioulas & Friedman 1995) to solve
the axisymmetric Einstein equations for three selected

relativistic mean-field nuclear matter equations of state

(EOS) models: NL3, GM1 and TM1. The mass-radius
relations obtained for these EOS satisfy current observa-

tional constraints (see figure 5 in Cipolletta et al. 2015).
The most stringent constraint is that the critical mass

for gravitational collapse of a non-rotating NS must be

larger than the mass of the most massive NS observed:
the pulsar PSR J0348+0432 with 2.01 ± 0.04M� (An-

toniadis et al. 2013)1. Recently, it was claimed the mea-
surement of a more massive NS, PSR J2215+5135 with

2.27+0.17
−0.15M� (Linares et al. 2018) and f ≈ 383 Hz (Bre-

ton et al. 2013). This measurement is still under debate

and, for this paper, we use constraint imposed by the

mass of PSR J0348+0432. The current measurements

of NS radii e.g. from X-ray observations, unfortunately,
poorly constrain the mass-radius relation and so the nu-

clear EOS (see e.g. Cipolletta et al. 2015, for details)

In general, for uniformly rotating NS configurations,

when the star accretes an amount of baryonic mass,

Mb, and angular momentum, Jns, its gravitational mass,

Mns, evolves as:

Ṁns =

(
∂Mns

∂Mb

)

Jns

Ṁb +

(
∂Mns

∂Jns

)

Mb

J̇ns . (21)

From Cipolletta et al. (2015), we know the relation

Mns(Mb, Jns):

Mb

M�
=
Mns

M�
+

13

200

(
Mns

M�

)2(
1− 1

130
j1.7
ns

)
, (22)

1 We recall that this pulsar constrains the non-rotating NS
mass-radius relation because the structure of a NS rotating at
the measured rate of PSR J0348+0432, f ≈ 26 Hz (Antoniadis
et al. 2013), in practice “overlaps” with the one of a non-rotating
NS (see e.g. Cipolletta et al. 2015).
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Table 6. Properties of the NS critical mass for NL3, TM1
and GM1 EOS.

EOS MJns=0
max MJns 6=0

max fmax

(M� ) (M� ) ( kHz )

NL3 2.81 3.38 1.40

GM1 2.39 2.84 1.49

TM1 2.20 2.62 1.34

Note—MJns=0
max : critical mass for non-rotating case.

MJns 6=0
max : maximum critical mass value, i.e. the mass of the

configuration along the secular instability line and rotating
at the Keplerian value. fmax: rotation frequency of the NS

with MJns 6=0
max . Table taken from Cipolletta et al. (2015).

where jns ≡ cJns/(GM
2
�). This relation is common to

all the NS matter EOS studied in Cipolletta et al. (2015)

within an error of 2%. The mass and angular momentum
of the accreted particle add to the baryonic mass and the

angular momentum of NS, thus we can integrate Equa-

tion (21) and follow the evolution of the gravitational

mass of both the νNS and the NS companion. The NS
accretes mass until it reaches an instability point: the

mass shedding limit or the secular axisymmetric insta-

bility. The first limit is met if the star angular velocity
has growth enough that the gravitational force at the

stellar equator equals the centrifugal force, then a faster
rotation will induce the ejection of matter. Although

the dimensionless angular momentum parameter has a
nearly EOS-independent value along the mass-shedding

sequence, cJns/(GM
2
ns) ≈ 0.7 (Cipolletta et al. 2015),

the numerical value of Jns at the shedding point de-
pends on the specific EOS since Mns is different. On the
order hand, the secular axisymmetric instability which

defines the critical mass for gravitational collapse arises
because the star became unstable to axisymmetric per-

turbations. From Cipolletta et al. (2015), we have that,

within at maximum error of 0.45%, the critical mass is

given by:

MJns 6=0
max = MJns=0

max

(
1 + kjlns

)
, (23)

where MJns=0
max = [2.81, 2.39, 2.20], l = [1.68, 1.69, 1.61]

and k = [0.006, 0.011, 0.017] for the NL3, GM1 and TM1

EOS.

Table 6 lists some properties of the NS critical mass

configurations for the NL3, GM1 and TM1 EOS. In
particular, we show the minimum and maximum val-

ues of the critical mass, MJns=0
max and MJns 6=0

max , respec-

tively: MJns=0
max corresponds to the configuration along

the secular axisymmetric instability line which is the

non-rotating and MJns 6=0
max to the maximally rotating one

which is the configuration that intersects the Keplerian,

mass-shedding sequence. We also list the rotation fre-

quency of the maximally rotating critical configuration,
fmax.

In the upper panel of Figure 16 we show the track
followed by the NS companion (solid line) and the νNS

(dashed line) in the Mstar − jstar plane for the 25M�
progenitor of the COcore, for two different SN explosion

energies (models 25M1p1e and 25M1p07e of table 2).
For the system with the stronger SN explosion, the νNS

and the NS companion reach the mass-shedding limit at

t = 21.66 min with 1.93M� and t = 20.01 min with

2.055M�, respectively. For the less energetic SN ex-
plosion this occurs early, at t = 5.51 min with 2.04M�
for the νNS, and at t = 2.91 min with 2.09M� for the

NS companion. The dotted line shows the continuation

of the integration of Equation (22) for all the simulation

time. For the NS companion, there is a decreasing of an-

gular momentum. This occurs because there is a change
in the direction of rotation of the accreted particles with

respect to the one of the accreting NS.
Since we are assuming that the angular momentum

of the accreted particles is totally transferred to the NS,
even the accretion of a little amount of mass might bring

it soon to the mass-shedding limit (see Figure 16). How-
ever, we see in the simulations that a kind of disk is
formed around the NS, then before they being actually

accreted, circularize and loose angular momentum ow-
ing to the friction force developed in the disk. In this
picture, we need to integrate Equation (21) assuming

that the star angular momentum evolution is given by
the disk accretion torque, i.e.:

J̇ns = l(Rd)Ṁb , (24)

where l(Rd) is the specific angular momentum of the
particles at the disk interior radius, Rd. We adopt now
that the disk interior radius is given by the radius of

the last circular orbit (LCO) of a test particle around

the NS. From Cipolletta et al. (2017), we have that the
specific angular momentum of the LCO, independently
on the studied EOS, is given by:

l(Rd) = lLCO =
GMns

c

[
2
√

3∓ 0.37

(
jns

Mns/M�

)0.85
]
,

(25)
where the upper sign corresponds to the corotating par-

ticles and the lower sign to the counter-rotating parti-

cles. This fitting formula is accurate with a maximum

error of 0.3%.

In the bottom panel of Figure 16 we show the evolu-
tion of the νNS and the NS companion in theMstar−jstar

plane, for the same models of the upper panel. In this

case, we have integrated Equations (21) and (25) assum-

ing, again, that the particles mass sums to the star bary-

onic mass and the disk viscous timescale is smaller that

the accretion timescale, i.e. we used the mass-accretion

rate obtained from the SPH simulations. In this case

only the NS companion for the less energetic SN simu-
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Figure 16. Evolution of the νNS (dashed line) and the NS
companion (solid line) in the mass-dimensionless angular mo-
mentum (Mstar-jstar) plane. The mass of the particles ac-
creted contributes to the NS baryonic mass. In the upper
plot we adopt that the star accretes all the particles angular
momentum. In the lower plot we adopt that the star accretes
from a disk-like structure, namely that the angular momen-
tum evolution is dictated by the disk-accretion torque (see
text for details). In this example the initial binary system
is formed by the COcore of the Mzams = 25M� progenitor
and a 2M� NS with an orbital period of about 5 min. The
red lines correspond to a SN explosion of ×1051 erg, while
for the blue line the explosion energy has been scaled by a
factor η = 0.7, leading to ×1051 erg.

lation reaches the mass-shedding limit.
The evolution equations (21) and (24) are general

while the binding energy and LCO angular momentum

equations are, in general, EOS-dependent relations. For-

tunately, it has been shown in Cipolletta et al. (2017)

that equations (22) and (25) remain valid for the set

of EOS used in this work (and for a wider variety of

EOS) with high accuracy, namely they are nearly EOS-

independent. This implies that the evolution track fol-

lowed by the NS, given the initial mass, is the same for

all these EOS. However, This does not imply that the

fate of the NS is the same since the instability bound-

aries depend on the EOS, namely the numerical values

of the mass and angular momentum of the NS at the

mass-shedding and at the secular instability depend on
the EOS, as it can be seen from figures 16 and 17.

We have assumed until now a totally efficient angu-

lar momentum transfer of the particles from the inner

disk to the NS surface. However, additional angular mo-
mentum losses should be taken into account. We model

these losses introducing a parameter for the efficiency of

the angular momentum transfer, χ ≤ 1 (see e.g. Becerra
et al. 2016), defined as:

J̇ns = χl(Rd)Ṁb. (26)

Therefore, χ = 1.0 implies that the particles lose angu-
lar momentum only in their downward motion within
the disk, while χ < 1 introduces the possible losses in

their final infall to the NS, e.g. from accretion outflows
and/or from the deceleration of the matter from the in-
ner disk radius to its final incorporation to the NS sur-

face (see e.g. Shakura & Sunyaev 1988; Inogamov & Sun-

yaev 1999; Babkovskaia et al. 2008; Inogamov & Sun-
yaev 2010; Philippov et al. 2016, and references therein).
In Figure 17 we compare the evolutionary path on the

mass-dimensionless angular momentum plane for two

values of the efficiency parameter, χ = 0.5 and χ = 1.0.
It can be seen that angular momentum losses make the

star to reach the secular instability limit of the TM1 and

the GM1 EOS, namely the critical mass to collapse to
a BH, instead of the mass-shedding limit. This result is

in agreement with previous results presented in Becerra

et al. (2015, 2016).
Table 7 lists the total angular momentum of the par-

ticles accreted by the stars when it crosses an instability

limit (if it does) or when the simulation was stopped. In

these cases we worked with the TM1 EOS. We show the

results for two selected values of the angular momentum

transfer efficiency parameter, χ = 1.0 and 0.5. For low

energetic SN explosions, it is more probable that the
νNS arrives to the mass-shedding limit when χ = 1.0 or

the secular instability limit when χ = 0.5. This is the

case for the less energetic explosion of the 15M� progen-
itor, the 30M� and the 40M� ones. On the other hand,

there are few cases in which the NS companion arrive

first to the mass-shedding limit. The case for the 25M�
progenitor with SN energy scaled by η = 0.7 and the

minimum orbital period, and for the 40M� progenitor
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Table 7. Final state of the νNS and the NS companion

νNS NS

χ = 0.5 χ = 1.0 χ = 0.5 χ = 1.0

COcore Model Ltot Mνns jνns Fate Mνns jνns Fate Ltot Mns jns Fate Mns jns Fate

Mzams c/(GM2
�) M� c/(GM2

�) M� c/(GM2
�) c/(GM2

�) M� c/(GM2
�) M� c/(GM2

�)

15M�

15m1p07e 0.027 1.302 0.007 Stb 1.302 0.008 Stb 0.085 2.004 0.009 Stb 2.002 0.018 Stb

15m1p05e 0.069 1.303 0.009 Stb 1.303 0.016 Stb 0.323 2.004 0.019 Stb 2.004 0.037 Stb

15m1p03e 0.019 1.315 0.041 Stb 1.315 0.077 Stb 0.362 2.023 0.101 Stb 2.023 0.204 Stb

15m2p03e 0.091 1.303 0.08 Stb 1.303 0.017 Stb 0.579 2.006 0.026 Stb 2.006 0.056 Stb

15m1p01e 13.63 1.815 1.571 Stb 1.636 1.874 M-sh 19.373 2.157 0.701 Stb 2.159 1.377 Stb

15m2p01e 38.38 2.077 2.534 Stb 1.639 1.892 M-sh 12.533 2.080 0.35 Stb 2.080 0.693 Stb

15m3p01e 30.95 1.759 1.377 Stb 1.862 3.253 M-sh 2.004 2.045 1.197 Stb 2.045 0.388 Stb

25M�

25m1p1e 3.469 1.931 0.321 Stb 1.933 0.627 Stb 4.746 2.055 0.2467 Stb 2.056 0.497 Stb

25m2p1e 1.779 1.912 0.242 Stb 1.914 0.472 Stb 1.927 2.022 0.099 Stb 2.022 0.198 Stb

25m3p1e 1.085 1.912 0.229 Stb 1.912 0.399 Stb 1.944 2.018 0.0813 Stb 2.019 0.1639 Stb

25m1p09e 6.243 1.982 0.513 Stb 1.983 1.010 Stb 6.538 2.127 0.584 Stb 2.129 1.187 Stb

25m1p08e 7.331 2.038 1.449 Stb 2.031 1.365 Stb 9.870 2.258 1.242 Sc-in 2.348 3.576 Stb

25m1p07e 18.146 2.284 1.826 Stb 2.289 3.434 Stb 8.491 2.246 1.105 Sc-in 2.528 4.506 M-sh

25m2p07e 19.51 2.250 1.663 Stb 2.265 3.215 Stb 9.908 2.252 1.135 Sc-in 2.426 3.648 Stb

25m3p07e 21.34 2.214 1.476 Stb 2.226 2.812 Stb 17.292 2.004 2.246 Sc-in 2.425 3.638 Stb

14M1p1e 6.61 1.945 0.399 Stb 1.951 0.791 Stb 3.933 1.438 0.110 Stb 1.437 0.221 Stb

16M1p1e 5.172 1.935 0.672 Stb 1.935 0.672 Stb 5.742 1.652 0.357 Stb 1.652 0.178 Stb

14M1p07e 22.87 2.312 1.972 Sc-in 2.327 3.788 M-sh 3.079 1.837 1.509 Stb 1.711 2.05 M-sh

30M�a

30m1p1ea 0.077 1.756 0.021 Stb 1.756 0.044 Stb 0.059 2.006 0.026 Stb 2.006 0.052 Stb

30m1p07ea 0.954 1.758 0.032 Stb 1.758 0.062 Stb 0.366 2.012 0.053 Stb 2.012 0.106 Stb

30m1p05ea 1.828 1.764 0.053 Stb 1.764 0.107 Stb 4.073 2.028 0.125 Stb 2.028 0.251 Stb

30m1p03ea 3.560 1.842 0.3494 Stb 1.843 0.692 Stb 33.083 2.246 2.358 Sc-in 2.356 3.532 Stb

30m2p03ea 4.266 1.821 0.267 Stb 1.821 0.522 Stb 36.161 2.151 0.7006 Stb 2.154 1.426 Stb

30M�b

30m1p1eb 64.935 2.379 2.614 Sc-in 2.215 3.507 M-sh 19.995 2.244 1.099 Sc-in 2.307 2.634 Stb

30m1p12eb 28.432 2.362 2.541 Stb 2.200 3.392 M-sh 33.681 2.244 1.100 Sc-in 2.304 2.606 Stb

30m2p12eb 26.508 2.397 2.807 Sc-in 2.162 3.297 M-sh 23.922 2.1801 0.802 Stb 2.1827 1.572 Stb

30m1p2eb 2.819 1.777 0.106 Stb 1.777 0.196 Stb 7.846 2.061 0.271 Stb 2.061 0.546 Stb

30m1p31eb 0.721 1.766 0.0611 Stb 1.766 0.105 Stb 1.6715 2.014 0.062 Stb 2.014 0.122 Stb

40M�

40m1p1e 1.125 1.874 0.081 Stb 1.873 0.132 Stb 11.504 2.056 0.2453 Stb 2.056 0.4918 Stb

40m1p09e 2.189 1.875 0.087 Stb 1.875 0.164 Stb 25.669 2.236 1.097 Stb 2.236 2.247 Stb

40m1p08e 3.468 1.879 0.105 Stb 1.879 0.199 Stb 30.146 2.254 1.22 Sc-in 2.405 4.060 M-sh

40m1p07e 9.963 2.042 0.7631 Stb 2.042 1.486 Stb 34.074 2.243 1.09 Sc-in 2.526 4.491 M-sh

40m2p07e 9.6264 2.023 0.689 Stb 2.024 1.343 Stb 42.97 2.245 1.100 Sc-in 2.522 4.458 M-sh

40m4p07e 10.333 1.942 0.342 Stb 1.942 0.652 Stb 27.474 2.246 1.129 Sc-in 2.4135 3.6104 Stb

40m1p06e 171.063 2.310 1.948 Sc-in 2.338 3.857 M-sh 63.31 2.244 1.098 Sc-in 2.529 4.518 M-sh

40m2p06e 121.594 2.318 1.987 Sc-in 2.331 3.793 M-sh 45.944 2.244 1.096 Sc-in 2.527 4.506 M-sh

40m1p05e 11.593 2.316 1.197 Sc-in 2.338 3.861 M-sh 5.434 2.133 0.588 Stb 2.134 1.158 Stb

Note—Stb: stable configuration; M-sh: mass-shedding limit; Sc-in: secular axisymmetric instability. In this table, we report
the results for the TM1 EOS and the gravitational mass value takes into account the angular momentum transfer by accretion.

These values could differ from those reported in table 2 where the angular momentum transfer is not considered.

aEsn = 1.09 × 1052 erg

bEsn = 2.19 × 1051 erg
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Figure 17. Evolution of the νNS (dashed line) and the NS
companion (solid line) in the mass-dimensionless angular mo-
mentum (Mstar-jstar) plane. The angular momentum evolu-
tion is dictated by the disk-accretion torque given by Equa-
tion (26), where we have introduced the efficiency parameter,
χ ≤ 1, that accounts for angular momentum losses between
the disk and the stellar surface. The initial binary system is
formed by the COcore of the Mzams = 25M� progenitor and
a 2M� NS with an orbital period of about 5 min. The SN ex-
plosion energy has been scaled by η = 0.7 (Model 25M1p07e
of Table 2).

with SN energy scaled by η = 0.8, η = 0.7 and η = 0.6.

Notice that in the case with η = 0.8 and χ = 1.0 the
NS companion arrives to the mass-shedding limit, but
the final system is unbound after the SN ejecta leave the

system.

6.1. Accuracy of the mass accretion rate

We turn now to analyze the relevance of the ξ-

parameter of Equation (10) on the mass-accretion rate
onto the star. Until now, we have assumed a value

ξ = 0.1 for this parameter. A larger value of ξ results in

higher accretion rates: it allows a bigger gravitational

capture radius and then more particles can be accreted

by the star. In this way, a ξ = 1.0, the maximum value

that ξ can have, will establish an upper limit for the
mass accretion rate onto the star. We can also establish

a lower limit for the accretion rate, if we allow the star

to just accrete the particle which angular momentum

is equals or smaller that the angular momentum that a

particle orbiting the star would have at the LCO. An
equivalent condition is to adopt a varying ξ parameter

that equals the capture radius to the radius of the last

circular orbit, rLCO. But, since the rLCO for the NS is
of the order of the NS radius, i.e. ∼ 10 km, we will need

to increase considerably the number of particles to be
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Figure 18. Mass-accretion rate onto the NS companion
adopting different values for the ξ parameter in Equa-
tion (10). This parameter controls the size of the NS capture
radius. A value ξ = 1.0 establishes an upper limit on the
mass-accretion rate. We also defined a lower limit on the
accretion (red line), allowing to the star just accreted those
particles that have an angular momentum smaller than the
one of the LCO around the NS. The initial binary configu-
ration is the one of Figure 4.

able to resolve the NS surface.
We have re-run the SPH simulations adopting differ-

ent values of ξ, for the binary system formed by the

COcore of the 25M� progenitor and a 2M� NS com-
panion, and orbital period of about 5 min. In Figure 18

we show the accretion rate onto the NS companion for

ξ = 1.0, 0.5 and 0.1. The label ξ = ξjLCO corresponds
to the case in which the star just accretes the parti-

cles with angular momentum lower than the one of the

LCO. The late mass-accretion rate of the simulations

with ξ = ξjLCO and ξ = 0.5 and 1.0 fall almost with the
same power-law, Ṁ ∝ t−5/3. Also, for the same simu-

lation, Figure 19 shows snapshots of the density surface

at the binary equatorial plane at two different times.

The simulation with ξ = 1.0 and ξ = 0.5 gives greater

peaks for the mass-accretion rate. This is expected since

in these cases the NS capture radius is larger, the star
cleans up its surrounding and produces, at later times,

a quickly dropping accretion rate. Comparing this sim-

ulation with the one with ξ = 0.1, we can deduce that

there is a delay time between the particles that are grav-

itationally captured by the star and the time it is actu-
ally accreted by it. We expect that the simulation with

ξjLCO gives a better resolution of the disk around the

NS companion. However, the artificial viscosity used in
the code was introduced in order to resolve shocks and

does not model the disk viscosity. Then, we are seeing
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Figure 19. Snapshots of the surface mass density. The initial binary system is formed by the COcore of a 25M� progenitor and
a 2M� NS with an initial orbital period of around 5 min. For the plots in the upper panel the system has evolved a time close to
one initial orbital period, 300 s, and for the plots of the bottom panel, the time corresponds to about 24 min from the beginning
of the simulation. The vertical panels correspond to different values for the ξ parameter in Equation (10), from the second to
the fourth it is: 0.1, 0.5 and 1.0. In the simulation label jLCO the star accretes just the particles with angular momentum lower
than the one of the NS LCO.

Table 8. NS companion final state

Progenitor η ξ ∆Macc ∆lacc mbound aorb,f

Mzams M� c/(GM2
�) M� 1010 cm

25M� 1.0 jLCO 0.011 0.0097 0.00238 14.96

0.1 0.078 4.7460 0.08100 8.110

0.5 0.171 31.921 0.00497 9.780

1.0 0.211 42.148 0.00131 48.87

0.7 jLCO 0.049 0.0870 0.07700 1.724

0.7 0.1 0.659 7.7650 0.16030 1.021

1.0 0.633 225.64 0.00453 1.575

30M� 2.0 0.1 0.077 7.8460 0.00560 −
2.0 1.0 0.172 22.166 0.00053 −

40M� 0.8 0.1 0.457 30.147 0.01650 −
0.8 1.0 0.545 56.835 0.00703 −

that the particles that circularize around the star, at
some point scape from the NS gravitational field, mak-

ing the mass-accretion rate to drop (see Figure 19). In

Table 8 we summarize the parameters that characterize

the final state of the NS companion as well as the fi-

nal binary system. We have re-run simulation with the
25M�, 30M� and 40M� progenitors of the COcore. For

each model, we summarized the total mass and angular
momentum on the accreted particles, ∆Macc and ∆lacc,

the mass bound to the system when the simulation is

stopped, mbound, and the final orbital separation, aorb,f .

In general, the larger the ξ parameter the larger the

∆lacc and ∆Macc depends both on ξ and on the SN ex-
plosion energy. The accreted mass increases with ξ but

the increment decreases with a decrease of the SN en-

ergy, e.g.: for Mzams = 25M� and η = 1.0, the accreted
mass increases by ≈ 170% when going from ξ = 0.1 to

ξ = 1.0 while, for η = 0.7, the accreted mass is almost
the same for both values of ξ.



24 Becerra et al.

7. CONSEQUENCES OF THE SIMULATIONS ON
THE XRF/BDHN MODEL

7.1. Parameters leading to a successful IGC

The accretion rate increases for higher densities and
lower velocities, so we expect it increases with time as

the inner ejecta layers, which are denser and slower,

pass by the NS. Using an homologously expanding SN

ejecta density profile, Becerra et al. (2016) derived ap-
proximate, analytic formulas for the peak accretion rate,

Ṁpeak, and the corresponding peak time, tpeak (see

Equations (33)–(34) there). From this estimate they

show that, at the lowest order in Mns/M , the system

satisfies:

tpeak ∝
M1/3P

2/3
orb,i

vstar,0
, Ṁpeak ∝

(
Mns

M

)5/2
1

Porb,i
,(27)

where Mns is the initial mass of the NS companion,

M = Mns + MCO is the initial total binary mass,
MCO = Mνns + Mej is the mass of the COcore, Porb,i

is the initial orbital period and vstar,0 is the velocity of
the outermost layer of the SN ejecta. The above de-

pendence confirms that the shorter/smaller the orbital
period/separation, the higher the peak accretion rate,
Ṁpeak and the shorter the peak time, tpeak. It is also

confirmed that the highest velocity layer have a negli-
gible contribution to the accretion rate but it is impor-
tant in the determination of the time at which accretion

starts and, consequently, of the peak time. These for-

mulas are relevant to have an insight on the properties
of the system and are valid to obtain typical and/or
order-of-magnitude estimates of the accretion rate. An

analysis of the performance of the analytic formulas with
respect to the values obtained from a full numerical inte-
gration can be found in the appendix A of Becerra et al.

(2016).

Using the above and approximating the accreted mass

as ∆Macc,an ≈ Ṁpeaktpeak, it can be checked that it
satisfies:

∆Macc,an ∝
M2

ns

P
1/3
orb,1vstar,0

, (28)

for a fixed COcore mass. For some of the models of

table 2, we summarize in table 9 their corresponding
order-of-magnitude values of tpeak, Mpeak and ∆Macc

from equations (27) and (28). In order to evaluate the

accuracy of these analytic estimates, we have calculated

the ratio

η∗ ≡ ∆Macc,sim

∆Macc,an
, (29)

between the mass accreted by the NS companion ob-

tained numerically in the simulation and the one pre-

dicted by equation (28). We confirm the behavior found
in Becerra et al. (2016) that the accuracy of the analytic

estimate increases (η∗ parameter approaches unity) for

longer orbital periods (less compact binaries) and we
found here that also for more energetic SNe. We also

confirm that the analytic formula underestimates (η∗
much larger than unity) the accretion rate for the short

orbital period binaries. Indeed, we found that when η∗
is in excess of unity the gravitational collapse of the NS

is more probable. It is important to recall that the equa-

tions (27) were derived assuming that the binary period

is constant while the SN ejecta expand and neglecting

the contribution of the νNS in the evolution of the sys-
tem. In order to have an idea of the goodness of those

assumptions, we also show in table 9 the ratio between

the final and initial binary separation, and the final and

initial mass of the νNS.

From equation (28), we see that not only the larger
the Mns the less the mass it needs to accrete to reach

the critical mass for gravitational collapse and BH for-
mation,

∆Mcrit ≡Mcrit −Mns, (30)

where Mcrit = MJns 6=0
max (see Equation 23), but also the

larger the Mns the higher the accretion rate and the
larger the mass it accretes in a time tpeak. The above

analysis places as main parameters of the system for
the occurrence of an XRF or a BdHN are the initial
mass of the NS companion, the orbital period and the
SN velocity, or equivalently, the SN explosion/kinetic

energy.
We defined in Becerra et al. (2016) the orbital pe-

riod Pmax separating the XRFs and BdHNe subclasses,

namely the maximum orbital period up to which the

collapse of the NS companion to a BH, induced by ac-
cretion, occurs. Thus, Pmax is set by the orbital period

for which ∆Macc = ∆Mcrit, which leads to

Pmax ∝
M6

ns

v3
star,0(Mcrit −Mns)3

, (31)

which is a monotonically increasing function of Mns, as

obtained in Becerra et al. (2016) (see Figure 5 there)
from the full numerical integration of the NS evolution

equations.

7.2. Binary evolutionary path

As we have discussed, in our binary scenario the pres-

ence of the COcore provides a natural explanation for the
association of long GRBs with type Ic SNe/HNe. The

requirement of the COcore, at the same time, leads to the

formation of compact orbits (few minutes orbital period)

needed for the occurrence of high accretion rates onto
the NS companion. The HNe, i.e. the high-velocity SNe
associated with GRBs, are explained by the feedback

of the energy injected into the SN by the hypercritical

accretion (Becerra et al. 2016) and by the GRB e+e−

plasma (Ruffini et al. 2018a). This implies that the ini-

tial SN explosion/kinetic energy is initially ordinary.
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Table 9. Comparison between the analytic estimate of the accretion process and the full numerical results. In the first two
columns is presented the label of the model and the SN velocity of the last layer at the beginning of the simulation. The
next three columns correspond to the estimations of tpeak, Ṁpeak and Macc, calculated from equations (27) and (28). The η∗
parameter from sixth columns corresponds to the ratio between the mass accreted obtained from the simulations and the one
calculated with equation (28). The last two columns are the ratio between the initial and final orbital separation and the initial
and final mass of the νNS, respectively. We reported these two last quantities since in the analytical approximation they were
assumed as constant.

Model vstar,0 tpeak Ṁpeak ∆Macc,an η∗ aorb,f
aorb,i

Mνns
Mνns,0

Model vstar,0 tpeak Ṁpeak ∆Macc,an η∗ aorb,f
aorb,i

Mνns
Mνns,0

108 cm/s s 10−4M�/s M� 108 cm/s s 10−4M�/s M�

MZAMS = 25M� Progenitor ( ρcoreR
3
star = 3.237M� ) MZAMS = 30M� Progenitor - exp2 ( ρcoreR

3
star = 5.280M� )

25m1p1e 9.5 48.14 5.87 0.028 3.01 6.47 1.06 30m1p1e 5.21 340.06 0.984 0.033 11.428 1.32 2.10

25m2p1e 9.5 70.69 3.30 0.023 1.24 − 1.04 30m2p1e 5.21 513.53 0.767 0.039 5.784 − 1.02

25m3p1e 9.5 87.56 2.39 0.021 1.14 − 1.04 30m1p12e 5.71 310.43 0.984 0.031 11.428 3.01 1.44

25m4p1e 9.5 106.8 1.77 0.019 0.74 − 1.04 30m1p2e 5.21 239.91 0.984 0.023 0.719 − 1.02

25m1p09e 9.1 50.74 5.87 0.029 5.43 3.10 1.09 30m1p31e 9.18 193.15 0.984 0.019 0.895 − 1.01

25m1p08e 8.5 53.82 5.87 0.032 13.95 1.82 1.12 MZAMS = 40M� Progenitor ( ρcoreR
3
star = 7.47M� )

25m1p07e 7.9 57.54 5.87 0.034 18.37 0.77 1.28 40m1p1e 6.58 33.74 9.39 0.032 3.74 − 1.01

25m2p07e 7.9 84.49 3.30 0.028 18.71 1.99 1.27 40m2p1e 6.58 49.67 5.58 0.028 1.65 − 1.01

25m3p07e 7.9 104.65 2.39 0.025 20.87 2.30 1.24 40m1p09e 6.24 35.62 9.39 0.033 8.14 - 1.012

25m5p07e 7.9 147.78 1.43 0.021 19.02 2.58 1.17 40m1p08e 5.88 37.78 9.39 0.035 15.06 − 1.02

14Mns1p1e 9.5 43.58 3.71 0.016 2.65 12.6 1.07 40m1p07e 5.51 40.39 9.39 0.038 27.21 8.08 1.13

14Mns1p07e 7.9 52.08 3.71 0.019 21.16 0.80 1.33 40m2p07e 5.51 59.38 5.59 0.033 22.76 54.8 1.12

MZAMS = 30M� Progenitor -exp 1 ( ρcoreR
3
star = 5.280M� ) 40m4p07e 5.51 94.29 2.99 0.028 17.97 − 1.06

30m1p1e 8.78 96.22 0.91 0.009 0.798 − 1.004

30m1p07e 7.35 115.01 0.91 0.018 1.431 − 1.004

30m1p05e 6.213 136.07 0.91 0.022 2.498 − 1.008

30m1p03e 4.81 175.67 0.91 0.016 28.41 4.88 1.068

30m2p03e 4.81 265.28 0.52 0.013 13.84 − 1.05

Once we have established the main binary parameters

needed for the explanation of the XRFs and BdHNs fol-

lowing the IGC scenario, it is natural to discuss whether
these conditions, namely COcore-NS binaries with these

features, occur in a given evolutionary path. It is known

that massive binaries can evolve into compact-object bi-
naries such as NS-NS and NS-BH. Typical formation

scenarios argue that, after the first SN explosion, the
compact remnant enters a common-envelope phase with
the companion. Such a phase leads to a compaction

of the binary orbit. Finally, after the collapse of the

companion star, a NS-BH or NS-NS binary is formed if

the system remains bound (Fryer et al. 1999b; Dominik
et al. 2012; Postnov & Yungelson 2014). More recently,

a different evolutionary scenario has been proposed in

which, after the collapse of the primary star to a NS,

namely after the first SN, the binary undergoes a series

of mass transfer phases leading to the ejection of both

the hydrogen and helium shells of the secondary. This
process naturally leads to a binary composed of a COcore

and a NS. When the COcore collapses, namely after the

second SN in the binary evolutionary path, a compact
binary system is formed. The X-ray binary/SN commu-

nity refer to these systems as “ultra-stripped” binaries.

Such systems have been also called into cause to explain

the population of NS-NS and low-luminosity SNe (see

e.g. Tauris et al. 2013, 2015). The rate of these ultra-

stripped binaries are expected to be 0.1–1% of the total

SN rate (Tauris et al. 2013). Most of the theoretically
derived population of these binaries show tight orbital

periods in the range 50–5000 h. Ultra-stripped systems

have been proposed in these works to dominate the for-
mation channel of NS-NS. In addition, the formation of
NS-BH systems was not there considered since 1) they

did not find systems where the COcore collapses directly

to a BH and 2) they did not consider the possibility of

an IGC process in which the BH is formed by the NS

companion and not by the collapse of the COcore.

Binary evolutionary paths similar to the above one of

ultra-stripped binaries and leading to the tight COcore-

NS binaries studied here were proposed in Rueda &

Ruffini (2012); Becerra et al. (2015); Fryer et al. (2015).
However, population synthesis analyses scrutinizing the

possibility of even tighter binaries than the ones pre-

viously considered as well as the physics of the hyper-

critical accretion process onto the NS companion in the
second SN explosion, leading to XRFs and/or BdHNe,

have not been yet considered in the literature and de-

serve a dedicated analysis.

7.3. Occurrence rate density

The existence of ultra-stripped binaries supports our
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scenario from the stellar evolution side. Clearly, XRF
and BdHN progenitors should be only a small subset

that result from the binaries with initial orbital separa-

tion and component masses leading to COcore-NS bina-

ries with short orbital periods, e.g. 100–1000 s for the
occurrence of BdHNe. This requires fine-tuning both of

the COcore mass and the binary orbit. From an astro-

physical point of view the IGC scenario is characterized

by the BH formation induced by the hypercritical ac-

cretion onto the NS companion and the associated GRB
emission. Indeed, GRBs are a rare phenomenon and

the number of systems approaching the conditions for

their occurrence must be low. If we assume that XRFs

and BdHNe can be final stages of ultra-stripped bina-

ries, then the percentage of the ultra-stripped popula-
tion leading to these long GRBs must be very small. The

observed occurrence rate of XRFs and BdHNe has been
estimated to be ∼ 100 Gpc−3 y−1 and ∼ 1 Gpc−3 y−1,

respectively (Ruffini et al. 2016), namely the 0.5% and

0.05% of the Ibc SNe rate, 2× 104 Gpc−3 y−1 (see e.g.
Guetta & Della Valle 2007). Since it has been esti-
mated that (0.1–1%) of the SN Ibc could originate from
ultra-stripped binaries (Tauris et al. 2013), then only

(0.005–0.05)% of the ultra-stripped population would
be needed to explain the occurrence of XRFs and only
even 100 times smaller to explain the BdHNe. It is in-

teresting that these numbers are consistent with tradi-
tional estimates that only ∼ 0.001–1% of massive bi-
naries lead to double compact-object binaries (see e.g.

Fryer et al. 1999b; Dominik et al. 2012; Postnov & Yun-

gelson 2014).

7.4. Consequences on GRB observations and analysis

We have recently addressed in Ruffini et al. (2018a)

the essential role of X-ray flares in differentiating and

act as separatrix between the BdHN model and the

“collapsar-fireball” model of GRBs (Woosley 1993). The

gamma-ray spikes in the GRB prompt emission occur
at 1015–1017 cm from the source and have Lorentz fac-
tor Γ ∼ 102–103. Instead, the analysis of the thermal

emission in the X-ray flares in the early (source rest-

frame time t ∼ 102 s) afterglow of BdHNe, showed

that X-ray flares occur at radii ∼ 1012 cm and expand
mildly-relativistically, e.g. Γ . 4 (Ruffini et al. 2018a).

These model independent observations are in contrast

with an ultra-relativistic expansion all the way from the

GRB prompt emission to the afterglow, as traditionally

adopted in the majority of the GRB literature in the

context of the collapsar-fireball scenario.
In Ruffini et al. (2018a) we tested whether the

BdHN scenario could explain both the ultra-relativistic

gamma-ray prompt emission as well as the mildly-
relativistic X-ray flare data. Our numerical simulations

in Becerra et al. (2016) have shown that, at the moment

of BH formation and GRB emission, the SN ejecta be-
come highly asymmetric around the collapsing NS. In

the direction pointing from the COcore to the accreting

NS outwards and lying on the orbital plane, the NS caves

a region of low baryonic contamination in which the
GRB e+e− plasma, created once the NS collapses and

forms the BH, can expand with high Γ ∼ 102–103 ex-

plaining the GRB prompt emission. In the other direc-

tions, the GRB e+e− plasma impacts the SN ejecta at
approximately 1010 cm, evolves carrying a large amount

of baryons reaching transparency at radii 1012 cm with

a mildly Γ . 4. This result is in clear agreement with

the X-ray flares data (see Ruffini et al. 2018a; Melon

Fuksman et al. 2018, for details). A most important

prediction of this scenario is that the injection of energy
and momentum from the GRB plasma into the ejecta

transforms the SN into a HN (see Ruffini et al. 2017, for

a detailed analysis of GRB 151027A).
The strong dependence of Pmax on the initial mass of

the NS companion opens the interesting possibility of

producing XRFs and BdHNe from binaries with similar
short (e.g. P ∼few minutes) orbital periods and COcore

properties: while a system with a massive (e.g. & 2 M�)

NS companion would lead to a BdHN, a system with
a lighter (e.g. . 1.4 M�) NS companion would lead
to an XRF. This predicts systems with a similar initial
SN, leading to a similar νNS, but with different GRB

prompt and afterglow emission. Clearly being the GRB
energetics different, the final SN kinetic energy should
be also different being it larger for the BdHNe.

Besides confirming that XRFs and BdHNe can be pro-
duced by these binaries, the present new 3D SPH simula-
tions have also shown new, possibly observable features
in GRB light-curves and spectra, e.g.:

1) the hypercritical accretion occurs both on the NS

companion and on the νNS with a comparable accretion
rate, hence roughly doubling the accretion power of the

system.

2) The above leads to the clear possibility that, un-

der specific conditions, a BH-BH binary can be pro-

duced; see e.g. the simulation ‘30m1p1eb’ in Table 7.
Since the system remains bound (see Table 2), the two
stellar-mass BHs will merge in due time owing to the

emission of gravitational waves. However, no electro-

magnetic emission is expected from such a merger and,
in view of the typically large cosmological distances of

GRBs, their detection by gravitational-wave detectors

such as the ground-based interferometers of the LIGO-

Virgo network appears to be difficult.

3) The SNe with lower explosion energy create a long-
live hypercritical accretion process and produce an en-

hancement at late times of the accretion rate onto the
νNS. Such a revival of the accretion rate does not ex-

ist in the case of single SN namely in absence of the
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NS companion (see Figure 5). In these cases there is a
higher probability for the detection of the early phase of

an XRF/BdHN by X-ray detectors.

4) The asymmetric SN explosions lead to a quasi-

periodic behavior of the accretion rate which could
be detectable by the X-rays instruments (see e.g. Fig-

ure 11). A possible detection of this feature would be

a further test of the binary nature and would pinpoint

the orbital period of the binary progenitor.

On the other hand, we have evaluated in our simula-
tions whether the binary remains gravitationally bound

or it becomes unbound by the SN explosion. Therefore,

we are determining the space of initial binary and SN ex-

plosion parameters leading to the formation of νNS-NS

or νNS-BH binaries. This shows the interesting feature
that long GRBs (XRFs and BdHNe) lead to the binary

progenitors of short GRBs, hence this topic is relevant
for the understanding of their relative density rate and

will be further analyzed in forthcoming works.

8. CONCLUSIONS

We have performed the first full numerical 3D SPH
simulations of the IGC scenario: in a COcore-NS bi-
nary system, the COcore collapses and explodes in a

SN triggering a hypercritical accretion process onto the

NS companion. The initial conditions for the simula-
tions were constructed as follows. The COcore stars are

evolved using the KEPLER evolution code (Heger &

Woosley 2010) until the conditions for the collapse are
met. Then, the stars are exploded with the 1D core-

collapse code (Fryer et al. 1999a). When the forward SN
shock reaches the stellar radius, we map the explosion

to a 3D-SPH configuration and continue the evolution
of the SN expansion with a NS binary companion using

the SNSPH code (Fryer et al. 2006b).

We followed the evolution of the SN ejecta, including

their morphological structure, under the action of the

gravitational field of both the νNS and the NS compan-
ion. We estimated the accretion rate onto both stars

with the aid of Equation (22). The baryonic mass-

accretion rates are calculated from the mass of the SPH

particles accreted. We have shown that matter circular-

izes in a disk-like structure around the NS companion
(see, e.g., Figure 2). Therefore, for the angular mo-

mentum transfer to the NS, we have adopted that the

particles are accreted from the LCO.
We determined the fate of the binary system for a wide

parameter space including different COcore masses (see

Table 1), orbital periods, SN explosion geometry and en-

ergies, as well as different masses of the NS companion.

We evaluated, for selected NS nuclear EOS, if the accre-

tion process leads the NS either to the mass-shedding

limit, or to the secular axisymmetric instability for grav-
itational collapse to a BH, or to a more massive, fast

rotating, but stable NS. We have also analyzed the case
of asymmetric SN explosions. We assessed if the binary

remains gravitationally bound or it becomes unbound

by the explosion. With this information we determined

the space of initial binary and SN explosion parameters
leading to the formation of νNS-NS or νNS-BH binaries.

It is worth mentioning some issues not included in the

numerical calculations presented here and which deserve

to be further studied and/or improved:
1) We need to improve the resolution of the code to

handle the spatial region in the vicinity of the NS com-

panion at scales 106–107 cm. This will allow to resolve

better the structure of the circularized matter (accre-

tion disk) near the NS and evaluate more accurately the

angular momentum transfer to the NS (e.g. the value of
the angular momentum efficiency parameter, χ). These

distances are of the order of the NS Schwarzschild ra-

dius, therefore a general relativistic code is needed for
this task.

2) The above will also allow to study the possible out-

flows from the hypercritical accretion process previously
found in the case of fallback accretion (Fryer 2009) and
in which heavy nuclei via r-process nucleosynthesis can

be produced (Fryer et al. 2006a).
3) The transformation of the SN into a HN by the

impact of the GRB into the ejecta. We are currently
performing the hydrodynamical simulations of the inter-

action of the GRB e+e− plasma using a one-dimensional
relativistic hydrodynamical module included in the
freely available PLUTO (see Ruffini et al. 2018a, for

further details). We have used in these calculations the
SN ejecta profiles at the moment of the NS collapse ob-
tained by Becerra et al. (2016), and evolved them from
that instant on under the assumption of homologous ex-

pansion.

4) In view of the above, the present simulations remain
accurate/valid up to the instant where the NS reaches

the critical mass, hence forming a BH. After that instant

the GRB-SN interaction becomes relevant. In the sys-

tems when the NS companion does not reach the critical

mass, our simulations remain accurate/valid all the way
up to the instant where the entire SN ejecta blows past
the NS position.

We discussed in section 6 some of the consequences

of our simulations in the analysis of GRBs within the
context of the IGC scenario. The simulations have con-

firmed, extended and improved important previous re-

sults. In particular:

1) We showed that long GRBs (XRFs and BdHNe) can

be produced by these binaries depending on the binary
parameters. We have shown that the main parameters

defining the fate of the system are: the initial mass of the
NS companion, the orbital period and the SN velocity

(or kinetic/explosion energy).
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2) The accreting NS companion induces high asym-
metries in the SN ejecta which are relevant in the GRB

analysis. Recent results on the thermal emission of

the X-ray flares in the early (source rest-frame times

t ∼ 102 s) afterglow of long GRBs show that they oc-
cur at radii ∼ 1012 cm and expand mildly-relativistically

with Γ . 4. This was shown to be in agreement with

the BdHNe of the IGC scenario (see Ruffini et al. 2018a,

and section 6 above for details): the e+e− plasma of the

GRB, relativistically expanding from the newborn BH,
collides with the SN ejecta at distances of the order of

1010 cm, to then reach transparency at 1012 cm with

Γ . 4. The 3D simulations presented in this work will

be essential to explore the dynamics of the e+e− plasma

along all spatial directions and to estimate, as a function
of the viewing angle, the light-curve and spectral prop-

erties of BdHNe (see e.g. Ruffini et al. 2018a,b, 2017).
3) One of the most interesting issues is that we have

confirmed that some of the systems remain bound after

the explosion, implying that XRFs form νNS-NS bina-
ries and BdHNe form νNS-BH systems. Therefore, long
GRBs (XRFs and BdHNe) produce the binary progen-
itors of short GRBs, after the shrinking of their orbit

until the coalescence by the emission of gravitational
waves. The analysis of the number of systems leading
to νNS-NS and νNS-BH binaries becomes very impor-

tant for the explanation of the relative occurrence rate
of long and short GRBs.

4) We have also outlined consequences on the accre-
tion process and its observational features in the case

of relatively weak SN explosion energies as well as for
intrinsically asymmetric ones. We have addressed pos-

sible new observable features in GRB light-curves and

spectra, e.g. systems experiencing longer, stronger and

quasi-periodic accretion episodes to be possibly observed
by X-ray instruments. The observation of this kind of

phenomena in the early phases of a GRB would benefit

from a new mission operating in soft X-rays like, e.g.,

THESEUS (Amati et al. 2018).
5) We have also shown that there is also the possibil-

ity that some COcore-NS binaries could produce BdHNe

leading to BH-BH binaries due to the collapse to a BH

not only of the NS companion but also of the νNS due to

a massive fallback accretion. The final merger of the two

stellar-mass BHs has no electromagnetic counterpart to
be detected and its gravitational-wave emission, in view

of the large distances of these sources, appears to be ex-
tremely weak to be detected by current interferometers

such as LIGO-Virgo.

Acknowledgements: We thank the Referee for the

comments and suggestions to improve the presentation
of our results. The work of L.B., C.E., and C.F. was
partially funded under the auspices of the U.S. Dept.
of Energy, and supported by its contract W-7405-ENG-

36 to Los Alamos National Laboratory. Simulations at
LANL were performed on HPC resources provided under
the Institutional Computing program.

REFERENCES
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APPENDIX

A. NUMERICAL CONVERGENCE

In order to evaluate the convergence of our SPH simulation, we have done some numerical experiments varying the
number of the particles with which we model the SN ejecta for the different pre-SN progenitors.

We performed simulations with 1, 1.5, 2 and 3 million particles with different progenitors and with different values

of the ξ parameter in Equation (10). We summarize the results of these simulations in Table A1. We compare and

contrast the final accreted mass and angular momentum of the νNS and the NS companion, the final orbital period
and eccentricity of the orbit. We also report the relative error of these quantities taking as the reference values the

ones of the simulation of about 1 million of particles.

We show in Figure A1 profiles of the density on the binary orbital plane and along different directions, taking the

NS companion as the center of the reference frame. Figure A2 shows the mass-accretion rate on the νNS and the

NS companion. Finally, we plot in Figure A3, the flux of mass and angular momentum onto the NS companion at

two different distances from it: r = 0.02R� and at r = Rcap, defined as the maximum capture radius of the NS in
each iteration. All these figures corresponds to the simulation of an initial binary system formed by the COcore of the

25M� progenitor (see Table 1) and a 2M� NS with an initial orbital period of ≈ 2 min.
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Table A1. Convergence study of the SPH simulation of the IGC scenario.

Progenitor N η ξ mνns Er(mνns) Lν−ns Er(Lνns) mns Er(mns) Lns Er(Lns) porb,f Er(porb) e Er(e)

Mzams million (M� ) ( 1051 g cm2 / s ) (M� ) ( 1051 g cm2 / s ) ( s )

25M�

1.0

1.0 0.1

1.964 3.478 2.078 3.288 6298.29 0.860

1.5 1.951 0.0066 3.522 0.0127 2.064 0.0067 3.323 0.0106 8274.54 0.3137 0.883 0.0267

2.0 1.943 0.0106 3.455 0.0066 2.065 0.0063 3.250 0.0115 7868.58 0.2493 0.880 0.0232

3.0 1.935 0.0147 3.482 0.0012 2.051 0.0129 3.292 0.0012 10744.9 0.706 0.897 0.0430

1.0

1.0 0.5

1.915 3.627 2.126 3.255 9843.52 0.892

1.5 1.906 0.0046 3.434 0.053 2.099 0.0126 3.118 0.0428 14031.1 0.4254 0.923 0.0348

2.0 1.900 0.0078 3.499 0.035 2.102 0.0112 3.155 0.0307 12871.2 0.3075 0.913 0.0235

1.0

1.0 1.0

1.937 3.669 2.209 3.217 91557.2 0.979

1.5 1.926 0.0056 3.119 0.1499 2.189 0.0091 2.745 0.1467 25489.6 0.7215 0.962 0.0174

2.0 1.919 0.0092 3.461 0.0566 2.179 0.0135 3.047 0.0528 145340.6 0.5874 0.985 0.0061

30M�
a

1.0
2.0 0.1

1.783 4.499 2.077 3.861 − 1.44

2.0 1.772 0.0061 4.451 0.0106 2.043 0.0164 3.859 0.00051 − 1.50 0.0416

1.0
2.0 1.0

1.781 4.087 2.172 3.351 − 1.38

2.0 1.769 0.0067 4.614 0.1289 2.115 0.0262 3.859 0.1550 − 1.55 0.1096

40M� 1.0
1.0 0.1

1.875 4.419 2.124 3.902 − 1.84

2.0 1.869 0.0032 4.276 0.0323 2.069 0.0259 3.862 0.0102 − 2.00 0.0869

Note—For each simulation, the four first columns show the progenitor of the COcore, the number of particles used in the
simulation, the η factor that scales the kinetic and internal energy of the SPH particles to mimic a weaker or stronger SN

explosions and the ξ parameter that determines the size of the capture radius. In the following columns we show the final mass
and angular momentum of the νNS and the NS companion as well as the orbital period and eccentricity of the final binary

system. For each of these values we give the relative errors with respect to the 1 million particles simulation.

aEsn = 2.19 × 1051 erg
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Figure A1. Density along different directions θ on the orbital binary system plane (νNS-NS). From left to right of upper panel:
θ = 0.0, π/6 and π/3 and in the bottom panel θ = π/2, 2π/3 and 5π/6. The center of the reference system is on the NS position
and the νNS is on the −x axis. The θ direction if measured from the +x axis. The initial binary system is formed by the COcore

of the Mzams = 25M� progenitor and a 2M� NS in an orbital period of about 5 min. Different colors correspond to different
number of particles: 1 million (red line), 1.5 million (blue line), 2 million (green line) and 3 million (orange line).
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modeling the SN expansion in the simulation. The initial binary period is the same as in Figure A1.
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Abstract—We use perturbation theory in the strong-field regime to study the inspiral-to-plunge transition
of a test particle into a Kerr black hole. We found a smooth transition, without burst, and with lower energy
and angular momentum radiated in gravitational waves with respect to previous treatments in the literature.
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transition with a high energetic burst.
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1. INTRODUCTION

Relativistic astrophysics has flourished taking ad-
vantage on the developments in the physics of neu-
tron stars and black holes, thanks to the discovery of
quasars [1], of pulsars [2], of binary X-ray sources [3–
5], of gravitational waves from binary neutron stars [6,
7], and of gamma-ray bursts [8]. From the above ex-
perience one can recognize two aspects of an experi-
mental discovery: 1) the reproducibility of the exper-
imental data and 2) the consistency of the data with
the physical laws and the theoretical treatment. In
view of the recent interest on gravitational waves due
to claimed “observation of gravitational waves from
a binary black hole merger” by the LIGO-Virgo Col-
laboration [9–11], we focus here on the second aspect
and consider some theoretical issues concerning the
gravitational-wave emission of a merging black hole
binary.

We limit ourselves to the case of perturbations in
the strong-field limit and we do not consider the post-
Newtonian approaches to this problem (see Section 4
for a brief discussion on this issue). Two main ide-
alized processes have been introduced in the strong-
field regime to describe the motion of a test particle
plunging into an already formed black hole. The first
one of a particle initially at rest or with a finite kinetic

∗The article is published in the original.
**E-mail: jorge.rueda@ICRA.it
�Paper presented at the Third Zeldovich meeting, an interna-

tional conference in honor of Ya.B. Zeldovich held in Minsk,
Belarus on April 23–27, 2018. Published by the recom-
mendation of the special editors: S.Ya. Kilin, R. Ruffini, and
G.V. Vereshchagin.

energy plunging in a geodesic from infinity. Both
the Schwarzschild and the Kerr metric have been
considered. Broadly speaking, all particles starting
from infinite distance give rise to “a precursor, a
main burst and a ringing tail” of gravitational-wave
emission, with energy ΔE = ημ(μ/M), where μ and
M are the particle and black-hole mass. The param-
eter η is a function of the nature of the black hole and
of the initial energy and the angular momentum of the
particle. It ranges from 0.01 to ≈1 in the fully general
relativistic treatment. The second case is the particle
initially in a (stable) circular orbit and finally plunging
into the black hole. This case turns out to be of
extreme interest in the analysis of binary black holes
mergers. The emission of gravitational waves induces
an energy and angular momentum loss, which in turn
makes the particle to in-spiral in a sequence of quasi-
circular orbits. However, as it will be shown, the final
plunge is nearly geodesic. It has been relevant the
introduction of the “effective potential technique” to
understand the general properties of these phenom-
ena. The evolution of the circular orbits all the way
down to the last circular orbit (LCO), and also the
final plunge to the horizon, can be understood with
the effective potential. It is worthy to emphasize that
unstable orbits are not physically relevant, i.e., they
are not realizable in nature. Therefore, we consider as
circular orbits only the stable ones. The LCO follows
then follows the traditional definition [12], quoted
in [13], as the effective potential inflection point (see
Section 3) and it is the circular orbit closest to the
black-hole horizon.

For a Kerr black hole, we shall show that the
gravitational-wave emission leads to a “helicoidal
drifting sequence” (HDS) giving rise to a smooth

940
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transition to the plunge phase without a final burst.
We have recently used this treatment to compare the
numerical relativity binary black hole merger wave-
forms of the SXS catalog [14] with HDS ones up to
the LCO (plunge) [15]. We have found an unexpected
and yet theoretically unexplained agreement between
both waveforms in the comparable-mass regime, for
different values of the spin and mass-ratio.

Concerning the transition and the final plunge,
we show here that our results differ with the ones
presented in the literature (e.g. [16]). More exactly,
we have found a larger amount of energy and angular
momentum radiated in their treatment. A comparable
energetic plunge leading to a burst also appears in
the numerical-relativity waveforms (see e.g., the SXS
catalog [14]). Such a feature is also found in the
binary coalescence process modeled via the effective
one-body (EOB) formalism [17] (see [18] for details).
In view of the large use of these waveforms by the
LIGO-Virgo Collaboration for the estimation of bi-
nary parameters, see e.g. the case of the GW150914
event [9], these results are far from being just an
academic exercise.

The paper is organized as follows. We recall in the
Section 2 the main results on the gravitational-wave
emission of particles falling into a black hole from
infinite distance. In the Section 3 we recall the results
on the case of circular orbits without taking into ac-
count radiation-reaction and show the gravitational-
wave energy and angular momentum flux at infinity,
following the Sasaki–Nakamura method. Section 4
is devoted to the formulation of the equations of mo-
tion of the HDS, taking into account the radiation
reaction. In Section 5 we discuss the numerical
results of the evolution up to the passage of the LCO.
In Section 6 we discuss the plunging of the particle
into the black hole. We explicitly show the difference
with the results in the literature (see e.g. [16]). Finally,
we present our conclusions in Section 7.

2. TEST-PARTICLE INFALL FROM INFINITY

The gravitational radiation emitted by a test
particle radially falling into a Schwarzschild black
hole, was shown in a simple computation by as-
suming that the particle follows a geodesic, and that
the radiation is described by linearized perturbation
theory in flat spacetime [19] (see also [20]). Both
the energy emitted, ΔE = 0.0025μ(μ/M), and the
gravitational-wave spectrum were estimated there.
In [21, 22] a mathematically more advanced treat-
ment was introduced using the decomposition of
the perturbation into tensorial spherical harmonics
arriving to the Zerilli equation [23]. Its numerical
integration by means of the Green’s function tech-
nique in [24] led to an improvement by a factor of

6 the previous estimate in [19], and by a factor of 4
the one in [21, 22]. It allowed the determination of
the multipole components of the spectrum, and lead
to the conclusion that the associated gravitational
wave is composed of “a precursor, a main burst
and a ringing tail” (see Fig. 1 in [25]). In [26], still
using the Regge–Wheeler–Zerilli approach, it was
studied the gravitational-wave emission of a particle
projected from infinity with finite kinetic energy, into a
Schwarzschild black hole. It was found a difference in
the spectrum in the low-frequency region and a larger
amount of radiation emitted by increasing the Lorentz
gamma-factor of the injected particle.

To these works a vast activity followed, on one
side the extension of the Ruffini–Wheeler formula-
tion of a particle thrust into a Schwarzschild black
hole [27], showing the corresponding increase of the
burst structure. On the other side, the study of
curvature perturbations using the Newman–Penrose
formalism [28], was started with the pioneer work
of [29] and [30] for the Schwarzschild and Kerr case,
respectively. One of the first applications of the afore-
mentioned method, was in the analysis of an in-falling
particle with finite angular momentum in the field of a
Schwarzschild black hole [31]. It was shown that the
energy emitted may be enhanced by a factor of 50 with
respect to the radial in-fall. They confirmed that the
gravitational-wave burst was still composed of the
above three components. The further development
needed the fundamental progress introduced in [32,
33] by means of a change of variable. Teukolsky’s
original radial equation has a long-range potential,
making its numerical solution difficult. This change
of variable introduced a short-range potential allow-
ing to obtain an entire family of new results (see
the Section 3 for further details). Among these,
the gravitational emission of a test particle in-falling
along the rotational axis of a Kerr black hole with
spin parameter a/M = 0.99 ( 0 ≤ a ≡ JBH/M ≤ 1,
where JBH and M are the black-hole spin and mass,
respectively), showed a new multipole distribution of
the radiation following the above three components.
It was also shown that the total energy radiated is
0.0170μ(μ/M), i.e., a factor 1.65 larger than the
energy radiated found in [24]. A second important
step was made in [34] by the study of the gravitational
radiation of a particle with non-zero orbital angular
momentum plunging on the equatorial plane of a Kerr
black hole. This proved that the energy radiated, for a
Kerr black hole of a/M ∼ 1, could reach the limiting
case ΔE ∼ μ(μ/M). We shall come back to this
point in Section 6 where the transition of a particle
from the inspiral (quasi-circular phase) to the final
plunge into the black hole, is analyzed. We shall
estimate the amount of energy radiated to infinity in
such a transition and compare with some existent

ASTRONOMY REPORTS Vol. 62 No. 12 2018
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treatment in the literature, e.g. the one in [16]. In
conclusion, all particles plunging or thrusting from
infinite distance into both a Schwarzschild and a Kerr
black hole, present a characteristic burst composed of
“a precursor, a main burst and a ringing tail.”

3. CIRCULAR ORBITS
AROUND THE BLACK HOLE

The first relativistic treatment of the radiation of a
test particle in a circular orbit around a Schwarzschild
black hole was motivated by the declaration in [35] of
the discovery of gravitational waves and, by the con-
tention of their explanation in terms of synchrotron
gravitational radiation [36] (see also [37]). For this
reason, the multipole modes of gravitational radiation
by a particle moving in a circular orbit were stud-
ied in [38]. It was found that the enhancement of
high-multipoles indicated in [36], does not exist and
consequently no synchrotron gravitational radiation
can occur. This treatment of circular orbits in the
Schwarzschild metric was reproduced in [39], and
also in [40] where it was used as the “exact re-
sult” over which construct their model connecting the
post-Newtonian treatment to the strong-field regime.
The extension of this treatment to eccentric orbits can
be found in [41]. The problem of circular orbits in the
field of a Kerr black hole was formulated in [42]. The
fundamental works [43, 44] treat the same physical
problem but within the Sasaki–Nakamura treatment.
More recently, this problem has been extended to the
case of both non-equatorial and eccentric orbits [45,
46].

We proceed to compare and contrast the results in
the Schwarzschild [38] with the ones developed in the
Kerr metric. It is appropriate to clarify that the con-
siderations in this section do address the gravitational
energy emitted by a circular orbit, initially neglecting
all effects of radiation reaction. Therefore, we con-
sider idealized circular orbits on the equatorial plane,
at constant radii, including the LCO. The effective
potential is given by [12] (reproduced in [20])

Veff = 1 − 2M

r
+

l2 − a2(ε2 − 1)

r2

− 2M(l − aε)2

r3
, (1)

which leads to a radial equation of motion

ε2 =

(
dr

dτ

)2

+ Veff, (2)

where ε ≡ E/μ and l ≡ L/μ are the particle’s energy
and angular momentum per unit mass, and τ is the
proper time. We are interested in corotating circular
orbits (obtained from the conditions dr/dτ = 0 and

∂Veff/∂r = 0), which have energy and orbital angular
momentum given by [12, 20]

ε =
E

μ
=

r2 − 2Mr + aM1/2r1/2

r(r2 − 3Mr + 2aM1/2r1/2)1/2
, (3)

l

M
=

L

μM

=
r2 − 2aM1/2r1/2 + a2

r3/4(r3/2 − 3Mr1/2 + 2aM1/2)1/2
. (4)

The LCO is given by the inflection point of the effec-
tive potential, i.e., the radius for which ∂2Veff/∂r2 =
0. In the case of a/M = 0 (Schwarzschild metric),
it is located at rLCO = 6M , ELCO/μ = 2

√
2/3, and

LLCO/(μM) = 2
√

3. In the case of an extreme Kerr
black hole, a/M = 1, the LCO is located very close
(but not coincident) to the black-hole horizon, i.e.
rLCO → r+ where r+ = M , and ELCO/μ =

√
3/3,

LLCO/(μM) = 2
√

3/3. Namely, for an extreme black
hole there exist circular orbits very close to the black-
hole horizon (see e.g. [47] for additional details).

Now we turn to the calculation of the energy and
momentum fluxes. It can be done by using stan-
dard metric perturbation theory, e.g., the pioneering
work of Regge–Wheeler. However, this method is
not appropriate for the Kerr spacetime. As already
mentioned, there is an alternative approach devel-
oped by Teukolsky, involving curvature perturbations.
Within this approach the scalar, vector and tensor
perturbations are governed by a single equation. The
master equation can be separated and the solution
is an expansion in Fourier and spheroidal harmonic
modes [30, 48, 49]. Unfortunately, Teukolsky’s ra-
dial equation has a long-range potential and its nu-
merical integration with boundary conditions is diffi-
cult. In [32, 33] it was found a change of variables
that transforms the Teukolsky’s radial equation into
the Sasaki–Nakamura equation whose potential is
short-ranged. In the case of circular orbits, the grav-
itational radiation of energy and angular momentum
to infinity are given by

dE

dt
=

∞∑

l≥2

l∑

m=−l

|ZH
lmω|2

4πω2
m

,

dJ

dt
=

∞∑

l≥2

l∑

m=−l

m|ZH
lmω|2

4πω3
m

, (5)

where ωm = mΩ, and ZH
lmω is a complex number

which depends on the orbital frequency Ω and it is
obtained from the solution of the Sasaki–Nakamura
equation (see [50] for the explicit expression).

Without introducing further technical details
which can be found in the aforementioned references,
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Fig. 1. Left: comparison of the total gravitational-wave energy flux at infinity, Ė ≡ dE/dt, emitted by the test particle in
circular orbits around the black hole for selected values of the black-hole dimensionless spin, as a function of the dimensionless
radial position, r/M . Center and right: contribution of the gravitational-wave modes l ≥ 2 (m = −l) to the total gravitational-
wave energy flux at infinity in the case of a test particle in circular orbits of radius r around a Schwarzschild (center panel) and
around a Kerr black hole with a/M = 0.5 (right panel). It can be seen that the (2, 2) highly dominates the gravitational-wave
emission at any radius down to the marginally unstable orbit.

we present the numerical results. Figure 1 shows
the total energy flux dE/dt for selected values of
the black-hole dimensionless spin. We also show
in Fig. 1 the contribution of the gravitational-wave
modes l ≥ 2 to the total gravitational-wave en-
ergy flux to infinity. We explicitly show that the
enhancement of higher multipoles does not occur
either in the case of the Kerr metric, where also
the quadrupole contribution is largely predominant.
No synchrotron gravitational radiation can occur
either in the Schwarzschild or the Kerr case. The
contribution of higher multipoles becomes relevant
only for near-horizon orbits around nearly extremal
black holes [51].

4. HELICOIDAL DRIFTING SEQUENCE

In order to analyze the dynamics of a test particle
we use the Hamiltonian formalism. The Hamiltonian
of a test particle of mass μ in the field of a Kerr
black hole of mass M is given by (see e.g. [52] and
references therein)

H = −pt = −N ipi + N
√

μ2 + γijpipj, (6)

where N = 1/
√

−g00, N i = −gti/gtt, and γij =

gij + N iN j/N2 = gij − gtigtj/gtt, and gμν are the
standard contravariant components of the Kerr
spacetime metric in the Boyer–Lindquist coordi-
nates. We recall that the latin indexes stands for the
spatial Boyer–Lindquist coordinates (r, θ, φ). The
momenta pr and pφ are the radial and the angular
momentum of the particle, respectively. The Hamil-
ton’s canonical equations for a test particle on the

equatorial plane θ = π/2 under the action of radial
and azimuthal dissipative effects are

dr

dt
=

∂H

∂pr
,

dφ

dt
≡ Ω =

∂H

∂pφ
,

dpr

dt
= −∂H

∂r
+ Fnc

r ,
dpφ

dt
= Fnc

φ . (7)

We consider only the gravitational-radiation-
reaction part of the non-conservative force (see
e.g., [53] for a review on the subject), so we adopt
for the radial and azimuthal the following non-
conservative forces, Fnc

r = 0, Fnc
φ = −dJ/dt, where

J is the angular momentum carried out to infinity
by the gravitational waves given by Eq. (5). This
assumption is supported from previous results that
show that the linear momentum carried out by the
waves to infinity satisfies dpGW

r /dt 
 |∂H/∂r| [54].
We recall that for purely quadrupole waves in strict
circular orbits the following equality is satisfied:

dJ

dt
=

1

Ω

dE

dt
. (8)

However, since there is the radial drift and a small
contribution of higher order multipoles, the above
equality must not be strictly satisfied (see Eq. (5)).
We have checked from our numerical computations
that |1 − Ω(dJ/dt)/(dE/dt)| ∼ 10−6 during the evo-
lution. The smallness of this value imply that the
motion is indeed quasi-circular, but it is sufficiently
large (with respect to the numerical precision of our
calculations) to conclude that the equality (8) is not
verified in the HDS evolution, as expected.

It has been traditional to treat the evolution using
the so-called adiabatic approximation that assumes
a particle moving from a circular orbit to the next
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Fig. 2. On the left, the ratio pr/j of the radial momentum to the angular momentum per unit mass, of a test particle around
a Kerr black hole with a/M = 0.9, and mass-ratio μ/M = 1/100. The plot shows the ratio from r ≈ 4.53M up to the
location of the LCO at r ≈ 2.32M . The upper and lower panels on the right show the dimensionless radial position, r/M ,
and dimensionless orbital angular velocity, ΩM , respectively. The initial position at time t/M = 0 is r/M = 15.9. The case of
a Schwarzschild black hole is shown in blue while the case of a Kerr black hole with a/M = 0.9 is shown in orange.

(see, e.g., [45, 55]), due to the energy and angular
momentum radiation. For example, since the en-
ergy can be expressed in terms of r, a change in
the energy induces a change in r. Thus, it can be
found a dynamical equation for r by differentiating (3)
and equating it to the gravitational energy flux. The
evolution is found by integrating this equation instead
of solving the equations of motion (7). This approxi-
mation, although sufficient to estimate some general
properties of the evolution, lacks of the appropriate
inclusion of the non-zero radial motion of the particle
in the equations of motion. As we shall show below,
this radial drift becomes essential to trigger the final
plunge to the black hole. When the radial momen-
tum is properly included, the LCO location does not
represent any longer a point where the equations of
motion break down. Indeed, the conditions of “adi-
abaticity” are kept up to such distances (see Fig. 3
and related discussion in Sec. 5). In contrast, within
the adiabatic approach it is needed the introduction
of a separate treatment of the transition to the plunge
phase (see [45, 55] and Sec. 5 for details).

It is appropriate to mention other treatments in
the literature on the problem of a binary system
under the action gravitational radiation. In [17] it
was proposed the EOB approximation to overcome
the known problem of the non-convergence of the
higher-order post-Newtonian successive approxi-
mations. The EOB treatment “maps” the post-
Newtonian binary into a “Schwarzschild deformed

metric” which depends on the mass-ratio. In the ex-
treme mass-ratio limit μ/M → 0, the metric becomes
the Schwarzschild one. However, the treatment of
the waveform and/or the gravitational-wave fluxes
stands on a post-Newtonian basis. The Kerr metric,
within EOB, has been used to treat spinning merging
components [56]. However, also that EOB treatment
is based on a post-Newtonian treatment for the
waveforms and/or fluxes. Thus although “calibrated”
to fit strong-field results, the EOB approach remains
conditioned by the non-convergence of the post-
Newtonian formalism.

The set of equations of motion (7) was first used
in [57], also using the radiation-reaction term ob-
tained from the numerical solution of the Teukolsky.
However, they analyze the case of intermediate mass-
ratios with the conservative dynamics given by the
aforementioned EOB treatment. A different method
was also introduced to compute the evolution of the
circular orbits that is based on linking one to the
next by describing changes in the “constants” of
motion [58], and finding the envelope. Such refer-
ence circular orbits, called “osculating orbits,” with
a planar force have been applied to the inspiral of
a particle in the Schwarzschild [58] and in the Kerr
spacetime [59]. Since we do not include the radial
velocity in the calculation of the gravitational-wave,
namely we use exact circular orbits, our scheme and
the osculating orbits become equivalent under these
assumptions. However, we use the fully relativistic
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Fig. 3. Ratio of the orbital to radiation-reaction timescale Torb/Trad = |ṙ|/(rΩ) evaluated at the location of the LCO, for
selected mass-ratios and selected values of the black-hole spin parameter.

gravitational-wave flux instead of a post-Newtonian
as in [58]. More recently, a test particle inspiraling
into a Kerr black hole was treated in [60], similarly as
we do here, but with the drawback of incorporating
the gravitational-wave flux after the LCO up to the
light ring (unstable circular orbits), even though it is
given by the Teukolsky equation.

On the other hand, full numerical-relativity sim-
ulations are available only for relatively large mass-
ratios �1/10 as it can be seen from the SXS cata-
log of binary black-hole mergers [14] performed with
the Spectral Einstein Code (SpEC). Therefore, it
is not currently possible to perform a one-to-one
comparison between numerical-relativity simulations
and the test-particle treatment. However, we have
recently performed a comparison of the SXS wave-
forms with the ones obtained in the present study,
in the comparable-mass regime [15]. Unexpectedly,
we have found a great agreement of both waveforms
for spinless, as well as for aligned and anti-aligned
binaries, with equal or unequal values of mass-ratio.

5. NUMERICAL RESULTS

We integrate Eqs. (7) numerically with initial con-
ditions appropriate for quasi-circular orbits on the
equatorial plane. At the initial time t0 = 0 we set the
initial distance r0, and the initial phase is φ(t0, r0) =
0. The angular momentum is pφ(t0, r0) = L0, where
L0 ≡ L(r0) is given by Eq. (4). The initial condition
for the radial momentum can be obtained from the

equations of motion as follows. The radiative force
induces a radial velocity
(

dpφ

dt

)∣∣∣∣
t0,r0

=

(
dpφ

dr

)(
dr

dt

)∣∣∣∣
t0,r0

= Fnc
φ

∣∣
r0

. (9)

The non-zero radial velocity is related to pr via
Eqs. (7), and by introducing into the above expression
a non-linear algebraic equation for pr|r0 is obtained.
Such equation can be solved numerically given the
above conditions and, at leading order, it can be
solved analytically:

pr

∣∣
r0

=

√(
μ2 +

r2
0L

2
0

Λ0

)
r2
0Δ0

Λ0

×
Λ0Fnc

φ

∣∣
r0

dL/dr0(r2
0 + a2)2

, (10)

where Δ0 = r2
0 − 2Mr0 + a2 and Λ0 = (r2

0 + a2)2 −
a2Δ0. This equation gives the initial condition for
pr with very high accuracy and can be safely used
provided that the initial radius is sufficiently far from
the radius of the LCO. For instance, the initial po-
sition r0 = 15.9M , with Kerr black hole spin pa-
rameter a/M = 0.9 and a mass-ratio μ/M = 1/100,
gives the initial pr accurate within nine digits. This
initial radial velocity condition, if given at a large
enough radius r0, reduces to the “adiabatic” ap-
proximation. This can be seen from Eqs. (9) and
(5), which imply dr/dt = −(dJ/dt)/(dpφ/dr). As
we have mentioned, the property of a strict circu-
lar orbit, namely Eq. (8), is satisfied in our sys-
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Fig. 4. Trajectory of a test particle in the HDS around a Schwarzschild black hole, a/M = 0 (left panel) and around a Kerr
black hole with a/M = 0.5 (center panel) and with a/M = 0.9 (right panel). The blue part of the trajectory goes from r = 7M
up to the location of the corresponding LCO (marked with a gray-dashed circle), while the orange color indicates the plunge
regime. The black-hole horizon is indicated with a black-dashed circle. The mass-ratio is μ/M = 1/100.

tem by one part in a million, therefore the condi-
tion dr/dt = −(1/Ω)(dE/dt)/(dpφ/dr) is approxi-
mately satisfied with the same accuracy. Now, by
replacing Ω via Eqs. (7), we finally obtain dr/dt =
(dE/dt)/(dE/dr), which is the flux-balance con-
dition of the adiabatic approximation, adopted e.g.
in [16].

Figure 2 shows the ratio of the radial momentum,
pr, to the angular momentum per unit mass, j ≡
pφ/μ, during the HDS obtained for the aforemen-
tioned initial conditions. It can be seen how the
contribution of the radial momentum increases as the
particle approaches the location of the LCO. In this
example, pr becomes ∼ 4% of the angular momentum
per unit mass. It is also shown the sharp decrease
(increase) of r (Ω) near the location of the LCO,
which suggests that the “adiabaticity” of the system
may be loose at such distance. The system can be
considered to evolve adiabatically if the ratio of orbital
to radiation-reaction timescale is much smaller than
unity. Following [61], we can define Torb/Trad in
terms of the tangential and radial velocity, namely
Torb/Trad = |ṙ|/(rΩ). Since this ratio increases for
decreasing values of r, it reaches its largest value
during the HDS at the location of the LCO. We show
in Fig. 3 the above ratio evaluated at the location of
the LCO, for selected values of μ/M and black-hole
spin parameters. It can be seen that for the current
example with a/M = 0.9, we have Torb/Trad ∼ 0.02
at rLCO/M = 2.32. And finally, Fig. 4 shows the
trajectory of the test particle in the HDS around a
Schwarzschild black hole, a/M = 0 (left panel) and
around a Kerr black hole with a/M = 0.5 (center
panel) and with a/M = 0.9 (right panel). It can be
seen the effect of the black-hole spin in the particles’

trajectory. The bigger a/M the more the particle
rotates before reaching the LCO.

6. PLUNGE INTO THE BLACK HOLE

We consider now the evolution of the particle af-
ter reaching the LCO, namely the plunge into the
black hole. A physical insight of this process can be
obtained from the radial effective potential (1). Fig-
ure 5 compares Veff with a/M = 0 (Schwarzschild)
and with a/M = 0.9, for three selected values of the
orbital angular momentum of the particle, L: one
larger, one equal, and one smaller than the value at
the LCO, LLCO. For L > LLCO, a small decrease in L
due to the gravitational radiation makes the particle to
change from one minimum to the next, namely it goes
from one circular orbit to another with smaller radius.
At L = LLCO the particle reaches the LCO and, for
L < LLCO, the effective potential has no minima, i.e.,
no circular orbits exist and the particle fall into the
black hole.

In the realistic situation, the full numerical inte-
gration of the equations of motion shows that, indeed,
when the particle passes the location of the LCO,
it possesses a large radial momentum (see Fig. 2)
and angular momentum L < LLCO, so it continues
its infall towards the black hole, smoothly, without
any further radiation loss. Figure 5 shows that the
plunge to the black hole is markedly different in the
Schwarzschild and Kerr cases. While the effective
potential for L = LLCO is zero at the horizon in the
Schwarzschild, it reaches a finite non-zero value for
the Kerr case. The flatness of the effective potential
from the LCO to the horizon, in the Kerr case, implies
a very little amount of energy and angular momentum
radiated out to infinity during the final plunge. This
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Fig. 5. Left: Veff for different values of the particle angular momentum in the case of a Schwarzschild (dashed curves) and
of a Kerr black hole with a/M = 0.9 (solid curves). The blue and red dots indicate the minimum of the potential in the
Schwarzschild and Kerr cases, respectively. Right: angular velocity of the particle, Ω = dφ/dt after the crossing of the LCO,
in the case of Kerr with a/M = 0.9 (green), a/M = 0.3 (orange), and in the case of Schwarzschild (blue). The mass-ratio
is μ/M = 1/100. The gray-dashed horizontal lines show the corresponding values of the angular velocity of the black-hole
horizon.

can be also understood from the fact that, due to
the frame-dragging effect, the particle is forced to
approach the Kerr black-hole horizon tidally locked,
hence it approaches the black hole with non-zero
angular momentum. These features are confirmed by
our numerical integration (see Fig. 5).

Since the plunge is (nearly) geodesic we integrate
the equations of motion during this part of the evo-
lution without energy and momentum losses. It is
worth to emphasize that there is an uncertainty in
the definition of the end of the inspiral phase. We
have defined it as the time when the particle, following
the HDS, reaches the LCO, but one could have used
instead, for instance, the time when the particle’s an-
gular velocity reaches the corresponding value of the
LCO (see e.g. [18]). Despite of the fact that these two
times do not generally coincide, in both cases a region
around the adiabatic time of the LCO is created (see
Fig. 7). Within this region, extending out and in the
LCO adiabatic time, the particle radiates following
the radiation law of circular orbits (5). This region
connects the inspiral (quasi-circular orbits) regime to
the plunge (geodesic) regime where the gravitational
radiation is negligible. It is also important to mention
that in order to approach the horizon we have used
the momentum pr∗ , conjugate to the tortoise radial
coordinate r∗ defined by dr∗/dr = (r2 + a2)/(r2 −
2Mr + a2). We have shown in Fig. 5 the full evolution
of the test particle until it reaches the black-hole
horizon, for three selected cases: a/M = 0, 0.5, 0.9.
The fact that the particle corotates and approaches
tidally locked to the black hole is shown in Fig. 5.

We recall that the angular velocity of the black-hole
horizon is given by Ω+ = a/(r2

+ + a2) [62], where
r+ = M +

√
M2 − a2 is the black hole outer horizon

radius. The evolution of the energy, the radial and
angular momentum of the particle during this phase
is shown in Fig. 6. It can be seen that both the en-
ergy and the angular momentum are conserved, and
that the difference in the effective potential between
the LCO and outer the horizon (see Fig. 5) is fully
converted into the particle’s in-falling kinetic energy.
We can see that for non-zero black hole rotation,
in agreement with the effective potential shown in
Fig. 5, the difference is smaller. Consequently, the
particle approaches the horizon with lower radial ve-
locity than in the Schwarzschild case where it tends
to the speed of light. We have also included the radial
position in order to show the particle’s approach to
the horizon.

We can now contrast our results with the differ-
ent treatments in the literature, in particular with
the approach found in [16]. They derived approxi-
mated equations of motion and their corresponding
semi-analytic solutions for “the transition to plunge”
regime. Their approximation basically consist in a
Taylor expansion of the energy and the angular mo-
mentum around the LCO values, which is equiva-
lent to the use of an approximate effective potential.
Both the angular velocity and the energy radiated in
gravitational waves, are assumed to be equal to their
values around the LCO. The boundary conditions
are set by imposing that the solution matches before
the LCO the adiabatic motion, and after the LCO
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Kerr black hole with a/M = 0.5 (center panel) and with a/M = 0.9 (right panel). The mass-ratio is μ/M = 1/100. We show
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a fully geodesic (i.e. non-radiative) plunge. From
these results, they obtained semi-analytic formulas
for the particle’s energy and angular-momentum in
the “transition” regime, Ef and Lf , which are ex-
pressed as “deficits” with respect to the LCO values,
i.e. their Eq. (3.26),

ΔE ≡ Ef − ELCO, ΔL ≡ Lf − LLCO, (11)

which are both negative. In other words, they eval-
uate thorough the above differences the deviation of
the particle’s motion from the strict circular adiabatic
one. Although we agree with their general qualitative
picture, it can be checked from their Eq. (3.26) and
Table 1, that the “deficits” are much larger than the
ones obtained by the full numerical integration of the
HDS equations of motion.

A first contrast of the two approaches, for the case
of a black hole with spin parameter a/M = 0.9, is
shown in Fig. 7, where it is compared the particle’s
radial trajectory near the location of the LCO. It can
be seen that the two solutions converge at a large
distance from the black hole. This indicates, as we
have explained in Section 5, that these two solutions
satisfy the same initial condition set by the adiabatic
approximation. We also show in Fig. 8 the compari-
son, for the same case, of the energy and the angular
momentum “deficits,” ΔE and ΔL, obtained from
our approach, i.e., by adopting Ef ≡ H(tplunge) and
Lf = pφ(tplunge), with the ones obtained by them.

The above result implies a larger amount of grav-
itational radiation in the treatment of [16]. The main
reason for this additional gravitational-wave emission
is their assumption of keeping the particle radiating at
the rate of the LCO (which is the highest one of all cir-
cular orbits; see Fig. 1), before and long after crossing
it (T > 1 in Fig. 7). We found that the extrapolation
of such an approximation much beyond the LCO is

the cause of the larger discrepancy with our results.
It is clear that this extra radiation is needed under
the assumption of strict circular orbits. This is due
to the fact that in the absence of such a radiation,
there is no reason for the particle to plunge into the
black hole given that the LCO is stable. When the
radial drift is considered, as in the HDS, there is an
increasing contribution of the radial momentum (see
Figs. 2 and 6) that modifies the effective potential.
In this context the LCO does not play any special
role and only assists the passing of the particle in
virtue of the previously acquired radial momentum.
As a consequence, we expect that in the HDS the
test particle smoothly falls into the Kerr black hole
with a negligible gravitational-wave emission. The
radiation comes only from the non-circular plunge
trajectory followed by the particle (e.g., the orange-
color trajectories in Fig. 4) which must be much
smaller than the gravitational radiation per orbit at the
LCO. This explains the additional gravitational-wave
radiation obtained in [16] with respect to our results.

We proceed to evaluate the consequences of these
differences in the estimation of the mass of the final
black hole. The latter can be expressed as Mf =
M + ΔErad, where ΔErad ≡ Ef − μ < 0, M is the
total mass of the black-hole binary, and Ef is the final
energy of the test particle. Thus, we can write the
energy radiated as,

ΔErad = ΔEad + ΔE, (12)

where ΔEad ≡ ELCO − μ is the energy radiated up to
the location of the LCO within the adiabatic strict
circular motion approximation, and ΔE is the energy
“deficit” with respect to the approximation defined
in Eq. (11). It can be checked that, for the case of
an equal-mass binary, the contribution of ΔE to Mf

(in the a/M = 0.9 case) is about 10%, while in our
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catalog [14]. It is surprising that it scales in the same way as the energy radiated in a purely radial plunge into a Schwarzschild
black hole [24] (see also Section 2).

HDS case it is only about 1% (see Fig. 8). This ad-
ditional amount of gravitational radiation in [16] will
lead to a more energetic gravitational waveform in the
final merging phase. It is interesting that a similarly
energetic plunge leading to a burst of radiation, is
present in the numerical-relativity waveforms of the
SXS catalog [14]. Such a feature is also found in the
binary mergers modeled via the EOB formalism [17]
which adopts a treatment similar to the one in [16]
(see [18] for details). Therefore, the above discrepancy
acquires relevance in view of the large use, by the

LIGO-Virgo Collaboration, of the above waveforms
with such a burst (see e.g. [9] for the case of the event
GW150914). In this line, we recall the recent result of
an independent analysis of the GW150914 event, that
shows an issue with this final burst which is clearly in
contrast with the current templates (see Figs. 5 and
10 in [63] and also [64–66], for further details).

Now, we assess the dependence of the radiated
energy and angular momentum on the mass-ratio,
μ/M . For a given a black-hole spin, the semi-
analytic treatment of [16] predicts that the above-
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defined energy and angular momentum “deficits”
scale with the mass-ratio as |ΔE|OT/μ ∝ (μ/M)4/5

and |ΔL|OT/(μM) ∝ (μ/M)4/5. We find from our
numerical computations that, approximately,
ΔEHDS/μ ∝ (μ/M)0.72 and ΔLHDS/(μM) ∝
(μ/M)0.81. The different scaling with the mass-ratio
of the radiated energy and angular momentum, within
our treatment, implies that the ratio ΔE/ΔL depends
on the mass-ratio. This is consistent with the fact
that the particle in the HDS case does not follow
strict circular orbits, as in the case of [16]. For strict
circular orbits, the energy to angular momentum ratio
gives, at any radius, the value of the particle’s angular
velocity which depends only on the black-hole spin.
Figure 8 shows these differences explicitly.

It is also interesting to compare the energy ra-
diated predicted by the above models with the one
declared in numerical-relativity simulations. We re-
call that a qualitative and quantitative comparison
in the comparable mass regime of the HDS and
the numerical-relativity waveforms has been recently
performed in [15] finding a great agreement. We
thus proceed further here adopting the working hy-
pothesis that the test particle treatment might be a
good approximation of the real two-body system of
comparable masses. First, we compute from the data
available in the SXS catalog [14], the correspond-
ing energy “deficit” ΔE/μ, for different mass-ratios
μ/M . We do this following Eq. (12), namely, we
subtract the value of ΔEad, which depends only on
the black hole spin, to the mass of the final Kerr black
hole obtained in the simulation. Figure 8 shows the
results for μ/M = 0.08−0.25. It can be seen that the
value of ΔE/μ obtained from the numerical-relativity
data scales linearly with μ/M . It is quite surprising
that these simulations follow exactly the same scaling
of the energy radiated in the case of a purely radial
plunge of a test particle into a Schwarzschild black
hole, i.e., ΔE/μ ∝ μ/M [24] (see also Section 2), and
not the one expected from the particle plunge derived
either in [16] or in the present work.

7. CONCLUSIONS

Two different cases of gravitational radiation, in
the strong-field limit, from test particles falling into
an already formed black hole have been considered.
The first is a test particle plunging from infinity either
initially at rest or with finite kinetic energy. It leads
to a gravitational waves emission composed of three
different parts: “a precursor, a main burst, and a
ringing tail.” The amplitude of the burst depends on
the angular momentum of the particle and of the black
hole. The comparison between a Schwarzschild and a
Kerr black hole shows quantitative but not qualitative

differences. The structure of the multipoles can be in
used principle to determine the angular momentum
of both the particle and the black hole. The second
case, a particle starting from a finite radius in a cir-
cular orbit, leads to a novel HDS, smoothly merg-
ing into the black hole. The difference between the
Schwarzschild and the Kerr metric is specially mani-
fest at and after the LCO. When radiation reaction is
taken into account (see Fig. 4) there is an increasing
contribution of the radial momentum in the HDS as
the particle approaches the horizon (see Figs. 2 and
6). This phenomenon is further enhanced by the
different effective potential of the Schwarzschild and
Kerr cases. The final phase is the one of a test particle
smoothly merging in the Kerr black hole without any
burst. We have compared and contrasted our treat-
ment with the result of [16] and found that in the latter
a larger amount of gravitational radiation is emitted
in the transition to the plunge. We have shown the
consequences of such a difference in the estimation of
the mass of the final black hole formed in the merger
of a binary black hole.

We have shown within the HDS treatment how
the energy and the angular momentum radiated scale
with the mass-ratio, μ/M , and show the difference of
the scaling with the results of [16]. Stimulated by the
unexpected agreement of the HDS and numerical-
relativity waveforms in the comparable mass regime
recently found in [15], we have made here a compar-
ison of the energy radiated and its scaling with the
mass-ratio. Surprisingly, we found that ΔE/μ in the
numerical-relativity simulations scales linearly with
μ/M , following exactly the scaling of a purely radial
plunge of a test particle into a Schwarzschild black
hole [24], but not the scaling predicted in [16] nor the
one of the HDS treatment presented here for a particle
inspiraling and plunging into a Kerr black hole.

Besides the theoretical interest, the above results
are relevant in view of the large use by the LIGO-
Virgo Collaboration (see e.g. the case of GW150914
in [9]) of waveforms adopting a plunge phase follow-
ing the treatment of [18]; see e.g. [17]. Thus, it ap-
pears that such a gravitational-wave detection anal-
ysis uses a “centaur” (the half-man, half-horse of the
Greek mythology) approach, namely hand-matched
inspiral-burst waveform templates (see [15], and ref-
erences therein) to the plunge analysis (see Section 6
and [24, 25]), at this point unjustified. Along these
lines, it is also important to mention the recent re-
sult of an independent analysis of GW150914 which
shows the incompatibility (in the final burst) of the
LIGO-Virgo waveform templates with their results
(see Figs. 5 and 10 in [63] and also [64–66]).
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We present the state-of-the-art of the numerical simulations of the supernova (SN) explo-

sion of a carbon-oxygen core (COcore) that forms a compact binary with a neutron star

(NS) companion, following the induced gravitational collapse (IGC) scenario of long
gamma-ray bursts (GRBs) associated with type Ic supernovae (SNe). We focus on the

consequences of the hypercritical accretion of the SN ejecta onto the NS companion

which either becomes a more massive NS or gravitationally collapses forming a black
hole (BH). We summarize the series of results on this topic starting from the first analytic

estimates in 2012 all the way up to the most recent three-dimensional (3D) smoothed-

particle-hydrodynamics (SPH) numerical simulations in 2018. We present a new SN
ejecta morphology, highly asymmetric, acquired by binary interaction and leading to

well-defined, observable signatures in the gamma- and X-rays emission of long GRBs.

Keywords: Gamma-ray bursts; neutron stars; binaries; accretion.

1. Introduction

The analysis of the multiwavelength data of GRBs, namely the gamma-rays in the

prompt, the X-rays in the early and late afterglow, as well as the presence or absence

of GeV emission, points to an increasing observational evidence of their separation

in eight (8) different subclasses, each one with specific energy release, spectra,

duration, etc. and all of them originating in well-defined binary progenitors.1–6

∗Corresponding author.
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Fig. 1. Binary evolutionary path leading to COcore-NS and COcore-BH binaries, leading to XRFs
and BdHNe (I and II). It can be also seen how the outcome systems of these long GRBs become

the progenitors of short GRBs. We recall to the reader that S-GRBs and S-GRFs stand for,

respectively, authentic short GRBs and short gamma-ray flashes, the two subclasses of short
bursts from NS–NS mergers, the former produced when the merger leads to a more massive NS

and the latter when a BH is formed.1

We treat in this paper the case of long GRBs within the IGC paradigm: a COcore

exploding as a type Ic SN in presence of a NS or BH companion.1,6 The COcore-NS

binaries lead to (1) X-ray flashes (XRFs) when the NS does not collapse forming

a more massive NS and (2) binary-driven hypernovae I (BdHNe I) when the NS

forms a BH, while (3) the COcore-BH binaries lead to what have been recently called

BdHNe II.6 Figure 1 shows a comprehensive summary of the binary path leading

1844031-2
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to this variety of compact binaries that are progenitors of the above subclasses of

long GRBs and that at the same time, have an intimate connection with the short

GRBs. This latter point will be touched upon later on in this paper.

We emphasize on the COcore-NS binaries which have been extensively studied

by our group in a series of publications.7–12 The COcore explodes as SN produces an

accretion process onto the NS. For sufficiently compact binaries, e.g. orbital periods

of the order of few minutes, the accretion is highly super-Eddington (hypercritical)

leading to the possibility of the IGC of the NS once it reaches the critical mass,

and forms a BH. If the binary is not disrupted by the explosion, XRFs and BdHNe

produce new binaries composed of a new NS (νNS) formed at the center of the SN,

and a more massive NS or a BH companion (see Fig. 1).

The BH formation leads to the GRB prompt gamma-ray emission. The inter-

action/feedback of the GRB into the SN makes it become the hypernova (HN)13

that is observed in the optical (due to the nickel decay) few days after the GRB

trigger. The hypercritical accretion can be observed as an X-ray precursor.12 The

GRB feedback onto the SN ejecta produces also gamma- and X-ray flares observed

in the early afterglow.14 The synchrotron emission by relativistic electrons from the

νNS in the expanding magnetized HN ejecta and the νNS pulsar emission explain

the early and late X-ray afterglow.15

In this contribution, we summarize recent efforts and new details of the theo-

retical simulations that support all the above rich long GRB phenomenology. In

Sec. 2, we present a chronological summary of the simulations of the IGC process

up to 2016. The most recent detailed 3D SPH simulations of the process will be

presented in Sec. 3. Finally, we devote Sec. 4 to discuss the implications of the

theoretical results on the analysis and interpretation of the GRB data.

2. Previous IGC Simulations: 2012 2016

2.1. First analytic estimates

The IGC scenario was formulated in 2012 in Ref. 7 presenting a comprehensive

astrophysical scenario supporting this idea as well as a possible evolutionary sce-

nario leading to the progenitor COcore-NS binaries. It was also there presented

an analytic formula for the accretion rate onto the NS companion on the basis of

the following simplified assumptions: (1) a uniform density profile of the pre-SN

COcore; (2) the ejecta was evolved following a homologous expansion; (3) the mass

of the NS (assumed to be initially 1.4M�) and the COcore (in the range 4–8M�)

were assumed nearly constant. It was so shown that the accretion rate onto the

NS is highly super-Eddington, namely it is hypercritical, reaching values of up to

0.1M� s−1 for compact binaries with orbital periods of the order of few minutes.

This estimate implied that the hypercritical accretion could induce the gravita-

tional collapse of the NS which, in few seconds, would reach the critical mass with

consequence formation of a BH. A first test of this IGC first model in real data was

soon presented in the case of GRB 090618.8

1844031-3
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2.2. First numerical simulations: 1D approximation

The first numerical simulations were implemented in 2014 via a 1D code including:9

(1) the modeling of the SN via the 1D core-collapse SN code of Los Alamos;16

(2) the microphysics experienced by the inflow within the accretion region including

the neutrino (ν) emission and hydrodynamics processes such as shock forma-

tion;

(3) with the above it followed the evolution of the material reaching the Bondi–

Hoyle capture region and the subsequent in-fall up to the NS surface. Hyper-

critical accretion rates in the range 10−3–10−1M� s−1 were inferred, confirming

the first analytic estimates and the IGC of the NS companion for binary com-

ponent masses similar to the previous ones and for orbital periods of the order

of 5 min.

The above simulations were relevant in determining that the fate of the system

is mainly determined by the binary period (P ); the SN ejecta velocity (vej) and

the NS initial mass. P and vej enter explicitly in the Bondi–Hoyle accretion rate

formula through the capture radius expression, and implicitly via the ejecta density

since they influence the decompression state of the SN material at the NS position.

2.3. 2D simulations including angular momentum transfer

Soon after, in 2015, we implemented in Ref. 11 a series of improvements to the above

calculations by relaxing some of the aforementioned assumptions. We adopted for

the ejecta a density profile following a power-law with the radial distance and

evolved it with a homologous expansion. The angular momentum transport, not

included in the previous estimates, was included. With this addition, it was possible

to estimate the spin-up of the NS companion by the transfer of angular momentum

from the in-falling matter which was shown to circularize around the NS before

being accreted. General relativistic effects were also introduced, when calculating

the evolution of the structure parameters (mass, radius, spin, etc.) of the accreting

NS, in the NS gravitational binding energy, and in the angular momentum transfer

by the circularized particles being accreted from the innermost circular orbit.

One of the most important results of Ref. 11 was that taking into account

that the longer the orbital P , the lower the accretion rate, it was there computed

the maximum orbital period (Pmax) for which the NS reaches the critical mass for

gravitational collapse for BH formation. The dependence of Pmax on the initial mass

of the NS was also there explored. The orbital period Pmax was then presented as

the separatrix of two families of long GRBs associated with these binaries: at the

time we called them Family-1, the systems in which the NS does not reach the

critical mass, and Family-2 the ones in which it reaches the critical mass and forms

a BH. It can be seen that the Family-1 and Family-2 long GRBs evolve subsequently

into the concepts of XRFs and BdHNe, respectively.

1844031-4
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2.4. First 3D simulations

A great step toward the most recent simulations was achieved in 2016 in Ref. 12

where a SPH-like simulation was implemented in which the SN ejecta was emulated

by “point-like” particles. The mass and number of the particles populating each

layer were assigned, for self-consistency, according to the power-law density profile.

The initial velocity of the particles of each layer was set, in agreement with the

chosen power-law density profile, following a radial velocity distribution; i.e. v ∝ r.
The evolution of the SN particles was followed by Newtonian equations of motion

in the gravitational field of the NS companion, also taking into account the orbital

motion which was included under the assumption that the NS performs a circular

orbit around the COcore center that acts as the common center-of-mass, namely

assuming that the mass of the pre-SN core is much larger than the NS mass.

The accretion rate onto the NS was computed, as in Ref. 11, using the Bondi–

Hoyle accretion formula and, every particle reaching the Bondi–Hoyle surface, was

removed from the system. The maximum orbital period Pmax in which the NS

collapses by accretion could be further explored including the dependence on the

mass of the pre-SN COcore, in addition to the dependence on the NS mass.

A detailed study of the hydrodynamics and the neutrino emission in the accre-

tion region on top of the NS surface was performed. Concerning the neutrino

emission, several ν and antineutrino (ν̄) production processes were considered and

showed that electron–positron annihilation (e+e− → νν̄) overcomes by orders of

magnitude for any other mechanism of neutrino emission in the range of accretion

rates 10−8–10−2M� s−1, relevant for XRFs and BdHNe. The neutrino luminosity

can reach values of up to 1052 erg s−1 and the neutrino mean energy of 20 MeV for

the above upper value of the accretion rate. For the reader interested in the neutrino

emission, we refer to Ref. 17 for a detailed analysis of the neutrino production in

XRFs and BdHNe including flavor oscillations experienced by the neutrinos before

abandoning the system.

Concerning the hydrodynamics, the evolution of the temperature and density

of outflows occurring during the accretion process owing to convective instabilities

was estimated. It showed the interesting result that the temperature of this outflow

and its evolution can explain the early (i.e. precursors) X-ray emission that have

been observed in some BdHNe and in XRFs, exemplified there analyzing the early

X-ray emission observed in GRB 090618 (a BdHN) and in GRB 060218 (an XRF).

A most important result of these simulations was the possibility of having a first

glance of the morphology acquired by the SN ejecta: the matter density, initially

spherically symmetric, becomes highly asymmetric due to the accretion process and

the action of the gravitational field of the NS companion (see Fig. 2). Such pro-

nounced asymmetries in the SN ejecta become a key ingredient in the analysis and

interpretation of the GRB data. Indeed, in Ref. 14 the implications of the expansion

of the GRB e+e− plasma through the resulting distorted ejecta density distribu-

tion obtained from the 3D numerical simulations were evaluated. It was also shown

1844031-5
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Fig. 2. Left panel (from Ref. 12): snapshot of the SN ejecta density in the orbital plane of the

COcore-NS binary. The plot corresponds to the instant when the NS (black dot) reaches the critical

mass and forms the BH, approximately 250 s from the SN explosion. The νNS is represented by the
white dot. Right panel (from Ref. 14): cumulative radial mass profiles of the SN ejecta shown in

the left panel, enclosed within a cone of 5◦ of semi-aperture angle, whose vertex is at the position

of the BH at the moment of its formation. The binary parameters are: the initial mass of the NS
companion is 2.0M�; the COcore leading to an ejecta mass of 7.94M�, and the orbital period is

P ≈ 5 min, namely a binary separation a ≈ 1.5 × 1010 cm.

that as a consequence of the new morphology, the e+e− plasma, expanding from the

newborn BH site in all directions with equal initial conditions, by engulfing different

amounts of mass along different directions (see Fig. 2), consequently experiences

different dynamics and a variety of signatures as a function of the viewing angle.

This explains the prompt gamma-ray emission as well as the gamma- and X-ray

flares observed in the early afterglow.14 The SN ejecta morphology also explains

the presence or absence of GeV emission in BdHNe (see Ref. 6 for details).

The above results showed the relevance of the role of the 3D SN ejecta morphol-

ogy in the analysis of the X- and gamma-ray data observed in XRFs and BdHNe

and also on the GeV emission of BdHNe.

3. New 3D SPH Simulations

In view of this, we presented in Ref. 18 3D hydrodynamic simulations of the IGC

scenario by adapting the SPH code developed at Los Alamos, SNSPH,19 which has

been tested and applied in a variety of astrophysical situations.20–23

The time t = 0 of the simulation is set as the time at which the SN shock

breaks out the COcore external radius. We calculate the accretion rate both onto

the NS companion and onto the νNS (via fallback), and calculate the evolution

of other binary parameters such as the orbital separation, eccentricity, etc. Fig-

ure 3 shows an example of simulation for a binary system composed of a COcore

of mass ≈ 6.85M�, the end stage of a zero-age main-sequence (ZAMS) progeni-

tor star of Mzams = 25M�, and a 2M� NS companion. The initial orbital period

is ≈ 5 min.

1844031-6
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Fig. 3. Snapshots of the 3D SPH simulation of the IGC scenario taken from Ref. 18. The initial

binary system is formed by a COcore of mass ≈ 6.85M�, from a ZAMS progenitor star of Mzams =

25M�, and a 2M� NS with an initial orbital period of approximately 5 min. The upper panel
shows the mass density on the equatorial (orbital) plane, at different times of the simulation.

The time t = 0 is set in our simulations at the moment of the SN shock breakout. The lower
panel shows the plane orthogonal to the orbital one. The reference system has been rotated and

translated for the x-axis to be along the line joining the νNS and the NS centers, and its origin is

at the NS position.

The accretion rate onto both stars was estimated from the flux of SPH particles

falling, per unit time, into the Bondi–Hoyle accretion region of the NS. It is con-

firmed that the accretion onto the NS companion occurs from a disk-like structure

formed by the particles that circularize before being accreted; see vortexes in the

upper panel of Fig. 3 and the disk structure is clearly seen in the lower panel.

Several binary parameters were explored thanks to the new code. We performed

simulations changing the COcore mass, the NS companion mass, the orbital period,

the SN explosion energy (so the SN kinetic energy or velocity). We also explored

intrinsically asymmetric SN explosion. We checked if the νNS and/or the NS com-

panion reach the mass-shedding (Keplerian) limit or the secular axisymmetric in-

stability, i.e. the critical mass. The NS can also become just a more massive, fast

rotating, stable NS when the accretion is moderate. All this was done for various

NS nuclear equations of state (NL3, TM1 and GM1).

We followed the orbital evolution up to the instant when most of the ejecta

has abandoned the system to determine if the system remains bound or becomes

1844031-7
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unbound by the explosion. We thus assessed the COcore–NS parameters leading to

the formation of νNS–NS (from XRFs) or νNS–BH (from BdHNe) binaries. The

first proof that BdHNe remain bound leading to νNS–BH binaries was presented

in Ref. 10.

4. Discussion and Conclusions: Implications on

GRB Phenomenology

We have made a chronological summary of the simulations of the IGC scenario,

starting from the first analytic estimates of the process in 2012 all the way to

sophisticated 3D SPH simulations in 2018. We have discussed the consequences of

the simulations in the analysis and interpretation of GRBs within the IGC pradigm.

Most interesting results worth to be underlined are:

(1) In general, the main parameters for the fate of the COcore-NS binary are: the

initial mass of the NS companion, the orbital period and the SN (initial) veloc-

ity. Long GRBs, namely XRFs and BdHNe, are produced by these binaries and

the occurrence of either one or the other depends only on the orbital period

once the component masses have been fixed.

(2) The strong gravitational field of the NS companion and the accretion process in

action onto it, influence the morphology of the SN ejecta, inducing asymmetries,

needed to be accounted for in the GRB data analysis and interpretation.

(3) The GRB e+e− plasma, expanding at relativistic velocities from the newborn

BH, collides with the SN ejecta at a distance of the order of the radius of the

“cavity” formed around the accreting NS (see Figs. 2 and 3). The cavity radius

is ≈ 1010 cm. The plasma carry on baryons from the ejecta and finally reaches

transparency (breaks out) after traveling inside the remnant up to a distance

of 1012 cm, in practice the remnant border, and having a Lorentz factor Γ = 2–

5.14 This dynamics occurs qualitatively in a similar way along all directions but

with the crucial difference that the amount of engulfed baryons depends on the

direction of propagation (see right panel of Fig. 2). This implies that there is

an angular dependence of the transparency/breakout properties (e.g. Lorentz

factor and energy emission).

(4) Indeed, it was shown that the thermal emission observed in the X-ray flares

of the early (source rest-frame times t ∼ 102 s) afterglow of long GRBs is

associated with an emission radius of ≈ 1012 cm. In addition, by measuring

the evolution of such a thermal emission, it was derived that its motion is

mildly-relativistic with Lorentz factor Γ . 4. It is clear the consistency of

these observations agrees with the 3D morphology of BdHNe and the above-

described dynamics of the GRB e+e− plasma. Therefore, the high quality of the

new 3D SPH simulations presented in Ref. 18 (see e.g. Fig. 3) allows to explore

with great detail the above dynamics in each spatial direction and obtain, as a

function of the viewing angle, light-curves and spectra of XRFs and BdHNe to

be compared and contrasted with the observations.

1844031-8
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(5) A relevant and most interesting aspect of the IGC paradigm is the interconnec-

tion between long and short GRBs. Namely, the fact that the outcome systems

of long GRBs become the progenitors of short GRBs. If the binary is not dis-

rupted in the SN explosion, an XRF leads to a νNS–NS binary, while a BdHN

leads to a νNS–BH binary. These systems, in turn, driven by gravitational wave

emission merge in due time to produce short GRBs. It is then clear that the

relative observed occurrence rates of XRFs, BdHN and short bursts encode

crucial information on the originally COcore-NS binary progenitor parameters,

on the value of the NS critical mass and so on the NS equation of state.

In order to complete the picture of the short GRBs, we recall that Ref. 1 divided

them in subclasses including, besides the NS–NS (S-GRFs and S-GRBs) and NS–

BH mergers already mentioned in this work (see e.g. Fig. 1), also NS–WD mergers

(GRFs), and their gravitational wave emission has been also studied.3 The claimed

detection of the gravitational wave — electromagnetic emissions from a NS–NS

merger, the GW170817-GRB 170817A-AT 2017gfo association,24–26 was recently

analyzed in Ref. 4. It is there shown that this “triptych” association is not yet suf-

ficiently established, which brought them to introduce WD–WD mergers as a new,

compact-object merger GRB subclass that explains systems like GRB 170817A-AT

2017gfo.
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P.le Aldo Moro 5, I–00185 Rome, Italy

bICRANet, P.zza della Repubblica 10, I–65122 Pescara, Italy
cICRANet-Rio, Centro Brasileiro de Pesquisas F́ısicas,
Rua Dr. Xavier Sigaud 150, 22290–180 Rio de Janeiro, Brazil
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Abstract. The LIGO-Virgo Collaboration has announced the detection of GW170817 and
has associated it with GRB 170817A. These signals have been followed after 11 hours by
the optical and infrared emission of AT 2017gfo. The origin of this complex phenomenon
has been attributed to a neutron star-neutron star (NS-NS) merger. In order to probe this
association we confront our current understanding of the gravitational waves and associated
electromagnetic radiation with four observed GRBs originating in binaries composed of dif-
ferent combinations NSs and white dwarfs (WDs). We consider 1) GRB 090510 the prototype
of NS-NS merger leading to a black hole (BH); 2) GRB 130603B the prototype of a NS-NS
merger leading to massive NS (MNS) with an associated kilonova; 3) GRB 060614 the proto-
type of a NS-WD merger leading to a MNS with an associated kilonova candidate; 4) GRB

c© 2018 IOP Publishing Ltd and Sissa Medialab https://doi.org/10.1088/1475-7516/2018/10/006
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170817A the prototype of a WD-WD merger leading to massive WD with an associated AT
2017gfo-like emission. None of these systems support the above mentioned association. The
clear association between GRB 170817A and AT 2017gfo has led to introduce a new model
based on a new subfamily of GRBs originating from WD-WD mergers. We show how this
novel model is in agreement with the exceptional observations in the optical, infrared, X-
and gamma-rays of GRB 170817A-AT 2017gfo.

Keywords: gamma ray burst experiments, gravitational waves / experiments, gravitational
waves / sources, X-rays
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1 Introduction

The LIGO-Virgo Collaboration announced the detection of the gravitational-wave signal
GW170817, at a luminosity distance of 40+8

−14 Mpc, as consistent with the merging of a
neutron star-neutron star (NS-NS) binary [1]. The best-constrained parameter from the
GW170817 data is the binary chirp mass, M ≡ (m1m2)3/5/M1/5 = 1.188+0.004

−0.002 M�, where
m1 and m2 are the binary merging components and M = m1 +m2 is the binary total mass.
The 90% confidence level of the total binary mass leads to the range M = (2.73–3.29) M�.
The lowest value, i.e. M = 2.73M�, corresponds to the case of equal-mass components,
m1 = m2 ≡ m = M/2 = 1.365M�.

GW170817 has been associated with a short-duration gamma-ray burst (GRB) observed
by the Gamma-ray Burst Monitor (GBM) on board the Fermi-satellite, GRB 170817A [2, 3],
as well as with the optical-infrared-ultraviolet “kilonova” emission, AT 2017gfo [4]; see
also [5–7].

If the above associations were correct, then they would support the hypothesis that
GW170817-GRB 1709817A-AT 2017gfo was produced by a NS-NS merger. The aim of this
article is to gain additional insight into the nature of the electromagnetic signal of GRB
170817A by comparing and contrasting it with GRBs associated with four relevant systems:
NS-NS mergers leading to a black hole (BH), NS-NS mergers leading to a more massive NS
(MNS), NS-WD mergers leading to a MNS and WD-WD leading to a massive WD.

The article is organized as follows. In section 2 we recall the GRB subclasses associated
with NS-NS and NS-WD mergers and we have introduced as a new subclass of GRBs orig-
inating from WD-WD mergers leading to a massive WD and their observational properties.
In section 3 we analyze the gravitational-wave emission of NS-NS, NS-WD and WD-WD
mergers. In section 4 we compare and contrast the X-ray and optical isotropic light-curves
of GRB 090510A, GRB 130603B, GRB 060614 and GRB 170817A including as well the in-
frared light-curve. In section 5 we describe a new subclass of GRB originating from WD-WD
merger. This model is an alternative mildly-relativistic uncollimated emission as oppose to
the NS-NS ultra-relativistic merger. In figure 5 we model the data of AT 2017gfo in the r, V,
Ks and i bands following the WD-WD merger model. In section 6 we present the conclusions.

– 1 –
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2 GRB subclasses and observational properties of NS-NS and NS-WD
mergers

Short-duration GRBs are expected to be produced in the mergers of NS-NS and NS-BH
binaries (see, e.g., refs. [8–12]). Two different subclasses of short bursts from NS-NS mergers,
depending on whether they lead to a MNS or to a BH, have been identified [13–15]:

• Authentic short GRBs (S-GRBs): they occur when the NS-NS merger leads to a BH [14,
16, 17]. These bursts have Eiso & 1052 erg and Ep,i & 2 MeV, and their electromagneti-
cally inferred isotropic occurrence rate is ρS−GRB ≈

(
1.9+1.8

−1.1

)
×10−3 Gpc−3 yr−1 [15, 18].

The distinct signature of the formation of a BH in a NS-NS merger in S-GRBs follows
from the observations of the 0.1–100 GeV emission by the Fermi -LAT [19], as observed
in the best prototype case of GRB 090510. This is supported by the additional informa-
tion of the following sources: GRB 090227B [17], GRB 140619B [14], GRB 090510 [16]
and more recently in GRB 081024B and GRB 140402A [20]. The luminosity of the GeV
emission follows a decreasing power-law with index γ = −1.29± 0.06, when measured
in the rest frame of the source [19].

• Short gamma-ray flashes (S-GRFs): they occur when the NS-NS merger leads to a
MNS; i.e. there is no BH formation [15, 18]. These bursts have isotropic energy Eiso .
1052 erg, peak energy Ep,i . 2 MeV, and their electromagnetically inferred isotropic
occurrence rate is ρS−GRF ≈ 3.6+1.4

−1.0 Gpc−3 yr−1 [15, 18].

Besides the gamma-ray and X-ray emission, NS-NS mergers are expected to emit a kilo-
nova in the infrared, optical and ultraviolet wavelengths, observable days after the merger [21–
24]. This signal comes from the radioactive decay of ∼ 0.01 M� r-process heavy material
synthesized in the merger and it is expected to be nearly isotropic (see, e.g., refs. [21, 22]).
The first kilonova associated with a short burst was established for GRB 130603B [23, 24].
With Eiso ≈ 2 × 1051 erg [25], GRB 130603B belongs to the S-GRF subclass. The second
association has been claimed for GRB 050709 [26] which, with an Eiso ≈ 8× 1049 erg, is also
a S-GRF.

In addition to the above short bursts there is a subclass which show hybrid gamma-ray
properties between long and short bursts. These gamma-ray flashes (GRFs) occur in a low-
density circumburst medium (CBM), e.g. nCBM ∼ 10−3 cm−3, and are not associated with
supernovae (SNe) [15, 27, 28].

• Gamma-ray flashes (GRFs): they are thought to originate in NS-WD mergers, see.
e.g., [15, 18]. NS-WD binaries are notoriously common astrophysical systems [29] and
possible evolutionary scenarios leading to these mergers have been envisaged (see, e.g.,
refs. [30–32]). These bursts, which show an extended and softer emission, have 1051 .
Eiso . 1052 erg, peak energy 0.2 . Ep,i . 2 MeV, and their electromagnetically inferred
isotropic occurrence rate is ρGRF = 1.02+0.71

−0.46 Gpc−3 yr−1 [15, 18]. This density rate
appears to be low with respect to the number of estimated NS-WD binaries [29] which
can be of (0.5–1)× 104 Gpc−3 yr−1 [33]. From the GRB side, we note that indeed only
one NS-WD merger has been identified (see analysis of GRB 060614, in ref. [28]). This
implies that the majority of the expected mergers are under the threshold of the existing
X- and gamma-ray detectors. A kilonova has been associated with GRB 060614 [34].
Detail spectral and luminosity analysis has been presented in [33]. GRFs form a more
massive NS and not a BH (see [15] and references therein).

– 2 –
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Finally, the case of GRB 170817A opens a new problematic: both its very low energetic
Eiso ≈ 5× 1046 erg [1, 3, 35] and the unprecedented details of the optical, infrared, radio and
X-ray information of AT 2017gfo (see, e.g., refs. [5–7]) which promise to give most precise
information on the Lorentz factor of the different episodes underline the nature of this source.
The observational features of GRB 170817A and AT 2017gfo lead us to consider here the
possibility of an additional subclass of GRBs produced in WD-WD mergers leading to the
formation of a massive WD.

• WD-WD mergers: the WD-WD merger rate has been recently estimated to be (1–
80) × 10−13 yr−1 M−1

� (at 2σ) and (5–9) × 10−13 yr−1 M−1
� (at 1σ) [36, 37]. For

a Milky Way-like stellar mass 6.4 × 1010 M� and using an extrapolating factor of
Milky Way equivalent galaxies, 0.016 Mpc−3 [38], it leads to a local cosmic rate (0.74–
5.94)× 106 Gpc−3 yr−1 (2σ) and (3.7–6.7)× 105 Gpc−3 yr−1 (1σ).

We are interested in WD-WD mergers forming as central remnant a massive (∼ 1.2–
1.5 M�), highly magnetized (109–1010 G), fast rotating (P = 1–10 s) WD (see [39]
and references therein). Since there is no SN associated with GRB 170817A the merger
should not lead to a SN explosion (see e.g. [40] and references therein). This is therefore
different, for instance, to the WD-WD mergers considered in [41] where the existence
of a SN was explicitly envisaged. The above occurrence rate implies that (12–22)% of
WD-WD mergers may explain the entire population of SN Ia. This is consistent with
previous estimated rates of WD-WD mergers leading to SNe Ia (see e.g. [42]). The rest
of the population is indeed sufficient to explain the population of GRB 170817A-like
sources (see section 5).

We show below in section 5 that the expected observables of these WD-WD mergers in
the X- and gamma-rays, and in the optical and in the infrared wavelengths are suitable
for the explanation of the GRB 170817A-AT 2017gfo association.

We recall that the name kilonova was coined in [22] to the optical transient produced
in NS-NS mergers in view of their optical luminosity, ∼ 1041 erg s−1, which is ap-
proximately 1000 times the one of novae, ∼ 1038 erg s−1. The results of this work
show that indeed this designation can be extended to the optical transient produced in
WD-WD mergers. In this case the kilonova is not powered by the decay of r-process
material but by the energy released by accretion onto the new WD formed in the merger
(see section 5).

In addition, it is interesting that the above mentioned physical properties (e.g. mass,
rotation period and magnetic field) of the WD formed in the merger process correspond
to the ones described by the WD model of soft gamma-repeaters (SGRs) and anomalous
X-ray pulsars (AXPs) [39, 43]. Indeed, the WD-WD merger rate is high enough to
explain the Galactic population of SGRs/AXPs. Therefore the possible evolution of
GRB 170817A-AT 2017gfo into this kind of sources has to be attentively scrutinized in
the forthcoming months (see section 5).

3 Gravitational-wave emission of NS-NS, NS-WD and WD-WD mergers

We first compare and contrast the gravitational-wave emission expected from the above
GRBs originating from mergers and their observed electromagnetic emissions with the ones
associated with GW170817, namely GRB 170817A and AT 2017gfo [1].

– 3 –
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We here consider our canonical model of GRBs assuming uncollimated emission, in
absence of observational evidence of an achromatic jet break (see [18, 44] and references
therein). We understand that a vast literature exists on alternative models based on a large
variety of structured beamed emission which we do not consider here in view of the above
considerations. A different approach leading to an agreement with the observational data is
here proposed.

In figure 1 we show the gravitational-wave source amplitude spectral density (ASD),
hc(f)/

√
f , together with the one-sided ASD of the Advanced LIGO detector’s noise,

√
Sn [45].

The gravitational-wave characteristic strain is hc = (1 + z)
√

(1/10)(G/c3)dE/dfs/dL(z),
where dL(z) is the luminosity distance to the source, f = fs/(1 + z) and fs are the
gravitational-wave frequency in the detector’s and in the source’s frame and dE/dfs is
the gravitational-wave spectrum, respectively. For the luminosity distance we adopt
a ΛCDM cosmology with H0 = 71 km s−1, ΩM = 0.73 and ΩΛ = 0.23 [46]. The
spectrum of the binary inspiral can be adopted from the traditional quadrupole for-

mula, dE/dfs = (21/3/3)(πG)2/3M5/3f
−1/3
s , where we recall M ≡ (m1m2)3/5/M1/5 and

M = m1 + m2 are, respectively, the chirp mass and total mass of the binary. We cut
the gravitational-wave emission of the inspiral at the point where the two stars enter into
contact, namely at a distance r = R1 +R2, where R1 and R2 are the stellar radii. For the NS
radii we use the mass-radius relation shown in [47] obtained with the GM1 equation of state
while, for the WDs, we use the mass-radius relation in [48] obtained with the relativistic
Feynman-Metropolis-Teller equation of state.

To represent the emission of a S-GRB we adopt the parameters of GRB 090510A, the
first identified NS-NS merger leading to a BH [16]. We thus use m1 = m2 = 1.36 M�,
consistent with the condition that the merging mass exceeds the NS critical mass in the case
of the GM1 nuclear equation of state which, for a non-rotating NS, is Mcrit ≈ 2.4 M� [47]. We
are here neglecting, for simplicity, the angular momentum distribution of the post-merger
configuration which would lead to a more complex analysis of the initial merging masses
leading to BH formation (Rodriguez, et al., in preparation).

For a S-GRF, we assume a GRB 130603B-like source with m1 = m2 = 1.1 M�, consis-
tent with the condition that the merged object is a massive but stable NS, consistent with
the adopted NS critical mass value.

For a GRF, we adopt a GRB 060614-like source, namely a NS-WD binary with m1 =
1.2 M� and m2 = 0.5 M� [28].

To compare and contrast the gravitational-wave emission, we have located all the sources
at a distance of d = 40 Mpc, as the one of GW170817 [1]. The gravitational-wave emis-
sion associated with the inspiral phase of the NS-NS mergers (GRB 090510A-like and GRB
130603B-like) would be consistent, both in the characteristic strain and the spanned fre-
quency range, with the ones of GW170817 (see ref. [1], for details on this source). Instead,
the emission of NS-WD and WD-WD mergers is outside the Advanced LIGO frequency band.
For details of the gravitational-wave emission from these binaries see [18].

4 Comparison of the prompt, X-rays and optical light-curves of NS-NS
and NS-WD mergers

We turn now to the comparison of the electromagnetic emission of all these binaries, namely
of S-GRBs, S-GRFs and GRFs, with the ones of GRB 170817A - AT 2017gfo.

– 4 –
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Figure 1. Source ASD, hc(f)/
√
f , together with the one-sided ASD of the Advanced LIGO detector’s

noise,
√
Sn, for representative examples of S-GRBs (GRB 090510A-like), S-GRFs (GRB 130603B-like)

and GRFs (GRB 060614-like). We have also included the expected ASD for a representative WD-WD
binary. For the sake of the comparison all sources have been artificially assumed to be at a luminosity
distance of 40 Mpc (cosmological redshift z ≈ 0.009). For details of the gravitational-wave emission
of these binaries see [18].

GeV emission. A first general conclusion can be directly inferred for the absence in GRB
170817A of the GeV emission (see e.g. [49, 50]): we can at once conclude that GRB 170817A
is not consistent with a S-GRB, a NS-NS merger leading to a BH formation (see figure 2
and [19]). This conclusion is in agreement with the one obtained from the analysis of the
gamma-ray prompt emission and the X-ray emission; see below and figures 3–4 and tables 1–2.

Gamma-ray prompt emission. Figure 3 shows the gamma-ray (10–1000 keV) prompt
emission isotropic rest-frame light-curves of GRBs 090510, 130603B, 060614 and 170817A.
In table 1 we compare and contrast the isotropic energy, peak luminosity and peak energy
of the prompt emission for the same GRBs.

We can conclude that the gamma-ray prompt emission from GRB 170817A is not con-
sistent with the one observed in GRBs 090510A, 130603B and 060614.

X-rays. In addition, we also show in figure 3 the corresponding X-ray isotropic light-curves,
in the rest-frame 0.3–10 keV energy band. It can be seen the overlapping of the light-curves
at times t & 5000 s from the BAT trigger [54]. We recall that we had presented a first
comparison of the X-ray light-curves of GRBs 090510A and 130603B in [55]. The match of
the X-ray light-curves occurs irrespectively of their isotropic energies which differ up to a
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Figure 2. Comparison of the rest-frame, 0.1–100 GeV band light-curve of GRB 090510A (red empty
squares) with the corresponding observational upper limits of GRB 170817A (filled triangles). The
dashed line indicates the power-law decay with slope index −1.29±0.06, observed in S-GRBs (see [19]
for details, and references therein). The purple triangle indicates the upper limit by Fermi-LAT of
9.7× 1043 erg s−1 from 1151 to 2025 s from the Fermi trigger time. AGILE upper limits (pink, green
and blue triangles) were calculated through extrapolation to the Fermi-LAT working energy band
(0.1–100 GeV). We assume the spectral indices −2.0 (blue triangles), −1.0 (green triangles), −0.1
(pink triangles). The data of GRB 170817A were retrieved from [49, 50].

GRB Eiso (erg) Lpeak (erg s−1) Epeak (MeV) Reference

060614 2.17× 1051 3× 1049 0.34+0.24
−0.1 GCN Circular 5264 [51]

090510 3.95× 1052 9.1× 1052 7.89± 0.76 [15]

130603B 2.1× 1051 4.1× 1051 0.90± 0.14 GCN Circular 14771 [52]

170817A 3.1× 1046 1.2× 1047 0.082± 0.021 GCN Circular 21520 [53]

Table 1. The isotropic energy, luminosity of the peak and peak energy of GRBs 060614, 090510,
130603B and 170817A in the prompt gamma-ray emission phase.

factor of ≈ 20 for instance in the case of GRB 130603B, Eiso = 2.1× 1051 erg [56] and GRB
090510A, Eiso = 3.95× 1052 erg [16]).

We can see that the X-ray emission from GRB 170817A is not consistent with the one
observed in GRBs 090510A, 130603B and 060614.

Optical and infrared. We show in figure 4 the optical (r band) and infrared (H and Ks
bands)light-curve of GRB 090510A [57, 58], GRB 130603B [23, 24], GRB 060614 [28, 34],
and GRB 170817A (i.e. AT 2017gfo [4–7]).
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Figure 3. Light-curves of GRBs 060614, 090510A, 130603 and 170817A in the cosmological rest-
frame. We show the gamma-ray (10–1000 keV) prompt and the X-ray (0.3–10 keV) emissions. The
first 10 seconds are plotted in a linear scale and longer times in the logarithmic scale.
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Figure 4. Optical (r band) and infrared (H and Ks bands) light-curves of GRBs 060614, 090510A,
130603 and 170817A in the cosmological rest-frame.
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Since a kilonova emission had been associated with GRB 130603B [23], the similarity
of this GRB in the X-rays with GRB 090510A boosted us to seek for a kilonova signature in
the case GRB 090510A. This appears to be confirmed by figure 4. We can conclude that all
of these sources, S-GRFs, S-GRBs and GRFs, can produce a kilonova emission in line with
the source AT 2017gfo, the kilonova associated with GRB 170817A.

Some of the above correlations of the electromagnetic emissions clearly originate from
the traditional kilonova models based on ultra-relativistic regimes in NS-NS and NS-WD
mergers pioneered in [10, 21, 59], following the classical work of [60, 61].

The common asymptotic behavior at late times of the X-ray and optical emission of GRB
090510A [55] and GRB 130603B [23] are a manifestation of a common synchrotron emission
as recently outlined in [62]. This approach is also supported by the parallel behavior of
the optical and X-ray emission of GRB 060614 (see figures 3 and 4). Similar behavior was
already indicated in the case of long GRBs (BdHNe) [63, 64]. In fact, it is interesting to
use this similarity to set a lower limit to the mass of the expanding matter by equating the
energy emitted in the X-rays, Eiso,X (see table 2), to the kinetic energy, Ekin = (Γ− 1)Mc2.,
where Γ is the Lorentz factor. By using for instance Γ ∼ 1.2 (v/c ∼ 0.5), a typical value
obtained for the expanding blackbody component in the X-ray afterglow of BdHNe [44], we
obtain 9.2 × 10−4 M�, 9.4 × 10−5 M� and 2.4 × 10−4 M� for GRBs 090510A, 130603B
and 060614. These lower limits are indeed in line with the ejecta mass obtained from an
independent analysis of the optical emission (see e.g. [22–24, 26]). The same analysis of the
X-ray emission applied to GRB 170817A would lead to a nearly ten orders of magnitude less
massive ejecta, giving further support to a possible different nature of this source.

The above contrast of the gamma- and X-rays observational properties of GRB 170817A
with respect to GRBs produced by NS-NS and NS-WD mergers has led us to consider the
possibility of an additional subclass of GRBs produced by the merger of a still different
compact-star binary, a WD-WD merger, leading to a massive WD. We proceed now to discuss
the framework of such a model to explain the electromagnetic properties of the association
GRB 170817A - AT 2017gfo.

5 WD-WD mergers as an alternative mildly relativistic uncollimated emis-
sion for GRB 170817A-AT 2017gfo

The estimated WD-WD merger rate (see section 2) implies that 0.1% of WD-WD mergers
can explain the GRB 170817A-like population for which a lower limit of (30–630) Gpc−3 yr−1

has been recently obtained (see [65] for details).

The energy observed in gamma-rays in GRB 170817A, Eiso ≈ 3×1046 erg, can originate
from flares owing to the twist and stress of the magnetic field lines during the merger process:
a magnetic energy of 2× 1046 erg is stored in a region of radius 109 cm and magnetic field of
1010 G [43].

The emission at optical and infrared wavelengths (see figure 5), can be explained from
the adiabatic cooling of 10−3M� ejecta from the merger [66, 67] heated by fallback accretion
onto the newly-formed WD [66]. The ejecta becomes transparent at times t ∼ 1 day with
a peak bolometric luminosity of Lbol ∼ 1042 erg s−1. The fallback accretion injects to the
ejecta 1047–1049 erg s−1 at early times and fall-off following a power-law behavior (see [66]
for details). The kilonovae from WD-WD mergers are therefore powered by a different
mechanism with respect to the kilonovae from NS-NS mergers which are powered by the
radioactive decay of r-process heavy material.
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Figure 5. Points: observed optical and infrared density flux of AT 2017gfo [6, 7]. Solid curves:
corresponding theoretical expectation from the cooling of 10−3M� of WD-WD merger ejecta heated
by fallback accretion onto the newly-formed central WD.

At times t ∼ 100–200 day, the ejecta are expected to become transparent to the X-rays
leading to a luminosity of ≈ 1039 erg s−1 as the one recently observed in GRB 170817A
(see figure 3). At earlier times, the X-rays from fallback accretion are instead absorbed by the
ejecta and are mainly transformed into kinetic energy then increasing the expansion velocity
of the ejecta, from an initial non-relativistic value 0.01 c typical of the escape velocity from the
WD, to a mildly relativistic velocity 0.1 c. This mildly relativistic velocity is also consistent
with the value derived from the evolution of blackbody spectra observed from∼ 0.5 day to∼ 7
day. We present the detailed analysis of all the above properties of WD-WD mergers in [68].

As we have mentioned in section 2, the WD formed in the merger can become an
SGR/AXP [39, 43]. Thus, there is the possibility that, if a WD-WD merger produced GRB
170817A-AT 2017gfo, an SGR/AXP (a WD-pulsar) will show in this sky position in the
near future.

The observational features of these WD-WD mergers in the X- and the gamma-rays
as well as in the optical and infrared wavelengths are an important topic by their own. We
are going to present elsewhere additional details on the multiwavelength observables of the
merger, of the post-merger and of the ejected matter.

6 Discussion and conclusions

In this work we have compared and contrasted the gravitational-wave and the electromag-
netic emission of canonical GRBs associated with NS-NS (both S-GRBs and S-GRFs), NS-
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Subclass In-state → Out-state T90 Ep,i Eiso Eiso,Gev Eiso,X Kilonova Lp,KN Hz-kHz GW

(s) (MeV) (erg) (erg) (erg) (erg s−1)

S-GRFs NS-NS → MNS . 2 . 2 1049–1052 — 1049–1051 RPKN 1041 Yes

S-GRBs NS-NS → BH . 2 & 2 1052–1053 1052–1053 . 1051 RPKN 1041 Yes

GRFs NS-WD → MNS 2–100 0.2–2 1051–1052 — 1049–1050 TBD 1041 No

GR-K WD-WD → MWD . 1 . 0.1 . 1047 — 1038–1039 FBKN 1041 No

Table 2. Summary of the GRB subclasses discussed in this article: short gamma-ray flashes (S-
GRFs), authentic short GRBs (S-GRBs) and gamma-ray flash kilonovae (GR-K) introduced in this
work. See further details in [15, 18, 68] and references therein. The columns indicate the GRB
subclass, in-states (progenitor) and out-states (final outcome), the T90 in the rest-frame, the rest-
frame spectral peak energy Ep,i and Eiso (rest-frame 1–104 keV), the isotropic energy of the GeV
emission Eiso,GeV (rest-frame 0.1–100 GeV), the isotropic energy of the X-ray data Eiso,X (rest-frame
0.3–10 keV), the presence or not of kilonova and its nature (radioactive-powered kilonova, RPKN;
fallback-powered kilonova, FBKN), the typical associated kilonova peak luminosity, and finally the
presence or not of Hz-kHz gravitational-wave emission, e.g. as the one detectable by LIGO-Virgo. As
for the kilonova from NS-WD mergers we have specified “to be defined (TBD)” since this possibility
has not been yet explored in the literature.

WD (GRFs) and WD-WD mergers with the one of the associated sources GRB 170817A-
GW170817-AT 2017gfo. We present in table 2 a summary. As a canonical S-GRB we use
GRB 090510A, for S-GRF we use GRB 130603B and for GRF we use GRB 060614 and for
GRB 170817 a twin WD with component masses M = 0.6M�, see figure 1.

We can conclude:

1. The comparison of the properties of NS-NS (S-GRFs and S-GRBs) and NS-WD (S-
GRFs) with GRB 170817A-GW170817-AT 2017gfo shows that all of them may include
a kilonova (AT 2017gfo-like). Only in NS-NS there could be the Hz-kHz gravitational-
wave emission needed to explain the energetics of GW170817 (see figure 1). However,
this solution necessarily implies an X and gamma-ray emission in the prompt phase
that is missing in the case of GRB 170817A (see data up to 10 s in figure 3). Indeed,
the observational features in gamma- and X-rays of GRB 170817A contrasts with any
other GRB associated with the above binary progenitors (see figures 3–4 and tables 1–
2). In conclusion, the NS-NS scenario cannot explain the association GRB170817A-
GW170817.

2. Indeed, the X-ray and gamma-ray observations of GRB 170817A clearly show that we
are in presence of a phenomenon much less energetic than the one observed in any
S-GRB, S-GRF, GRF, or BdHN, and perhaps with a substantially larger occurrence
rate (see e.g. [65]). These observations have led us to consider a new subclass of GRBs,
also with binary progenitors, originating from WD-WD mergers leading to a massive
WD. The occurrence rate of these mergers can explain the rate of GRB 170817A-like
sources, they produce a gamma- and X-ray emission consistent with the ones observed
in GRB 170817A and cannot be associated with GW170817.

3. The optical and infrared emission AT 2017gfo can be powered by a different physical
mechanism with respect to the radioactive decay of r-process heavy material synthe-
sized in the much more energetic NS-NS mergers: it can be alternatively explained by
the cooling of the ejecta expelled in a WD-WD merger and heated up by fallback accre-
tion onto the newly-formed massive WD, see figure 5. In view of the above difference
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we propose to call radioactive-powered kilonovae (RPKNe) the optical transient pro-
duced by NS-NS mergers and fallback-powered kilonovae (FBKNe) the one by WD-WD
mergers. See table 2.

4. The ejecta from a WD-WD merger are different from the ejecta from a NS-NS merger in
that they have a lighter nuclear composition with respect to the one of the ejecta of NS-
NS mergers which is made of r-processed heavy nuclei. The spectroscopic identification
of atomic species can therefore discriminate between the two scenarios. However, such
an identification has not been possible in any of the observed kilonovae since it needs
accurate models of atomic spectra, nuclear reaction network, density profile, as well as
radiative transport (opacity) that are not yet available.

5. These WD-WD mergers opens the possibility to a new subclass of GRBs with a much
less energetic and softer prompt emission whose observation would benefit from a new
mission operating in soft X-rays like, e.g., THESEUS [69]. In addition, as we have
shown, the outcome of such a GRB, namely a massive, highly magnetized, fast rotating
WD, may become in due time observable as SGRs/AXP.

6. Since the early submission of our paper additional observations in the optical and in the
X-rays have appeared (see e.g. [70, 71]) which have allowed to strength our conclusions
(see e.g. figure 5 and [68]). What we can do at this stage from a theoretical point of
view is to formulate what conventional physics can tell us about these events and this
has been done in this article.

7. It is clear that the only possibility of a null chance coincidence of GRB 170817A and
GW170817 is to assume that one of the events does not exist in reality. If the two events
exist then there is non-null chance coincidence by definition and its evaluation has been
estimated (see e.g. [2]). The association of these events, from an observational point
of view is, in our opinion, not yet sufficiently established to formulate a well-motivated
answer. It is auspicable, as soon as the LIGO collaboration releases the templates of the
gravitational-wave source GW170817 in the interferometers, to reconstruct the precise
chronology of the space-time sequence of events in the LIGO detectors and in the Fermi
and Integral satellites, necessary to validate the association between GW170817 and
GRB 170817A.
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Abstract

On the ground of the large number of gamma-ray bursts (GRBs) detected with cosmological redshift, we classified
GRBs in seven subclasses, all with binary progenitors which emit gravitational waves (GWs). Each binary is
composed of combinations of carbon–oxygen cores (COcore), neutron stars (NSs), black holes (BHs), and white
dwarfs (WDs). The long bursts, traditionally assumed to originate from a BH with an ultrarelativistic jetted
emission, not emitting GWs, have been subclassified as (I) X-ray flashes (XRFs), (II) binary-driven hypernovae
(BdHNe), and (III) BH–supernovae (BH–SNe). They are framed within the induced gravitational collapse
paradigm with a progenitor COcore–NS/BH binary. The SN explosion of the COcore triggers an accretion process
onto the NS/BH. If the accretion does not lead the NS to its critical mass, an XRF occurs, while when the BH is
present or formed by accretion, a BdHN occurs. When the binaries are not disrupted, XRFs lead to NS–NS and
BdHNe lead to NS–BH. The short bursts, originating in NS–NS, are subclassified as (IV) short gamma-ray flashes
(S-GRFs) and (V) short GRBs (S-GRBs), the latter when a BH is formed. There are (VI) ultrashort GRBs
(U-GRBs) and (VII) gamma-ray flashes (GRFs) formed in NS–BH and NS–WD, respectively. We use the
occurrence rate and GW emission of these subclasses to assess their detectability by Advanced LIGO-Virgo,
eLISA, and resonant bars. We discuss the consequences of our results in view of the announcement of the LIGO/
Virgo Collaboration of the source GW 170817 as being originated by an NS–NS.

Key words: binaries: general – black hole physics – gamma-ray burst: general – gravitational waves – stars:
neutron – white dwarfs

1. Introduction

Thanks to the extensive observations carried out by γ-ray
telescopes, such as AGILE, BATSE, BeppoSAX, Fermi, HETE-
II, INTEGRAL, Konus/WIND, and Swift, our understanding of
“long” and “short” gamma-ray burst (GRB) progenitor systems
has greatly improved. This has led also to a vast literature
devoted to the estimate of their relative occurrence rates, all in
general agreement. For long bursts see, e.g., Soderberg et al.
(2006b), Guetta & Della Valle (2007), Liang et al. (2007),
Virgili et al. (2009), Rangel Lemos et al. (2010), Wanderman
& Piran (2010), Guetta et al. (2011), and Kovacevic et al.
(2014); for short bursts see, e.g., Virgili et al. (2011) and
Wanderman & Piran (2015); and for both long and short bursts
see, e.g., Sun et al. (2015) and Ruffini et al. (2016b). The rates
of gravitational wave (GW) emission from GRBs have been
calculated in the literature at a time in which short GRBs were
considered to originate in neutron star–neutron star (NS–NS)
binaries, while long GRBs were considered to originate in
single events,8 e.g.,collapsars (Woosley 1993; MacFadyen &
Woosley 1999; MacFadyen et al. 2001; Woosley &
Bloom 2006; see, however, Ruffini et al. 2018b) and magnetars
(Usov 1992; Dai & Lu 1998a, 1998b; Kluźniak & Ruderman
1998; Zhang & Mészáros 2001; see, however, Ruffini et al.

2016b). Thus, only short GRBs have been up to now
considered to estimate the simultaneous detection rate of
GWs and GRBs. For instance, Wanderman & Piran (2015)
used the luminosity function of short GRBs observed by Swift;
Yonetoku et al. (2014), by BATSE; Patricelli et al. (2016), by
Fermi; and Ghirlanda et al. (2016), by Swift and Fermi.
In our recent works (see Ruffini et al. 2016b, and references

therein) we have introduced a new classification in which all
GRBs, namely, both long and short, originate from merging
and/or accreting binary systems, each composed of a different
combination of carbon–oxygen cores (COcore), NSs, black
holes (BHs), and white dwarfs (WDs). For each system the
initial state and the final state are here referred to as “in-state”
and “out-state,” respectively. This opens an ample new
scenario for the role of GWs both as detectable sources and
as a determining factor in the coalescence process of the GRB
progenitors.
We interpret the traditional long GRBs within the induced

gravitational collapse (IGC) paradigm (Ruffini et al. 2006,
2007, 2008, 2015b; Izzo et al. 2012a; Rueda & Ruffini 2012;
Fryer et al. 2014) that proposes as in-state a tight binary system
composed of a COcore undergoing a supernova (SN) explosion
and a companion compact object, e.g., an NS (or a BH). The
SN explosion triggers a hypercritical accretion onto the NS
companion, whose details have been studied, simulated, and
presented in several publications (see, e.g., Fryer et al. 2014,
2015b; Becerra et al. 2015, 2016, and references therein;
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8 With the exception of the binary progenitors proposed in Fryer & Woosley
(1998), Fryer et al. (1999a, 1999b), and Belczynski et al. (2002).
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Appendix A). Depending on the binary parameters, the
hypercritical accretion can lead to three very different
outcomes:

I. X-ray flashes (XRFs) with isotropic energy Eiso
1052 erg and rest-frame spectral peak energy
Ep,i200 keV. This class occurs in COcore–NS binaries
when the hypercritical accretion onto the NS companion
is not enough to induce gravitational collapse into a BH
(Becerra et al. 2015, 2016). Following this definition,
Ruffini et al. (2016b) estimated for the XRF a local
observed rate of 100XRF 34

45r = -
+ Gpc−3 yr−1 (Ruffini

et al. 2016b). This rate is in agreement with that of
low-luminosity long GRBs, e.g., 325 177

352
-
+ Gpc−3 yr−1

(Liang et al. 2007), ∼200 Gpc−3 yr−1 (Virgili et al.
2009), and 164 65

98
-
+ Gpc−3 yr−1 (Sun et al. 2015). After the

SN explosion, the binary can either get disrupted or
remain bound depending on the mass loss and/or natal
kick imparted to the system (see Postnov & Yungel-
son 2014, references therein; Appendix A.5). In the
former case the XRF leads to two runaway NSs, while in
the latter one the out-states of XRFs are binaries
composed of a newly formed ∼1.4–1.5Me NS (hereafter
νNS) born in the SN explosion and a massive NS (MNS)
that accreted matter from the SN ejecta. Typical periods
of these binaries are Porb30 minutes (Becerra
et al. 2016).

II. Binary-driven hypernovae (BdHNe) with Eiso1052 erg
and Ep,i200 keV. BdHNe occur in more compact
COcore–NS binaries, which leads to a more massive
hypercritical accretion onto the NS, hence leading to BH
formation. Following this definition, Ruffini et al.
(2016b) estimated for the BdHNe a local observed rate

0.77BdHN 0.08
0.09r = -

+ Gpc−3 yr−1 (Ruffini et al. 2016b). This
rate is in agreement with that for high-luminosity long
GRBs, e.g., 1.3 0.7

0.6
-
+ Gpc−3 yr−1 (Wanderman & Piran

2010) and 0.8 0.1
0.1

-
+ Gpc−3 yr−1 (Sun et al. 2015). As in the

case of XRFs, the SN explosion can disrupt the binary
depending on the mass loss and/or natal kick. In the case
when the system remains bound, the out-states of BdHNe
are νNS–BH binaries (see Fryer et al. 2015b;
Appendix A.5). Typical periods of these binaries are
5 minutes  Porb30 minutes (Becerra et al. 2016).

III. BH–SNe with Eiso1054 erg and Ep,i2MeV. BH–
SNe occur in close COcore (or helium or Wolf-Rayet
star)–BH binaries (Ruffini et al. 2001) in which the
hypercritical accretion occurs onto a previously formed
BH. Such BH–SN systems correspond to the late
evolutionary stages of X-ray binaries such as Cyg X-1
(Giacconi & Ruffini 1978; Belczynski et al. 2011) or
microquasars (Mirabel & Rodríguez 1998). These
systems might be also formed following the binary
evolutionary patch leading to scenario XI in Fryer et al.
(1999a). Since the estimated rate of BdHNe covers
systems with the above Eiso and Ep,i range, we can
adopt the rate of BdHNe as an upper limit to the rate of
BH–SNe, i.e., ρBH–SNρBdHN=0.77+0.09

−0.08 Gpc
−3 yr−1

(Ruffini et al. 2016b). As in the above cases of XRFs and
BdHNe, the SN explosion may disrupt the binary. If the
binary survives, then the out-states of BH–SNe can be a
νNS–BH or a BH–BH if the SN central remnant directly
collapses to a BH. However, the latter scenario is
currently ruled out by the observations of pre-SN cores

that appear to have masses 18Me, very low to lead to
direct BH formation (see, e.g., Smartt 2009, 2015, for
details).

In the current literature such a difference between an XRF, a
BdHN, and a BH–SN in the evaluation of GWs, here
implemented, is still missing.
We turn now to the short bursts. Although their progenitors

are still under debate, there is an ample consensus in the
scientific community that they originate from NS–NS and/or
NS–BH merging binaries (see, e.g., Goodman 1986; Pac-
zynski 1986; Eichler et al. 1989; Narayan et al. 1991; Meszaros
& Rees 1997; Rosswog et al. 2003; Lee et al. 2004; Berger
2014). By adopting the same in-states as in the above
traditional models, namely, NS–NS and/or NS–BH mergers,
they can be divided into three subclasses (Fryer et al. 2015b;
Ruffini et al. 2015a, 2016b):

Short gamma-ray flashes (S-GRFs), with Eiso1052 erg and
Ep,i2MeV, occur when no BH is formed in the NS–NS
merger, i.e., they lead to an MNS. Following this definition,
Ruffini et al. (2016b) estimated for the S-GRFs a local
observed rate 3.6S GRF 1.0

1.4r = -
+

‐ Gpc−3 yr−1.
Authentic short GRBs (S-GRBs), with Eiso1052 erg and
Ep,i2MeV, occur when a BH is formed in the NS–NS
merger (Muccino et al. 2013; Ruffini et al. 2015a, 2016a).
Following this definition, Ruffini et al. (2016b) estimated for
the S-GRBs a local observed rate 1.9 10S GRB 1.1

1.8 3r = ´-
+ -( )‐

Gpc−3 yr−1 (Ruffini et al. 2016b).
Ultrashort GRBs (U-GRBs), a new subclass of short bursts
originating from νNS–BH merging binaries. They can
originate from BdHNe (see subclass II above) or from
BH–SN events (see subclass III above). Since in Fryer et al.
(2015b) it was shown that the majority of BdHN out-states
remain bound, we can assume as an upper limit of their local
density rate 0.77U GRB BdHN 0.08

0.09r r» = -
+

‐ Gpc−3 yr−1 (Ruf-
fini et al. 2016b). U-GRBs are yet unobserved/unidentified
and present a great challenge not only in the case of high
energy but also possibly in the radio band, where they could
manifest themselves, prior to the merger phase, as pulsar–BH
binaries (see, e.g., Tauris et al. 2015a, and references
therein).

It is important to mention that the sum of the occurrence
rates of the above short burst subclasses IV–VI is in agreement
with the estimates obtained from the whole short burst
population reported in the literature (see, e.g., Sun
et al. 2015; Wanderman & Piran 2015). It is then clear that
what in the current literature are indicated as short GRBs are
actually just S-GRFs.
In addition to the above three subclasses of long bursts and

three subclasses of short bursts, we recall the existence of a
class of bursts occurring in a low-density circumburst medium
(CBM), e.g.,nCBM∼10−3 cm−3, which show hybrid proper-
ties between short and long bursts in γ-rays. These bursts are
not associated with SNe, even at low redshift, where the SN
detection would not be precluded (Della Valle et al. 2006). We
have called such bursts gamma-ray flashes (GRFs; Ruffini et al.
2016b).

GRFs have 1051erg Eiso1052 erg and 0.2 MeV 
Ep,i2MeV. These bursts, which show an extended and
softer emission, are thought to originate in NS–WD mergers
(Ruffini et al. 2016b). NS–WD binaries are notoriously
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common astrophysical systems (Cadelano et al. 2015), and
possible evolutionary scenarios leading to such mergers have
been envisaged (see, e.g., Fryer et al. 1999b; Tauris et al.
2000; Lazarus et al. 2014).9 GRFs form an MNS and not a
BH (see Ruffini et al. 2016b, for details). Following this
definition, Ruffini et al. (2016b) estimated for the GRFs a
local observed rate 1.02GRF 0.46

0.71r = -
+ Gpc−3 yr−1 (Ruffini

et al. 2016b). This density rate appears to be low with respect
to the current number of known NS–WD binaries in the
Galaxy (see, e.g., Cadelano et al. 2015). From the GRB side,
we note that indeed only one NS–WD merger has been
identified (see analysis of GRB 060614 in Caito et al. 2009).
The above implies that, very likely, the majority of the
expected mergers are under the threshold of the existing
X-ray and gamma-ray detectors.

The aforementioned density rates for all GRB subclasses
have been estimated in Ruffini et al. (2016b) assuming no
beaming. The presence of beaming would require the
observation of achromatic jet breaks in the afterglow light
curve. In the present case of short bursts such clear achromatic
jet breaks have never been observed. Fong et al. (2015)
reported four measured jet breaks in a sample of 11 short
bursts: GRB 051221A, GRB 090426A, GRB 111020A, and
GRB 130603B (see Table 5 there). However:

(1) GRB 051221A: The break is inferred only from the
X-ray light curve, while the contemporary optical and radio
data do not support such an interpretation (see Soderberg et al.
2006a).

(2) GRB 090426A: The break is inferred from the optical
band only, and there are no contemporary observations in other
bands (see Nicuesa Guelbenzu et al. 2011).

(3) GRB 111020A: The break is inferred only from the
X-ray light curve, but this interpretation is based on a single
upper limit by Chandra and no data points (see Fong
et al. 2012).

(4) GRB 130603B: The break is inferred from the optical
band and is compatible with the radio data. However,
contemporary X-ray observations are clearly contradicting this
interpretation and present no break at all. In fact, the authors
invoke the presence of an extra source to justify what they call
“late time X-ray excess” (see Fong et al. 2014).

In addition, Aimuratov et al. (2017a) and Ruffini et al.
(2018a) have shown that, in all the identified S-GRBs, the GeV
emission has been always observed when the source was within
the Fermi-LAT field of view. This result points as well to no
significant presence of beaming in the GeV emission of
S-GRBs.

Therefore, all the above points imply that there is still no
evidence for the need to assume beaming.

We show in Table 1 a summary of the astrophysical aspects
related to the GRB subclasses and their observational
properties.

The aim of this article is to use the rate of occurrence of the
above GRB subclasses to assess the detectability of their
associated GW emission by the ground-based interferometers

Advanced LIGO and Advanced Virgo, by the space-based
interferometer eLISA, and by the resonant bars, for
completeness.
We show in Table 2 a summary of acronyms used in

this work.

2. Relevance of the NS Structure and Critical Mass

Having introduced the above seven subclasses of GRBs, the
relevance of the NS physics becomes clear, in particular the NS
critical mass value, in the definition of subclasses I–II and
IV–V.
First, we recall that in our previous works we have adopted

an NS critical mass within the range 2.2– M3.4 , depending on
the equation of state (EOS) and on the NS angular momentum
(Belvedere et al. 2014; Becerra et al. 2015; Cipolletta et al.
2015). These quoted values are for EOSs based on relativistic
nuclear mean-field models (in this case the NL3, TM1, and
GM1 models) and for an NS angular momentum from J= 0 up
to J GM c0.7max

2» (Cipolletta et al. 2015). Hereafter, we
adopt the stiffest model, namely, the NL3 EOS, which leads to
the largest NS critical mass: from M M2.7crit »  at J= 0,
which, as expected, is lower than the nonrotating critical mass
upper limit of M3.2  established by Rhoades & Ruffini (1974),
to M M3.4crit »  at Jmax (Cipolletta et al. 2015). Our choice of
relativistic mean-field theory models is based on the fact that
they satisfy important properties such as Lorentz covariance,
relativistic self-consistency (hence they do not violate caus-
ality), intrinsic inclusion of spin, and a simple mechanism of
nuclear matter saturation (see, e.g., Dutra et al. 2014, 2016, for
further details on these kinds of models). The above three
representative EOSs that we have explored satisfy in addition
the astrophysical constraint of leading to an NS critical mass
larger than the heaviest massive NS observed, PSR J0348
+0432, with M M2.01 0.04=   (Antoniadis et al. 2013).
As discussed in Ruffini et al. (2016b), the separatrix energy

value of ≈1052 erg between subclasses I and II appears as a
theoretical estimate of the upper limit to the energy emitted in
the hypercritical accretion process onto a M1.4~  NS (see,
e.g., Becerra et al. 2016) and the aforementioned adopted
critical mass. This has been shown to be in agreement with the
observations of 20 XRFs and 233 BdHNe (up to the end of
2014). In fact, observationally, the current upper limit for XRFs
is (7.3±0.7)×1051 erg, and the lower limit for BdHNe is
(9.2±1.3)×1051 erg (see Ruffini et al. 2016b, for further
details). It is clear that the separatrix energy should have some
dependence on the initial NS mass undergoing accretion and on
the precise value of the nonrotating critical mass. Although the
precise value of the latter is yet unknown, it is constrained
within the range 2.0– M3.2 , where the lower value is the mass
of PSR J0348+0432 and the upper value is the well-established
absolute maximum NS mass of Rhoades & Ruffini (1974).
It is clear that similar arguments apply also to the case of

subclasses IV and V (Ruffini et al. 2015a), namely, the amount
of energy emitted during the NS–NS merger leading to a BH
should be 1052 erg. Observationally, the current upper limit
for S-GRFs is (7.8±1.0)×1051 erg, and the lower limit for
BdHNe is (2.44±0.22)×1052 erg (see Ruffini et al. 2016b,
for further details).
The above subclassification is further supported by the fact

that GeV emission, expected in the presence of a rotating BH,
is indeed observed only in BdHNe (e.g., Ruffini et al. 2015b)
and in S-GRBs (e.g., Muccino et al. 2013; Ruffini et al. 2015a,

9 An additional (but less likely) scenario leading to merging NS–WD systems
might occur in an NS–NS approaching the merger phase (Ruffini et al. 2016b).
According to Bildsten & Cutler (1992) and Clark & Eardley (1977) (see also
references therein), in a very close, NS–NS binary with unequal-mass
components, stable mass transfer from the less massive to the more massive
NS might occur for appropriate mass ratios in such a way that the donor NS
moves outward in the mass-loss process until it reaches the beta-decay
instability becoming a low-mass WD.
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2016a; Aimuratov et al. 2017b) and absent in XRFs and
S-GRFs where no BH is formed (see Figure 10 and the
Appendix in Ruffini et al. 2016b, for more details).

Therefore, the direct observation of the separatrix energy
between XRFs and BdHNe, as well as between S-GRFs and
S-GRBs, and their precise occurrence rate ratio give crucial
information on the actual NS critical mass value.

3. Ingredient Setup for the Computation of the GW
Emission and Its Detectability

We have recalled in Section 1 that the evolution of the binary
progenitors of both short and long GRBs leads to compact
binaries that will eventually merge in a characteristic timescale
and emit GWs. We turn in the following sections to assessing
the detectability of the GW emission by these merging binaries
by Advanced LIGO.

In order to do this, we make the following drastic simplified
assumptions:

1. Although it is manifest that the release of gravitational
energy of the system in the merger phase is dominated by
the X-ray, gamma-ray, and GeV emission (see Table 1),
we assume that the binary dynamics is only driven by the
GW emission.

2. Consistent with the above GW emission dominance
assumption, we further assume that the GW waveform is
known and thus one can use the matched filtering
technique to estimate the signal-to-noise ratio. The actual
GW waveform under the realistic conditions of electro-
magnetic emission dominance is still unknown.

3. To estimate the maximum distance of GW detectability,
we adopt optimally oriented sources with respect to the
detector.

The above assumptions are made with the only aim of
establishing an absolute upper limit to the GW emission and its
putative detectability under the most optimistic conditions.
Similarly, we assume that the binarity of the system does not
compromise the interior structure of the NS (see Section 2).
The minimum GW frequency detectable by the broadband

Advanced LIGO interferometer is f 10 Hzmin
aLIGO » (LIGO

Scientific Collaboration et al. 2015). Since during the binary
inspiral the GW frequency is twice the orbital one, the above
implies that a binary is inside the Advanced LIGO band for
orbital periods P 0.2 sorb  .

3.1. Systems to Be Analyzed

The COcore–NS binaries, in-states of XRFs and BdHNe, and
COcore–BH binaries, in-states of BH–SNe, are not detectable
by Advanced LIGO since they have orbital periods Porb 
5 minutes 0.2 s (Becerra et al. 2016). After their corresp-
onding hypercritical accretion processes, it is clear that the out-
states of both XRFs and BdHNe can become the in-states of
short GRBs, as follows (Becerra et al. 2015; Fryer et al. 2015b;
Ruffini et al. 2016b).
First, let us discuss the out-states of XRFs. We have mentioned

that XRFs can either get disrupted by the SNe and lead to
runaway NSs or, in the case in which the binary remains bound,
lead to a νNS–NS system. Since XRF S GRF S GRBr r r> +‐ ‐ , such
νNS–NS binaries, out-states of XRFs, could be the in-states of
S-GRFs (NS–NS mergers leading to an MNS) and/or S-GRBs
(NS–NS mergers leading to a BH). By denoting the total rate of
short bursts as short S GRF S GRBr r rº +‐ ‐ , our estimated rates
would imply that the fraction of systems that appear to remain
bound as νNS–NS is (ρshort/ρXRF)≈2%–8%, while 92%–98%
of XRFs are disrupted by the SN explosion. Interestingly, this is
consistent with the fraction of bound NS–NS obtained in
population synthesis analyses (see, e.g., Dominik et al. 2012,
2015; Postnov & Yungelson 2014; Fryer et al. 2015a; Belczynski

Table 1
Summary of the Astrophysical Aspects of the Different GRB Subclasses and of Their Observational Properties

Subclass In-state Out-state Ep,i Eiso Eiso,X Eiso,Gev zmax ρGRB
(MeV) (erg) (erg) (erg) (Gpc−3 yr−1)

I XRFs COcore–NS νNS–NS 0.2 ∼1048–1052 ∼1048–1051 L 1.096 100 34
45

-
+

II BdHNe COcore–NS νNS–BH ∼0.2–2 ∼1052–1054 ∼1051–1052 1053 9.3 0.77 0.08
0.09

-
+

III BH–SN COcore–BH νNS–BH 2 1054> ∼1051–1052 1053 9.3 0.77 0.08
0.09 -

+

IV S-GRFs NS–NS MNS 2 ∼1049–1052 ∼1049–1051 L 2.609 3.6 1.0
1.4

-
+

V S-GRBs NS–NS BH 2 ∼1052–1053 1051 ∼1052–1053 5.52 1.9 101.1
1.8 3´-

+ -( )
VI U-GRBs νNS–BH BH 2 1052> L L L 0.77 0.08

0.09 -
+

VII GRFs NS–WD MNS ∼0.2–2 ∼1051–1052 ∼1049–1050 L 2.31 1.02 0.46
0.71

-
+

Note.In the first four columns we indicate the GRB subclasses and their corresponding in-states and out-states. In the fifth through eighth columns we list the ranges
of Ep,i and Eiso (rest-frame 1–104 keV), Eiso,X (rest-frame 0.3–10 keV), and Eiso,GeV (rest-frame 0.1–100 GeV). The ninth and tenth columns list, for each GRB
subclass, the maximum observed redshift and the local observed rate ρGRB obtained in Ruffini et al. (2016b). We refer the reader to Appendix B for details on the
method used to calculate ρGRB.

Table 2
Acronyms Used in This Work in Alphabetic Order

Extended Wording Acronym

Binary-driven hypernova BdHN
Black hole BH
Carbon–oxygen core COcore

Gamma-ray burst GRB
Gamma-ray flash GRF
Induced gravitational collapse IGC
Massive neutron star MNS
Neutron star NS
New neutron star created in the SN explosion νNS
Short gamma-ray burst S-GRB
Short gamma-ray flash S-GRF
Supernova SN
Ultrashort gamma-ray burst U-GRB
White dwarf WD
X-ray flash XRF

4
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et al. 2016, and references therein; Appendix A.4 and A.5).
Therefore, these merging νNS–NS binaries are clearly included
in the S-GRF and S-GRB population. Such binaries are at birth
undetectable by Advanced LIGO since they have initially
P 5orb  minutes 0.2 s , but their merging can become
detectable.

We have already recalled in the Introduction that in Fryer
et al. (2015b) it was shown that, contrary to the case of XRFs,
most BdHNe are expected to remain bound after the SN
explosion in view of their short orbital periods and more
massive accretion process. We have argued that those mergers
would lead to the new class of short bursts, the U-GRBs (Fryer
et al. 2015b), which, however, have still to be electromagne-
tically identified. The same applies to the νNS–BH systems
produced by BH–SN systems, with the only difference being
the mass of the BH, which, by definition of this subclass, can
be larger than the NS critical mass since this BH is formed from
direct collapse of a massive star. All the above merging νNS–
BH binaries are, by definition, the U-GRB population. Such
binaries are at birth undetectable by Advanced LIGO because
their initial orbital periods P 5orb  minutes 0.2 s , but their
merger can become detectable.

In the case of NS–WD binaries, the WD large radius and its
very likely tidal disruption by the NS make their GW emission
hard to detect (see, e.g., Paschalidis et al. 2009). Thus, we do
not consider NS–WD binaries in the following GW discussion.

To summarize, we are going to analyze below the GW
emission and detectability of S-GRF and S-GRB, the mergers
of νNS–NS produced by XRFs, as well as of U-GRBs, which
are the mergers of the νNS–BH produced by BdHNe and
BH–SNe.

3.2. Binary Component Masses

For S-GRFs, we consider the simple case of nonspinning,
equal-mass NS–NS merging binaries, i.e., m m m1 2= = . The
precise value of the merging NS masses leading to a BH is still
poorly known; thus, we have chosen as an upper limit roughly
half the maximum NS critical mass (see Section 2). Thus, we
shall explore mass values m≈ 1–1.7Me.

For S-GRBs, we also consider nonspinning, equal-mass
NS–NS merging binaries. For self-consistency, we choose a
range of component masses starting from the upper edge of the
S-GRF one, i.e., m M1.7» , up to the maximum nonrotating
stable mass, i.e., m M2.8» .

For U-GRBs, we adopt in the case of out-states of BdHNe
m M1.51 =  for the νNS and mBH= 2.7–3.4Me for the BH
(see Section 2). In the case of out-states of BH–SNe, we adopt
m M1.51 =  for the νNS and mBH= 3.4–10Me for the BH,
consistent with the assumption that the BH in this subclass has
been previously formed in the binary evolution and therefore it
can have a mass larger than the NS critical mass.

3.3. Signal-to-noise Ratio

We first recall the main ingredients needed to estimate the
detectability of the aforementioned merging binaries associated
with the different GRB classes. The signal h(t) induced in the
detector is

h t F h t F h t, , , , , , , , , 1q f y i b q f y i b= ++ + ´ ´( ) ( ) ( ) ( ) ( ) ( )

where h+ and h× are the two polarizations of the GW; ι and β

are the polar and azimuthal angles of the unit vector from the

source to the detector, relative to a coordinate system centered
in the source. The detector pattern functions F+ and F× depend
on the localization of the source with respect to the detector,
i.e., they depend on the spherical polar angles θ and f of the
source relative to a coordinate system centered in the detector.
The pattern functions also depend on the polarization angle ψ.
Since the GW signal might be deep inside the noise, the

signal-to-noise ratio, denoted hereafter by ρ, is usually
computed using the matched filter technique, i.e. (Flanagan &
Hughes 1998),

h f

S f
df4 , 2

n

2

0

2

òr =
¥ ∣ ˜( )∣

( )
( )

where f is the GW frequency in the detector’s frame, h f˜( ) is the
Fourier transform of h(t), and S fn ( ) is the one-sided
amplitude spectral density (ASD) of the Advanced LIGO
noise. We recall that in the detector’s frame the GW frequency
is redshifted by a factor of 1 + z with respect to the one in the
source’s frame, fs, i.e., f f z1s= +( ).
The exact position of the binary relative to the detector and

the orientation of the binary rotation plane are usually
unknown; thus, it is a common practice to estimate the
signal-to-noise ratio averaging over all the possible locations
and orientations, i.e.,

h f

S f
df

h f

f S f
df4 4 , 3

n

c

n

2

0

2
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with hc( f ) the characteristic strain (Flanagan & Hughes 1998)

h
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d
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dE

df
z f

1

2
1 , 4c

l s

2

3p
=

+ á ñ
++( ) [( ) ] ( )

where

d
z c

H
x dx

1
1 5l

z

M
0 0

3 1 2ò=
+

W + + WL
-( ) [ ( ) ] ( )

is the source luminosity distance and we have used the fact that
F F2 2á ñ = á ñ+ ´ and F F 0á ñ =+ ´ . We recall that F 1 52á ñ =+ for

an interferometer and F 4 152á ñ =+ for a resonant bar (see, e.g.,
Maggiore 2007). We adopt a ΛCDM cosmology with H0 =
71 km s−1 Mpc−1, 0.27MW = , and 0.73W =L (Rigault et al.
2015). It is important to recall that, as we have mentioned, we
are interested in estimating the GW detectability under the most
optimistic conditions. Thus, to estimate the maximum distance
of GW detectability, we adopt in Section 3 the ansatz of
optimally oriented sources with respect to the detector. The
above averaging procedure is here used with the only aim of
giving an estimate of the GW strain amplitude, hc, compared
and contrasted below in Section 5 with the detector’s strain
noise.

4. GW Energy Spectrum

In general, a GW-driven binary system evolves in time
through two regimes: the first is the inspiral regime, and the
second, which we refer hereafter to as the merger regime, is
composed in the most general case of the final plunge, the
merger, and the ringdown (oscillations) of the newly formed
object.
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4.1. Inspiral Regime

During the inspiral regime, the system evolves describing
quasi-circular orbits, and it is well described by the traditional
point-like quadrupole approximation (Peters & Mathews 1963;
Peters 1964; Rees et al. 1974; Landau & Lifshitz 1975). The
GW frequency is twice the orbital frequency ( f f2s orb= ) and
grows monotonically. The energy spectrum during the inspiral
regime is

dE

df
G M f

1

3
, 6

s
c s

2 3 5 3 1 3p= -( ) ( )

where M M Mc
3 5 2 5 3 5m n= = is the called chirp mass,

M m m1 2= + is the total binary mass, m m M1 2m = is the
reduced mass, and Mn mº is the symmetric mass-ratio
parameter. A symmetric binary (m m1 2= ) corresponds to

1 4n = , and the test-particle limit is 0n  . The total energy
emitted during this regime can be estimated as the difference of
the energy of the binary between infinity and the one at the last
circular orbit (LCO). For a test particle in the Schwarzschild
background the LCO is located at r GM c6LCO

2= , its energy
is c8 9 2m , and then

E c1 8 9 . 7insp
2mD = -( ) ( )

4.2. Merger Regime

The GW spectrum of the merger regime is characterized by a
GW burst (see, e.g., Davis et al. 1971; Shibata & Tanigu-
chi 2011; Bernuzzi et al. 2015). Thus, to estimate whether this
part of the signal contributes to the signal-to-noise ratio, it is
sufficient to estimate the location of the GW burst in the
frequency domain and its energy content. We recall that, in
general, the merger regime is composed of plunge+merger
+ringdown. The frequency range spanned by the GW burst is

f f fqnm mergerD = - , where fmerger is the frequency at which the
merger starts and fqnm is the frequency of the ringing modes of
the newly formed object after the merger, and the energy
emitted is ΔEmerger. With these quantities defined, we can
estimate the typical value of the merger regime spectrum as

dE

df

E

f
. 8

s merger

merger~
D

D

⎛
⎝⎜

⎞
⎠⎟ ( )

Numerical relativity simulations (e.g., Shibata & Tanigu-
chi 2011; Bernuzzi et al. 2015) show that finite size effects
might end the inspiral regime before the LCO. After this point,
the GW spectrum damps exponentially. For the case of NS–NS
the merger starts in an orbit larger than the LCO, and for the
case of an NS–BH, as we will see below, the merger can occur
below the LCO, making the spectrum similar to a BH–BH
merger. When the merger occurs well before the LCO, there is
no plunge. Therefore, the emitted energy will be less than the
case when the plunge is present. We can therefore obtain an
upper limit to ΔEmerger by adopting the energy emitted during
the plunge-merger-ringdown of a BH–BH merger (Detweiler &
Szedenits 1979)

E Mc0.5 . 9merger
2 2nD » ( )

To complete the estimate of the merger regime spectrum, we
have to estimate the value of fD in the different cases of
interest.

4.2.1. NS–NS Merger

The approach to the merger point, r rmerger= , depends on the
nature of the binary system. Typically, the merger is assumed
to start at the point of maximum GW strain (see, e.g., Bernuzzi
et al. 2015, and references therein). However, since the
transition from a binary system to a single merged object is
not sharply definable, different definitions of the merger point
in the literature can be found (see, e.g., Kawaguchi et al. 2015).
For our purpose it is sufficient to estimate the frequency at
“contact,” namely, the frequency at a binary separation
r r rcontact 1 2» + , where ri is the radius of the i-component.
This certainly sets a lower limit to the frequency at maximum
strain at merger, i.e., r rcontact merger . Thus, we adopt for these
systems

f f
c

GM

q

q

1 1
, 10merger

NS NS
contact
NS NS

3
1 2

1 2

3 2 
 p

» =
+

+

⎡
⎣⎢

⎤
⎦⎥

( ) ( )– –

where q m m2 1= is the mass ratio, which is related to the
symmetric mass-ratio parameter by q q1 2n = +( ) , and

Gm c ri i i
2 º is the compactness of the i-component.

For a mass-symmetric NS–NS binary, we have that
f c G M1contact

NS NS 3
NS
3 2p» ( )( )– , where NS 1 2  º = is the

compactness parameter of the initial NS. For example, for the
NL3 EOS, the NS compactness lies in the range

0.14 0.3NS » – for an NS mass 1.4– M2.8  (see, e.g.,
Cipolletta et al. 2015). Thus, using the same EOS, we have,
for an M M M1.4 1.4 2.8= + = ( ) binary, fcontact

NS NS»–

1.34kHz and, for an M M M2.0 2.0 4.0= + = ( ) binary,
fcontact

NS NS»– 1.43kHz.
In the merger regime either a BH or an MNS can be formed.

If the merger does not lead to a BH, the merger frequency is
dominated by the frequency of the quasi-normal modes of the
MNS formed. This frequency is of the order of

f
GM

R

c

G M

1 1
, 11qnm

MNS
3

1 2 3
MNS
3 2

p p
» =⎜ ⎟⎛

⎝
⎞
⎠

⎛
⎝⎜

⎞
⎠⎟ ( )

where R is the radius of the MNS and GM c RMNS
2 º ( ) is its

compactness. Thus, in the case of S-GRFs the value of fD is

f f f

c

GM
. 12

S GRF qnm
MNS

contact
NS NS

MNS
3 2

NS
3 2

3
 

p

D º -

» -( ) ( )

‐
–

If the merger forms a BH, the merger frequency is dominated
by the frequency of the quasi-normal modes of the BH formed,
namely, the GW-burst spectrum peaks at the frequency (Davis
et al. 1971, 1972)

f
c

GM

0.32

2
, 13qnm

BH
3

p
» ( )

i.e., f 3.4 kHzqnm » for a Schwarzschild BH of M3 . In the
case of a rotating BH, namely, a Kerr BH, the peak frequency
shifts to higher values (Detweiler 1980). Thus, the value of
fqnm

BH given by Equation (13) can be considered as a lower
bound to the actual peak frequency. Thus, in the case of
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S-GRBs the value of fD is

f f f

c

GM
0.16 . 14

S GRB qnm
BH

contact
NS NS

NS
3 2

3


p

D º -

» -( ) ( )

‐
–

In either case of BH or MNS formation, f fqnm contact> is
satisfied. It can be checked that the above frequency estimates
are consistent with values obtained from full numerical
relativity simulations (see, e.g., Anninos et al. 1995; Bernuzzi
et al. 2015).

4.2.2. NS–BH Merger

For an NS–BH merger, the approach to merger is different
since general relativistic effects avoid the objects to go all the way
to the “contact” point following circular orbits. For example, let us
assume m m M31 BH= »  and m M M1.52 NS= » , so that
M M M1.5 3.0 4.5= + = . In this case r Gm c21 BH

2= (for
a Schwarzschild BH) and r Gm c2 2

2
2= ( ), so rcontact »

GM c3.3 2. Within the test-particle limit, the LCO around a
Schwarzschild BH occurs at r Gm c6LCO BH

2= »
GM c r6 2

contact> . Thus, we have that r rcontact LCO< , which
suggests that an NS–BH binary, similar to the case of a BH–BH
one, can pass from the inspiral regime, to the plunge from
r rplunge LCO= to merger at r rmerger contact» , to the ringing of the
newly formed BH. At rplunge, the GW frequency is

f
GM
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c
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and as in the previous case of BH formation from an NS–NS
merger, the NS–BH post-merger GW spectrum will be
dominated by frequencies given by Equation (13). Namely, for
the present example f 980 Hzplunge

NS BH »– and f 2.3 kHzqnm
BH » .

Thus, in the case of NS–BH merger (U-GRB subclass), the
value of fD is

f f f
c

GM
0.092 . 16U GRB qnm

BH
plunge
NS BH

3

p
D º - » ( )‐

–

In the above analysis we have neglected the possibility that
the NS can be tidally disrupted by the BH before it reaches
r rLCO= . The NS is disrupted by the BH if r rLCO td< , where rtd
is the tidal disruption radius. The value of rLCO and rtd for an
NS–BH system depends both on the binary mass ratio
q m m 12 1 º and on the NS compactness NS , which
depends, in turn, on the NS mass and EOS. Numerical
simulations of NS–BH binary mergers adopting a polytropic
EOS for the NS matter suggest r q R2.4td

1 3
NS» - and

r GM c q6 1 0.44 1 3.54LCO
2 1 4

NS
2 3» - - -[ ( ] (see Shibata

& Taniguchi 2011, and references therein). The ratio r rtd LCO is
a decreasing function of the BH mass for given NS mass (but
always close to unity). If we extrapolate these results to BH
masses in the range of 3–10Me and an NS of 1.5Me obeying
the NL3 EOS, we have r rLCO td< for m M6BH   and
r rLCO td> otherwise. It is clear that the specific range of NS
and BH masses for which there is tidal disruption is highly
sensitive to the compactness of the NS and hence to the nuclear
EOS, and thus more simulations using a wide set of updated
nuclear EOSs are needed to assess this issue. If tidal disruption

occurs, the inspiral regime will cut off at a GW frequency

f
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p
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Since rtd is near rLCO for our systems, and to not introduce
further uncertainties in our estimates, we shall adopt that the
inspiral regime of our NS–BH systems ends at the GW
frequency given by Equation (15).

5. Characteristic Strain and Detector Sensitivity

From Equations (6) and (8) and with the knowledge of the
energy released in GWs (Equation (9)) and the spanned
frequencies in the merger regime (see Table 3), we can estimate
the characteristic strain given by Equation (4), which can be
compared and contrasted with the strain noise of GW detectors.
Figure 1 shows the GW signal ASD produced by S-GRFs,

S-GRBs, and U-GRBs, obtained with the aid of Equation (4).
In this figure we adopt a (1.4+1.4)Me νNS–NS merger for
S-GRFs, a (2.0+2.0)Me νNS–NS merger for S-GRBs, a
(1.5+3.0)Me νNS–BH merger for U-GRBs produced by out-
states of BdHNe, and a (1.5+10.0)Me νNS–BH merger for
U-GRBs produced by out-states of BH–SNe. We have assumed
in this plot that these sources are located at the closest
luminosity distance dl at which each subclass has been
observed (see Table 3 for details). We show the noise ASD
of Advanced LIGO in the current run (O1) and in the expected
2022+ run (Abbott et al. 2016); the expected noise ASD of
Advanced Virgo (BNS-optimized; Abbott et al. 2016); the
expected noise ASD of the space-based interferometer eLISA
for the N2A1, N2A2, and N2A5 configurations (see, e.g., Klein
et al. 2016); and the noise ASD of the NAUTILUS bar detector
for a 1ms GW burst (Astone et al. 2006, 2008). Narrowband
resonant bar detectors (such as ALLEGRO, AURIGA,
EXPLORER, NAUTILUS, and NIOBE) are sensitive within
a bandwidth of ∼1–10Hz around the resonant frequency,
which is typically f 1 kHz0 ~ (see, e.g., Table 2 in Camp &
Cornish 2004, for a summary of the properties of the bar
detectors). The bar detector with the wider bandwidth is
NAUTILUS, with a minimum strain spectral noise

S 10n
21= - Hz 1 2- at f 935 Hz0 = and S 10n

20 - Hz 1 2-

in a bandwidth of ∼30Hz around f0 (Astone et al. 2008). This
implies that a 1ms GW burst would be detected by this
instrument if it has a strain amplitude h 3 10 19 ´ - (Astone
et al. 2006, 2008).
From this figure we can conclude the following for the NS–

NS and NS–BH binaries associated with S-GRFs, S-GRBs, and
U-GRBs:

1. Before merging: they transit, during their inspiral regime
which spans the frequency range f f z1merger< +( ) (see
in Table 3 the frequencies and redshift), first the eLISA
frequency band and then enter the Advanced LIGO-Virgo
ones in the final orbits prior to the merging process (when
P 0.2orb < s). The narrow bandwidth of the bar detectors
does not cover these frequencies. For the adopted
distances we see that the characteristic strain generated
by all these sources is below the sensitivity of eLISA.
S-GRFs are below the sensitivity of Advanced LIGO
(O1), Advanced Virgo, and NAUTILUS, but inside the
sensitivity of Advanced LIGO (2022+). S-GRBs are
below the sensitivity of Advanced LIGO (all runs),
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Advanced Virgo, and NAUTILUS. U-GRBs from out-
states of BdHNe are below the sensitivity of Advanced
LIGO (O1), Advanced Virgo, and NAUTILUS, but
inside the sensitivity of Advanced LIGO (2022+).
U-GRBs from out-states of BH–SNe are below the
sensitivity of Advanced LIGO (O1) and NAUTILUS,
inside the sensitivity of Advanced LIGO (2022+), and
marginally inside the sensitivity of Advanced Virgo.

2. Merging: the merging regime, which expands frequencies
from f z1contact +( ) to f z1qnm +( ) (see in Table 3 the
frequencies and redshift), is outside the eLISA frequency
band but inside the Advanced LIGO-Virgo and bar
detector ones. The characteristic strain in this final merger
phase h∼10−24 to 10−23 is, unfortunately, well below
the sensitivity of all of them (see also Kobayashi &
Mészáros 2003, for similar conclusions for
Advanced LIGO).

From the above it can be seen that the most interesting
instrument for the possible detection of the GW emission from
binaries associated with GRBs is Advanced LIGO. Therefore,
we estimate in the next section the expected detection rates by
Advanced LIGO-Virgo (see Figure 2 and Table 4).

6. GW Detection Rate

We assume a threshold for the Advanced LIGO-Virgo single
detector ρ0=8 (Abbott et al. 2016). This minimum 0r defines
a maximum detection distance or GW horizon distance, which
is denoted as dGW. This horizon corresponds to the most
optimistic case when the binary is just above the detector and
the binary plane is parallel to the detector plane, i.e.,

0q f i= = = (Allen et al. 2012):

d
A f

S f
df

2
, 18

n
GW

0 0
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=

¥ -⎛
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where A GM c c5 24 c
4 3 1 2 3 5 6p= ( ) ( ) . Since not all the

sources are optimally aligned with the detector, the number
of detected sources inside a sphere of radius dGW will be a
fraction 3 of the total. This fraction determines the so-called
“range” of the detector, dGW = , where 2.26271 =- (see

Finn & Chernoff 1993, for details). In order to give an estimate of
the annual number of detectable binaries associated with GRBs,
we use the search volume as computed in Abbott et al. (2016),

Vs max
GW = , where V 4 3max

GW 3p= ( ) and  is the observing
time accounting for the detector’s duty cycles. We use here the
lower and upper values of and s for a (1.4+1.4)Me NS binary
for the different observational campaigns reported in Abbott et al.
(2016): 2015/2016 (O1) with 40 80 = – Mpc, 3 = months,

0.5 4 10S
5 = ´( –( ) Mpc3 yr; 2016/2017 (O2) with  =

80 120– Mpc, 6 = months, 0.6 2 10S
6 = ´( – ) Mpc3 yr;

2017/2018 (O3) with 120 170 = – Mpc, 9 = months, S =
3 10 106´( – ) Mpc3 yr; and the one by the entire network
including LIGO-India at design sensitivity (2022+) with  =
200 Mpc, 1 year = , 4 10S

7 = ´ Mpc3 yr. We can use the
above information for a (1.4+1.4)Me binary and extrapolate it to
other binaries with different masses using the property that dGW
scales with the chirp mass as Mc

5 6 (see Equation (18)). We show
in Table 3 the GW horizon for a specific value of the binary
component masses expected for S-GRFs, S-GRBs, and U-GRBs
(see Section 3.2).
From the inferred occurrence rates ρGRB (not to be confused

with signal-to-noise ratio ρ) summarized in Table 1, we show
in Figure 2 the expected number of GW detections by
Advanced LIGO-Virgo for each observational campaign

N 19sGW GRBr=˙ ( )

for S-GRFs, S-GRBs, and U-GRBs as a function of the binary
component masses (see Section 3.2).
We compare and contrast the following in Table 4 for the

GRB subclasses: the expected GW detection rate by Advanced
LIGO-Virgo given by Equation (19), NGW˙ ; the inferred
occurrence rate of GRBs, NGRB˙ ; and the observed GRB rate
from γ-ray telescopes (AGILE, BATSE, BeppoSAX, Fermi,
HETE-II, INTEGRAL, Konus/WIND, and Swift), simply
estimated as N N TGRB

obs
GRB
obs

obs=˙ , where NGRB
obs is the number

of GRBs detected in the observing time Tobs. The rate NGRB˙ is
obtained from the GRB specific rate through the reconstruction
of the GRB luminosity function and the study of its evolution
with redshift (for details see Ruffini et al. 2016b; Appendix B).

Table 3
Properties of the GW Emission of S-GRFs, S-GRBs, and U-GRBs

ΔEinsp ΔEmerger fmerger fqnm zmin
obs dlmin

dGW (Mpc)

(erg) (erg) (kHz) (kHz) (Mpc) O1 O2 2022+

S-GRF 7.17 × 1052 1.60 × 1053 1.20 3.84 0.111 508.70 90.51–181.02 181.02–271.52 452.54
S-GRB 1.02 × 1053 2.28 × 1053 1.43 2.59 0.903 5841.80 121.84–243.67 243.67–365.51 609.18
U-GRB 1.02 × 1053 2.03 × 1052 0.98 2.30 0.169 804.57 126.71–253.43 253.43–380.14 633.57
U-GRB (BH–SN) 1.34 × 1053 1.35 × 1053 0.38 0.90 0.169 804.57 197.86–395.71 395.71–593.57 989.28

Note.We have made the Drastic simplified assumption that the binary evolution is only driven by GW emission, although it is manifest that the gravitational energy of
the system in the merger phase is dominated by the radio, optical, X-ray, gamma-ray, and GeV emission (see Table 1). This assumption is made with the only aim of
establishing an absolute upper limit to the GW emission and its detectability under the most optimistic conditions. Column (1): GRB subclass. Column (2): energy
emitted in GWs during the inspiral regime ΔEinsp given by Equation (7). Column (3): energy emitted in GWs during the merger regime (plunge+merger+ringdown)
ΔEmerger given by Equation (9). Column (4): GW frequency at merger. Column (5): GW frequency of the ringdown regime. Column (6): lowest cosmological redshift
value zmin

obs at which each subclass has been observed. Column (7): luminosity distance corresponding to zmin
obs , dlmin, estimated from Equation (5). Columns (8)–(10):

GW horizon calculated with the sensitivity of advanced LIGO during the O1 and O2 runs and with the expected final sensitivity including LIGO-India (2022+),
respectively. It can be seen that the current GW horizon is much smaller than the observed distances of GRBs, impeding a positive detection by advanced LIGO. Only
in the case of U-GRB (BH–SN) is a possible detection foreseen during the run 2022+. See also Table 4. We have used for S-GRFs (1.4+1.4)Me, for S-GRBs
(2.0+2.0)Me, and for U-GRBs (1.5+3.0)Me and (1.5+10.0)Me for the out-states of BdHNe and of BH–SNe, respectively. Even if no U-GRB has yet been
identified, we use here the values of zmin

obs and dlmin corresponding to the closest BdHN observed.
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This estimate, therefore, is larger than NGRB
obs˙ , which is limited to

those events beyond the detector sensitivity threshold, falling
inside its field of view and within its operational time.

7. Conclusions

Short and long GRBs have been divided into seven
subclasses according to their binary nature (Ruffini et al.
2016b). We summarize in Table 1 their main physical
properties characterizing the outcome of X-rays, gamma-rays,
and high-energy and ultra-high-energy detectors, as well as
their occurrence rate. Particularly important for the present
work is the specification of the in-states and out-states of the
GRB progenitors.

With the knowledge of the nature of the compact-object
binaries associated with each GRB subclass and the relevance of
the NS structure and critical mass in Section 2, we introduce in
Section 3 the main ingredients for the computation of the GW
emission and detectability for such systems. We describe in
Section 4 the general properties of the GW emission during the
inspiral and merger regimes of these binaries. We argue that
S-GRFs, S-GRBs, and U-GRBs are the GRB subclasses relevant

for the GW analysis. It is manifest that the release of the
gravitational energy of the system in the merger phase is
dominated by the X-rays, gamma-rays, and GeV emission (see
Table 1). In order to evaluate the GW emission, we have made in
this work the drastic simplified assumption that the binary
evolution is only driven by GW emission. This assumption is of
interest, with the only aim of establishing an absolute upper limit
and checking the detectability of the GW emission under this
most optimistic condition. We compare and contrast in Section 5
the GW characteristic strain amplitude produced by the inspiral
and merger regimes with the strain noise of the broadband
detectors eLISA and Advanced LIGO-Virgo and of the
narrowband resonant bar NAUTILUS. In order to do this, we
use the cosmological redshift and corresponding luminosity
distance of the closest observed source of each subclass (see
Table 3). We show that the inspiral regime is possibly detectable
only by Advanced LIGO (see Table 3 and Figure 1) and the
merger regime is undetectable by any of these instruments.
Therefore, in Section 6 we assess quantitatively the GW

detectability of the inspiral regime of S-GRFs, S-GRBs, and
U-GRBs only by Advanced LIGO. We recall that, following

Figure 1. Comparison of the signal’s ASD h fc of S-GRFs, S-GRBs, and U-GRBs with the noise’s ASD S fn ( ) , where Sn is the power spectrum density of the
detector’s noise of eLISA, of Advanced LIGO (aLIGO), and of the bar detector NAUTILUS. The red lines, from top to bottom, are the expected noise’s ASD of the
N2A1, N2A2, and N2A5 configurations of eLISA (Klein et al. 2016). The dashed and solid red lines correspond to the noise’s ASD of the Advanced LIGO O1 run
(2015/2016) and of the expected Advanced LIGO 2022+ run (Abbott et al. 2016), respectively, and the cyan line is the expected noise’s ASD of Advanced Virgo
(AdV) BNS-optimized (Abbott et al. 2016). The filled square indicates the noise’s ASD of the NAUTILUS resonant bar for a 1ms GW burst (Astone et al. 2006,
2008). The red filled area indicates the region of undetectability by any of the above instruments. We recall that in this plot the GW frequency is redshifted by a factor
of 1 + z with respect to the source frame value, i.e., f f z1s= +( ), for which we use the cosmological redshift and corresponding luminosity distance of the closest
observed source of each subclass (see Table 3). The following three curves correspond to the inspiral regime of the coalescence: S-GRFs with (1.4+1.4)Me (solid
curve), S-GRBs with (2.0+2.0)Me (short-dashed curve), U-GRB with (1.5+3.0)Me (dotted curve) from out-states of BdHNe, and U-GRB with (1.5+10.0)Me
(long-dashed curve) from out-states of BH–SNe. The circle, star, triangle, and diamond correspond to hc in the merger regime for S-GRFs, S-GRBs, U-GRBs from
out-states of BdHNe, and U-GRBs from out-states of BH–SNe, respectively. The first point is located at f z1merger +( ) and the second at f z1qnm +( ) (see Table 3).
The downward-pointing arrows indicate that these estimates have to be considered as upper limits since we have assumed that all the energy released in the system
goes in GWs, which clearly overestimates the GW energy output in view of the dominance of the electromagnetic emission (see Table 4). We have also overestimated
the GW energy in the merger regime by using Equation (9), which is the expected GW energy emitted in the plunge+merger+ringdown phases of a BH–BH merger.
For binary mergers involving NSs, as we have discussed in Section 4, the energy released in GWs must be necessarily lower than this value.
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Abbott et al. (2016), we adopt as the threshold for detectability
a signal-to-noise ratio equal to 8. We present in Figure 2 and
Table 4 the expected detection rate of the GW emission. Four
observational campaigns of Advanced LIGO are analyzed: O1
(2015/2016), O2 (2016/2017), O3 (2017/2018), and 2022+,
namely the one by the entire network at design sensitivity
including LIGO-India. In Table 4 we compare and contrast this
rate with the occurrence rate of the GRB subclasses and their
rate of observations by γ-ray telescopes.
Keeping the above in mind, we conclude the following for

each GRB subclass:

I. XRFs: their νNS–NS out-states transit, during the inspiral
regime, which spans the frequency range f fmerger<

z1 +( ) (see Table 3), first the eLISA frequency band and
then enter the Advanced LIGO-Virgo ones in the final
orbits prior to the merging process (i.e., when P 0.2orb < s).
Resonant bar detectors are not sensitive in this inspiral
regime frequency range. The characteristic strain generated
by these sources in the inspiral regime is below the
sensitivity of eLISA. The merger regime, which expands
frequencies from f z1contact +( ) to f z1qnm +( ) (see
Table 3), is outside the eLISA frequency band but inside
the frequency band of Advanced LIGO-Virgo and bar
detectors. See Figure 1 for details. These νNS–NS mergers
can lead to either S-GRFs or S-GRBs (see in IV and V
below the conclusion about their GW detectability).

II. BdHNe: their νNS–BH out-states transit, during the
inspiral regime, which spans the frequency range f <
f z1merger +( ) (see Table 3), first the eLISA frequency
band and then enter the Advanced LIGO-Virgo ones in
the final orbits prior to the merging process (i.e., when
P 0.2orb < s). Resonant bar detectors are not sensitive in
this inspiral regime frequency range. The characteristic
strain generated by these sources in the inspiral regime is
below the sensitivity of eLISA. The merger regime,
which expands frequencies from f z1contact +( ) to
f z1qnm +( ) (see Table 3), is outside the eLISA
frequency band but inside the frequency band of
Advanced LIGO-Virgo and bar detectors. See Figure 1

Figure 2. Expected annual GW upper and lower bounds (solid and dashed lines, respectively) for the detections expected from S-GRFs (left panel), S-GRBs (middle
panel), and U-GRBs (right panel), for three selected observational campaigns: 2015/2016 (O1; red curves with circles), 2017/2018 (O3; orange curve with squares),
and 2022+ (gray curve with triangles). The vertical red dashed line in the plot of U-GRBs separates νNS–BH binaries produced by BdHNe (BH masses equal to the
NS critical mass) and BH–SNe (BH masses larger than the NS critical mass).

Table 4
Inferred and Observed Number of GRBs Per Year, and the Corresponding

Expected Rate of GW Detections for Each GRB Subclass

GRB
Subclass NGRB˙ (yr−1) NGRB

obs˙ (yr−1) NGW˙ (yr−1)

XRFs 144–733 1 (1997–2014) Undetectable

BdHNe 662–1120 14 (1997–2014) Undetectable

BH–SNe 662–1120 14 (1997–2014) Undetectable

S-GRFs 58–248 3 (2005–2014) O1: 0.0001–0.002
O2: 0.002–0.01
O3: 0.008–0.05
2022+: 0.1–0.2

S-GRBs 2–8 1 (2006–2014) O1: (0.1–3.1)×10−6

O2: (0.1–1.6)×10−5

O3: (0.6–7.8)×10−5

2022+:
(0.78–3.12)×10−4

U-GRBs 662–1120 L O1: (0.9–9)×10−4

O2: 0.001–0.005
O3: 0.006–0.024
2022+: 0.076–0.094

U-GRBs
(BH–SN)

662–1120 L O1: 0.00036–0.0036

O2: 0.004–0.018
O3: 0.02–0.09
2022+: 0.29–0.36

GRFs 29-153 1 (2005–2014) Undetectable

Note.Column (1): GRB subclass. Column (2): inferred number of GRBs per
year in the entire universe, NGRB˙ , for each GRB subclass (see also Figure 6 in

Ruffini et al. 2016b). Column (3): number of GRBs observed per year, NGRB
obs˙ ,

obtained from the observations of γ-ray telescopes such as AGILE, BATSE,
BeppoSAX, Fermi, HETE-II, INTEGRAL, Konus/WIND, and Swift, in the
indicated years of observations (see also Tables 2–6 in Ruffini et al. 2016b).
Column (4): expected rate of GW detections by advanced LIGO of all the GRB
subclasses, computed for three selected observational campaigns, 2015/2016
(O1), 2016/2017 (O2), and 2017/2018 (O3), and the one by the entire network
at design sensitivity including LIGO-India (2022+). The binary component
masses used here are the same as in Table 3.
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for details. These νNS–BH mergers lead to U-GRBs (see
in VI below the conclusion about their GW detectability).

III. BH–SN: their νNS–BH out-states transit, during the inspiral
regime, which spans the frequency range f fmerger<

z1 +( ) (see Table 3), first the eLISA frequency band and
then enter the Advanced LIGO-Virgo ones in the final orbits
prior to the merging process (i.e., when P 0.2orb < s).
Resonant bar detectors are not sensitive in this inspiral
regime frequency range. The characteristic strain generated
by these sources in the inspiral regime is below the
sensitivity of eLISA. The merger regime, which expands
frequencies from f z1contact +( ) to f z1qnm +( ) (see
Table 3), is outside the eLISA frequency band but inside the
frequency band of Advanced LIGO-Virgo and bar detectors.
See Figure 1 for details. These νNS–BH mergers lead to
U-GRBs (see in VI below the conclusion about their GW
detectability).

IV. S-GRFs: the final orbits of the inspiral regime (when
P 0.2orb < s) fall inside the frequency band of Advanced
LIGO-Virgo and bar detectors. However, the GW energy
output in the merger regime leads to a characteristic strain
that is not sufficient to be detectable either by any of
them. See Figure 1 for details. The inspiral regime is
detectable for sources located at distances smaller than
181Mpc for the O1 Advanced LIGO run and smaller
than 452Mpc for the 2022+ run (see Table 3). The
closest S-GRF observed up to now is, however, located at
509Mpc. See Table 4 for the expected GW detec-
tion rate.

V. S-GRBs: the final orbits of the inspiral regime (when
P 0.2orb < s) fall inside the frequency band of Advanced
LIGO-Virgo and bar detectors. However, the GW energy
output in the merger regime leads to a characteristic strain
that is not sufficient to be detectable either by any of
them. See Figure 1 for details. The inspiral regime is
detectable for sources located at distances smaller than
244Mpc for the O1 Advanced LIGO run and smaller
than 609Mpc for the 2022+ run (see Table 3). The
closest S-GRB observed up to now is, however, located
at 5842Mpc. See Table 4 for the expected GW
detection rate.

VI. U-GRBs: the final orbits of the inspiral regime (when
P 0.2orb < s) fall inside the frequency band of Advanced
LIGO-Virgo and bar detectors. However, the GW energy
output in the merger regime leads to a characteristic strain
that is not sufficient to be detectable either by any of
them. See Figure 1 for details. In the case of U-GRBs
originating from the BdHN out-states, the inspiral regime
is detectable for sources located at distances smaller than
253Mpc for the O1 Advanced LIGO run and smaller
than 634Mpc for the 2022+ run (see Table 3). In the case
of U-GRBs originating from the BH–SN out-states, the
inspiral regime is detectable for sources at distances
smaller than 396Mpc for the O1 Advanced LIGO run
and smaller than 989Mpc for the 2022+ run (see
Table 3). No U-GRB has yet been electromagnetically
identified. The closest distance at which its possible
progenitor, namely, a BdHN, is located is 805Mpc. See
Table 4 for the expected GW detection rate.

VII. GRFs: The tidal disruption of the WD by the NS
produces an undetectable GW emission (see, e.g.,
Paschalidis et al. 2009).

We recalled in the Introduction that the simultaneous
detection rates of GWs and GRBs have been estimated up to
now in the literature only in the case of S-GRFs, in which no
BH is formed but instead the merger of the two NSs leads to an
MNS. Indeed, it can be seen that the recent GW detection rate
estimated by Patricelli et al. (2016) of short bursts at Advanced
LIGO design sensitivity (see Table 1 there), 0.04–15 yr−1, is
consistent with the one of S-GRFs estimated in this work,
N 0.1 0.2GW =˙ – yr−1 (see Table 4). This represents the most
favorable case for the possible GW detection by Advanced
LIGO-Virgo of NS–NS merger, which, however, does not lead
to a BH formation but to an MNS.
We have given in this article, for the first time, a rate for the

formation of BHs in both short and long bursts, and this is of
clear astrophysical relevance. Among such bursts producing a
BH, the most favorable cases for GW detection are those from
U-GRBs from BdHNe with N 0.08 0.09GW =˙ – yr−1 and those
from BH–SNe with N 0.3 0.4GW =˙ – yr−1 (see Table 4). These
NS–BH merging binaries were unknown in the literature, and
thus their occurrence and GW detection rates are a definite
prediction of this work.
Any detection by Advanced LIGO-Virgo of an NS–NS

merger or an NS–BH merger will imply a drastic increase of
the occurrence rate of events shown here and an examination of
the consistency with GRB observations.
We have already given evidence on the unsuitability of the

collapsar model to explain the GRB observations in Ruffini
et al. (2018b). We have published a classification on the ground
of the current observations of 480 sources with known redshift
(Ruffini et al. 2016b, 2018b), which is both necessary and
sufficient, as of today, to cover all GRBs observed. As the
number of sources will increase, it is conceivable that the
discovery of different systems will be observed, and in that
case we will be ready for their inclusion in additional
subclasses within our classification scheme.
As we have mentioned, the above are estimates based on the

most favorable conditions for GW emission, and realistic NGW˙
values will need the assessment of the ratio of GW to
electromagnetic energy, which is necessarily smaller than unity
from energy conservation.
After the submission of this work, the LIGO-Virgo

Collaboration announced the detection of the signal GW
170817 and interpreted it as due to an NS–NS merger (Abbott
et al. 2017b). As we have mentioned above, any possible GW
detection of an NS–NS merger would imply a revision of its
consistency with the inferences from GRB observations. It may
then appear that our above conclusions of poor chance of
detectability of NS–NS mergers by the Advanced LIGO-Virgo
detector network are in tension with the detection of GW
170817 during the O2 run. The association of GW 170817 with
GRB 170817A, a weak, short-duration GRB observed by the
Gamma-ray Burst Monitor (GBM) on board the Fermi satellite
(Abbott et al. 2017a; Goldstein et al. 2017) and followed-up in
the optical bands (e.g., Cowperthwaite et al. 2017), in the
X-rays (e.g., Haggard et al. 2017), and by further gamma-ray
facilities (e.g., Savchenko et al. 2017), allows us in the
following to make an assessment on this issue.
First, we recall that GRB 170817A, with its isotropic energy

emitted in gamma rays of E 5 10iso
46» ´ erg (Goldstein et al.

2017) and peak luminosity of (1.7±0.1)×1047 erg s−1

(Zhang et al. 2017), would belong to the S-GRF subclass if
we assume that it is produced in an NS–NS merger. On the
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other hand, we recall that our estimates of the local density rate
of the GRB subclasses (see Table 1), obtained from Ruffini et al.
(2016b), are reliable for GRBs with luminosities higher than the
lowest GRB luminosity in the subclass sample (see Appendix B
for details). In the case of S-GRFs, we had identified GRB
050509B as the source with the lowest energetics, E 8.5iso » ´
1048 erg (see Table4 in Ruffini et al. 2016b), and a peak
luminosity of (1.1±0.5)×1051 erg s−1 (Fox et al. 2005). This
implies that our predicted detention rates for the Advanced
LIGO-Virgo detectors for S-GRFs are valid for sources with
electromagnetic emission over the above values. Even a single
observation of a close and underluminous source, such as GRB
170817A, would lead to an increase of the local density rate of
this GRB subclass. Indeed, Zhang et al. (2017) have recently
estimated the increase in the local density rate when GRB
170817A is included in the sample of short bursts. Following a
similar method to the one described in Appendix B, they found
that their previously estimated isotropic local density rate of
3.2–5.5 Gpc−3 yr−1, obtained for sources with peak luminosities
above 7 1049´ erg s−1,10 increases to a lower limit of
30–630 Gpc−3 yr−1, for sources with peak luminosities above
1.7 1047´ erg s−1, i.e., when GW 170817 is included in the
sample. The above range implies an increase of the local density
rate by a factor of ∼10–100. It is then easy to check, using
Table 4, that an increase of such a factor in the S-GRF density
rate would imply a detection rate of 0.01–1 yr−1 for the O2
observational run, in agreement with the detection of GW
170817.

In fact, the above isotropic density rate inferred by Zhang
et al. (2017) is consistent with the NS–NS observed merger rate
of 320–4740 Gpc−3 yr−1, inferred by the LIGO Collaboration
with the detection of GW 170817 (see Section 5 in Abbott et al.
2017b, for details). This result implies that S-GRFs (or in
general all short bursts) are not beamed or, if a beaming is
assumed, the jet half-opening angle should be at least as large
as 25°–30°.
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Appendix A
IGC, Hypercritical Accretion, and Long GRBs

We give in this appendix details of the accretion process
within the IGC scenario following Fryer et al. (2014, 2015b)
and Becerra et al. (2015, 2016).

There are two main physical conditions for which hypercri-
tical (i.e., highly super-Eddington) accretion onto the NS
occurs in XRFs and BdHNe. The first is that the photons are
trapped within the inflowing material, and the second is that the
shocked atmosphere on top of the NS becomes sufficiently hot
(T 1010~ K) and dense ( 106r g cm−3) to produce a very

efficient neutrino–antineutrino (nn̄) cooling emission. In this
way the neutrinos become the main source responsible for
releasing the energy gained by accretion, allowing hypercritical
accretion to continue.
The first IGC simulations were performed in Fryer et al.

(2014), including (1) realistic SN explosions of the COcore,
(2) the hydrodynamics within the accretion region, and (3) the
simulated evolution of the SN ejecta up to their accretion onto
the NS. Becerra et al. (2015) then estimated the amount of
angular momentum carried by the SN ejecta and how much is
transferred to the NS companion by accretion. They showed
that the SN ejecta can circularize for a short time and form a
disk-like structure surrounding the NS before being accreted.
The evolution of the NS central density and rotation angular
velocity (the NS is spun up by accretion) was computed from
full numerical solutions of the axisymmetric Einstein
equations. The unstable limits of the NS are set by the mass-
shedding (or Keplerian) limit and the critical point of
gravitational collapse given by the secular axisymmetric
instability (see, e.g., Becerra et al. 2015, for details).
The accretion rate of the SN ejecta onto the NS is given by
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where G is the gravitational constant, ejr and cs,ej are the density
and sound speed of the ejecta, respectively, Rcap and MNS are
the NS gravitational capture radius (Bondi–Hoyle radius)
and gravitational mass, respectively, and vrel is the ejecta
velocity relative to the NS, v v vrel orb ej= - , where vorb =∣ ∣

G M M acore NS+( ) and vej is the velocity of the SN ejecta (see
Figure 3).
Numerical simulations of the SN explosions suggest the

adopted homologous expansion of the SN, i.e.,v r t,ej =( )
nr t, where r is the position of each layer from the SN center
and n is the expansion parameter. The density evolves as
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where M tenv ( ) is the mass of the COcore envelope, R tstar ( ) is the
radius of the outermost layer, and ej

0r is the pre-SN COcore

density profile, r t R r, m
ej 0 core corer r=( ) ( ) , where corer , Rcore,

and m are the profile parameters obtained from numerical
simulations. Typical parameters of the COcore mass are
3.5–9.5Me, corresponding to 15–30 Me zero-age main-
sequence progenitors (see Fryer et al. 2014; Becerra et al.
2015, for details). The binary period is limited from below by
the request of having no Roche lobe overflow by the COcore

before the SN explosion (Fryer et al. 2014). For instance, for a
COcore of 9.5Me forming a binary system with a 2Me NS, the
minimum orbital period allowed by this condition is
P 5 minutesmin » . For these typical binary and pre-SN
parameters, Equation (20) gives accretion rates of 10−4 to
10−2Me s−1.
We adopt an initially nonrotating NS companion so that its

exterior spacetime at time t=0 is described by the Schwarzs-
child metric. The SN ejecta approach the NS with specific

10 This rate is consistent with the local density rate ρS-GRFs+ρS-GRBs ≈
ρS-GRFs=(2.6–5.0) Gpc−3 yr−1 used in the present work; see Table 1 and
Ruffini et al. (2016b).
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angular momentum, l L MBacc cap= ˙ ˙ , circularizing at a radius
r rcirc lco if l lacc lso , with r lco the radius of the LCO. For a
nonrotating NS r GM c6lco NS

2= and l GM c2 3lco NS= . For
typical parameters, rcirc/rlco∼10–103.

The accretion onto the NS proceeds from the radius rin. The
NS mass and angular momentum evolve as (Becerra et al.
2015; Cipolletta et al. 2017)

M
M

M
M

M

J
J J l r M, ,

22
b J

b
M

NS
NS NS

NS
NS NS in B

bNS

x=
¶
¶

+
¶
¶

=
⎛
⎝⎜

⎞
⎠⎟

⎛
⎝⎜

⎞
⎠⎟˙ ˙ ˙ ˙ ( ) ˙

( )

where Mb is the NS baryonic mass; l rin( ) is the specific angular
momentum of the accreted material at rin, which corresponds to
the angular momentum of the LCO; and 1x is a parameter
that measures the efficiency of angular momentum transfer. In
this picture we have M Mb B=˙ ˙ .

For the integration of Equations (20) and (22) we have to
supply the values of the two partial derivatives in
Equation (22). They are obtained from the relation of the NS
gravitational mass, MNS, with Mb and JNS, namely, from the
knowledge of the NS binding energy. For this we use the
general relativistic calculations of rotating NSs presented in
Cipolletta et al. (2015). They show that, independent of the
nuclear EOS, the following analytical formula represents the
numerical results with sufficient accuracy (error 2%< ):

M

M

M

M

M

M
j

13

200
1

1

137
, 23b NS NS

2

NS
1.7= + -

  
⎜ ⎟

⎛
⎝⎜

⎞
⎠⎟

⎛
⎝

⎞
⎠ ( )

where j cJ GMNS NS
2º ( ).

In the accretion process the NS gains angular momentum
and therefore spin-up. To evaluate the amount of angular
momentum transferred to the NS at any time, we include the
dependence of the LCO specific angular momentum as a
function of MNS and JNS. For corotating orbits the following
relation is valid for the NL3, TM1, and GM1 EOS (Becerra
et al. 2015; Cipolletta et al. 2017):

l
GM

c

j

M M
2 3 0.37 . 24lco

NS NS

NS

0.85

= -


⎡
⎣
⎢⎢

⎛
⎝⎜

⎞
⎠⎟

⎤
⎦
⎥⎥ ( )

The NS continues to accrete until an instability limit is
reached or up to when all the SN ejecta overcome the NS
Bondi–Hoyle region. We take into account the two main
instability limits for rotating NSs: the mass-shedding or
Keplerian limit and the secular axisymmetric instability limit.
The latter defines critical NS mass. For the aforementioned
nuclear EOS, the critical mass is approximately given by
(Cipolletta et al. 2015)

M M kj1 , 25J p
NS
crit

NS
0

NS= += ( ) ( )

where k and p are EOS-dependent parameters (see Table 5).
These formulae fit the numerical results with a maximum error
of 0.45%.

A.1. Most Recent Simulations of the IGC Process

Additional details and improvements of the hypercritical
accretion process leading to XRFs and BdHNe were presented
in Becerra et al. (2016). Specifically:

1. The density profile included finite size/thickness effects,
and additional COcore progenitors leading to different SN
ejecta masses were considered.

2. In Becerra et al. (2015) the maximum orbital period, Pmax,
over which the accretion onto NS companion is not
sufficient to bring it to the critical mass, was inferred.
Thus, binaries with P Pmax> lead to XRFs, while the
ones with P Pmax lead to BdHNe. Becerra et al. (2016)
extended the determination of Pmax for all the possible
initial values of the NS mass. They also examined the
outcomes for different values of the angular momentum
transfer efficiency parameter.

3. The expected luminosity during the process of hypercri-
tical accretion for a wide range of binary periods covering
both XRFs and BdHNe was estimated.

4. It was shown that the presence of the NS companion
originates asymmetries in the SN ejecta (see, e.g., Figure 6
in Becerra et al. 2016). The signatures of such asymmetries
in the X-ray emission were there shown in the specific
example of XRF 060218.

Figure 3. Scheme of the IGC scenario: the COcore undergoes SN explosion,
and the NS accretes part of the SN ejecta and then reaches the critical mass for
gravitational collapse to a BH, with consequent emission of a GRB. The SN
ejecta reach the NS Bondi–Hoyle radius and fall toward the NS surface. The
material shocks and decelerates while it piles over the NS surface. At the
neutrino emission zone, neutrinos take away most of the gravitational energy
gained by the matter infall. The neutrinos are emitted above the NS surface in a
region of thickness rD n about half the NS radius, which allows the material to
reduce its entropy to be finally incorporated into the NS. For further details and
numerical simulations of the above process see Fryer et al. (2014) and Becerra
et al. (2015, 2016).

Table 5
Critical NS Mass in the Nonrotating Case and Constants k and p Needed to
Compute the NS Critical Mass in the Nonrotating Case Given by Equation (25)

EOS M J
crit

0= (Me) p k

NL3 2.81 1.68 0.006
GM1 2.39 1.69 0.011
TM1 2.20 1.61 0.017

Note.The values are given for the NL3, GM1, and TM1 EOS.
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A.2. Hydrodynamics and Neutrino Emission in
the Accretion Region

The accretion rate onto the NS can be as high as ∼10−2 to
10−1Me s−1. For such accretion rates:

1. The magnetic pressure is much smaller than the random
pressure of the infalling material; therefore, the magnetic
field effects on the accretion process are negligible (Fryer
et al. 1996; Rueda & Ruffini 2012).

2. The photons are trapped within the infalling matter;
hence, the Eddington limit does not apply and hypercri-
tical accretion occurs. The trapping radius is defined by
Chevalier (1989): r M c Rmin 4 ,Btrapping capk p= { ˙ ( ) },
where κ is the opacity. Fryer et al. (2014) estimated a
Rosseland mean opacity of ≈5×103 cm2g−1 for the
COcores. This, together with our typical accretion rates,
leads to M c4 10 10B

13 19k p ~˙ ( ) – cm. This radius is
much bigger than the Bondi–Hoyle radius.

3. The above condition, as well as the temperature–density
values reached on top of the NS surface, leads to an
efficient neutrino cooling that radiates away the gain of
gravitational energy of the infalling material (Zel’dovich
et al. 1972; Ruffini & Wilson 1973; Fryer et al. 1996,
2014; Rueda & Ruffini 2012).

A.2.1. Convective Instabilities

The accretion shock moves outward as the material piles onto
the NS. Since the post-shock entropy is inversely proportional to
the shock radius position, the NS atmosphere is unstable with
respect to Rayleigh–Taylor convection at the beginning of the
accretion process. Such instabilities might drive high-velocity
outflows from the accreting NS (Fryer et al. 2006; Fryer 2009).
The entropy at the base of the atmosphere is (Fryer et al. 1996)

S
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The material expands and cools down adiabatically,
i.e.,T3/ρ= constant. In the case of a spherically symmetric
expansion, r1 3r µ and k T S r195 10 cmB bubble bubble

1 6= - ( )
MeV. In the more likely case that the material expands laterally,
we have (Fryer 2009) r1 2r µ , i.e., Tbubble =
T S r r0 bubble 0

2 3( )( ) , where T S0 bubble( ) is obtained from the above
equation at r r R0 NS= » . This implies a bolometric blackbody
flux at the source from the rising bubbles:
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where σ is the Stefan–Boltzmann constant.
The above thermal emission has been shown (Fryer et al.

2014) to be a plausible explanation of the early (t 50 s)
X-ray emission observed in some GRBs. In the specific
example of GRB 090618 (Izzo et al. 2012a, 2012b), adopting
an accretion rate of M10 2-

 s−1, the bubble temperature drops

from 50 to 15 keV while expanding from r 10 cm9»
to 6 10 cm9´ .

A.2.2. Neutrino Emission and Effective Accretion Rate

Temperatures kBT∼1–10MeV and densities 106r gcm−3

develop near the NS surface during the accretion process. Under
these conditions, e e+ - annihilation into nn̄ pairs becomes the
dominant neutrino emission process in the accretion region (see
Becerra et al. 2016, for details). The effective accretion rate onto
the NS can be estimated as (e.g., Fryer et al. 1996) Meff »˙

M L ED n n n( ), where MD n and Lν are the mass and neutrino
luminosity in the emission region, respectively, and Eν is half the
gravitational potential energy gained by the material falling from
infinity to a distance rD n from the NS surface. rD n is the thickness
of the neutrino emitting region, which is approximately given
by the temperature scale height ( r R0.6 NSD »n ). Since L »n

R r2 e eNS
2 p D n - +, with e e - + the e e+ - pair annihilation process

emissivity, and E GM M R r1 2 NS NS= D + Dn n n( ) ( ), for
M M1.4NS =  one obtains M 10eff

9» -˙ to M10 1-
 s−1 for

kBT=1–10MeV.

A.3. Accretion Luminosity

The energy release in a time interval dt, when an amount of
mass dMb with angular momentum lMb˙ is accreted, is

L M M c M c

M

J
l

M

M
1 . 28

b b
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This is the amount of gravitational energy gained by the matter
by infalling to the NS surface that is not spent in NS
gravitational binding energy. The total energy release in the
time interval from t to t+dt, E L dtacc accòD º , is given by the
NS binding energy difference between its initial and final state.
The typical luminosity is L E tacc acc acc» D D , where taccD is
the duration of the accretion process.
The value of taccD is approximately given by the flow time

of the slowest layers of the SN ejecta to the NS companion
position. If we denote the velocity of these layers by vinner, we
have t a vacc innerD ~ , where a is the binary separation. For
a 1011~ cm and v 10inner

8~ cm s−1, t 10 sacc
3D ~ . For

shorter separations, e.g.,a 1010~ cm (P 5~ minutes),
t 10 sacc

2D ~ . For a binary with P=5 minutes, the NS
accretes ≈1Me in t 100 saccD » . From Equation (23) one
obtains that the binding energy difference of a M2  and a M3 
NS is E M c M c13 200 3 2 0.32acc

2 2 2 2D » - » ( ) . This
leads to L M c M c3 10 3 0.1 bacc

2 2» ´ »-
 ˙ . The accretion

power can be as high as L M c0.1 10bacc
2 47~ ~˙ –1051 erg s−1

for accretion rates in the range M 10b
6~ -˙ to M10 2-

 s−1.

A.4. Possible Evolutionary Scenario for COcore–NS
Binary Formation

Two independent communities have introduced a new
evolutionary scenario for the formation of compact-object
binaries (NS–NS or NS–BH). After the collapse of the primary
star forming an NS, the binary undergoes mass-transfer
episodes, finally leading to the ejection of both the hydrogen
and helium shells of the secondary star. These processes lead
naturally to a binary composed of a COcore and an NS
companion. In the X-ray binary and SN communities these
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systems are called “ultra-stripped” binaries (see, e.g., Tauris
et al. 2015b). These systems are expected to compose 0.1%–

1% of the total SNe (Tauris et al. 2013).
In the above studies most of the binaries have orbital periods

in the range of 3 103´ –3 10 s5´ , which are longer than the
periods expected in the BdHN scenario. The formation of
the COcore–NS binaries leading to BdHNe might be a subset of
the ultra-stripped binaries. In such a subset the conditions of the
initial orbital separation and COcore mass must be such as to lead
to final orbital periods in the range of 100–1000 s. Assuming an
SN rate of 2 104´ Gpc−3 yr−1 (Guetta & Della Valle 2007), the
ultra-stripped binaries would have a rate of 20–200 Gpc−3 yr−1,
and thus BdHNe, with a rate of ∼1 Gpc−3 yr−1 (see Table 1 and
Ruffini et al. 2016b), might be produced by the 0.5%–5% of the
ultra-stripped binary population.

A.5. Post-explosion Orbits and NS–BH Binary Formation

The SN explosion leaves as a central remnant the νNS, while
the NS companion might lead, for sufficient accretion rates, to
the formation of a BH. We examined in Fryer et al. (2015b) the
question whether BdHNe can indeed form NS–BH binaries or,
on the contrary, they are disrupted by the SN explosion.

Most of the typical binaries become unbound during an SN
explosion owing to the amount of mass loss and momentum
imparted (kick) to the νNS in the explosion. Assuming an
instantaneous explosion, the binary is disrupted if half of the
binary mass is lost. For this reason the fraction of massive
binaries that can produce double compact-object binaries might
be as low as ∼0.001%–1% (Fryer et al. 1999a; Dominik et al.
2012; Postnov & Yungelson 2014). Indeed, this is consistent
with our estimated GRB local observed rates: we have shown in
Section 3.1 that the NS–NS population leading to short bursts
can be explained as being descendant from the COcore–NS if

1%~ of them remain bound after the SN explosion.
Assuming instantaneous mass loss, the post-explosion

semimajor axis is (Hills 1983)

a

a

M M

M a M r2
, 29

0

0

0 0
=

- D
- D

( )

where a0 and a are the initial and final semimajor axes,
respectively, M0 is the (initial) binary mass, MD is the change
of mass (in this case the amount of mass loss), and r is the
orbital separation before the explosion. For circular orbits, the
system is unbound if it loses half of its mass. For the very tight
BdHNe, however, additional effects have to be taken into
account to determine the fate of the binary.

The shock front in an SN moves at roughly 104 km s−1, but
the denser, lower-velocity ejecta can move at velocities as low as
102–103 km s−1 (Fryer et al. 2014). This implies that the SN
ejecta overcomes an NS companion in a time 10–1000 s. For
wide binaries this time is a small fraction of the orbital period
and the “instantaneous” mass-loss assumption is perfectly valid.
BdHNe have instead orbital periods as short as 100–1000 s;
hence, the instantaneous mass-loss approximation breaks down.

We recall the specific examples studied in Fryer et al.
(2015b): close binaries in an initial circular orbit of radius
7 10 cm9´ , COcore radii of (1–4)×109 cm with a 2.0Me NS
companion. The COcore leaves a central 1.5Me NS, ejecting
the rest of the core. The NS leads to a BH with a mass equal to
the NS critical mass. For these parameters it was there obtained
that even if 70% of the mass is lost, the binary remains bound

provided that the explosion time is of the order of the orbital
period (P= 180 s) with semimajor axes of less than 1011cm.
The tight νNS–BH binaries produced by BdHNe will, in due

time, merge owing to the emission of GWs. For the above
typical parameters the merger time is of the order of 104 yr, or
even less. We expect little baryonic contamination around such
a merger site since this region has been cleaned up by the
BdHN. These conditions lead to a new family of sources that
we have called ultrashort GRBs, U-GRBs.

Appendix B
Local Density Rate of GRB Subclasses

We recall now the method used in Ruffini et al. (2016b) to
estimate, for each GRB subclass, the local observed density
rates that we use in this work. This is defined by the
convolution of the luminosity function, which tells us the
fraction of bursts with isotropic equivalent luminosities in
the interval Llog and L d Llog log+ , and the cosmic GRB
occurrence rate, which tells us the number of sources at
different redshifts. These functions depend on a priori
assumptions, and some investigations have been carried out
in the literature: for long bursts (e.g., Soderberg et al. 2006b;
Guetta & Della Valle 2007; Liang et al. 2007; Virgili
et al. 2009; Rangel Lemos et al. 2010; Wanderman & Piran
2010; Guetta et al. 2011; Kovacevic et al. 2014), for short
bursts (e.g., Virgili et al. 2011; Wanderman & Piran 2015), and
for both long and short bursts (e.g., Sun et al. 2015). Additional
properties that introduce further uncertainties are the instru-
mental sensitivity threshold, the field of view iW , and the
operational time Ti of the i-detector.
Hereafter we neglect the possible redshift evolution of the

luminosity function. For NiD events detected by various
detectors in a finite logarithmic luminosity bin from Llog to

L Llog log+ D , the total local event rate density between
observed minimum (Lmin) and maximum (Lmax) luminosities is
(e.g., Sun et al. 2015)
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where dL is the luminosity distance. We set f z 1=( ) ,
namely, we do not assume any redshift dependence of the
GRB cosmic event rate density. The maximum volume
within which the event of luminosity L can be detected is
defined by the maximum redshift z Lmax ( ). The latter is
computed, following Schaefer (2007), from the 1 s bolo-
metric peak luminosity L, k-corrected from the observed
detector energy band into the burst cosmological rest-frame
energy band 1–104 keV, and the corresponding 1 s threshold
peak flux fth. This is the limiting peak flux for the burst
detection (Band 2003). With this, zmax can be defined from
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(see, e.g., Zhang et al. 2009; Ruffini et al. 2014)

f
L

d z k4
. 33

L
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maxp
=

( )
( )

The possible evolution with the redshift of the GRB density
rates has been analyzed in Ruffini et al. (2016b) by separating
the bursts into several redshift bins, following the method
suggested in Sun et al. (2015). In each redshift interval
z z zj j 1  + , the integration limits of Equation (31) are
replaced by zj and min z z L,j 1 max,j+[ ( )], where z Lmax,j( ) is the
maximum redshift for the jth redshift bin. Finally, from
Equation (30) an event rate 0

zr in each redshift bin around z is
obtained.

We adopt the fields of view and operational times for the
detectors: BeppoSAX, 0.25 srBSW = , T 7BS = yr; BATSE,

B pW = sr, T 10B = yr, HETE-2, 0.8 srHW = , T 7H = yr;
Swift-BAT, 1.33 srSW = , T 10S = yr; Fermi-GBM, FW =
9.6 sr, T 7F = yr. We adopt no beaming correction.
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Abstract

The evolution of the remnant of the merger of two white dwarfs is still an open problem. Furthermore, few studies
have addressed the case in which the remnant is a magnetic white dwarf with a mass larger than the Chandrasekhar
limiting mass. Angular momentum losses might bring the remnant of the merger to the physical conditions suitable
for developing a thermonuclear explosion. Alternatively, the remnant may be prone to gravitational or rotational
instabilities, depending on the initial conditions reached after the coalescence. Dipole magnetic braking is one of
the mechanisms that can drive such losses of angular momentum. However, the timescale on which these losses
occur depends on several parameters, like the strength of the magnetic field. In addition, the coalescence leaves a
surrounding Keplerian disk that can be accreted by the newly formed white dwarf. Here we compute the post-
merger evolution of a super-Chandrasekhar magnetized white dwarf taking into account all the relevant physical
processes. These include magnetic torques acting on the star, accretion from the Keplerian disk, the threading of
the magnetic field lines through the disk, and the thermal evolution of the white dwarf core. We find that the central
remnant can reach the conditions suitable to develop a thermonuclear explosion before other instabilities (such as
the inverse beta-decay instability or the secular axisymmetric instability) are reached, which would instead lead to
gravitational collapse of the magnetized remnant.

Key words: accretion, accretion disks – stars: magnetic field – stars: rotation – supernovae: general – white dwarfs

1. Introduction

Type Ia supernovae (SNe Ia) are one of the most energetic
explosive events in the cosmos. Since there is a well-
established relationship between their intrinsic brightnesses
and the shapes of their light curves (Phillips 1993) and,
moreover, because they are so luminous that they can be
detected at very large distances, SNeIa can be used as
standardizable cosmological candles. This has opened a new
era in cosmology and has enabled us to measure the
acceleration of the universe (Riess et al. 1998; Perlmutter
et al. 1999). Additionally, SNeIa play an important role in
modern cosmology, since they allow us to probe the
fundamental physical theories underlying dark energy—see,
for instance, Weinberg et al. (2013) for a recent review on this
interesting topic.

Nevertheless, despite the importance of SNeIa, we still do
not know the nature of their progenitor systems. Actually, this
has remained a long-standing mystery for several decades. We
do know that the outburst is driven by the explosion of a
carbon–oxygen white dwarf in a binary system, but we do not
know the precise mechanism that destabilizes the white dwarf.
Several hypotheses have been put forward over the years, and
most likely SNeIa may have a diversity of progenitors. In the
following we superficially describe the possible evolutionary
channels leading to an SNIa. In the so-called single-degenerate
(SD) channel a white dwarf in a binary system accretes matter
from a nondegenerate companion and explodes as it
approaches the Chandrasekhar limiting mass—see, for
instance, Han & Podsiadlowski (2004) for a recent discussion.
In the double-degenerate (DD) scenario two white dwarf

members of a close binary system lose angular momentum and
energy through the radiation of gravitational waves, and a
merger occurs (Iben & Tutukov 1984; Webbink 1984).
Another possible scenario is the core-degenerate (CD) scenario.
Within this formation channel a hot core is formed at the end of
the common envelope phase of the binary system (Livio &
Riess 2003; Kashi & Soker 2011), and the merger of the core of
the asymptotic giant branch (AGB) star and a secondary white
dwarf powers the explosion—see Aznar-Siguán et al. (2015)
for a scrocess. Another recently proposed pathway is the white
dwarf–white dwarf collisional scenario, in which two white
dwarfs collide—see Aznar-Siguán et al. (2013) for a recent
summary of the relevant literature on the subject. Despite some
attractive features of this scenario, it has been shown that it can
only account for at most a few percent of all SNeIa (Ilkov &
Soker 2013). Each of these formation channels has its own
advantages and drawbacks, and in some cases these are severe.
Currently, one of the most favored ones is the DD channel,
because it provides adequate answers to two important
observational facts, namely, the absence of hydrogen in the
nebular phase (Leonard 2007) and the delay time distribution
(Totani et al. 2008). Consequently, we focus on it.
Smoothed particle hydrodynamics (SPH) simulations of the

coalescence of binary white dwarfs show that a prompt
explosion is not always the result of the interaction during
the dynamical phase of the merger (Yoon et al. 2007; Lorén-
Aguilar et al. 2009). Only those binary systems in which both
the secondary and primary stars are massive enough lead to an
SNIa outburst. Actually, the parameter space for violent
mergers is very narrow (Pakmor et al. 2010; Sato et al. 2015),
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and only when two carbon–oxygen white dwarfs of masses
larger than~ ☉M0.8 merge is the result of the dynamical phase
a prompt explosion. Within this theoretical framework, the
dynamical phase of the merger is followed by a second phase in
which the material of the debris region can be accreted and
possibly lead to an SNIa explosion.

The existing simulations of the coalescence of binary white
dwarfs (Benz et al. 1990; Lorén-Aguilar et al. 2009; Raskin
et al. 2012; Zhu et al. 2013; Dan et al. 2014) show that the final
result of the coalescence consists of a central white dwarf made
of the undisrupted primary star and a hot, convective corona
made of about half of the mass of the disrupted secondary. This
central remnant is surrounded by a heavy Keplerian disk, made
of the rest of the mass of the disrupted secondary, since little
mass is ejected from the system during the merger episode. The
rapidly rotating, hot corona is convective, and an efficient
αωdynamo can produce magnetic fields of up to B≈1010G
(García-Berro et al. 2012). Recent two-dimensional magneto-
hydrodynamic simulations of post-merger systems confirm the
growth of the white dwarf magnetic field after the merger
(Ji et al. 2013; Zhu et al. 2015). Thus, the role of magnetic
fields in the aftermath of the dynamical merger needs to be
explored. This is precisely the aim of the present work, as very
few studies (Ji et al. 2013; Külebi et al. 2013; Beloborodov
2014) of the post-merger evolution including magnetism have
been done so far. On the other hand, there are few works that
explore the evolution of the post-merger systems but without
considering the effects of the central remnant magnetic field—
see, e.g., Yoon et al. (2007), van Kerkwijk et al. (2010), Shen
et al. (2012), and Schwab et al. (2012).

Our paper is organized as follows. In Section 2 we explain
the model of the evolution of the post-merger system. In
particular, we describe the torques that act on the central
remnant (Section 2.1), the structure of the rotating central white
dwarf (Section 2.2), and its thermal evolution (Section 2.3). In
Section 3 we present the prescriptions adopted to model the
accretion rate on the central star. In Section 4 we present our
choice of initial conditions. In Section 5 we discuss extensively
the results of our simulations for two prescriptions to compute
the accretion rate. Specifically, in Section 5.1 we discuss the
case in which the accretion rate is obtained employing the
cooling timescale, while in Section 5.2 we present the results
obtained when it is computed using the viscous timescale.
Finally, in Section 6 we compare our results with previous
works, and in Section 7 we summarize our major findings,
elaborate on their significance, and present our concluding
remarks.

2. Numerical Setup for the Post-merger Evolution

Numerical simulations of binary white dwarf mergers
indicate that in those cases in which a violent merger does
not occur the merged configuration has three distinct regions
(Benz et al. 1990; Guerrero et al. 2004; Lorén-Aguilar
et al. 2009; Raskin et al. 2012; Zhu et al. 2013; Dan
et al. 2014). First, there is the central white dwarf that rotates
as a rigid solid. On top of it a hot, differentially rotating,
convective corona can be found. This corona is made of matter
accreted from the disrupted secondary star. The mass of this
region is about half of the mass of the secondary white dwarf.
Finally, surrounding these two regions there is a rapidly
rotating Keplerian disk, which is made of the rest of the
material of the disrupted secondary, since only a small amount

of mass is ejected from the system during the coalescence. The
evolution of the post-merger configuration depends, naturally,
on the mass of the central remnant, which is made of the
primary white dwarf and the hot corona, and on the properties
of the surrounding disk.
Before entering into details, it is important to discuss some

timescales, which are relevant to adopting a reasonable
approximation for the evolution of the system. The post-
merger configuration formed in the coalescence has a clear
hierarchy of timescales. First comes the dynamical timescale
tdyn∼Ω−1, with Ω being the rotation velocity. This timescale
is typically of the order of a few seconds. Next in order of
magnitude is the viscous timescale, tvisc, of the Keplerian disk.
This timescale governs the transport of disk mass inward and of
angular momentum outward. The viscous phase of the
evolution is normally followed using the Shakura–Sunyaev α
prescription (Shakura & Sunyaev 1973). Adopting typical
values, van Kerkwijk et al. (2010) found that tvisc ranges
between 103 and 104s. However, for the merger remnants
studied here we find that the viscous timescales could be
significantly shorter, typically 1s—see Section 3.2. These
viscous timescales are a little longer than, but of the same order
as, the dynamical timescale of the post-merger, super-
Chandrasekhar white dwarf studied here (tdyn∼0.2–0.3 s; see
Section 2.2). Finally, in this set of characteristic times is the
thermal timescale of the merger product, tth, which is typically
much longer and will be discussed in detail for every
simulation.
In the following we first discuss the interactions between the

remnant and the disk in order to identify the torque that acts on
the central remnant and model the evolution of its angular
momentum. Then we present how we model the structure of the
rotating white dwarf central remnant, as well as its thermal
evolution. The fate of the white dwarf depends crucially on the
accretion rate in the post-merger phase. Thus, we consider two
very different physical scenarios to determine the accretion rate
onto the central remnant. In the first of them the accretion rate
is determined by the viscous timescale, whereas in the second
scenario the accretion rate is governed by the thermal
timescale. These will be discussed in Section 3.

2.1. Torques on the Central Remnant

The most commonly employed model of disk evolution is
that of Ghosh & Lamb (1979). This model was later improved
by Wang (1987, 1995). Within this model the magnetic field of
the remnant penetrates the disk in a broad transition zone as a
result of the Kelvin–Helmholtz instabilities, turbulent diffusion,
and magnetic field reconnection. Furthermore, the material of
the disk corotates with the star only in a narrow region and
reaches its surface channeled by the magnetic field lines. We
assume that the magnetic field of the remnant penetrates the
disk up to approximately the Alfvén radius (Davidson &
Ostriker 1973):

m
=

⎛
⎝
⎜⎜

⎞
⎠
⎟⎟˙ ( )R

M GM2
, 1mag

WD
2

disk WD

2 7

where m = B RWD WD WD
3 is the magnetic moment of the star,

BWD is its magnetic field, and Ṁdisk is the mass flow through
the inner radius of the disk, R0.
The angular momentum per unit mass entering into the

magnetosphere of the white dwarf through the inner radius is

2
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K
0 , where

W =
⎛
⎝⎜

⎞
⎠⎟ ( )GM

R
2K

0 WD

0
3

1 2

is the Keplerian angular velocity at R0. This material is
channeled by the magnetic field onto the surface of the
remnant. Thus, the resulting spin-up torque on the star due to
accretion of disk matter is given by

x= W˙ ( ) ( )T M R R , 3acc acc WD 0
2

K 0

where e=˙ ˙M MWD disk is the mass accretion rate on the white
dwarf, ε measures how efficient accretion is, and ξacc is a
parameter that accounts for the deceleration of the accreted
matter in the inner region of the disk. The values adopted for
these two parameters will be discussed below. If the star rotates
faster than the matter at the inner disk radius, the centrifugal
barrier blocks this material. Hence, it cannot reach the surface
of the newly born white dwarf. This matter is therefore ejected
from the system. This happens when the inner edge of the disk
moves beyond the corotation radius, which is beyond the
distance at which the disk rotates with the same angular
velocity of the central object:

=
W

⎛
⎝⎜

⎞
⎠⎟ ( )R

GM
. 4co

WD

WD
2

1 3

When R0>Rco, the system enters into the dubbed propeller
regime (Illarionov & Sunyaev 1975). During this phase, the
material reaching the magnetosphere is ejected with higher
specific angular momentum than the one it had previously, thus
resulting in a spin-down torque acting on the star. This torque
is given by (Menou et al. 1999)

w= -˙ ( ) ( )T GM R M 1 . 5prop WD 0 disk f

In this expression we have introduced the so-called fastness
parameter:

w = W W =( ) ( ) ( )R R R . 6f WD K 0 0 co
3 2

The rotating magnetic field of the star originates an induced
electric field that results in a wind. The wind fills the
magnetosphere and corotates with the star (Goldreich &
Julian 1969). At the light cylinder, = WR clc WD, the
corotation velocity reaches the speed of light, delimiting the
region within which corotation of the magnetosphere is
enforced. At larger distances, the field lines become open.
For the spin-down torque due to electromagnetic energy losses
in a force-free magnetosphere, Tdip, we adopt the result of
Spitkovsky (2006):

m
q=

W
+( ) ( )T k

c
k1 sin , 7dipole 1

WD
2

WD
3

3 2
2

where k1=1±0.05, k2=1±0.1, and θ is the angle
between the magnetic moment and the rotation axis of the star.

Finally, an additional torque, Tmag, results from the
interaction of the disk with the magnetic field of the white
dwarf. According to Ghosh & Lamb (1979), matter of the disk
moving in the magnetic field of the white dwarf generates
currents that confine the stellar field inside the disk. The
magnetic field threading the disk is h=B Bdisk WD

p , where BWD

is the magnetic field of the white dwarf, BWD
p is its projection

on the plane of the disk, and η�1 is the screening coefficient
that accounts for the effect of currents in the partially
diamagnetic disk induced by the stellar field. In particular,
the poloidal field induces an azimuthal current due to the radial
motion of the plasma, which partially screens the stellar
magnetic field. Also, the relative motion between the disk and
the star magnetosphere generates a toroidal field, Bf. In the
simulations, we have considered that the growth of Bf is
limited by diffusive decay due to turbulent mixing within the
disk (Wang 1995). Following the analytical formulation of
Wang (1997), the magnetic torque acting on the central star due
to its interaction with the disk is given by

h m

w q
q

w

=
G

´ - + -
⎡
⎣⎢

⎤
⎦⎥( ) ( ) ( )

T
R

h

R

2
1 sin

cos

3
1 2 , 8f f

mag

2
WD
2

0
3

0

2
2

where h=1 is the thickness of the disk and G  1 is a
parameter that characterizes the steepness in the vertical
transition from Keplerian rotation inside the disk to corotation
with the star at the top of the disk. In the derivation of
Equation (8), the magnetic field of the white dwarf has been
approximated as a dipole, and it was assumed that the rotating
axis of the star is perpendicular to the plane of the disk. Note
that this expression generalizes the models of Wang
(1987, 1995).
Based on this, the post-merger evolution of the angular

momentum of the white dwarf is the result of the combined
effect of the dipole radiation torque, Tdipole, the accretion
torque, Tacc, the disk-interaction torque, Tdisk, and the propeller
torque Tprop:

w

w

=

>

+ + < 

+ <  >
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T R R

T T T R R

T T R R

1

1

. 9WD
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acc dipole mag WD 0 f

dipole prop WD 0 f

In the simulations presented here we assumed that the inner
disk radius is the Alfvén radius.

2.2. Rotating White Dwarf Configurations

We follow the evolution of the spin of the post-merger
remnant, calculating at every time step the new stable rotating
configuration with mass, MWD+δM, and angular momentum,

d+J JWD , adopting the slow rotation approximation (Hartle
1967; Hartle & Thorne 1968). We also assumed that the central
remnant product of the merger rotates as a rigid body, as
predicted by detailed SPH simulations (Lorén-Aguilar
et al. 2009). The equation of state of the white dwarf is
assumed to be that of a zero-temperature degenerate electron
gas (Chandrasekhar 1931), to which we add the corresponding
contribution of ions.
The region of stability of uniformly rotating white dwarfs is

bound by the secular axisymmetric instability limit, the mass
shedding or Keplerian limit, and the inverse β-decay instability
limit, which for pure carbon is 3.49×1010 g cm3 (Rotondo
et al. 2011; Boshkayev et al. 2013).
Figure 1 shows the mass–central density relation for the

general relativistic uniformly rotating white dwarfs: the static,
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Keplerian, secular axisymmetric instability and inverse β-decay
sequences enclose the stability region. The mass-shedding, or
Keplerian, limit is reached when the angular velocity of the star
equals the Keplerian velocity of a particle orbiting at the
equator, namely, when the centrifugal and gravitational forces
are balanced. In this situation matter at the surface of the star is
marginally bound to it. Hence, small perturbations result in
mass loss until the star either becomes stable again or arrives at
a dynamical instability point (Shibata et al. 2000; Stergioulas
2003). If the white dwarf crosses the β-decay instability limit,
electrons are captured by nuclei. Since the principal contrib-
ution to the pressure of the star comes from electrons, electron
captures reduce the pressure, leading to an instability
(Salpeter 1961). The secular axisymmetric instability arises
because the star is unstable with respect to axisymmetric
perturbations. In a first phase, the star is expected to evolve
quasi-stationarily with the instability growth timescale, which
depends on the time required for angular momentum to be
redistributed either by viscous dissipation or by the emission
of gravitational waves (Chandrasekhar 1970). This timescale
is typically long compared to the dynamical timescale
(Boshkayev et al. 2013), except in the nonrotating case, where
they are equal, because in this case there is no angular
momentum to be redistributed. Eventually, when the star
crosses the dynamical instability limit, gravitational collapse
takes place (Stergioulas 2003). A sufficient (but not necessary)
condition for the onset of secular instability can be obtained
using the turning-point method (Friedman et al. 1988). This
method considers a sequence of uniformly rotating models of a
given (constant) angular momentum. The secular axisymmetric
instability sets in at the density of the turning point:

r
r

¶
¶

=
⎛
⎝⎜

⎞
⎠⎟

( )
( )

M J,
0. 10c

c J

Finally, the maximum mass of static configurations is the
Chandrasekhar limiting mass = » ☉M M M1.4max Ch , while the
maximum mass of rotating white dwarfs lies on the Keplerian
sequence =¹

☉M M1.52J
max

0 . The configurations with mass
between < <= ¹M M MJ J

max
0

WD max
0 are called super-Chandrasekhar

white dwarfs and are metastable since they are supported by
rotation. As the angular momentum of the star varies, the central
white dwarf necessarily evolves toward one of the previously
described instability limits (mass-shedding or secular axisym-
metric instability).

2.3. Temperature of the Central Remnant

We turn now to the thermal evolution of the central white
dwarf remnant. We have seen above in Sections 2.1 and 2.2,
and we shall see below from the energy balance and transport
equations, that the structure and thermal evolution of the white
dwarf depend crucially on the accretion rate, which is set by the
disk physics. In Section 3 we analyze the evolution and fate of
the post-merger system for two physical prescriptions to set the
accretion rate. In the first case the infall rate is driven by the
disk angular momentum transport (viscous) timescale, which,
owing to its shortness for the present binary parameters, leads
to highly super-Eddington rates. It has been argued in the
literature that the dissipation required to produce such very
short viscous timescales might heat the disk to the point of
carbon ignition (see, e.g., Mochkovitch & Livio 1990). Such
heating effects are not accounted for in the disk model adopted
here. In addition, we also compute the evolution of the system
in the case when the matter infall is driven not by the viscous
timescale but by the cooling timescale. We show that this
assumption leads to accretion rates near the Eddington limit
value.
The thermal evolution of an accreting white dwarf has been

studied by many authors (Nomoto & Iben 1985; Saio &
Nomoto 1985; Yoon et al. 2007). The main goal of most of
these works was to establish whether the conditions that may
lead to an SN Ia were reached. For instance, in a pioneering
work Nomoto & Iben (1985) found that for accretion rates
larger than a critical value » ´ - -˙ ☉M M2 10 yrcrit

6 1 the outer
layers of the star are heated by mass accretion, while heat
conduction and neutrino emission cool it. This results in a
thermal inversion near the surface of the star and ultimately
leads to an off-center carbon ignition. Saio & Nomoto (1985)
followed the subsequent evolution of the star and determined
that carbon is burned in the entire white dwarf, being the final
outcome of an oxygen–neon white dwarf. However, these
works only considered nonrotating configurations and constant
accretion rates. More recently, Yoon et al. (2007) studied the
viscous evolution of remnants of white dwarf mergers,
introducing the effects of rotation, but did not consider the
effects of the magnetic field of the white dwarf. The post-
merger object was modeled as a differentially rotating white
dwarf with a cold core and a hot envelope accreting mass from
a surrounding Keplerian disk at a constant rate. This allowed
them to compute the conditions under which the off-center
ignition can be avoided for the case in which the magnetic field
is not taken into account.
We have explained above (see Section 2.1) how the rotation

rate of the merged remnant evolves owing to the interaction of
the magnetic field and the disk, which are the equilibrium
configurations of the rotating white dwarf. However, during the
course of the evolution the temperature of the white dwarf also
changes owing to accretion from the disk, which heats the
white dwarf interior. This, in turn, may trigger an SN Ia
explosion. In order to assess this possibility, we follow the
evolution of the interior temperature of the post-merger central
white dwarf in an approximate way, which is described next.

Figure 1. Instability lines of rotating white dwarfs in the diagram of mass vs.
central density. The stability region is delimited by the static sequence (black
line), the Keplerian sequence (orange line), the line of secular instability (green
line), and the inverse β-decay line (blue).
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The equation of energy conservation reads

 = - +n ˙ ( )dL

dm
Ts, 11nuc

where m is the mass coordinate (i.e., the mass enclosed within
the radial distance r), L is the luminosity, T is the temperature, s
is the specific entropy, and ònuc and òν are the energy release
and energy loss per unit mass by nuclear reactions and neutrino
emission, respectively.

For carbon–oxygen white dwarfs, thermonuclear energy is
essentially released by two nuclear reactions:

a+  + + ( )C C Ne 4.62 MeV, 1212 12 20

+  + + ( )C C Na p 2.24 MeV, 1312 12 23

with nearly the same probability. We adopted the carbon fusion
reaction rates of Gasques et al. (2005), which are valid for all
regimes of ρ and T, which is from the thermonuclear regime to the
pynonuclear regime. For the neutrino energy losses, we used the
analytical fits of Itoh et al. (1996), which consider electron–
positron pair annihilation ( nn- + ¯e e ), photo-neutrino emission
( g nn+  ¯e e ), plasmon decay (g nn ¯ ), and electron–nucleus
bremsstrahlung [ nn( ) ( ) ¯e Z A e Z A, , ]. As will be discussed
below, the dominant channel for neutrino losses in the central
regions is electron–nucleus bremsstrahlung, while in the outer
layers emission of neutrinos is dominated by plasmon decay.

The energy flux is given by

s
kr

p
= - ( )dT

dr T

L

r

3

16 4
, 14

3 2

where σ is the Stephan–Boltzmann constant and κ is the
opacity, which can be written as

k k k
= + ( )1 1 1

, 15
cond rad

with κrad and κcond the Rosseland mean radiative opacity and
the conductive opacity, respectively. In the white dwarf core
degeneracy is so high that the most efficient transport
mechanism is conduction. Hence, the opacity is dominated
by the first term. We adopted the thermal conductivity of Itoh
et al. (1983, 1984), whereas for the radiative opacity we used
Kramer’s law, k r= ´ -T4.34 10rad

24 3.5cm2g−1.
The change of entropy with time can be obtained from

r r
r= - -

¶
¶

⎡
⎣
⎢⎢

⎛
⎝⎜

⎞
⎠⎟

⎤
⎦
⎥⎥˙ ˙ ˙ ( )Ts c T

P u
, 16v

T
2

where u is the specific internal energy and cv is the specific heat
capacity at constant volume. The first term on the right-hand
side of Equation (16) corresponds to the release of the internal
energy, while the second term accounts for the change of
gravitational potential energy due to the expansion or
compression of the configuration.

To evaluate the term in square brackets in Equation (16), we
considered a fully ionized nonideal electron–ion plasma, taking
into account the ion–ion and the ion–electron Coulomb
interactions, as well as the exchange-correlation corrections
of electrons. We note that for super-Chandrasekhar white
dwarfs both Coulomb corrections and quantum effects are
important. The importance of Coulomb corrections is measured
by the Coulomb coupling parameter Γ=Z2e2/(aT), where

p= ( ( )a n3 4 i
1 3 is the mean interaction distance and ni is the

ion number density. At Γ 1 the ions behave as a gas, at
Γ>1 as a strongly coupled Coulomb liquid, while crystal-
lization occurs at Γ≈175. Quantum effects become important
at temperatures smaller than w=T kp p B, where w =p

p( )Z e n m4 i i
2 2 1 2 is the ion plasma frequency. Finally, we

used analytical fits to the heat capacity obtained from the free
energy computed by Chabrier & Potekhin (1998) and Potekhin
& Chabrier (2000).
Following Nomoto (1982), we obtained the density change

by adopting the white dwarf mass coordinate, ºq m MWD WD,
as the independent variable:

r
r r

=
¶

¶
-

¶
¶

⎡
⎣
⎢⎢
⎛
⎝⎜

⎞
⎠⎟

⎛
⎝⎜

⎞
⎠⎟

⎤
⎦
⎥⎥˙ ˙ ( )

M

q

M q
M . 17

q MWD

WD

WD WD
WD

WD WD

This equation explicitly provides the contribution of the global
structural changes, as well as the contribution of the internal
distribution of density to the thermal evolution during the
accretion process.
The post-merger evolution of the system is computed

assuming that the central white dwarf evolves in a sequence
of stable configurations (see Section 2.2). To calculate the
evolution of the temperature, at each time step we integrate
Equations (11) and (14) using Equations (16) and (17).
In order to integrate Equations (11) and (14), a set of

boundary conditions at the surface of the star must be
adopted. We treat the material accreted in each interval time
as a thin envelope surrounding the star. Following Townsley
& Bildsten (2004), we assume that the accreted material
enters on top of the shell and pushes down the existing
material deeper into the star. Then, the local heat equation
becomes

 ¶
¶

+
¶
¶

»
¶
¶

= - - n⎜ ⎟⎛
⎝

⎞
⎠ ( ) ( )T

t
v

r
s Tv

s

r

dL

dm
, 18r r nuc

where p r= ˙ ( )v M r4r WD
2 is the velocity of the material given

by mass conservation. We constructed static envelopes for each
stable configuration with total mass MWD and radius RWD,
integrating Equations (14) and (18).
To analyze whether the newly formed white dwarf reaches

during its evolution the conditions suitable to produce an SN
Ia, we adopted the following procedure. We first require as a
necessary condition that the white dwarf crosses the ignition
curve, i.e., the curve in the r– Tlog log plane where the
nuclear energy released becomes larger than the neutrino
emissivity, ònuc=òν. For temperatures and densities beyond
this curve nuclear energy production exceeds neutrino losses
and the star is heated, possibly leading to an SN outburst.
Additionally, we require that burning proceeds in an almost
instantaneous way. The characteristic time τCC of nuclear
reactions is




  
t = »

¶
¶

=
¶
¶

- -
⎜ ⎟ ⎜ ⎟⎛
⎝

⎞
⎠

⎛
⎝

⎞
⎠˙

˙ ( )T
T

c
T

, 19pCC
nuc

nuc
nuc

nuc
1

nuc
1

where cp is the specific heat at constant pressure. If this
characteristic timescale becomes shorter than the dynamical
timescale

t p r=- ( )G24 , 20dyn
1
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the star reaches the thermodynamic conditions necessary to
explode as an SN Ia.

3. Mass Accretion Rate on the Central Remnant

As mentioned before, the accretion rate onto the post-merger
central remnant can be computed in two different ways. Within
the first approximation, the accretion rate is set by the thermal
state of the envelope of the white dwarf (Yoon et al. 2007).
Within the second one, the central remnant accretes mass from
a thin Keplerian disk and its evolution is given by the viscous
timescale—see van Kerkwijk et al. (2010), but also Ji et al.
(2013). Since, due to the lack of full numerical analyses of this
process with realistic physical ingredients, it is not yet clear
which one of these treatments is more appropriate, we will
calculate the evolution of the central white dwarf remnant
adopting both prescriptions, and we will discuss the differences
between both sets of calculations. In both cases we are
interested in determining the long-term evolution central white
dwarf taking into account the interaction between the disk and
the magnetic field resulting from the merger. To handle this
problem, we adopt a simplified picture of the post-merger
system consisting of a magnetized rotating white dwarf
surrounded by a thin Keplerian disk.

3.1. Accretion Rate Set by the Thermal Timescale

As discussed by Yoon et al. (2007), the assumption that the
accretion timescale is set by the viscous timescale given by the
Shakura–Sunyaev α prescription could be inappropriate to
estimate the accretion timescale onto the newly formed white
dwarf since the structure of the merged system deviates from a
central, point-like mass surrounded by a thin disk that is the
central assumption adopted within the α-formalism. Yoon et al.
(2007) argued that under these conditions the relevant
timescale might be the cooling timescale of the low-density
envelope between the central object and the disk. If the relevant
timescale is the cooling timescale of the envelope of the post-
merger white dwarf, the accretion rate will be given by

t t
=

n

˙
( )

( )M
M

min ,
, 21WD

disk

thermal

where Mdisk is the total mass of the disk, and τν and τthermal are
the neutrino cooling time and the thermal time on the envelope
of the white dwarf, respectively. These two timescales are
given by


t =n

n
( )c

T 22S
S

v

and

òt
s

k
r=

D
⎜ ⎟

⎛
⎝⎜

⎛
⎝

⎞
⎠

⎞
⎠⎟ ( )c

T
dr

3

64
23

r

v
thermal 3

1 2 2

(Henyey & L’Ecuyer 1969; Piersanti et al. 2003), where cv is
the heat capacity at constant volume, κ is the opacity, òν is the
energy release by the neutrino emission, and Δr delimits
the region of interest—see Section 2.3 for a discussion of the
thermal properties of the white dwarf.

For the values typical of the post-merger white dwarf
(ρ=106 g cm−3 and T=108K), the neutrino luminosity will
be ~n ☉L L102 and the thermal energy will be U∼1048erg.

At the beginning of the simulations the neutrino cooling
timescale is about τν∼6×105 yr, while the thermal timescale
is τthermal∼106 yr. Then, the initial accretion rate is about

~ - -˙ ☉M M10 yrWD
7 1, close to the Eddington limit.

3.2. Accretion Rate Set by the Viscous Timescale

Numerical simulations—see, e.g., Benz et al. (1990), Lorén-
Aguilar et al. (2009), and Dan et al. (2011)—show that the disk
product of the coalescence of two white dwarfs of unequal
masses is not thin, although it is not thick either. Specifically,
Lorén-Aguilar et al. (2009) found that the thickness of the
newly formed disk is ~ ´ -

☉H R5.0 10 3 , while the typical
size is ~ ☉R R0.2disk —see their Table 1. Hence, H/Rdisk;
0.025. Thus, assuming that the disk is thin is not an extreme
assumption, and in the worst of the situations, it can be
considered as a limiting case. Obviously, the other limiting case
is to assume that the disk is thick. Here we assume that the disk
is thin, and we postpone the study of a thick disk to a
forthcoming publication.
For a thin, Keplerian accretion disk, the evolution of the

surface mass density, Σ, is given by the diffusion equation:

n
¶ S
¶

=
¶
¶

¶
¶

S
⎡
⎣⎢

⎤
⎦⎥( ) ( )

t r r
r

r
r

3
, 241 2 1 2

where ν is the turbulent kinematic viscosity. To describe the
time evolution of the disk, we use one of the three self-similar
solutions of Equation (24) found by Pringle (1974). These
solutions are obtained for an opacity parameterized as k =
k r Ta b

0 . Within this approximation mass is accreted onto the
central white dwarf, but the angular momentum of the disk is
conserved, Jdisk=J0, because the outer edge of the disk moves
outward—see Equation (26). In a general case Jdisk would not
be conserved because there is a trade-off of angular moment
between the disk and the central white dwarf. However, since
the angular moment of the white dwarf, JWD, is much smaller
than that of the disk, this solution is accurate enough for the
purpose of estimating the accretion rate onto the white dwarf.
Actually, we have checked that at all times <J J 0.1WD disk in
our simulations.
Within this approximation mass flows at the inner disk

boundary at a rate

b
=

-
+

b-⎛
⎝⎜

⎞
⎠⎟˙ ( ) ( )M

M

t

t

t

1
1 , 25disk

0

visc visc

and the disk outer radius evolves as

= +
b⎛

⎝⎜
⎞
⎠⎟ ( )R r

t

t
1 , 26out 0

visc

2

where M0 and J0 are, respectively, the initial mass and angular
momentum of the disk, j0=J0/M0, = ( )r j GM3.880 0

2
0 , and

β is a constant that depends on the opacity regime. Here we
have adopted a bound-free opacity (β=5/4). The viscous
timescale within this model is determined by M0 and j0 as
follows (Ertan et al. 2009):

s
a k

m
k

= ´
⎛
⎝⎜

⎞
⎠⎟

⎛
⎝⎜

⎞
⎠⎟

¯
( )t

j

M M

m
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p

B
visc

9 0
25 7
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10 7

0
3 7 8

0

1 7 15 14
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where mp is the proton mass and μ the mean molecular weight.
Adopting α=0.1 for the viscosity parameter (Shakura &
Sunyaev 1973) gives

-

-

 ⎜ ⎟⎛
⎝

⎞
⎠

⎛
⎝⎜

⎞
⎠⎟ ( )

☉
t

j M

M
10.9

10 cm s 0.1
s. 28visc

0
18 2 1

25 7
0

3 7

This solution has been employed to describe debris disks
around massive black holes formed by tidal disruption of stars
(Cannizzo et al. 1990) and in SN fallback disks around young
neutron stars (Chatterjee et al. 2000). This formulation was also
used in Külebi et al. (2013) to study the long-term evolution of
the disk interaction of magnetized white dwarfs resulting from
white dwarf mergers that do not develop prompt explosion
conditions.

We obtain that the initial conditions of the merged system are
such that tvisc∼0.2–0.8 s (see Table 1). This, in turn, results in
accretion rates at early times = ~ -˙ ☉M M t M10WD 0 visc

1 s−1

and an initial disk outer radius ~ ☉R R0.1out . However, for
times longer than tvisc, the accretion rate drops one order of
magnitude, and after 102s, the accretion is -

☉M10 4 s−1.
In the above equations the disk viscous timescale, tvisc, is a

constant. It is clear from Equation(27) that it is a good
approximation for low infall rates because the specific angular
momentum would not change appreciably. The above estimate
of the accretion rate shows that this is not the present case, so
we have checked the effect of the assumption of the constancy
of tvisc on the evaluation of Ṁdisk as follows. First, we compute
the accretion rate using Equation (25), keeping tvisc constant
and then allowing it to increase with time owing to the mass
loss by the disk. We found that the increase of tvisc would lower
Ṁdisk at most by 10% during the evolution. This result assures
us about our assumption of a constancy of the viscous
timescale on the estimate of the infall rate at the inner
disk radius.

4. Initial Conditions

We compute the post-merger initial configuration assuming
that both mass and angular momentum are conserved during
the merger. This is a reasonable assumption, since
SPH simulations show that very little mass is ejected from
the system. Moreover, little angular momentum is carried away
by the unbound material, since its velocity is mostly radial. A
rough estimate of the degree to which mass and angular
momentum are conserved is ~ ~ -J J M M 10ej ej

3 (Lorén-
Aguilar et al. 2009; Dan et al. 2014). Consequently, the orbital
angular momentum of the coalescing white dwarfs is invested
in spinning up the primary white dwarf and in the angular
momentum of the rapidly rotating disk.
If the spin angular momentum of the merging white dwarfs

is neglected, the total angular momentum just before the
merger is

=
+

+
( )

( )
( )J q

GM R R

q1
, 29sys

2
3

1 2

where (M1, R1) and (M2, R2) are the masses and radii of the
merging stars, respectively, and q=M2/M1 is the mass ratio of
the original binary system. Figure 2 shows the contours of
constant angular momentum and of constant total mass in the
plane defined by M1 and M2. Given an initial total mass and
angular momentum of the remnant ( )M J,WD WD and an initial
disk mass M0, we computed the initial angular momentum of
the disk, J0, assuming that the central remnant rotates as a rigid
body. To do this, we considered that just before the mass
transfer episode the orbital separation was such that the
secondary was about to fill its Roche lobe, for which we
adopted the expression of Eggleton (1983), which is in all
the cases close to R1+R2. This is the same as saying that the
merger episode begins when both stars are in contact. We also
took into account that according to detailed SPH simulations of
the merger process roughly half of the mass of the secondary

Table 1
Parameters of the Simulations of Post-merger Remnants

Model M1 M2 MWD M0 Req, WD BWD ΩWD JWD J0 ε tdyn tvisc tcool
( )☉M ( )☉M ( )☉M ( )☉M ( )☉R (G) (rad s−1) (g cm2 s−1) (g cm2 s−1) (−) (s) (s) (yr)

A 1.12 0.78 1.45 0.45 0.0026 109 3.00 2.79×1049 5.86×1050 0.1 0.3 0.745 2.26×104

B 1.12 0.78 1.45 0.45 0.0026 106 3.00 2.79×1049 5.86×1050 0.1 0.3 0.745 2.26×104

C 1.12 0.78 1.45 0.45 0.0026 107 3.00 2.79×1049 5.86×1050 0.1 0.3 0.745 2.26×104

D 1.12 0.78 1.45 0.45 0.0026 108 3.00 2.79×1049 5.86×1050 0.1 0.3 0.745 2.26×104

E 1.12 0.78 1.45 0.45 0.0026 109 3.00 2.79×1049 5.86×1050 0.1 0.3 0.745 2.26×104

F 1.12 0.78 1.45 0.65 0.0026 109 3.00 2.79×1049 5.86×1050 0.1 0.3 0.253 2.26×104

G 1.12 0.78 1.45 0.45 0.0026 106 3.00 2.79×1049 5.86×1050 0.1 0.3 0.745 2.26×104

H 1.12 0.78 1.45 0.45 0.0026 109 3.00 2.79×1049 5.86×1050 0.5 0.3 0.745 2.26×104

I 1.12 0.78 1.45 0.45 0.0039 109 2.30 4.56×1049 5.69×1050 0.1 0.4 0.668 2.79×103

J 1.12 0.78 1.45 0.45 0.0034 109 2.50 3.87×1049 5.76×1050 0.1 0.4 0.697 5.66×103

K 1.12 0.78 1.45 0.45 0.0032 109 2.60 3.60×1049 5.78×1050 0.1 0.4 0.709 7.79×103

L 1.12 0.78 1.45 0.45 0.0030 109 2.70 3.35×1049 5.83×1050 0.1 0.4 0.719 1.05×104

M 1.12 0.78 1.45 0.45 0.0029 109 2.80 3.14×1049 5.68×1050 0.1 0.4 0.729 1.38×104

N 1.12 0.78 1.45 0.45 0.0028 109 2.85 2.93×1049 5.68×1050 0.1 0.4 0.665 1.57×104

O 1.12 0.78 1.45 0.45 0.0028 109 2.90 2.93×1049 5.68×1050 0.1 0.3 0.737 1.78×104

P 1.12 0.78 1.45 0.45 0.0022 109 3.50 2.24×1049 5.86×1050 0.1 0.3 0.769 5.34×104

Q 1.12 0.78 1.45 0.45 0.0017 109 4.50 1.75×1049 5.96×1050 0.1 0.2 0.793 8.79×104
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star goes to form the disk, whereas the rest of the material is
directly accreted onto the primary component of the binary
system (Lorén-Aguilar et al. 2009).

Nevertheless, given the exploratory nature of the simulations
presented here, we did not constrain ourselves to the values
obtained in the SPH simulations, and we adopted different
values for the mass of the remnant and for the mass of the disk.
Since a rigidly rotating white dwarf can support a maximum
angular momentum1050gcm2s−1 (Boshkayev et al. 2013),
angular momentum conservation implies that a substantial
fraction of the angular momentum of the binary system goes to
the Keplerian disk.

Also, we mention that detailed SPH simulations of
nonsymmetric white dwarf mergers show that as the less
massive white dwarf is disrupted and part of its matter is
accreted onto the primary star, the accreted mass is compressed
and heated. Thus, for all the cases studied here we have
assumed an inverse initial temperature profile. Specifically, we
adopted initial temperature profiles similar to those resulting
from detailed SPH simulations.

In Table 1 we list the initial masses of the stars of the original
binary system—Columns (2) and (3), respectively—as well as
the initial conditions for the models presented in this work. The
top section of this table lists the characteristics of the models
for which the accretion rate was computed employing the
cooling timescale, while the bottom section summarizes the
most relevant information of those models computed employ-
ing the accretion rate given by the viscous timescale. Note that
the mass of the rapidly rotating central white dwarf MWD of all
these simulations (listed in Column (4)) is the same. Since we
are modeling white dwarfs as rigidly rotating configurations,
only two parameters are needed to determine the remaining
characteristics of the merged configuration. Thus, we decided
to vary the initial angular velocity ΩWD and the mass of the
disk M0. These two quantities are listed in Columns (8) and (5),
respectively. For a super-Chandrasekhar white dwarf of

☉M1.45 , the minimum angular velocity for the gravitational
stability to set in is around 2.03rads−1. Note that the angular

velocities adopted here are in all cases larger than this value.
Once the angular velocity of the white dwarf is known, we
determine its total angular momentum, JWD, which is listed in
Column (9) of the table, and the equatorial radius of the white
dwarf, RWD, listed in Column (6). The adopted magnetic field
BWD of the white dwarf is given in Column (7). The rest of the
columns of Table 1 list the initial angular momentum J0 (Column
(10)) of the disk and the efficient parameter ε (Column (11)),
which is relevant for estimating the mass accretion rate, the
dynamical timescale tdyn, the viscous timescale tvisc, and the
cooling timescale of the disk tcool (Columns (12)–(14)).
In our simulations the magnetic field of the remnant was kept

fixed at BWD=109 G, a representative value of the magnetic
field resulting from the stellar dynamo that originated during
the coalescence (García-Berro et al. 2012). For the typical
values found in the SPH simulations of merging white dwarfs
the magnetic field can be as high as ~1010G, depending on
whether the dynamo is saturated. However, we decided to
adopt a conservative value as a reference magnetic field, 109G.
However, we also computed some models with various
magnetic field strengths, ranging from 106 to 109G. An
important point that is worth emphasizing is that for the
simulations presented here we assumed that during the merging
process an ordered global dipole field is produced. However,
this is not guaranteed—see, for instance, the discussion in the
conclusions of Schwab et al. (2012).

5. Results

Since the evolution of the post-merger system depends
critically on the adopted prescription for the mass accretion rate
onto the central white dwarf resulting from the coalescence of
the binary system, we discuss the results obtained using the
accretion rates described in Sections 3.2 and 3.1 separately. We
first discuss the results obtained using an accretion rate set by
the cooling timescale, and subsequently we present the results
obtained when the viscous timescale is employed.

5.1. Accretion Rate Set by the Cooling Timescale

To start with, we discuss our reference model. This is model A
in Table 1. For this model we adopted a magnetic field
B=109G. We note that during the early phases of the evolution
of the post-merger remnant the dominant cooling mechanism of
the external layers of the central white dwarf is neutrino emission.
Therefore, the initial relevant timescale to compute the accretion
rate is t= ~nṀ M 10WD WD

20 gs−1. This accretion rate is of
the order of the Eddington limit. However, in our calculations the
evolution of the model is followed self-consistently. That is, we
computed the mass accretion rate with the cooling timescale
provided by the evolution—see below.
For this model, the magnetospheric radius is = ☉R R0.062mag

and the corotation radius is = ☉R R0.0039co . Thus, >Rmag
>R Rco WD, so the dipole radiation torque and the propeller torque

drive the evolution of the spin of the remnant. Under these
conditions the central object does not accrete matter. To illustrate
the evolution, Figure 3 shows some temperature profiles at
selected times. In particular, we show these profiles at times t0
(corresponding to the beginning of the evolution; solid line) at a
time just before the central white dwarf reaches explosive
conditions (time t=t3; long-dashed line) and at two intermediate
stages (times t1 and t2; short-dashed line and dot-dashed line,
respectively). As can be seen in this figure, during the entire

Figure 2. Parameter space of the initial white dwarf binary system. Solid lines
are contours of constant total angular momentum, labeled in units of

-10 g cm s50 2 1. The gray dotted straight lines are contours of constant total
mass, from 1.4 to ☉M2.6 , in steps of ☉M0.1 . The shaded area corresponds to
configuration with >q 1. The orange line corresponds to the location of the
system when the secondary is filling its Roche lobe (R2=RL).
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evolution both the central regions and the outer layers of the white
dwarf are compressed and heated. These two regions of the white
dwarf are separated by the line at which the temperature of the
nearly isothermal core equals the plasma temperature, TP. This
behavior is a consequence of the torques acting on the white
dwarf. The acting torques brake the white dwarf, decreasing its
angular velocity. As a consequence, the centrifugal force decreases
and the gravitational force dominates. Thus, to balance the
enhanced gravity, the density increases, as does the temperature.
Ultimately, the center of the star reaches the thermodynamic
conditions needed to burn carbon explosively. These conditions
are illustrated in this figure by the curves ònuc=òν, t t=CC dyn,
and t = 1 sCC . This occurs at time 40.8 yr, just before these
regions reach the beta-decay instability limit, and when the central
regions of the star are already crystallizing. Figure 4 displays the
evolution of model A in the mass–central density plane. As can be
seen, the evolutionary track corresponds to pure compression, and
no matter is accreted. Note as well that carbon in the central
regions of the star is ignited before the inverse β-decay instability
is reached.

Figure 5 shows the run of the neutrino and thermal
timescales in the white dwarf interior of model A at two
relevant times, namely, t=t0 and t=t3, as previously defined.
As can be seen, for =t t0 neutrinos cool the external layers of
the star, while in the internal regions thermal diffusion is the
dominant transport mechanism. At time t3 the relevant cooling
timescale in the outer layers of the white dwarf is no longer the
neutrino timescale, but the thermal timescale. Actually, it is
important to realize that in the dense inner core of the white
dwarf the shorter timescale is always the thermal timescale.
Thus, Figure 5 clearly shows that the cooling timescale must be
computed self-consistently along the evolution of the remnant
to obtain physically sound results. We emphasize that although
this plot illustrates these timescales for model A, our
calculations demonstrate that this is a representative case and
that for all the models listed in the top section of Table 1 the
run of these timescales is similar.

To study the dependence of the evolution of the merged
configuration on the magnetic field, we ran a suite of models
with varying strengths of the magnetic field. These are models
B, C, and D in Table 1, for which we adopted magnetic field
strengths B=106, 107, and 108G, respectively, keeping
unchanged the rest of the parameters of model A. For the sake
of conciseness we only discuss model B, which corresponds to
the smallest magnetic field strength, 106G.
Figure 6 shows the evolution of the remnant at different

times for this model. These times were selected using the same
criteria we used previously, and the line coding is the same. In
this case <R Rmag WD and the central white dwarf can accrete
matter from the disk. Under these conditions we find that
accretion onto the white dwarf heats the outer layers of the star,
while the temperature of its core remains almost unchanged.
Ultimately the very outer layers of the white dwarf are heated
to such an extent that carbon is ignited off-center. However, an
inspection of Figure 7, which shows the evolution in the mass–
central density plane, reveals that actually the central regions of
the star expand slightly. This again is due to the acting torques,
which spin up the white dwarf.

Figure 3. Temperature–density profiles of the central white dwarf at different
times of the evolution for model A. This model was computed assuming
B=109 G and an accretion rate set by the cooling timescale. We also show the
carbon ignition line, labeled as òCC=òν, and two carbon-burning timescales
τCC=τdyn and t = 1 sCC . In these panels the crystallization curve is labeled as
Γ=175 and the plasma temperature as Tp. The configuration at t1 has a
temperature profile almost equal to the initial one. At t2 and t3, it heats at the
center and at the surface.

Figure 4. Evolution of model A in the mass–central density plane, at selected
times; see text for details. The colors of the lines indicating the regions of the
various instabilities discussed here are the same as shown in Figure 1. Also
shown are the contours of constant angular momentum (dotted lines).

Figure 5. Run of the neutrino and thermal timescales in the interior of model A
at selected times; see text for details.

9

The Astrophysical Journal, 857:134 (18pp), 2018 April 20 Becerra et al.



We found that if the magnetic field of the white dwarf is
higher than 3.84×106G, the magnetospheric radius is larger
than the corotation radius. Thus, in this case the central remnant
does not accrete more material after the merger, so the propeller
torque and the dipole radiation torque drive the evolution of its
spin rate. On the other hand, if the magnetic field is lower than
1.88×106G, the magnetospheric radius is smaller than the
white dwarf radius. Hence, the central white dwarf accretes
material. Consequently, in this case the evolution of the
rotation rate is driven by the accretion torque. Thus, for these
initial conditions the magnetic field determines the accretion
rate and the evolution of the star.

To further study the dependence of these results on the input
parameters, we also analyzed the dependence on the initial
angular velocity. In Table 2 we list the times at which the post-
merger central star reaches the conditions suitable for a
explosion to occur, for several magnetic field strengths (models
A to D) and initial angular velocities. Clearly, the duration of
this phase and the final outcome depend sensitively on the
value of the adopted magnetic field, and to a lesser extent on
the initial angular velocity.

5.2. Accretion Rate Set by Viscous Timescale

In the previous section we have assumed that the accretion
rate on the white dwarf is given by the shorter timescale of the
cooling mechanisms. In this section we present the results for
the case in which the white dwarf accretes material at a rate set
by the viscous timescale of the Keplerian disk.
For the sake of definiteness, in the following we discuss in

detail, with the help of Figures 8 and 9, the time evolution of
model E, which is similar to model A, the only difference being
that in this case the accretion rate is computed adopting the
viscous timescale, while the rest of the initial conditions and
assumptions are exactly the same. Furthermore, for this model
we study two possibilities for the efficiency parameter xacc in
Equation (3). The first of these possibilities corresponds to the
case in which ξacc=1.0, that is, when matter is accreted on the
remnant with the Keplerian velocity at the inner disk radius.
The second one corresponds to the case in which matter is
accreted on the remnant with the Keplerian velocity at the
surface of the remnant, which we label as ξacc=ξWD in the
figures discussed below.
Shortly after the merger, due to the high accretion rates,

<R Rmag WD (see the top panel of Figure 8). Hence, the only
torque acting on the white dwarf is that resulting from
accretion. For the set of parameters of model E, the initial
accretion rate onto the white dwarf given by Equation (25)
is large, even if an efficiency of ε=0.1 is adopted, ~ṀWD

-
☉M0.01 s 1. Consequently, the mass of the white dwarf rapidly

increases during this phase. However, its central density only
increases in the case in which matter is accreted with the
Keplerian velocity of the remnant (blue line in Figure 9),
whereas in the case in which x = 1.0acc (green line in this
figure) the central density of the white dwarf decreases.
The evolution of the central density of the remnant is the

result of an intricate trade-off between the increase in mass, the
change in the rotation period due to the acting torque, and
the evolution of the moment of inertia of the remnant. The
increase in mass of the remnant alone clearly would result in an
increase of the central density. The change in the rotation speed
due to the acting torque—which tends to increase the angular
velocity—would result in a decrease of the central density,
as the centrifugal force increases. Finally, since I∝MWDRWD

2 ,
as the mass of the white dwarf increases as a result of accretion,
the moment of inertia would increase. However, since the
mass–radius relationship for rotating white dwarfs depends
crucially on the angular velocity, the radius of the remnant,
hence I, ultimately depends on the acting torque. Furthermore,
for super-Chandrasekhar white dwarfs the slope of the
mass–radius relationship is very steep. Consequently, small
changes in the mass can induce large variations of the radius of
the remnant. The interplay between these factors is rather
complex, but in general terms we find that the evolution of the
moment of inertia is dominated by the variation of the radius of
the remnant.
It is then clear that the crucial parameter that dictates the

evolution of the central density of the remnant is xacc.
Specifically, when ξacc=1.0 is adopted, the remnant is spun
up very rapidly by the acting torque (as is shown in the bottom
panel of Figure 8), its radius increases notably (see the top
panel of this figure), the moment of inertia increases markedly,
and the central density first decreases. On the contrary, if matter
is accreted onto the surface of the white dwarf with the
same angular velocity of the remnant, the acting torque is

Figure 6. Same as Figure 3, but for the case in which a modest magnetic field,
B=106G, is adopted. This is model B in Table 1.

Figure 7. Same as Figure 4, but including the case in which a magnetic field,
B=106 G, is adopted (yellow line). This is model B in Table 1.
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considerably smaller, the moment of inertia remains approxi-
mately constant, the radius of the remnant decreases, and the
central density increases steadily. In both cases, once the
magnetic radius becomes larger than the radius of the white
dwarf ( < <R R RWD mag co), the dipole and the disk-interaction
torques drive the evolution of the remnant—the top panel of
Figure 8 clearly depicts this. When this happens, the fastness
parameter of the white dwarf is ∼0.8. Consequently, shortly
after (0.5 yr), the remnant reaches a fastness parameter
ωf=1, and the evolution is driven by the propeller torque. At
this point of the evolution, accretion from the disk stops.
Consequently, the moment of inertia of the remnant decreases
considerably, the rotation period decreases as well, and the

white dwarf contracts. Hence, the central density increases
rapidly (see the top panel of Figure 8). This entire sequence of
events ultimately leads the remnant to cross the line of inverse
β-decay instability. It is interesting to note that the mass of the
remnant when it crosses the instability line does not depend on
the adopted valued of ξacc. This depends on the mass accretion
rate onto the white dwarf, and consequently on the adopted
efficiency parameter ξ. The parameter ξacc is directly related to
the change of angular momentum. Thus, ξacc and ξ play
different roles in the evolution of the post-merger configura-
tion, although its effect is combined as shown by Equation (3).
We now address our attention to thermal evolution of the

post-merger remnant of model E. Figure 10 shows several
temperature–density profiles at selected times after the merger
took place. The top panel of this figure shows the case in which
ξ=ξacc is adopted, whereas the bottom panel corresponds to
the case in which ξ=1 is employed. The initial temperature
profiles are shown as the solid blue and green lines in
Figure 10, respectively. In both cases, during the first
evolutionary phases the large accretion rates discussed earlier
heat the outer layers of the star. However, neutrino emission
also plays a significant role. When ξ=ξacc is adopted,
compressional work exceeds neutrino emission, and thus an
off-center temperature peak rapidly grows. In particular, the
temperature profile peaks at r ~log 6.54. As time passes by,
the peak temperature increases, and ultimately the outer layers
of the white dwarf reach the thermodynamic conditions needed
to ignite carbon explosively.
On the contrary, when ξ=1.0 is adopted (bottom panel of

Figure 10), the evolution is more complex. In this case
accretion first heats the outer layers of the central white dwarf,

Table 2
Carbon Ignition Location and Evolutionary Times of the Post-merger Remnants for Several Values of the Magnetic Field Strength and Initial Angular Velocity

Model BWD (G) Δt (yr) Carbon Ignition
ΩWD (s−1) 2.3 2.5 2.6 2.7 2.8 2.9 3.0

A 109 5.50×101 4.68×101 4.33×101 4.02×101 4.71×101 6.95×101 4.08×101 Center

B 106 4.00×103 8.81×103 6.39×103 5.27×103 5.63×103 3.65×103 4.94×103 Off-center
C 107 2.81×104 3.95×104 2.09×104 1.66×104 1.34×104 1.59×104 1.50×104 Center
D 108 9.29×102 7.96×102 7.39×102 8.92×102 8.31×102 7.76×102 5.61×102 Center

Figure 8. Top panel: evolution of the radius of the remnant RWD, the corotation
radius Rco, and the magnetospheric radius Rmag for model E. Bottom panel:
evolution of the rotation period of the central white dwarf.

Figure 9. Evolutionary tracks in the mass–density plane for model E for two
assumptions about the value of ξacc and ε=0.1.
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but neutrino cooling dominates. Hence, after a short time
interval the entire central white dwarf cools to a temperature
smaller than the initial one. Time t2 is the time at which
accretion stops. Thus, for times longer than t2 the evolution of
the star is driven by angular momentum losses by dipole
emission. Eventually, at time t3 carbon is ignited at the center
of the white dwarf.

5.2.1. Sensitivity of the Results to the Free Parameters

We first compare the evolution when different masses of the
disk are adopted, keeping the mass of the remnant fixed. With
this in mind, in Figure 11 we show the evolutionary tracks of
model F and compare them with those of model E. This model
corresponds to a final post-merger remnant of mass ☉M1.45
and an initial disk mass of ☉M0.65 , whereas the rest of the
parameters of the model were not varied—see Table 1.
Additionally, as we did for model E, we also studied two
possibilities. The first of these corresponds to an accretion
efficiency parameter ξacc=1.0, whereas for the second one we
assumed that at the inner disk radius the accreted material has

the angular velocity of the white dwarf, x x=acc WD. Note that,
in the case in which ξacc=0.1 is adopted, the evolution of this
model is very similar to that of model E, but it arrives at the
mass-shedding limit in the accretion phase. When ξacc=ξWD

is chosen, the remnant also crosses the line of inverse β-decay
instability. The only difference is that for model F, which has a
disk considerably more massive, more mass is accreted before
the remnant crosses the instability line. Hence, the remnant has
a larger mass in the propeller phase, and the line of β-decay
instability is crossed when the white dwarf is more massive.
Next, we analyze the influence on the evolution of the

strength of the magnetic field, as we did previously for those
models in which the accretion rate is computed using the
cooling timescale. We do this comparison adopting a very low
value for the magnetic field strength, B=106G (model G in
Table 1, the same value adopted in Section 5.1). The results of
this analysis are shown in Figure 12. As can be seen, the
differences between the evolution of models E and G are
minor. Thus, we conclude that for the typical values of the
magnetic field strength that originated in the merger of two
white dwarfs, the evolution of these models is not significantly

Figure 10. Temperature–density profiles of the central white dwarf at different
times of the evolution for model E. The top panel shows the model with
ξ=ξacc, while the bottom panel displays the model for which ξ=1 is
adopted. Time t1 corresponds to a time shortly after accretion from the disk
starts (short-dashed line), t2 is the time at which the merged remnant enters into
the propeller phase and accretion stops (dot-dashed line), and t3 is a time just
before the post-merger object crosses the beta-instability limit (long-
dashed line).

Figure 11. Same as Figure 9, but here we compare models E (solid lines) and F
(dashed lines) for two different disk initial masses, 0.45 and 0.65 Me,
respectively.

Figure 12. Same as Figure 9, but here we compare models E (solid lines) and
G (dashed lines) for two different values of the white dwarf magnetic field, 109

and 106G, respectively.
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affected by the adopted magnetic field. This can be explained
by the fact that, at early times in the viscous timescale
prescription, the mass and angular momentum of the white
dwarf post-merger evolution are dominated by the accretion
torque and the effect of the magnetic field is neglected until the
magnetospheric radius equals the white dwarf one. It is in this
initial phase that more significant accretion of mass onto the
central star occurs. Since the accretion timescale in this
scenario is so short, the evolution of the magnetospheric radius
is dominated by the change of the mass accretion rate.

Another free parameter of our formulation is ε, which, we
recall, measures how efficient accretion is. All the calculations
presented until now have been performed adopting ε=0.1.
However, since the accreted mass depends significantly on the
precise value of this free parameter, it is important to assess its
impact on the results. We now study the sensitivity of our
calculations to the value adopted for it. To this end we
conducted an additional set of simulations in which we adopted
ε=0.5. This is model H in Table 1. In Figure 13 we compare
the results of these calculations with those of model E. As
could be expected, this parameter turns out to be critical, since
it controls how efficient accretion is. Consequently, when
ε=0.5 is adopted, the remnant evolves toward the mass-
shedding limit instead of crossing the β-instability line. We
consider model E as a reasonable guess, although keeping in
mind that larger values of ε cannot be discarded “a priori” and
therefore could alter the evolution of the remnant.

Naturally, another key ingredient of our approach is the
initial angular velocity of the central white dwarf, WWD.
Figure 14 shows the evolutionary tracks for different values of
the initial angular velocity of the post-merger remnant, keeping
unchanged the rest of initial conditions of model E (models I to
Q in Table 1; dashed lines), and we compare them with the
evolutionary sequence of model E, our reference model for this
prescription for the accretion rate (solid lines). As can be seen,
the model with the smallest initial angular velocity—namely,
that with initial angular velocity 2.30 -rad s 1, model I—reaches
the mass-shedding limit during the accretion phase. Further-
more, for this model the central density decreases, irrespective
of the value adopted for ξacc. Model J, for which we adopted
W = -2.50 rad sWD

1, only reaches the mass-shedding limit if
x = 1.0acc ; otherwise, it reaches the β instability region. The

rest of the models do not cross the mass-shedding instability
line. Note as well that for model J, as occurs for model I, the
central density decreases, independently of the value adopted
for xacc. For model K the central density decreases if x = 1.0acc
and increases otherwise. This is also true for models with even
faster rotation rates.
Additionally, to take into account the effects of the initial

temperature for the case in which ξ=ξacc is adopted, we
computed a model in which the initial configuration corre-
sponds to a white dwarf in which the external layers have a
temperature sizably smaller (i.e., 108K) than that of our
standard case—that is, model E—which was computed
adopting a temperature for the external layers of 3×108K.
The evolution of this additional model is shown in Figure 15,
and it is markedly different from that of model E. Specifically,
when the adopted temperature is 108K, the external layers of
the white dwarf are initially heated by the accreted material, as
happens also for model E. However, in this case neutrino
cooling (basically dominated by neutrino bremsstrahlung) is so

Figure 13. Same as Figure 9, but for two values of the accretion efficiency
parameter, ε=0.1 (solid lines) and 0.5 (dashed lines), for models E and H,
respectively.

Figure 14. Same as Figure 9, but for several values of the initial angular
velocity, models I to P in Table 1, compared to our reference case, for which
the initial angular velocity is ΩWD=3.00 (model E). From left to right the
initial angular velocities of the remnant are ΩWD=2.30, 2.50, 2.60, 2.70, 2.80,
2.85, 2.90, 3.50, and 4.50 s−1.

Figure 15. Same as Figure 10, but for the case in which the initial temperature
of model E is smaller. For the sake of conciseness we only display the model
for which ξ=1 is adopted.
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strong that the remnant cools rapidly and eventually carbon is
ignited at the center of the star, when the central regions have
already crystallized.

5.2.2. Evolutionary Times

Finally, we study the time needed to reach the instability
lines, Δt. We have shown before that the most important
parameter that determines the evolution of the system is the
initial period of the system. In the top panel of Figure 16 the
dependence of Δt on the initial period of the rotating white
dwarf resulting from the merger is displayed, for our two
choices for the value of ξacc. Clearly, the larger the period is,
the longer Δt is. This is the natural consequence of the smaller
initial centrifugal force.

The second important parameter that determines the duration
of this evolutionary phase is the strength of the magnetic field
of the remnant. We showed before that the value of BWD has
little effect on the outcome of the post-merger system—see
Figure 12. Notwithstanding, BWD influences considerably Δt.
This occurs because the larger BWD is, the larger is the
magnetospheric radius. Thus, we expect that large values of
BWD would result in substantially smaller values of Δt. To
illustrate this in a quantitative manner, in the bottom panel of

Figure 16 the total time needed to reach the instability region is
plotted as a function of the surface magnetic field of the
remnant. As can be seen, the evolution of the systems is indeed
faster for large magnetic field strengths. This behavior is
natural since for large magnetic field strengths the central
remnant is more tightly coupled with the surrounding Keplerian
disk. Consequently, the accretion phase is shorter. In addition,
in this panel we also show (using a solid red line) the time it
takes for the remnant to become unstable when only magnetic
dipole braking is considered. Since, in this case, there is no
accretion, the star evolves in a constant-mass sequence. From
Equation (7), we obtained
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It can be seen that Δt is inversely proportional to the square of
the magnetic field. Ilkov & Soker (2012) give an analytical
expression of Equation (30) in the approximate case when
changes in the white dwarf structure due to the configuration
rearrangement during the angular momentum loss are
neglected. It is important to mention that such changes are
very important for the determination of the rotational evolution
of super-Chandrasekhar white dwarfs (Boshkayev et al. 2013).
Clearly, the evolution of the system is always much faster when
all the torques acting on the remnant are correctly taken into
account. Furthermore, it is important to realize that the
evolution is even faster when matter is accreted onto the
surface of the remnant with the Keplerian velocity. Finally,
note as well that when ξacc=1.0 is adopted, moderately longer
durations of the post-merger phase, when compared with the
case in which the accreted matter has the Keplerian velocity at
the surface of the remnant, are obtained.

6. Comparison with Previous Works

A detailed study of the evolution of the remnant of white
dwarf mergers started with the work of Yoon et al. (2007).
They mapped the final configuration of the SPH simulations of
the merger of a 0.9– M0.6 binary into a 1D stellar evolution
hydrodynamic code and followed its forward evolution. Their
merger remnant is represented by a cold, slowly rotating rigid
core surrounded by a hot, rapid rotating envelope with a
Keplerian disk around it. They allowed the accretion from the
disk by a constant accretion rate (of the order of the Eddington
limit) and included a prescription for the transport of angular
momentum with timescales of the order of the thermal
timescale. They conclude that an off-center carbon ignition
can be avoided if the transport angular momentum timescale is
greater than the cooling timescale by neutrino emission
and the accretion rate on the star is slow enough, i.e.,

< ´ -Ṁ 5 10WD
6– -

M10 5 yr−1. We improved this approach
by allowing the mass accretion rate to vary with time,
consistently with the white dwarf thermal evolution. Addition-
ally, we introduced a framework for evolution of the angular
momentum of the post-merger white dwarf including the torque
that acts on the star, taking into account the magnetic field
effect of the central white dwarf on the evolution of the post-
merger configuration. We have found that strong magnetic
fields, BWD>107G, can also avoid an off-center carbon
ignition.

Figure 16. Top panel: time necessary to reach the instability line as a function
of the initial period of the remnant. Bottom panel: time necessary to reach the
instability line as a function of the magnetic field of the remnant.
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Van Kerkwijk et al. (2010) estimated the post-merger
evolution based on the results of the SPH simulations of
Lorén-Aguilar et al. (2009) and concluded that the accretion
occurs in a shorter timescale (∼10 hr), causing a compression
of the white dwarf core, with a consequent increase of its
temperature until it reaches the carbon ignition runaway,
leading to a delayed explosion. However, they focus on mass-
symmetric white dwarf mergers (0.6– M0.6 ), in which the two
white dwarfs are disrupting and the final remnant configuration
has a temperature profile that peaks at the center.

A different approach was presented in Shen et al. (2012) and
Schwab et al. (2012, 2016). In these works it was argued that,
due to the differential rotation of the system, after the
dynamical phase of the merger the magnetorotational instability
becomes effective, and that in a viscous timescale of 104 s
(orders of magnitude shorter than the thermal timescale of
∼104 yr) the angular momentum of the tidally disrupted white
dwarf can be redistributed in the surface of the central star,
leading to a rotating configuration with a hot envelope and with
almost all the mass of the secondary star. These works also
computed the thermal evolution of the post-merger remnant
characterized by a timescale of the order of 103–104 yr. Schwab
et al. (2012) studied the merger of a – M0.9 0.6 white dwarf
binary, and Schwab et al. (2012, 2016) extended the initial
conditions’ parameter space, but the evolution of the post-
merger configuration in the presence of a magnetic field of the
central white dwarf was not considered. These configurations
spin down during the viscous evolution, while our super-
Chandrasekhar remnants spin up during the entire evolution,
even in the case of angular momentum losses.

There are two works considering the effect of the magnetic
field during the dynamical timescale of the merger (Zhu
et al. 2015) and in the viscous timescale of the post-merger
evolution (Ji et al. 2013). In these works, the evolution of the
system magnetic field is followed in a different fashion with
respect to our approach, since we have adopted a dipole
magnetic field with constant magnitude and inclination angle.
Assuming as an initial condition the remnant of the merger of a
0.6– M0.6 carbon–oxygen white dwarf binary from the
SPH simulation of Lorén-Aguilar et al. (2009), Ji et al.
(2013) evolve the system for 3×104 s with the FLASH code in
a 2D axisymmetric cylindrical Eulerian grid. They introduced a
weak poloidal magnetic field and showed that the magnetor-
otational instability developed in the disk leads to a rapid
growth of its magnetic field, the spin-down of the white dwarf
remnant, and its magnetization to field strengths around
∼2×108 G. They computed an effective magnetic Shakura–
Sunyaev parameter of the order of aá ñ ~ 0.01m , a value one
order of magnitude smaller than the α we adopted here. They
found that the white dwarf magnetic field varies with time,
indicating a disordered interior magnetic field. At the end of the
simulation the magnetic field toroidal component is 1.5 times
bigger than the poloidal one. In our model we have assumed a
dipole magnetic field aligned with the white dwarf rotation
axis. In this case, the magnetic field has no toroidal component.
However, the simulations of Ji et al. (2013) have limited
resolution, and the field strengths are affected by numerical
resistivity. In addition, in these magnetohydrodynamics
simulations the disk lost almost 90% of its initial mass, with
82% of it accreted by the white dwarf remnant and the rest
going into outflows of which about 10−3 Me are ejected and
unbound to the system. The central white dwarf spins down,

losing angular momentum owing to the development of
Maxwell stresses at the white dwarf boundary. A direct
comparison is difficult, since we have studied super-Chan-
drasekhar white dwarfs with initial angular velocity one order
of magnitude higher than that studied by Ji et al. (2013)
(ΩWD,0=0.03 s−1). However, one difference is that in our
model the white dwarf first gains angular momentum owing to
the mass accretion and then loses it owing to the magnetic
torque.
Zhu et al. (2015) simulated the merger of a 0.625–0.65Me

carbon–oxygen white dwarf binary, giving to each white dwarf
a dipole seed magnetic field with the moving-mesh code
AREPO (Springel 2010). They found that during the merger
dynamics the magnetic field was too weak to have an effect on
the evolution, obtaining a final remnant composed by a
degenerate core with a thermally supported envelope sur-
rounded by a rotationally supported disk. This configuration is
similar to the one obtained in the SPH simulations (Zhu
et al. 2013). However, the remnant magnetic field has a
complex structure with a volume-averaged field strength
>1010G in the core, with both poloidal and toroidal
components.
Table 3 summarizes the main features of the post-merger

evolution studied in this paper and the comparison with those
of the works discussed above. We specified the binary mass of
the merger configurations studied, the post-merger configura-
tions after the merger (for the works of Yoon et al. 2007; van
Kerkwijk et al. 2010; Zhu et al. 2013) or after the viscous
evolutions of the system (for the works of Schwab et al. 2012;
Shen et al. 2012; Ji et al. 2013), and the magnitude and
configuration of the central remnant magnetic field (if it is
considered). In the last column, we specified whether the
central remnant developed conditions for an off-center or center
carbon ignition.

7. Conclusions

The evolution of the remnant of the merger of a binary white
dwarf is still an open problem. Detailed hydrodynamical
simulations show that the product of the merger consists of a
central white dwarf that rotates as a rigid body, surrounded by a
hot, rapidly rotating corona—which has been proven to
produce large magnetic fields—and a Keplerian disk. In this
paper we studied the evolution of metastable, magnetized
super-Chandrasekhar white dwarfs formed in the aftermath of
the merger of close binary systems made of two white dwarfs.
Our simulations take into account the magnetic torques

acting on the star, accretion from the Keplerian disk, and the
threading of the magnetic field lines through the disk—
therefore improving previous calculations of this kind.
Furthermore, in our computations—at odds with previous
efforts—we employ a mass–radius relationship for rotating
white dwarfs. Also, our calculations incorporate the thermal
evolution of the white dwarf.
Furthermore, our simulations were performed using two

different prescriptions for the mass accretion rate on the central
white dwarf. In a first set of simulations we adopted an
accretion rate set by the cooling timescale of the Keplerian
disk, whereas in the second suite of models the adopted
accretion rate was computed using the viscous timescale of the
disk. These two prescriptions for the accretion rate cover a very
large range of values and therefore allow us to investigate the
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Table 3
Comparison with Previous Works

Work Merger Configuration Post-merger Configurations
Magnetic
Field

Magnetic Field
Configuration Carbon Ignition

Yoon et al. (2007) 0.9 Me–0.6Me, 0.9 Me–0.7Me, 1.0 Me–1.0Me Slowly rotating cold core (0.6 Me) with a rapidly
rotating hot envelope (0.5 Me) + a Keplerian disk
(0.4 Me)

L L Center/off-center ignition

van Kerkwijk
et al. (2010)

0.6 Me–0.6 Me, C/O WD Rapidly rotating WD + thick disk L L Center ignition

Shen et al. (2012) 0.6 Me–0.9 Me, C/O WD WD (∼0.9 Me) with a hot, slowly rotating and radially
extended envelope supported by thermal pressure
(∼0.6Me)

L L Off-center ignition that leads
to a high-mass O/Ne WD

Schwab et al. (2012)/
Schwab et al. (2016)

0.6 Me–0.9 Me, 0.9 Me–1.2 Me, C/O WD WD with a thermally supported envelope (1.5 Me) L L Off-center ignition that leads
to an O/Ne WD

Ji et al. (2013) 0.6 Me–0.6 Me, C/O WD Rotating WD (0.96 Me) surrounded by a hot corona
(0.04 Me) + thick disk (0.2 Me)

2×108 G ~ 1.5B

B
t

p
Center ignition

Zhu et al. (2015) 0.625 Me–0.65 Me, C/O WD WD (0.64 Me) surrounded by thermally supported hot
envelope (0.42 Me) + disk (0.21 Me)

4×1010 G E

E
Bt

B
=0.6 L

This work 0.78 Me–1.12 Me, C/O WD 1.45 Me rigidly rotating super-Chandrasekhar WD +
0.45 Me thin Keplerian disk

[106, 109] G Poloidal Center/off-center ignition

Note. Bt/Bp: ratio of the toroidal to the poloidal field strength. E E :Bt B ratio of the toroidal to the total magnetic energy.
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possible outcomes of the evolution of these systems in a quite
generic way.

Finally, we also explored the effects of the adopted set of
initial parameters. These include the mass of the remnant star,
its radius, angular velocity, and moment of inertia, as well as
the strength of the magnetic field. We showed that the
timescale in which the newly formed white dwarf evolves to
reach the thermodynamical conditions for carbon to be burned
explosively, or to reach the Keplerian mass shedding, secular
axisymmetric instability, or inverse beta-decay instability
depends crucially on all these parameters.

However, we have made a number of assumptions that might
be relaxed in forthcoming works. For instance, we allow a
nonzero inclination angle between the spin axis and the
orientation of the dipole magnetic field and its evolution with
time. Also, the post-merger central remnant rotates differen-
tially between the core and the corona, while we have adopted
a totally rigid central remnant. Thus, the model can be
improved by implementing a transport mechanism for the
angular momentum in the interior of the central white dwarf
remnant.

For the accretion rate prescription set by the viscous
timescale, we have adopted a geometrically thin disk model.
At the early times in the evolution of the post-merger remnant,
we obtain a highly super-Eddington accretion rate of up to
10−1Me s−1. The dissipation required to produce the needed
very short viscous timescales might heat the disk to the point of
carbon ignition (Mochkovitch & Livio 1990), but we did not
consider these heating effects in the present work. The disk of
the post-merger remnant could be best described by a thick-
disk model. This might also be studied in a forthcoming work.

On the other hand, we have approximated the white dwarf
magnetic field to a prefect dipole configuration, but this is not
necessarily the case, as has been shown by the MHD
simulations of Ji et al. (2013) and Zhu et al. (2015). This
work could be extended in order to introduce additional
configurations of the magnetic field and its interaction with the
surrounding disk.

We showed that in most of our models carbon reactions are
highly efficient in heating the interior of the remnant, with
timescales shorter than the dynamical time. This can happen
either in the outer layers or at the center of the newly formed
white dwarf, depending on the initial conditions of the white
dwarf and on the efficiency of mass accretion and angular
momentum evolution (see Figure 10). In most cases, the time it
takes the star to reach explosive conditions is shorter than that
needed to reach the inverse beta-decay instability or the secular
instability, which lead to gravitational collapse. Hence, we
conclude that the central white dwarf can reach conditions for a
delayed explosion for a sufficiently broad set of initial
conditions. Whether carbon is ignited at the center or is burned
off-center depends crucially on the magnetic field strength and
is almost independent of the post-merger WD initial angular
velocity. Our simulations show that when the magnetic field is
weak, carbon is ignited off-center, while central explosions are
the outcome when an ordered global strong dipole magnetic
field is produced in the hot, rapidly rotating convective corona
formed in the aftermath of white dwarf mergers. Naturally, this
depends on whether the stellar dynamo is saturated or not.

In summary, spinning, magnetized, super-Chandrasekhar
white dwarfs, resulting from the merger of two less massive
white dwarfs that do not produce an SN Ia in a violent merger,

can produce a delayed explosion, provided that the remnant is
massive enough and a strong magnetic field is produced during
the merger.

During the refereeing process of this work our colleague and
dear friend Enrique García-Berro sadly passed away. To him
and to his memory, we dedicate this work and express all our
gratitude. We thank the referee for the detailed comments and
suggestions, which helped improve the presentation of our
results. Part of this work was supported by MINECO grant
AYA2014-59084-P and by the AGAUR.
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1 Introduction

Following our recent determination of the “helicoidal-drifting-sequence” (hereafter HDS) of
a test particle around a Kerr black hole, we attempt to understand the methodology followed
in the construction of the waveform templates publicly available from numerical-relativity
simulations. For this scope we shall make use of the waveforms of the SXS catalog (see [1]
for details), obtained from simulations of binary black-hole coalescences with the Spectral
Einstein Code (SpEC).

We adopt the following three steps, which we do not consider to be necessarily valid,
adopted only for the sake of a working hypothesis:

1. We adopt the HDS for a test particle following our previous work ([2]).

2. In order to step from a test particle of mass m to a binary black hole of comparable
masses m1 and m2, we adopt the Newtonian-center-of-mass description assuming m =
µ, where µ = m1m2/M is the reduced mass of the binary and M = m1 + m2 is the
total binary mass.

3. We compute the waveform of the HDS all the way up to the passage over the last
circular orbit, as originally introduced by [3]. As shown in [2], we do not expect any
significant gravitational-wave emission during the final smooth merging of the particle
into the Kerr black hole.

2 General considerations of the reduced mass

It is clear already from the Newtonian-center-of-mass approach that the dimensionless spin
parameter, a/M , where a = J/M = µ

√
r/M is the orbital angular momentum per unit mass

and r is the objects interdistance, is typically much larger than unity in any self-gravitating
binary system of comparable masses. For equal-masses, it converges from above, namely from
a/M > 1, to a/M = 1 only when r = 16M . This implies that only massive neutron stars
or black holes can reach black hole formation in their final merger process. Most important,

– 1 –
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the condition of a/M = 1 under these conditions can only by reach from above, i.e. from
a/M > 1, and not by accretion. This gives a tangible way to see implemented, by emission
of gravitational waves, the no-hair theorem (see, e.g., figure 1 in [4]).

We consider in our previous work ([2]) the gravitational-wave emission of a test particle,
initially in circular orbit around a Schwarzschild or a Kerr black hole. We include the
gravitational-wave radiation-reaction into the equations of motion to compute the dynamical
evolution of the particle, obtaining the HDS of orbits all the way up to the final smooth
merger of the particle into the black hole.

Having obtained this result we here proceed, following similar attempts in the literature,
to adopt the HDS of the test particle as an effective body to describe the merger of two black
holes of comparable mass. We can not refrain from expressing our surprise for the agreement
of this treatment with the one of numerical-relativity waveform templates.

3 Test-particle waveform

During the initial phases of the HDS of the particle, the motion is quasi-circular, namely
the radial velocity is relatively small with respect to the tangential velocity. Thus, the
gravitational waveform can be, in first approximation, constructed from circular-orbit waves.
The gravitational wave can be obtained from the scalar ψ4 as [5]:

1

2

(
h+ − ih×

)
= − 1

R

∑

l,m

ZHlm
ω2
m
−2Slm(Θ)eimΦe−iωm(t−R∗), (3.1)

where R is the distance from the Kerr black hole to the observer, Θ is the angle between
the axis of rotation and the observer, Φ is the azimuthal coordinate of the orbiting body
at t = 0; R∗ is the Kerr “tortoise” coordinate, and −2Slm are the spheroidal harmonics of
spin −2 [6]. The complex numbers ZHlmω that depend on ωm = mω, where ω is the orbital
angular velocity, where computed in [2] to estimate the gravitational-wave radiation flux,
dE/dt, for a particle moving in a circular orbit on the Kerr metric. This radiation has been
computed in the Teukolsky’s formalism of curvature perturbations [6, 7] with the aid of the
Sasaki-Nakamura radial equation [8, 9].

As the HDS of orbits progresses, the wave frequency changes with time and we evaluate
the acquisition of radial momentum. This implies that the complex number Zlmω evolves
with time, inducing a variable wave amplitude and phase shift. We also replace ωm(t−R∗)
in the exponential by mφ(t−R∗) (see, e.g., [10]), where φ is the azimuthal coordinate of the
test particle along the trajectory. We compute the particle’s trajectory following our previous
work ([2]) from the equations of motion associated with the Hamiltonian (see, e.g., [11], and
references therein)

H = −Pt = −N iPi +N
√
m2 + γijPiPj , (3.2)

where N = 1/
√
−g00, N i = −gti/gtt and γij = gij + N iN j/N2 = gij − gtigtj/gtt. The

Latin index stands for the spatial coordinates (r, θ, φ) and Pi are the spatial momenta. The
equations of motion on the equatorial plane θ = π/2 are (see [2] for details)

dr

dt
=
∂H

∂Pr
,

dφ

dt
=
∂H

∂Pφ
, (3.3)

dPr
dt

= −∂H
∂r

,
dPφ
dt

= − 1

ω

dE

dt
. (3.4)
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As usual we decompose the waveform into the spin-weighted spherical harmonics sYlm(θ, φ)
as follows [12]:

R(h+ − ih×) =
∑

l,m

hlm(t−R∗)−2Ylm(Θ,Φ), (3.5)

where

hlm = −2
Qlm
ω2
m

e−imφ(t−R∗), Qlm =

∫
d(cos Θ)

∑

l′,m′
ZHl′mω−2Sl′m′ω(Θ)−2Ylm(Θ, 0). (3.6)

Near the last circular orbit the radial momentum significantly grows (see figure 2 in [2]).
We include the radial motion effects only implicitly through the orbital phase φ which is
obtained from the numerical integration of eqs. (3.3)–(3.4) which include the effects of both
radial drift and radiation-reaction.

4 Comparison of the waveforms

In order to do the comparison of the treatments, we start the HDS at some large distance r0

at time t = 0 and compute the evolution up to the passage over the last circular orbit, at the
time t = tplunge. Then, we construct the waveform using the method described in the above
section. Since the values of the initial time and phase of the two simulations are arbitrary, we
perform a constant change of time and phase which minimizes the overall differences between
the two waveforms. Since the comparison is in the waveform at infinity, we assume that the
two waveforms are expressed as a function of the same time coordinate.

To quantify the difference between two waveforms one can compute the so-called fitting
factor

F ≡ (h1|h2)/
√

(h1|h1)(h2|h2), (h1|h2) ≡ 4Re

[∫ ∞

0
h1(f)h̃2(f)/Sn(f)df

]
, (4.1)

where f is the gravitational-wave frequency in the detector’s frame, h̃i(f) is the Fourier
transform of the waveform hi(t) and Sn(f) is the power-spectrum density of the detector’s
noise. For the latter we use the Advanced LIGO noise (see, e.g., [13]). Through the fitting
factor one can also define the so-called mismatch, M ≡ 1 − F . Since the function Sn(f) is
given in physical units (Hertz) then a value for the total mass of the system has to be specified
to calculate the fitting factor. For all the examples shown below we set M = 70M�.

Another way to quantify the difference between two waveforms is by the intrinsic time-
domain phase evolution Qω = ω2/ω̇, where ω = dφ/dt and φ is the gravitational-wave phase.
We did not take into account the small correction in the phase from the term Qlm in eq. (3.6)
to avoid the noise arising from the interpolation of the radiation flux. To calculate Qω we
proceed as in ref. [14], although some difficulties were reported there due to the inherent
oscillations present in the numerical-relativity data. We prefer here to not perform any fit of
the function Qω of the numerical-relativity simulation.

4.1 Merging black holes of equal-mass and equal, aligned spins

We turn now to compare and contrast some waveforms of the SXS catalog with the ones
obtained from the HDS treatment of the present work. First, we focus on simulations of
binaries of merging black-holes with equal-mass and equal, aligned spins.
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Figure 1. Comparison of the HDS and the numerical-relativity waveforms. Top panel: the dashed
orange curve is the numerical-relativity waveform BBH:0230 [1, 15] of the coalescence of a binary
black-hole with m1 = m2 and a1/m1 = a2/m2 = 0.8, forming a Kerr black hole with spin parameter
af/Mf = 0.907516. The continuous blue curve is the test-particle waveform during the HDS adopting
m = M/4 and a dimensionless spin of the Kerr black hole nearly equal to the one of the newly-formed
Kerr black hole of the merger simulation, 0.9075. The time is normalized to the total binary mass,
M , and the comparison is made up to the instant of passage of the test particle at the location of the
last stable circular orbit. For the sake of clarity we show here the waveforms in the last part of the
evolution. Left lower panel: intrinsic time-domain phase difference evolution ∆Qω = |QTP

ω −QNR
ω | as

a function of the frequency of the l = m = 2 gravitational-wave mode, ω22. We recall that, in this
regime of the inspiraling ω22 ≈ 2ω, where ω is the orbital angular velocity. Right lower panel: phase
difference ∆φ (in radians; green curve) and relative difference of the amplitudes of the two waveforms
shown in the top panel during the entire time of the comparison.

We start the comparison with the numerical-relativity simulation BBH:0230 [1, 15]:
the coalescence of two black holes with m1 = m2 = M/2 and dimensionless spin parameters
a1/m1 = a2/m2 = 0.8, forming a Kerr black hole with dimensionless spin parameter af/Mf =
0.907516. This system is particularly interesting since it is characterized by equal-mass and
high-spin components, properties which are in principle different from the non-spinning, test
particle domain which we adopt here. No agreement between the two treatments should be
a priori expected.

Figure 1 shows the comparison of the two waveforms, the one of numerical-relativity
simulations with the one of a test particle during the HDS around a Kerr black hole. We
adopt a test particle of mass m = µ = m1m2/M = M/4 and a Kerr black hole with spin
parameter nearly equal to the one of the newly-formed Kerr black hole in the merger, i.e.
0.9075. For completeness of the comparison we also show, for this time-interval, the intrinsic
time-domain phase evolution Qω, and the difference between the gravitational-wave phases,
∆φ (green curve), and the relative difference between the waveform amplitudes, ∆A/A (red
curve).

We obtain for the waveforms of figure 1 a value F ≈ 0.993, so a mismatch M = 0.007,
during the entire time-interval of the comparison, i.e. t/M ≈ 1702.03–6182.19, corresponding
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Figure 2. Comparison of the HDS and the numerical-relativity waveforms. Top panel: the dashed
orange curve is the numerical-relativity waveform BBH:0228 [1, 15] of the coalescence of a binary
black-hole with m1 = m2 and a1/m1 = a2/m2 = 0.6, forming a Kerr black hole with spin parameter
af/Mf = 0.857813. The continuous blue curve is the test-particle waveform during the HDS adopting
m = M/4 and a dimensionless spin of the Kerr black hole aeff/M = 0.8. We use for the HDS
the same mass-ratio of the numerical-relativity simulation. Left lower panel: intrinsic time-domain
phase difference evolution ∆Qω = |QTP

ω − QNR
ω | as a function of the frequency of the l = m = 2

gravitational-wave mode, ω22. Right lower panel: phase difference ∆φ (in radians; green curve) and
relative difference of the amplitudes of the two waveforms.

to an interval of separation distances r/M = 14.95–2.27, where the latter is the location of
the last circular orbit. It can be seen that, regardless of the Qω oscillations for the numerical-
relativity data, ∆Qω = |QTP

ω −QNR
ω | / 1.

The above agreement between the two waveforms, both in amplitude and in phase,
is remarkable and unexpected. We now proceed to the results of additional representative
cases. We show in figure 2 the comparison with the numerical-relativity simulation BBH:0228

characterized by two black holes with aligned spins a1/m1 = a2/m2 = 0.6 that merge and
form a black hole with spin af/Mf = 0.857813 [1, 15]. We found here a new feature with
respect to the previous comparison: the best matching waveform did not correspond to the
one generated by the HDS in a Kerr black hole with (nearly) the same spin of the newly-
formed black hole. Instead, we found that the agreement is obtained for the HDS in a Kerr
black hole with an “effective” spin parameter aeff/M = 0.8. The fitting factor for this case
is F = 0.972.

The above simulation hinted us the existence of an effective spin parameter for our
simulations for which there is a very good matching with the numerical-relativity simulations.
Thus, we performed more comparisons with other waveforms of the SXS catalog to confirm
it. The results are presented in figure 3 and table 1. We can conclude from this first part
of our analysis that, if we adopt for the HDS treatment the same mass ratio as the one of
the numerical-relativity simulation, it can be always found an effective spin of the Kerr black
hole of the HDS approach for which the waveforms of the two treatments are in excellent
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Figure 3. Comparison of numerical-relativity waveform and HDS waveforms. Left panel: BBH:0157,
coalescence of a binary black-hole with m1 = m2 and a1/m1 = a2/m2 = 0.949586, forming a Kerr
black hole with spin parameter af/Mf = 0.940851 [1, 16]. For the HDS treatment we find an effective
spin parameter aeff/Mf = 0.99. Right panel: BBH:0001, coalescence of a binary black-hole with
m1 = m2 and a1/m1 = a2/m2 = 1.2 × 10−7 (i.e. spinless case), forming a Kerr black hole with spin
parameter af/Mf = 0.686461 [1, 17]. For the HDS treatment we find an effective spin parameter
aeff/M = 0.36. Again, we found that the effective spin parameter of the Kerr black hole in the HDS
treatment is neither the one of the newly-formed black hole nor the one of the merging black holes of
the numerical-relativity simulation.

Simulation ai/mi af/Mf aeff/Mf F

BBH:0001 1.209309× 10−7 0.686461 0.36 0.96

BBH:0157 0.949586 0.940851 0.99 0.93

BBH:0228 0.600000 0.857813 0.80 0.972

BBH:0230 0.800000 0.907516 0.9075 0.993

Table 1. Column 1: code of the numerical-relativity simulation of the SXS catalog [1]. Column 2:
spin parameter of the merging black holes, ai/mi. Column 3: spin parameter of the newly-formed
black hole, af/mf . Column 4: effective spin aeff/Mf of the Kerr black hole in the HDS treatment
that gives good agreement with the numerical-relativity simulation. Column 5: fitting factor between
the numerical-relativity and HDS waveforms. All the simulations are for equal-mass binaries.

agreement. It can be also seen from ∆Qω that, regardless of the oscillations inherent in the
numerical-relativity simulations, the two phase evolutions agree each other. Nevertheless, it
can be seen that the agreement between the two waveforms decreases in some part of the
evolution, suggesting that the effective spin aeff might change with time.

4.2 Merging black holes of unequal-mass and spinless

We also analyzed the case of spinless merging black holes for different mass ratios, q =
m2/m1 = 1, 1/2, 1/3, 1/4, with m1 ≥ m2 (see figure 4). We have found that the effective spin
varies proportionally with the binary mass ratio. This also shows that, although the black
holes do not spin, there is some spin on the background spacetime even before the formation
of the final spinning black hole. The effective spin turned out to be always lower than the
spin of the newly-formed black hole.

As we have mentioned, the formation of the Kerr black hole from binaries of black
holes of comparable masses occurs from above, namely from a/M > 1 at larger distances
to a/M . 1 as the objects approach each other. Only in the case of binaries with extreme
mass-ratios µ/M � 1, the merger leads to a slowly-rotating black hole, and, only when
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Figure 4. Comparison of three numerical-relativity simulations of spinless merging binary black
holes with the current HDS approach. Top left panel: BBH:0169 numerical-relativity waveform of
mass ratio q = 1/2 [1, 18]. The effective spin for this case is aeff/Mf = 0.33 and the fitting factor
between the two waveforms is F = 0.95. Top right panel: BBH:0030 numerical-relativity waveform
of mass ratio q = 1/3 [1, 17]. The effective spin is aeff/Mf = 0.29 and the fitting factor F = 0.965.
Bottom panel: BBH:0182 numerical-relativity simulation of mass ratio q = 1/4 [1, 19]. The effective
spin is aeff/Mf = 0.25 and the fitting factor F = 0.963.

µ/M → 0, the formation of a Schwarzschild black hole can be approached. This is consistent
with our results above of an effective spin of the black hole proportional to the mass ratio,
so that we expect a vanishing spin, i.e. a Schwarzschild black hole, only in the limiting case
of a vanishing mass ratio.

5 Mass of the newly-formed black hole

We have shown in [2] that no significant gravitational radiation is expected after the passage
of the test particle over the last circular orbit. Thus, the mass of the newly-formed black
hole is expected to be

MBH = M −∆Erad, (5.1)

∆Erad = m−Hplunge, (5.2)

where Hplunge ≡ H(t = tplunge) is the value of the Hamiltonian (energy) of the particle (3.2)
during the final smoothly merging into the black hole (see [2] for details). As we have shown
in [2] (see section V therein), due to the radial drift and the radiation-reaction effects leading
to the HDS, when the particle passes over the location of the last circular orbit Hplunge is
smaller than the energy of a particle in circular orbit in the Kerr geometry:

E

m
=

r2 − 2Mr + aM1/2r1/2

r(r2 − 3Mr + 2aM1/2r1/2)1/2
, (5.3)
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Figure 5. Comparison of the mass of the newly-formed black hole predicted by the HDS of the
test particle and numerical-relativity simulations of binary black hole mergers. Blue-solid curve:
numerical-relativity simulations ([1]) for coalescences of binary black holes with different values of the
mass-ratio q = m2/m1 (we adopt m1 ≥ m2), thus different values of the ratio µ = M = q/(1 + q)2,
and non-spinning, i.e. a1/m1 = a2/m2 = 0.0. Red-dashed curve: test particle prediction by eq. (5.1)
adopting ∆Erad = m−Hplunge, eq. (5.2). Green-dot-dashed curve: test particle prediction by eq. (5.1)
adopting ∆Erad = m−ELCO with ELCO given by eq. (5.3), evaluated at the last circular orbit of the
formed Kerr black hole. In our treatment we adopt the mass of the particle, m, equal to the binary
reduced-mass, µ, and the spin of the Kerr black hole equal to spin of the newly-formed black hole in
the merger. These simulations range values of spin parameter from ≈ 0.3 in for µ/M ≈ 0.1 to ≈ 0.7
for µ/M = 0.25.

evaluated at the last circular orbit, which facilitates the smooth merging of the particle to
the Kerr black hole (see [2] for details).

We compare and contrast in figure 5 the mass of the newly-formed black hole predicted
by the test particle treatment (5.1) and by the numerical-relativity simulations [1]. The
numerical-relativity data in this plot refer to all the available simulations of the waveform
catalog of coalescences of binary black holes with non-spinning components. These simu-
lations correspond to different values of the mass-ratio q = m2/m1 (we adopt m1 ≥ m2),
thus different values of the ratio µ/M = q/(1 + q)2. In the case of the above simulations
of non-spinning components, the spin parameter of the newly-formed Kerr black hole ranges
from ≈ 0.3 (for µ/M ≈ 0.1) to ≈ 0.7 (for µ/M = 1/4). We recall that we adopt in the
comparison the spin of the Kerr black hole equal to spin of the newly-formed black hole in
the numerical-relativity merger simulation.

We find that despite the agreement in the waveforms, the mass of the newly-formed
black hole in numerical-relativity simulations is smaller than the one from the HDS of the
test particle. It implies the existence in the numerical-relativity simulations of an additional
gravitational radiation after the passage of the particle over the last circular orbit, in contrast
with the expectations from our results in [2]. At this stage, we do not find any physical reason
that explains such an extra loss of gravitational energy at expenses of the black hole mass.
We have pointed out in [2] the disagreement between our estimates of the energy radiated
with the ones in [20], which also obtain a much larger radiation from their semi-analytic
treatment of the final plunge of the particle into the Kerr black hole.
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We are currently performing numerical calculations of the gravitational radiation from
the Teukolsky equation adopting the actual plunge trajectory into the Kerr black hole after
the last circular orbit as described in [2]. The results will be presented elsewhere including a
waveform analysis.

6 Conclusions

1. It has been often emphasized in the literature by different groups the necessity of large
computing facilities to perform numerical-relativity simulations (see [21] for a recent
review, and references therein). However, the results of this article show they can be
reproduced with the above theoretical treatment on a single laptop, representing an
alternative, more direct, approach.

2. Of course this remarkable agreement does not prove the physical veracity of the assump-
tions we have made but, on the contrary, requires that more input on the assumptions
and details of the numerical-relativity simulations be made publicly available, in order
to formulate a diagnosis of this unexpected result and a priori unlikely theoretical event.

3. The agreement between the two treatments, with and without considering the intrinsic
spins of the merging black holes, appears to be due to the dominating value of the binary
angular momentum over the one of the individual spins of the merging black holes.
What clearly stands from this Letter is a call for attention to the non-applicability
of relativistic orbits in the Schwarzschild metric and the neglect of the total binary
angular momentum which needs to be taken to the general attention.
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Abstract

The induced gravitational collapse paradigm of long gamma-ray bursts associated with supernovae (SNe) predicts
a copious neutrino–antineutrino (nn̄) emission owing to the hypercritical accretion process of SN ejecta onto a
neutron star (NS) binary companion. The neutrino emission can reach luminosities of up to 1057MeVs−1, mean
neutrino energies of 20MeV, and neutrino densities of 1031 cm−3. Along their path from the vicinity of the NS
surface outward, such neutrinos experience flavor transformations dictated by the neutrino-to-electron-density
ratio. We determine the neutrino and electron on the accretion zone and use them to compute the neutrino flavor
evolution. For normal and inverted neutrino mass hierarchies and within the two-flavor formalism (n ne x), we
estimate the final electronic and nonelectronic neutrino content after two oscillation processes: (1) neutrino
collective effects due to neutrino self-interactions where the neutrino density dominates, and (2) the Mikheyev–
Smirnov–Wolfenstein effect, where the electron density dominates. We find that the final neutrino content is
composed by ∼55% (∼62%) of electronic neutrinos, i.e., n n+ ¯e e, for the normal (inverted) neutrino mass
hierarchy. The results of this work are the first step toward the characterization of a novel source of astrophysical
MeV neutrinos in addition to core-collapse SNe and, as such, deserve further attention.

Key words: accretion, accretion disks – gamma-ray burst: general – neutrinos – stars: neutron – supernovae:
general

1. Introduction

The emergent picture of gamma-ray bursts (GRBs) is that
both short-duration and long-duration GRBs originate from
binary systems (Ruffini et al. 2016b).

Short bursts originate from neutron star–neutron star
(NS–NS) or neutron star–black hole (NS–BH) mergers (see,
e.g., Goodman 1986; Paczynski 1986; Eichler et al. 1989;
Narayan et al. 1991). For this case Narayan et al. (1992)
introduced the role of neutrino–antineutrino (nn̄) annihilation
leading to the formation of an electron–positron plasma ( - +e e )
in NS–NS and NS–BH mergers. Such a result triggered many
theoretical works, including the general relativistic treatment by
Salmonson & Wilson (2002) of the nn̄ annihilation process
giving rise to the - +e e plasma in an NS–NS system.

For long bursts we stand on the induced gravitational
collapse (IGC) paradigm (Ruffini et al. 2006, 2008, 2015b;
Izzo et al. 2012; Rueda & Ruffini 2012; Fryer et al. 2014),
based on the hypercritical accretion process of the supernova
(SN) ejecta of the explosion of a carbon-oxygen core (COcore)
onto an NS binary companion. In the above processes, the
emission of neutrinos is a key ingredient.

We focus hereafter on the neutrino emission of long bursts
within the IGC scenario. The role of neutrinos in this paradigm
has been recently addressed by Fryer et al. (2014, 2015) and
Becerra et al. (2015, 2016). The hypercritical accretion of the
SN ejecta onto the NS companion can reach very high rates of
up to 10−2Me s−1, and its duration can be of the order of
10–104s depending on the binary parameters. The photons
become trapped within the accretion flow and thus do not
serve as an energy sink. The high temperature developed on
the NS surface leads to e−e+ pairs that, via weak interactions,

annihilate into nn̄ pairs with neutrino luminosities of up to
1052 erg s−1 for the highest accretion rates. Thus, this process
dominates the cooling and gives rise to a very efficient
conversion of the gravitational energy gained by accretion into
radiation. We refer to Becerra et al. (2016) for further details on
this process.
The above hypercritical accretion process can lead the NS to

two alternative fates, leading to the existence of two long GRB
subclasses (Fryer et al. 2014, 2015; Becerra et al. 2015, 2016;
Ruffini et al. 2016b):

I. The hypercritical accretion leads to a more massive
NS companion but not to a BH. These binaries explain
the X-ray flashes (XRFs): long bursts with isotropic
energy Eiso1052 erg and rest-frame spectral peak
energy Ep,i200 keV (see Ruffini et al. 2016b, for
further details). The local observed number density
rate of this GRB subclass is (Ruffini et al. 2016b)
r = -

+ - -100 Gpc yrGRB 34
45 3 1.

II. The hypercritical accretion is high enough to make the
NS reach its critical mass, triggering its gravitational
collapse with consequent BH formation. These binaries
explain the binary-driven hypernovae (BdHNe): long
bursts with Eiso1052 erg and Ep,i200 keV (see
Ruffini et al. 2016b, for further details). The local
observed number density rate of this GRB subclass is
(Ruffini et al. 2016b) r = -

+ - -0.77 Gpc yrGRB 0.08
0.09 3 1.

Simulations of the hypercritical accretion process in the
above binaries have been presented in Fryer et al. (2014, 2015)
and Becerra et al. (2015, 2016). It has been shown how, thanks
to the development of a copious neutrino emission near the NS
surface, the NS is allowed to accrete matter from the SN at very
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high rates. The specific conditions leading to XRFs and
BdHNe, as well as a detailed analysis of the neutrino
production in these systems, have been presented in Becerra
et al. (2016). Neutrino emission can reach luminosities of
1052ergs−1 and the mean neutrino energy of the order of
20MeV. Under these conditions, XRFs and BdHNe become
astrophysical laboratories for MeV-neutrino physics additional
to core-collapse SNe.

On the other hand, the emission of TeV–PeV neutrinos is
relevant for the observations of detectors such as the IceCube
(Aartsen et al. 2013). High-energy neutrino emission mechan-
isms have been proposed within the context of the traditional
model of long GRBs. In the traditional “collapsar” scenario
(Woosley 1993; Paczyński 1998; MacFadyen &Woosley 1999)
the gravitational collapse of a single, fast-rotating, massive
star originates a BH surrounded by a massive accretion disk
(see, e.g., Piran 2004, for a review), and the GRB dynamics
follows the “fireball” model that assumes the existence of an
ultrarelativistic collimated jet with Lorentz factor Γ∼ 102–103

(see, e.g., Shemi & Piran 1990; Meszaros et al. 1993; Piran
et al. 1993; Mao & Yi 1994). This scenario has been adopted
for the explanation of the prompt emission, as well as both the
afterglow and the GeV emission of long GRBs. The GRB
light-curve structures are there described by (internal or
external) shocks (see, e.g., Rees & Meszaros 1992, 1994).
The high-energy neutrinos in this context are produced from
the interaction of shock-accelerated cosmic rays (e.g., protons)
with the interstellar medium (see, e.g., Agostini et al. 2017;
Kumar & Zhang 2015, and references therein). A recent
analysis of the thermal emission of the X-ray flares observed in
the early afterglow of long GRBs (at source rest-frame times
t∼ 102 s) shows that it occurs at radii ∼1012 cm and expands
with a mildly relativistic Γ4 (see Ruffini et al. 2018, for
further details). This rules out the ultrarelativistic expansion in
the GRB afterglow traditionally adopted in the literature.
Interestingly, the aforementioned mechanisms of high-energy
neutrino production conceived in the collapsar-fireball model
can still be relevant in the context of BdHNe and authentic
short GRBs (S-GRBs, NS–NS mergers with Eiso1052 erg
leading to BH formation; see Ruffini et al. 2016b, for the
classification of long and short bursts in seven different
subclasses). The emission in the 0.1–100 GeV energy band
observed in these two GRB subclasses has been shown to be
well explained by a subsequent accretion process onto the
newly born BH (Ruffini et al. 2015a, 2015b, 2016a, 2016b;
Aimuratov et al. 2017; see also Aimuratov et al., in
preparation). Such GeV emission is not causally connected
either with the prompt emission or with the afterglow emission
composing the flaring activity (Ruffini et al. 2018). An
ultrarelativistic expanding component is therefore expected to
occur in BdHNe and S-GRBs, which deserves to be explored in
forthcoming studies as a possible source of high-energy
neutrinos. Specifically, this motivates the present article to
identify the possible additional channels to be explored in the
hypercritical accretion not around an NS but around a BH.

The aim of this article is to extend the analysis of the MeV-
neutrino emission in the hypercritical accretion process around
an NS in the XRFs and BdHNe to assess the possible
occurrence of neutrino flavor oscillations.

We shall show in this work that, before escaping to the outer
space, i.e., outside the Bondi–Hoyle accretion region, the
neutrinos experience an interesting phenomenology. The

neutrino density near the NS surface is so high that the
neutrino self-interaction potential, usually negligible in other
very well known scenarios such as the Sun, the upper layers of
Earth’s atmosphere, and terrestrial reactor and accelerator
experiments, becomes more relevant than the matter potential
responsible for the famous Mikheyev–Smirnov–Wolfenstein
(MSW) effect (Wolfenstein 1978; Mikheev & Smirnov 1986).
A number of papers have been dedicated to the consequences
of the neutrino self-interaction dominance (Notzold &
Raffelt 1988; Pantaleone 1992; Qian & Fuller 1995; Pastor &
Raffelt 2002; Sawyer 2005; Duan et al. 2006b, 2007,
2008a, 2008b, 2010; Fuller & Qian 2006; Esteban-Pretel
et al. 2007, 2008; Fogli et al. 2007; Raffelt & Sigl 2007;
Chakraborty et al. 2008; Dasgupta & Dighe 2008; Dasgupta
et al. 2008a; Sawyer 2009; Wu & Qian 2011), most of them
focused on SN neutrinos. In these cases, the SN induces the
appearance of collective effects such as synchronized and
bipolar oscillations leading to an entirely new flavor content of
emitted neutrinos when compared with the spectrum created
deep inside the star. The density of neutrinos produced in the
hypercritical accretion process of XRFs and BdHNe is such
that the neutrino self-interactions, as in the case of SNe,
dominate the neutrino flavor evolution, giving rise to the
aforementioned collective effects. The main neutrino source, in
this case, is the nn̄ pair production from e−e+ annihilation
(Becerra et al. 2016), which leads to an equal number of
neutrinos and antineutrinos of each type. This equality does not
happen in the SN standard scenario. We will show that bipolar
oscillations, inducing very quick flavor pair conversions
n n n n n n« «m m t t¯ ¯ ¯e e , can occur with oscillation length as small
as O(0.05–1) kilometers. However, the n n–¯ symmetry char-
acterizing our system leads to the occurrence of kinematic
decoherence, making the neutrino flavor content reach
equipartition deep inside the accretion zone. In the regions
far from the NS surface where the neutrino density is not so
high, the matter potential begins to dominate and MSW
resonances can take place. As a result, an entirely different
neutrino flavor content emerges from the Bondi–Hoyle surface
when compared with what was originally created in the bottom
of the accretion zone.
This article is organized as follows. In Section 2 we outline

the general features of the accretion process onto the NS within
the IGC paradigm and present the processes responsible for the
neutrino creation. From these features, we obtain the distribu-
tion functions that describe the neutrino spectrum near the NS
surface. Section 3 shows a derivation of the equations that drive
the evolution of neutrino oscillations closely related to the
geometrical and physical characteristics of our system. We
discuss some details on the neutrino oscillation phenomenol-
ogy. Since we have to face a nonlinear integro-differential
system of equations of motion (EoM), we introduce the single-
angle approximation to later recover the full realistic
phenomenology after generalizing our results to the multi-
angle approach and, consequently, de-coherent picture. In
Section 5 the final neutrino emission spectra are presented and
compared with those in which neutrinos are created in the
accretion zone. Finally, we present in Section 6 the conclusions
and some perspectives for future research on this subject.

2. Neutrino Creation during Hypercritical Accretion

The SN material first reaches the gravitational capture region
of the NS companion, namely, the Bondi–Hoyle region. The

2
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infalling material shocks as it piles up onto the NS surface,
forming an accretion zone where it compresses and eventually
becomes sufficiently hot to trigger a highly efficient neutrino
emission process. Neutrinos take away most of the infalling
matter’s gravitational energy gain, letting it reduce its entropy
and be incorporated into the NS. Figure 1 shows a sketch of
this entire hypercritical accretion process.

It was shown in Becerra et al. (2016) that the matter in the
accretion zone near the NS surface develops conditions of
temperature and density such that it is in a nondegenerate,
relativistic, hot plasma state. The most efficient neutrino
emission channel under those conditions becomes the
electron–positron pair annihilation process:

n n- + ¯ ( )e e . 1

The neutrino emissivity produced by this process is
proportional to the accretion rate to the 9/4 power (see below).
This implies that the higher the accretion rate, the higher
the neutrino flux; hence, the largest neutrino flux occurs at the
largest accretion rate.

We turn now to estimating the accretion rate and thus the
neutrino emissivity we expect in our systems.

2.1. Accretion Rate in XRFs and BdHNe

We first discuss the amount of SN matter per unit time
reaching the gravitational capture region of the NS companion,
namely, the Bondi–Hoyle accretion rate. It has been shown in
Bayless et al. (2015) and Becerra et al. (2016) that the shorter
(smaller) the orbital period (separation), the higher the peak
accretion rate Ṁpeak and the shorter the time at which it peaks,
tpeak.

The Bondi–Hoyle accretion rate is proportional to the
density of the accreted matter and inversely proportional to
its velocity. Thus, we expect the accretion rate to increase as
the denser and slower inner layers of the SN reach the accretion
region. Based on these arguments, Becerra et al. (2016) derived
simple, analytic formulae for Ṁpeak and tpeak as a function of the
orbital period (given all the other binary parameters) that catch
both the qualitatively and quantitatively behaviors of these two
quantities obtained from full numerical integration. We refer
the reader to Appendix A of that article for further details. For
the scope of this work these analytic expressions are sufficient
to give us an estimate of the hypercritical accretion rates and
related timescale developed in these systems:
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where P is the orbital period, m is the index of the power-law
density profile of the pre-SN envelope, vstar,0 is the velocity of
the outermost layer of the SN ejecta, M=MCO+MNS is the
total binary mass, and MCO=Menv+MνNS is the total mass of
the COcore given by the envelope mass and the mass of the
central remnant, i.e., the new NS (hereafter νNS) formed from
the region of the COcore that undergoes core collapse (i.e.,
roughly speaking the iron core of density ρcore and radius
Rcore). We here adopt =n M M1.5NS . The parameter η is
given by

h º
+

+ ( ˆ )
( )R

R

m

m R R

1

1
, 3star

0

core star
0
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where Rstar
0 is the total radius of the pre-SN COcore, r̂core and

R̂core are parameters of the pre-SN density profile introduced to
account of the finite size of the envelope, and m is the power-
law index followed by the density profile at radii r> Rcore (see
Becerra et al. 2016, for further details).
Figure 2 shows the peak accretion rate in Equation (2) as a

function of the orbital period. In this example, we consider the
following binary parameters (see Becerra et al. 2016, for
details): a COcore produced by a zero-age main-sequence
(ZAMS) progenitor with MZAMS= 20Me, i.e., MCO= 5.4Me,
an initial NS mass of 2.0Me, and a velocity of the outer-
most ejecta layer vstar,0= 2× 109 cm s−1. For these parameters,
η≈ 0.41.
Becerra et al. (2015, 2016) showed the existence of a

maximum orbital period, Pmax, over which the accretion
onto an NS companion is not high enough to bring it to the
critical mass for gravitational collapse to a BH. As mentioned
in the Introduction, COcore-NS binaries with P> Pmax lead
to XRFs, while the ones with PPmax lead to BdHNe.
For the binary parameters of the example in Figure 2,
Pmax≈ 127 minutes (vertical dashed line). We can therefore
conclude that BdHNe can have peak accretion rates in the
range ~ - - -

˙ –M M10 few 10 speak
3 2 1, while XRFs would

have ~ - - -
˙ –M M10 10 speak

4 3 1.

2.2. Neutrino Emission at Maximum Accretion

For the accretion rate conditions characteristic of our models
at peak ∼10−4 to 10−2Me s−1, pair annihilation dominates the

Figure 1. Schematic representation of the accretion process onto the NS and
the neutrino emission. The supernova-ejected material reaches the NS Bondi–
Hoyle radius and falls onto the NS surface. The material shocks and decelerates
as it piles over the NS surface. At the neutrino emission zone, neutrinos take
away most of the infalling matter’s energy. The neutrino emission allows the
material to reduce its entropy to be incorporated to the NS. The image is not to
scale. For a binary system with MNS=2 Me and RNS=10 km and an
MZAMS=20 Me progenitor, at = - -

Ṁ M10 s2 1, the positions of the Bondi–
Hoyle and Shock radii are 2.3×105 km and 31 km, respectively. The neutrino
emission zone’s thickness is Δrν=0.8 km.
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neutrino emission and electron neutrinos remove the bulk of
the energy (Becerra et al. 2016). The e+e− pairs producing the
neutrinos are thermalized at the matter temperature. This
temperature is approximately given by

s p s
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where Pshock is the pressure of the shock developed on the
accretion zone above the NS surface, Ṁacc is the accretion rate,
vacc is the velocity of the infalling material, σ is the Stefan–
Boltzmann constant, and c is the speed of light. It can be
checked that, for the above accretion rates, the system develops
temperatures and densities (T1010 K and ρ106 g cm−3;
see, e.g., Figure16 in Becerra et al. 2016) for which the
neutrino emissivity of the e+e− annihilation process can be
estimated by the simple formula (Yakovlev et al. 2001)
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where kB is the Boltzmann constant.
The accretion zone is characterized by a temperature gradient

with a typical scale height ΔrER= T/∇T≈ 0.7 RNS. Owing to
the strong dependence of the neutrino emission on temperature,
most of the neutrinos are emitted from a spherical shell around
the NS of thickness (see Figure 1)




D =


=
D

»n
- +

- +
( )r

r
R

9
0.08 . 6e e

e e

ER
NS

Equations (4) and (5) imply that the neutrino emissivity

satisfies  µ- + Ṁe e acc
9 4 as we had anticipated. These conditions

lead the neutrinos to be efficient in balancing the gravitational
potential energy gain, allowing the hypercritical accretion rates.

The effective accretion onto the NS can be estimated as

» D n
n˙ ( )M M

L

E
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where ΔMν and Lν are, respectively, the mass and
neutrino luminosity in the emission region, and =Eg

D + Dn n n( ) ( )GM M R r1 2 NS is half the gravitational potential
energy gained by the material falling from infinity to the

+ D nR rNS . The neutrino luminosity is

p» Dn n - + ( )L R r4 , 8e eNS
2

with  - +e e being the neutrino emissivity in Equation (5).
For MNS= 2Me and temperatures 1–10MeV, Equations (7)
and (8) give » -Ṁ 10eff

10 to 10−1Me s−1 and Lν≈
1048–1057 MeV s−1.

2.3. Neutrino Spectrum at the NS Surface

After discussing the general features of neutrino emission
during the accretion process, it is necessary for our analysis of
the neutrino oscillations to determine the neutrino spectrum at
the NS surface. Specifically, we need to determine the ratios at
which the neutrinos of each flavor are created and their average
energy so that we can find a fitting distribution function fν with
these characteristics.
Since the main source of neutrinos is the e−e+ pair

annihilation process, we can conclude that neutrinos and
antineutrinos are created in equal number. Furthermore, the
information about the neutrino and antineutrino emission of a
given flavor i can be calculated from the integral (Yakovlev
et al. 2001)
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where GF= 8.963× 10−44 MeV cm3 is the Fermi constant of
weak interactions. Here m= 0, 1,K and should not be
confused with the index of the power-law density profile of
the pre-SN envelope in Section 2.1; f e are the Fermi–Dirac
distributions for electron and positrons
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where h e is the electron (positron) degeneracy parameter,
including its rest mass. The Dicus cross section σi is written
in terms of the electron and positron four-momenta =pe

 ( )pE c,e e as (Dicus 1972)
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The factors C i,
2 are written in terms of the weak interaction

vector and axial-vector constants: = C C Ci V A,
2 2 2

i i
, where

q= +C 2 sin 1 2V
2

We , =C 1 2Ae , = = -m tC C C 1V V Ve , and
= = -m tC C C 1A A Ae , with the numerical value of the Weinberg

angle approximated by q »sin 0.2312
W (Patrignani & the

Particle Data Group 2016).

Figure 2. Peak accretion rate, Ṁpeak , as a function of the binary orbital period,
as given by Equation (2). This example corresponds to the following binary
parameters: a COcore formed by an MZAMS=20Me progenitor, i.e.,
MCO=5.4Me, an initial NS mass of 2.0Me, vstar,0=2×109 cms−1,
η≈0.41, and index m=2.946 (see Becerra et al. 2016, for further details).
For these parameters the largest orbital period for the induced collapse of the
NS to a BH by accretion is Pmax≈127 minutes, which is represented by the
vertical dashed line.
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For m=0 and m=1 Equation (9) gives the neutrino and
antineutrino number emissivity (neutrino production rate) and
the neutrino and antineutrino energy emissivity (energy per unit
volume per unit time) for a certain flavor i, respectively. Hence,
not only are we able to calculate the total number emissivity
with

å e=
t mÎ

( )
{ }

n , 12
i e

i
, ,

0

but we can also calculate the neutrino or antineutrino energy
moments with


e
e

á ñ =n n ( )(¯ )E m, for 1. 13m i
m

i
0i i

We wish to construct a Fermi–Dirac-like fitting formula for
the neutrino spectrum as is usually done in supernova neutrino
emission (Janka & Hillebrandt 1989a, 1989b), that is, a
function like Equation (10) in terms of two parameters: the
effective neutrino temperature nn̄T and the effective neutrino
degeneracy parameter hnn̄ , otherwise known as the pinching
parameter (Raffelt 1996; Keil et al. 2003). To that end, it is
enough to calculate the first two moments. In particular, for a
relativistic nondegenerate plasma ( >k T m c2 eB

2 and h> 1 e ;
see Table 1) Equation (9) can be approximated with a very
good accuracy by (Yakovlev et al. 2001)
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where  òh h= + -
¥

( ) [ ( )]dx x x1 expk
k

0
are the Fermi–

Dirac integrals. For m=1, h = 0e , and adding over
every flavor, this expression reduces to Equation (5). With
Equations (13) and (14) we find

á ñ = á ñ »n n ( )¯E E k T4.1 15aB
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regardless of the neutrino flavor. Furthermore, we can calculate
the ratio of emission rates between electronic and nonelectronic
neutrino flavors in terms of the weak interaction constants
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Some comments must be made about the results we have
obtained:

1. It is well known that, within the Standard Model of
Particles, there are three neutrino flavors n n̄,e e, n nm m¯, , and
n nt t¯, . However, as in Equation (16), we will simplify our
description using only two flavors: the electronic
neutrinos and antineutrinos n n̄,e e, and a superposition of
the other flavors n n̄,x x m t= +( )x . This can be
understood as follows. Since the matter in the accretion
zone is composed by protons, neutrons, electrons, and
positrons, νe and n̄e interact with matter by both charged
and neutral currents, while nm, nt, nm¯ , and nt¯ interact only
by neutral currents. Therefore, the behavior of these states
can be clearly divided into electronic and nonelectronic.
This distinction will come in handy when studying
neutrino oscillations.

2. Representing the neutrino (antineutrino) density and flux
in the moment of their creation with n n( ¯ )n c

i i
and n n( ¯ )Fc

i i
,

respectively, and using Equation (16), we can recollect
two important facts:
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Equation (17) implies that, in the specific environment of
our system, of the total number of neutrinos+antineu-
trinos emitted, +n n̄N N , 70% are electronic neutrinos
( +n n̄N Ne e), 30% are nonelectronic ( +n n̄N Nx x), while the
total number of neutrinos is equal to the total number of
antineutrinos, i.e., =n n̄N N , where = +n n nN N Ne x

and = +n n n¯ ¯ ¯N N Ne x.
3. Bearing in mind such high neutrino energies as the ones

suggested by Equation (15), from here on out we will use
the approximation

»n n∣ ∣ ( )pE c m c , 182

where p is the neutrino momentum.
4. From Equation (13) we obtain the same energy

moments for both neutrinos and antineutrinos, but, as
Misiaszek et al. (2006) points out, these energies should
be different since, in reality, this expression returns
the arithmetic mean of the particle and antiparticle
energy moments, that is, á ñ + á ñn n( )¯E E 2m m . However,
if we calculate the differences between the energy
moments with Equations(41) and (46) in Misiaszek
et al. (2006) for the values of T and h e we are
considering, we get Dá ñ ~ - -–E 10 10 MeV2 3 and
Dá ñ ~ - -–E 10 10 MeV2 3 4 2. These differences are small
enough that we can use the same effective temperature
and pinching parameter for both neutrinos and
antineutrinos.

Solving the equations




h
h

= nn
nn

nn

( )
( )

( )¯
¯

¯
k T k T4.1 19aB B

3

2




h
h

= nn
nn

nn
( ) ( )

( )
( )

( )¯
¯

¯
k T k T20.8 19bB

2
B

2 4

2

for any value of T in Table 1, we find =nn̄T T1.1331 and
h =nn̄ 2.0376. Integrating Equation (10) over the neutrino
momentum space using these values should give the neutrino
number density. To achieve this, we normalize it with the factor

p hnn nn( ( ) ( ))¯ ¯k T1 2 2
B

3
2 , and then we multiply by

p
e

=
á ñá ñ

=
D

n n n n
n

n
n n

n ( )(¯ ) (¯ ) (¯ )n w
L

R E v
w

r

c4 2
, 20C i

NS
2

0

i i i i i i

where the neutrino’s average radial velocity at r=RNS is
á ñ =v c 2 (Dasgupta et al. 2008b) and = =n n̄w w 0.35e e and

= =n n̄w w 0.15x x . To calculate the neutrino fluxes, we use
simply = á ñn n n n( ¯ ) ( ¯ )F v nC c

i i i
. Gathering our results, we can finally

write the distribution functions as




p

h h
= =

+ -n n
n

nn nn nn nn

( )
( ) ( ) ( )

( )¯
¯ ¯ ¯ ¯

f f
c n

k T E k T

2 1

1 exp
21a

C2 3

B
3

2 B
e e

e
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Table 1
Characteristics inside the Neutrino Emission Zone and the Neutrino Spectrum for Selected Values of the Accretion Rate Ṁ

Ṁ ρ k TB h e -- +n ne e nn̄k TB á ñnE n n̄FC
,e e n n̄FC

,x x n n̄n C
e e n n̄n C

x x å n n̄ni
C
i i

(Me s−1) (g cm−3) (MeV) (cm−3) (MeV) (MeV) (cm−2s−1) (cm−2s−1) (cm−3) (cm−3) (cm−3)

10−8 1.46×106 1.56 m0.325 4.41×1029 1.78 6.39 4.17×1036 1.79×1036 2.78×1026 1.19×1026 3.97×1026

10−7 3.90×106 2.01 m0.251 1.25×1030 2.28 8.24 3.16×1037 1.36×1037 2.11×1027 9.00×1026 3.01×1027

10−6 1.12×107 2.59 m0.193 3.38×1030 2.93 10.61 2.40×1038 1.03×1038 1.60×1028 6.90×1027 2.29×1028

10−5 3.10×107 3.34 m0.147 9.56×1030 3.78 13.69 1.84×1039 7.87×1038 1.23×1029 5.20×1028 1.75×1029

10−4 8.66×107 4.30 m0.111 2.61×1031 4.87 17.62 1.39×1040 5.94×1039 9.24×1029 3.96×1029 1.32×1030

10−3 2.48×108 5.54 m0.082 7.65×1031 6.28 22.70 1.04×1041 4.51×1040 7.00×1030 3.00×1030 1.00×1031

10−2 7.54×108 7.13 m0.057 2.27×1032 8.08 29.22 7.92×1041 3.39×1041 5.28×1031 2.26×1031 7.54×1031

Note. The electron fraction is Ye=0.5, the pinching parameter for the neutrino spectrum is h =nn̄ 2.0376.
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
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h h
= =

+ -n n
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nn nn nn nn
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( ) ( ) ( )

( )

¯
¯ ¯ ¯ ¯

f f
c n

k T E k T

2 1

1 exp
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21b
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3

2 B
x x
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It can be checked that these distributions obey

ò p
=n n( )

( )p
f

d
n

2
22aC

3

3i i

ò p
e= á ñ =n n n( )

( )p
Ef

d
E n

2
, 22bC

i

3

3
1

i i

and with these conditions satisfied we can conclude that
Equations (21) are precisely the ones that emulate the neutrino
spectrum at the NS surface. In Table 1 we have collected the
values of every important quantity used in the calculations
within this section for the range of accretion rates in which we
are interested.

Considering that the problem we attacked in this section
reduces to finding a normalized distribution whose first two
moments are fixed, the choice we have made with
Equation (21) is not unique. The solution depends on how
many moments are used to fit the distribution and what kind of
function is used as an ansatz. A different solution based on a
Maxwell–Boltzmann distribution can be found in Keil et al.
(2003), Fogli et al. (2005), and Misiaszek et al. (2006).

At this stage, we can identify two main differences between
neutrino emission in SNe and in the IGC process of XRFs and
BdHNe, within the context of neutrino oscillations. The
significance of these differences will become clearer in the
following sections, but we mention them here to establish a
point of comparison between the two systems since SN
neutrino oscillations have been extensively studied.

1. Neutrinos of all flavors in XRFs and BdHNe have the
same temperature, which leads to equal average energy.
The neutrinos produced in SNe are trapped and kept in
thermal equilibrium within their respective neutrino
sphere. The neutrino spheres have different radii, causing
different flavors to have different average energies. This
energy difference leads to a phenomenon called spectral
stepwise swap, which, as we will show below, is not
present in our systems (see, e.g., Raffelt 1996; Fogli
et al. 2007; Dasgupta & Dighe 2008, and references
therein).

2. As we have discussed above, in XRFs and BdHNe
neutrinos and antineutrinos are emitted in equal number.
Due to this fact, kinematical decoherence occurs (up to a
number difference of 30% this statement is valid; see
Section 4 for further details). Instead, SN neutrino and
antineutrino fluxes differ such that > > =n n n n¯ ¯F F F Fe e x x.
It has been argued that this difference between neutrinos
and antineutrinos is enough to dampen kinematical
decoherence, so that bipolar oscillations are a feature
present in SN neutrinos (see, e.g., Esteban-Pretel
et al. 2007).

In the next section, we will use the results presented here to
determine the neutrino flavor evolution in the accretion zone.

3. Neutrino Oscillations

In recent years the picture of neutrino oscillations in dense
media, based only on MSW effects, has undergone a change of

paradigm by the insight that the refractive effects of neutrinos
on themselves due to the neutrino self-interaction potential are
crucial(Notzold & Raffelt 1988; Pantaleone 1992; Qian &
Fuller 1995; Pastor & Raffelt 2002; Sawyer 2005; Duan
et al. 2006b, 2007, 2008a, 2008b, 2010; Fuller & Qian 2006;
Esteban-Pretel et al. 2007, 2008; Fogli et al. 2007; Raffelt &
Sigl 2007; Chakraborty et al. 2008; Dasgupta & Dighe 2008;
Dasgupta et al. 2008a; Sawyer 2009; Wu & Qian 2011).
As we discussed in Section 2, in our physical system of

interest neutrinos are mainly created by electron–positron pair
annihilation, and so the number of neutrinos is equal to the
number of antineutrinos. Such a fact creates an interesting and
unique physical situation, different from, for example, SN
neutrinos, for which traditional models predict a predominance
of electron neutrinos mainly due to the deleptonization caused
by the URCA process (see, e.g., Esteban-Pretel et al. 2007).
The neutrino self-interaction potential decays with the radial

distance from the NS faster than the matter potential. This is a
direct consequence of the usual 1/r2 flux dilution and the
collinearity effects due to the neutrino velocity dependence of
the potential. Consequently, we identify three different regions
along the neutrino trajectory in which the oscillations are
dominated by intrinsically different neutrino phenomenology.
Figure 3 illustrates the typical situation of the physical system
we are analyzing. Just after the neutrino creation in the regions
of the accretion zone very close to the surface of the NS,
neutrinos undergo kinematic decoherence along the same
length scale of a single cycle of the so-called bipolar
oscillations. Bipolar oscillations imply very fast flavor conver-
sion between neutrino pairs n n n n n n« «m m t t¯ ¯ ¯e e , and, amaz-
ingly, the oscillation length in this region can be as small as of
the order of tens of meters. Note that kinematic decoherence is
just the averaging over flavor neutrino state processes resulting
from quick flavor conversion, for which oscillation length
depends on the neutrino energy. It does not imply quantum
decoherence, and thus, neutrinos are yet able to quantum
oscillate if appropriate conditions are satisfied. In fact, as can
be observed from Figures 4 and 5, bipolar oscillations preserve
the characteristic oscillation pattern, differently from quantum
decoherence, which would lead to a monotonous dumping
figure.
Kinematic decoherence is relevant when three conditions are

met: (i) the self-interaction potential dominates over the
vacuum potential, (ii) the matter potential does not fulfill
the MSW condition, and (iii) there is a low asymmetry between
the neutrino and antineutrino fluxes. We will see that our
system satisfies all three conditions.
As the self-interaction potential becomes small and the

matter potential becomes important, oscillations are suppressed
and we do not expect significant changes in the neutrino flavor
content along this region. This situation changes radically
when the matter potential is so small that it is comparable
to neutrino vacuum frequencies Δm2/2p, where Δm2 is
the neutrino squared mass difference and p is the norm of
the neutrino momentum p. In this region, the neutrino
self-interaction potential is negligible and the usual MSW
resonances can occur. Therefore, we can expect a change in the
neutrino spectrum.
We dedicate this section to a detailed derivation of the EoM

of flavor evolution. In later sections, we will analyze the
neutrino oscillation phenomenology to build the neutrino
emission spectrum from a binary hyperaccretion system.
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3.1. Equations of Motion

The EoM that govern the evolution of an ensemble of mixed
neutrinos are the quantum Liouville equations

r r=˙ [ ] ( )i H , 23ap p p

r r=¯̇ [ ¯ ¯ ] ( )i H , , 23bp p p

where we have adopted the natural units = =c 1. In these
equations rp (r̄p) is the matrix of occupation numbers

r = á ñ( ) †a ap ij j i p for neutrinos ( r = á ñ( ¯ ) ¯ ¯†a ap ij i j p for antineutrinos),
for each momentum p and flavors i, j. The diagonal elements are
the distribution functions n n ( )(¯ ) pf

i i
such that their integration

over the momentum space gives the neutrino number density nn i

of a determined flavor i. The off-diagonal elements provide
information about the overlapping between the two neutrino
flavors.

Taking into account the current–current nature of the weak
interaction in the standard model, the Hamiltonian for each
equation is (Dolgov 1981; Sigl & Raffelt 1993; Hannestad
et al. 2006)

ò

ò

p

r r
p

= W + - -

+ - -

( ¯ )( · )
( )

( ¯ )( · )
( )

( )

v v
q

v v
q

H G l l
d

G
d

2 1
2

2 1
2

24a

p p q q q p

q q q p

F

3

3

F

3

3

ò

ò

p

r r
p

=-W + - -

+ - -

¯ ( ¯ )( · )
( )

( ¯ )( · )
( )

( )

v v
q

v v
q

H G l l
d

G
d

2 1
2

2 1
2

, 24b

p p q q q p

q q q p

F

3

3

F

3

3

where Ωp is the matrix of vacuum oscillation frequencies, lp
and l̄p are matrices of occupation numbers for charged leptons
built in a similar way to the neutrino matrices, and =v p pp is
the velocity of a particle with momentum p (either neutrino or
charged lepton).
As in Section 2, we will only consider two neutrino flavors: e

and x=μ+τ. Three-flavor oscillations can be approximated
to two-flavor oscillations as a result of the strong hierarchy of
the squared mass differences D » D D∣ ∣ ∣ ∣ ∣ ∣m m m13

2
23
2

12
2 (see

Table 2). In this case, only the smallest mixing angle θ13 is
considered. We will drop the suffix for the rest of the
discussion. Consequently, the relevant oscillations are n ne x

and n n¯ ¯e x, and each term in the Hamiltonian governing
oscillations becomes a 2×2 Hermitian matrix.
Let us first present the relevant equations for neutrinos. Due

to the similarity between Hp and H̄p, the corresponding
equations for antineutrinos can be obtained in an analogous
manner. In the two-flavor approximation, ρ in Equation (23)
can be written in terms of Pauli matrices and the polarization
vector Pp as

Figure 3. Interaction potentials as functions of the radial distance from the NS center for selected accretion rates Ṁ (see Table 1). Each plot runs from the NS surface
to the Bondi–Hoyle surface. mr stands for the self-interaction neutrino potential, λr is the matter potential, and ωH and ωL are the higher and lower resonances
corresponding to the atmospheric and solar neutrino scales, respectively, defined in Equation (59). Outside the Bondi–Hoyle region the neutrino and electron densities
depend on the direction of their path relative to the SN and the particular ejecta density profile.
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P sr
r r
r r= = +( ) ( · ) ( )f

1

2
, 25p

ee ex

xe xx p
p p

where r= = +n n[ ] ( ) ( )p pf f fTrp p e x
is the sum of the

distribution functions for νe and νx. Note that the z component
of the polarization vector obeys

P = -n n( ) ( ) ( )p pf f . 26p
z

e x

Hence, this component tracks the fractional flavor composi-
tion of the system, and appropriately normalizing ρp allows us
to define a survival and mixing probability

P= +n n« ( ) ( )P
1

2
1 , 27ap

z
e e

P= -n n« ( ) ( )P
1

2
1 . 27bp

z
e x

On the other hand, the Hamiltonian can be written as a sum
of three interaction terms:

H H H H= + + nn ( ). 28vacuum matter

where H is the two-flavor Hamiltonian. The first term is the
Hamiltonian in vacuum(Qian & Fuller 1995):

H s
w q q

q q
w

= - =( ) · ( )B
2

cos 2 sin 2
sin 2 cos 2 2

, 29
p p

vacuum

where w = Dm p2p
2 , q q= -( )B sin 2 , 0, cos 2 , and θ is the

smallest neutrino mixing angle in vacuum.
The other two terms in Equation (24) are special since they

make the evolution equations nonlinear. Even though they are
very similar, we are considering that the electrons during the
accretion form an isotropic gas; hence, the vector vq in the first
integral is distributed uniformly on the unit sphere and the
factor ·v vq p averages to zero. After integrating, the matter
Hamiltonian is given by

H sl l
=

-
=( ) · ( )L

2
1 0
0 1 2

, 30matter

where l = -- +( )G n n2 e eF is the charged current matter
potential and = ( )L 0, 0, 1 .
Such simplification cannot be made with the final term.

Since neutrinos are responsible for the energy loss of the
infalling material during accretion, they must be escaping the
accretion zone and the net neutrino and antineutrino flux is
nonzero. In this case the factor ·v vq p cannot be averaged
to zero. At any rate, we can still use Equation (25) and obtain
(Pantaleone 1992; Malkus et al. 2016; Zhu et al. 2016)

H P Pò s
p

= - -nn
⎡
⎣⎢

⎤
⎦⎥( · )( ¯ )

( )
· ( )v v

q
G

d
2 1

2
. 31q p q qF

3

3

Introducing every Hamiltonian term in Equation (23), and
using the commutation relations of the Pauli matrices, we find
the EoM for neutrinos and antineutrinos for each momentum

Figure 4. Neutrino flavor evolution for inverted hierarchy. Electron neutrino survival probability is shown as a function of the radial distance from the NS surface. The
curves for the electron antineutrino match the ones for electron neutrinos.
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mode p:

P P P
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= + + - -

´

⎡
⎣⎢

⎤
⎦⎥˙ ( · )( ¯ )

( )

( )

B L v v
q

G
d

2 1
2

32a

p p q p q q

p

F

3

3

P P P

P

òw l
p

= - + + - -

´

⎡
⎣⎢

⎤
⎦⎥¯̇ ( · )( ¯ )

( )
¯

( )

B L v v
q

G
d

2 1
2

.

32b

p p q p q q

p

F

3

3

Solving the above equations would yield the polarization
vectors as a function of time. However, in our specific physical
system, both the matter potential λ and the neutrino potential
vary with the radial distance from the NS surface, as well as the
instant t of the physical process, which can be characterized by
the accretion rate Ṁ . As we will see later, the time dependence
can be ignored. This means that Equation (32) must be written
in a way that makes explicit the spatial dependence, i.e., in
terms of the vector r. For an isotropic and homogeneous
neutrino gas or a collimated ray of neutrinos the expression
dt=dr would be good enough, but for radiating extended
sources the situation is more complicated. In Equation (23) we
must replace the matrices of occupation numbers by the space-
dependent Wigner functions rp r, (and r̄p r, ) and the total time
derivative by the Liouville operator (Cardall 2008; Strack &
Burrows 2005)

r
r

r r=
¶

¶
+  + ˙ · ˙ · ( )v p

t
. 33p r

p r
p r p r p p r,

,
, ,

We will ignore the third term of the Liouville operator since
we would not consider the gravitational deflection of neutrinos.
For peak accretion rates » - - -

˙ –M M10 10 s8 2 1 the
characteristic accretion time is D = » »˙ ˙t M M M Macc

–10 10 s8 2 . The distances traveled by a neutrino in these times
are r≈3×1012–3×1018cm. These distances are much
larger than the typical binary separation a. As a consequence,

Figure 5. Electron neutrino and antineutrino flavor evolution for normal hierarchy. The survival probability is shown as a function of the radial distance from the NS
surface.

Table 2
Mixing and Squared Mass Differences as They Appear

in Patrignani & the Particle Data Group (2016)

D = ´ -( – )m 7.37 6.93 7.97 10 eV21
2 5 2

D = ´ -∣ ∣ ( – )m 2.50 2.37 2.63 10 eV2 3 2 Normal Hierarchy
D = ´ -∣ ∣ ( – )m 2.46 2.33 2.60 10 eV2 3 2 Inverted Hierarchy

q = ( – )sin 0.297 0.250 0.3542
12

q D > =( ) ( – )msin 0 0.437 0.379 0.6162
23

2

q D < =( ) ( – )msin 0 0.569 0.383 0.6372
23

2

q D > =( ) ( – )msin 0 0.0214 0.0185 0.02462
13

2

q D < =( ) ( – )msin 0 0.0218 0.0186 0.02482
13

2

Note.Error values in parentheses are shown in a 3σ interval. The squared mass
difference is defined as D = - +( )m m m m 22

3
2

2
2

1
2 .
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we can consider the neutrino evolution to be a stationary
process. This fact allows us to neglect the first term in
Equation (33). Putting together these results, the EoM become

r r =· [ ] ( )vi H , 34ap r p r p r p r, , ,

r r =· ¯ [ ¯ ¯ ] ( )vi H , , 34bp r p r p r p r, , ,

where Hp r, and H̄p r, are the same as in Equation (24) but the
matrices of densities (as well as the polarization vectors)
depend on the position r. Note, however, that the electrons in
the accretion zone still form an isotropic gas, Equation (30) is
still valid, and the matter Hamiltonian depends on r through

-- +( ) ( )r rn ne e . The first two terms in the Hamiltonian remain
virtually unchanged. On the other hand, projecting the EoM
onto the radial distance from the NS and using the axial
symmetry of the system, the integral in the neutrino–neutrino
interaction term can be written as

òp
r r J- - ¢J J J J¢ ¢ ¢( )

( )( ¯ ) ∣ ∣ ( )G
v v q dq d

2

2
1 cos . 35q r q r r

F
2 , , , ,

2
r r

Since farther from the NS the interacting neutrinos approach
a perfect collinearity, the projected velocities Jv r

become
decreasing functions of the position. In this particular geometry
the diagonal elements of the matrix of densities are written as a
product of independent distributions over each variable

J fp, , , where the f dependence has been integrated out.
The one over p is the normalized Fermi–Dirac distribution, and
the one over ϑ is assumed uniform owing to symmetry. The r
dependence is obtained through the geometrical flux dilution.
Knowing this, the diagonal elements of matrices of densities at
the NS surface are

r r= = n( ) ( ¯ ) ( ) ( )pf 36ap R ee p R ee, , eNS NS

r r= = n( ) ( ¯ ) ( ) ( )pf , 36bp R xx p R xx, , xNS NS

where the functions nf i
are given by Equation (21).

3.2. Single-angle Approximations

The integro-differential Equations (32) and (34) are usually
numerically solved for the momentum p and the scalar ·v vq p.
Such simulations are quite time-consuming, and the result is
frequently too complicated to allow for a clear interpretation of
the underlying physics. For this reason, the analytic approx-
imation called the single-angle limit is made. Such an
approximation consists of imposing a self-maintained coher-
ence in the neutrino system, i.e., it is assumed that the flavor
evolution of all neutrinos emitted from an extended source is
the same as the flavor evolution of the neutrinos emitted from
the source along a particular path. Under this premise, the
propagation angle between the test neutrino and the back-
ground neutrinos is fixed. In expression (35) this is equivalent
to dropping the J¢ dependence of ρ and replacing the projected
velocity Jv r

either by an appropriate average at each r (as in
Dasgupta & Dighe 2008) or by a representative angle (usually

0 or π/4). We will follow the former approach and apply the
bulb model described in Duan et al. (2006a). Within this model
it is shown that the projected velocity at a distance r from the
neutrino emission zone is

= - -⎜ ⎟⎛
⎝

⎞
⎠ ( ) ( )v

R

r
v1 1 , 37r R

NS
2

2
NS

where vRNS is the projected velocity at the NS surface. By
redefining the matrices of density with a change of variable
= -u v1 R

2
NS

in the integral (35),

r
p

r
( )

( )p

2 2
, 38p u r p u r, ,

2

2 , ,

and using Equation (25), we can write the full EoM as

P P P Pòw l m
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where we have replaced vr by its average value
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All the interaction potentials now depend on r, and each
effective potential strength is parameterized as follows
(Dasgupta & Dighe 2008):
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It is worth mentioning that all the effective potential
strengths are affected by the geometry of the extended source
through the projected velocity on the right-hand side of
Equation (34). For the neutrino–neutrino interaction potential,
we have chosen the total neutrino number density as
parameterization. This factor comes from the freedom to
renormalize the polarization vectors in the EoM. A different
choice has been made in Esteban-Pretel et al. (2007). Of the
other two r-dependent factors, one comes from the geometrical
flux dilution and the other accounts for collinearity in the
single-angle approximation. Overall μr decays as r1 4.
In Figure 3 the behavior of the effective potentials within the

single-angle formalism is shown for = -Ṁ 10 2, 10−4,
10−6, and 10−8 Me s−1. In all cases, the neutrino energy is
the corresponding average reported in Table 1. Since the
oscillatory dynamics of the neutrino flavors are determined by
the value of the potentials, and the value of the potentials
depends on the data in Table 1, it is important to establish how
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sensible this information is to the model we have adopted, in
particular, to the pre-SN envelope density profile index m. The
reported accretion rates can be seen as different states in the
evolution of a binary system or as peak accretion rates of
different binary systems. For a given accretion rate, the
temperature and density conditions on the NS surface are
fixed. This, in turn, fixes the potentials involved in the
equations of flavor evolution and the initial neutrino and
antineutrino flavor content. To see the consequences of
changing the index m, we can estimate the peak accretion
rates for new values using Equation (2). Since we are only
interested in SNe Ic, we shall restrict these values to the ones
reported in Table1 of Becerra et al. (2016) (that is, m= 2.771,
2.946, and 2.801), and in each case, we consider the smallest
binary separation such that there is no Roche lobe overflow.
For these parameters, we find peak accretion rates ~Ṁpeak

- - -
– M10 10 s2 4 1 with peak times at tpeak≈7–35 minutes.

Because these accretion rates are still within the range in
Table 1, the results contained in Section 4 apply also to these
cases with different values of the m-index.

The profiles for the electron and positron number densities
were adopted from the simulations presented in Becerra et al.
(2016). Due to the dynamics of the infalling matter, close to the
NS, the behavior of -- +( ) ( )n r n re e is similar to μr. At the
shock radius, the electron density’s derivative presents a
discontinuity, and its behavior changes, allowing for three
distinct regions inside the Bondi–Hoyle radius. The matter
potential is always higher than the neutrino potential, yet, in
most cases, both are higher than the vacuum potential, so we
expect neutrino collective effects (neutrino oscillations) and
MSW resonances to play a role in the neutrino flavor evolution
inside the Bondi–Hoyle radius. Outside the capture region, as
long as the neutrinos are not directed toward the SN, they will
be subjected to vacuum oscillations.

4. Single-angle Solutions and Multi-angle Effects

The full dynamics of neutrino oscillations is a rather
complex interplay between the three potentials discussed in
Section 3, yet the neutrino–antineutrino symmetry allows us to
generalize our single-angle calculations for certain accretion
rates using some numerical and algebraic results obtained in
Hannestad et al. (2006), Fogli et al. (2007), Esteban-Pretel et al.
(2007), and references therein. Specifically, we know that if
μr?ωr, as long as the MSW condition λr;ωr is not met,
collective effects should dominate the neutrino evolution even
if λr?μr. On the other hand, if μrωr, the neutrino
evolution is driven by the relative values between the matter
and vacuum potentials. With this in mind, we identify two
different ranges of values for the accretion rate: Ṁ
´ - -

M5 10 s5 1 and  ´ - -
Ṁ M5 10 s5 1.

4.1. High Accretion Rates

For accretion rates  ´ - -
Ṁ M5 10 s5 1 the potentials

obey the following hierarchy:

l m w ( ); 44r r r

hence, we expect strong effects of neutrino self-interactions. In
order to appreciate the interesting physical processes that
happen with the neutrinos along their trajectory in the accretion
zone, we begin this analysis with a simplified approach to the
EoM for a monochromatic spectrum with the same energy for

both neutrinos and antineutrinos. Let us introduce the following
definitions:

P P= - ¯ ( )D 45r r

P P
w
m

= + -¯ ( )Q B. 46r r
r

r

The role of the matter potential is to logarithmically extend
the period of the bipolar oscillations, so we can ignore it for
now. Also, we will restrict our analysis to a small enough
region at + D nR rNS so that we can consider w m »( ) 0d

dr r r
(adiabatic approximation). Then, by summing and subtracting
Equation (39) and using definitions (45) and (46), we obtain

m= ´ ( )Q D Q
d

dr
47

w= ´ ( )D B Q
d

dr
. 48

We are now able to build a very useful analogy. The
equations above are analogous to the EoM of a simple
mechanical pendulum with a vector position given by Q,
precessing around an angular momentum D, subjected to a
force wmB with a moment of inertia proportional to the inverse
of μ. With Equations (17) and (26) the initial conditions for the
polarization vectors are

P P= =( ) ¯ ( ) ( ) ( )R R 0, 0, 0.4 . 49NS NS

We can easily show that P P= + +∣ ( )∣ ∣ ( ) ¯ ( )∣Q R R RNS NS NS

w m »( )O 0.8. Calculating ( · )Q Qd

dr
, it can be checked that

this value is conserved.
The analogous angular momentum is P= -( ) ( )D R RNS NS

P =¯ ( )R 0NS . Thus, the pendulum moves initially in a plane
defined by B and the z-axis, i.e., the plane xz. Then, it is
possible to define an angle j between Q and the z-axis
such that

j j= ∣ ∣( ) ( )Q Q sin , 0, cos . 50

Note that the only nonzero component of D is the
y-component, and from Equations (47) and (48) we find

j
m= ∣ ∣ ( )D

d

dr
51

and

w q j= - +
∣ ∣ ∣ ∣ ( ) ( )D

Q
d

dr
cos 2 . 52

The above equations can be equivalently written as

j
q j= - +( ) ( )d

dr
k sin 2 , 53

2

2
2

where we have introduced the inverse characteristic distance k by

wm= ∣ ∣ ( )Qk , 542

which is related to the anharmonic oscillations described by the
nonlinear EoM (51) and (52). The logarithmic correction to the
oscillation length due to matter effects is (Hannestad
et al. 2006)

t
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The initial conditions (49) imply

j
w
m

q=
⎛
⎝⎜

⎞
⎠⎟( )

∣ ∣
( )

Q
R arcsin sin 2 . 56NS

To investigate the physical meaning of the above equation,
let us assume for a moment that q2 is a small angle. In this case
j ( )RNS is also a small angle. If >k 02 , which is true for the
normal hierarchy D >m 02 , we expect small oscillations
around the initial position since the system begins in a stable
position of the potential associated with Equations (51) and
(52). No strong flavor oscillations are expected. On the
contrary, for the inverted hierarchy Δm2<0, k2<0 and the
initial j ( )RNS indicates that the system begins in an unstable
position, and we expect very large anharmonic oscillations. Pz

(as well as P̄z) oscillates between two different maxima passing
through a minimum P- z ( P- ¯ z) several times. This behavior
implies total flavor conversion: all electronic neutrinos
(antineutrinos) are converted into nonelectronic neutrinos
(antineutrinos) and vice versa. This has been called bipolar
oscillations in the literature(Duan et al. 2010).

We solved numerically Equation (39) for both normal and
inverted hierarchies using a monochromatic spectrum domi-
nated by the average neutrino energy for = -Ṁ 10 ,2

- -10 , 103 4, and 5×10−5Me s−1 and the respective values
reported in Table 1 with the initial conditions given by
Equations (17) and (36). The behavior of the electronic
neutrino survival probability inside the accretion zone is shown
in Figures 4 and 5 for inverted hierarchy and normal hierarchy,
respectively. For the inverted hierarchy, there is no difference
between the neutrino and antineutrino survival probabilities.
This should be expected since for these values of r the matter
and self-interaction potentials are much larger than the vacuum
potential, and there is virtually no difference from
Equation (39). Also, note that the antineutrino flavor propor-
tions discussed in Section 2.3 remain virtually unchanged for
normal hierarchy, while the neutrino flavor proportions change
drastically around the point λr∼ωr. The characteristic
oscillation length of the survival probability found on these
plots is

t » - ( )0.05 1 km, 57

which agrees with the ones given by Equation (55) calculated
at the NS surface up to a factor of order 1. Such a small value
of τ suggests extremely quick n n n n«¯ ¯e e x x oscillations.

Clearly, the full EoM are highly nonlinear, so the solution
may not reflect the real neutrino flavor evolution. Concerning
the single-angle approximation, it is discussed in Hannestad
et al. (2006), Raffelt & Sigl (2007), and Fogli et al. (2007) that
in the more realistic multi-angle approach, kinematic decoher-
ence happens. And in Esteban-Pretel et al. (2007) the
conditions for decoherence as a function of the neutrino flavor
asymmetry have been discussed. It is concluded that if the
symmetry of neutrinos and antineutrinos is broken beyond the
limit of O(25%), i.e., if the difference between emitted
neutrinos and antineutrinos is roughly larger than 25% of the
total number of neutrinos in the medium, decoherence becomes
a subdominant effect.

As a direct consequence of the peculiar symmetric situation
we are dealing with, in which neutrinos and antineutrinos are
produced in similar numbers, bipolar oscillations happen, and,
as we have already discussed, they present very small
oscillation length as shown in Equation (57). Note also that

the bipolar oscillation length depends on the neutrino energy.
Therefore, the resulting process is equivalent to an averaging
over the neutrino energy spectrum and an equipartition among
different neutrino flavors is expected Raffelt & Sigl (2007).
Although, for simplicity, we are dealing with the two neutrino
hypothesis, this behavior is easily extended to the more realistic
three-neutrino situation. We assume, therefore, that at a few
kilometers from the emission region neutrino flavor equiparti-
tion is a reality:

n n n =m t ( ): : 1:1:1. 58e

Note that the multi-angle approach keeps the order of the
characteristic length τ of Equation (55) unchanged and
kinematics decoherence happens within a few oscillation
cycles (Sawyer 2005; Hannestad et al. 2006; Raffelt &
Sigl 2007). Therefore, we expect that neutrinos created in
regions close to the emission zone will be equally distributed
among different flavors in less than a few kilometers after their
creation. Once the neutrinos reach this maximally mixed state,
no further changes are expected up until the matter potential
enters the MSW resonance region. We emphasize that
kinematics decoherence does not mean quantum decoherence.
Figures 4 and 5 clearly show the typical oscillation pattern,
which happens only if quantum coherence is still acting on the
neutrino system. Differently from quantum decoherence, which
would reveal itself by a monotonous dumping in the oscillation
pattern, kinematics decoherence is just the result of averaging
over the neutrino energy spectrum resulting from quick flavor
conversion, for which oscillation length depends on the
neutrino energy. Therefore, neutrinos are yet able to quantum
oscillate if appropriate conditions are satisfied.
We discuss now the consequences of the matter potential.

4.1.1. Matter Effects

After leaving the emission region, beyond r≈RNS+Δrν,
where Δrν is the width defined in Equation (6), the effective
neutrino density quickly falls in an asymptotic behavior
μr≈1/r4. The decay of λr is slower. Hence, very soon the
neutrino flavor evolution is determined by the matter potential.
Matter suppresses neutrino oscillations, and we do not expect
significant changes in the neutrino flavor content along a large
region. Nevertheless, the matter potential can be so small that
there will be a region along the neutrino trajectory in which it
can be compared with the neutrino vacuum frequencies and
the higher and lower resonant density conditions will be
satisfied, i.e.,

l w l w= =
D
á ñ

= =
D
á ñn n

( ) ( ) ( )r
m

E
r

m

E2
and

2
, 59H H L L

2
21
2

where Δm2 and Dm21
2 are, respectively, the squared mass

differences found in atmospheric and solar neutrino observations.
Table 2 shows the experimental values of mixing angles and
mass squared differences taken from Patrignani & the Particle
Data Group (2016). The definition of Δm2 used is D =m2

- +( )m m m 23
2

2
2

1
2 . Thus, D = D - D >m m m 2 02

31
2

21
2 if

m1<m2<m3, and D = D + D <m m m 2 02
32
2

21
2 for m3<

m1<m2. When the above resonance conditions are satisfied, the
MSW effects happen and the flavor content of the flux of
electronic neutrinos and antineutrinos will again be modified.
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The final fluxes can be written as

= + -n n n n n n n ( ) ( ) ( ) [ ( )] ( ) ( )F E P E F E P E F E1 60a0 0
e e e e e e x

= + -n n n n n n n ( ) ( ) ( ) [ ( )] ( ) ( )¯ ¯ ¯ ¯ ¯ ¯ ¯F E P E F E P E F E1 , 60b0 0
e e e e e e x

where n ( )F E0
e

, n ( )F E0
x

, n ( )¯F E0
e

, and n ( )¯F E0
x

are the fluxes of
electronic and nonelectronic neutrinos and antineutrinos after
the bipolar oscillations of the emission zone and n n ( )P E

e e and
n n ( )¯ ¯P E

e e are the survival probability of electronic neutrinos
and antineutrinos during the resonant regions.

In order to evaluate n ( )F Ee and n ( )¯F Ee after matter effects, we
have to estimate the survival probability at the resonant
regions. There are several articles devoted to this issue; for
instance, we can adopt the result in Fogli et al. (2003), namely,
for normal hierarchy

q=n n ( ) ( )P E X sin 61a2
12e e

q=n n ( ) ( )¯ ¯P E cos , 61b2
12e e

and for inverted hierarchy

q=n n ( ) ( )P E sin 62a2
12e e

q=n n ( ) ( )¯ ¯P E X cos . 62b2
12e e

The factor X, the conversion probability between neutrino
physical eigenstates, is given by Petcov (1987), Fogli et al.
(2003), and Kneller & McLaughlin (2006):

q
=

-
-

( )
( )

( )X
r k

r k

exp 2 cos 2 1

exp 2 1
, 63res res 13

res res

where rres=rL or rres=rH, defined according to Equation (59)
and

l
=

=
( )

k

d

dx

1 ln
. 64r

r rres res

The factor X is related to how fast physical environment
features relevant for neutrino oscillations change, such as
neutrino and matter densities.
For slow and adiabatic changes X 0, while for fast and

nonadiabatic changes X 1. In our specific cases, the MSW
resonances occur very far from the accretion zone, where the
matter density varies very slow and therefore X 0, as can be
explicitly calculated from Equation (63). Consequently, it is
straightforward to estimate the final fluxes of electronic and
nonelectronic neutrinos and antineutrinos.

4.2. Low Accretion Rates

For accretion rates < ´ - -
Ṁ M5 10 s5 1, either the matter

potential is close enough to the vacuum potential and the MSW
condition is satisfied, or both the self-interaction and matter
potentials are so low that the flavor oscillations are only due to the
vacuum potential. In both cases, bipolar oscillations are not
present. In Figure 6 we show the survival probability for

= - -
Ṁ M10 s6 1 as an example. We can see that neutrinos and

antineutrinos follow different dynamics. In particular, for
antineutrinos there are two decreases. The first one, around
r≈(1–2) RNS, is due to bipolar oscillations that are rapidly
damped by the matter potential as discussed in Section 4.1.1. The
second one happens around r≈(10–20) RNS. It can be seen from
the bottom left panel of Figure 3 (that one for = - -

Ṁ M10 s6 1)
that around r≈(1–2)× 107 cm (or, equivalently, r≈ (10–20)
RNS) the higher MSW resonance occurs (l w~r rH). For inverted
hierarchy, such resonance will affect antineutrinos depleting its
number, as can be seen from Equation (60). Without bipolar
oscillations, it is not possible to guarantee that decoherence will
be complete and Equation (58) is no longer valid. The only way
to know the exact flavor proportions is to solve the full
Equation (32).

Figure 6. Electron neutrino and antineutrino flavor evolution for inverted hierarchy and = - -
Ṁ M10 s6 1. The survival probability is shown as a function of the

radial distance from the NS surface.

Table 3
Fraction of Neutrinos and Antineutrinos for Each Flavor after Decoherence and Matter Effects ( = å nn n2 i i)

nn n0
e n̄n n0

e nn n0
x n̄n n0

x nn ne n̄n ne nn nx n̄n nx

Normal hierarchy 1

6

1

6

1

3

1

3

1

3
q+ sin1

6

1

6
2

12
1

6
q- sin1

3

1

6
2

12

Inverted hierarchy 1

6

1

6

1

3

1

3
q+ cos1

6

1

6
2

12
1

3
q- cos1

3

1

6
2

12
1

6

14

The Astrophysical Journal, 852:120 (19pp), 2018 January 10 Becerra et al.



5. Neutrino Emission Spectra

Using the calculations of the previous section, we can draw
a comparison between the creation spectra of neutrinos and
antineutrinos at the NS surface ( n nF n,c c), initial spectra after
kinematic decoherence ( n nF n,0 0), and emission spectra after
the MSW resonances ( n nF n, ). Table 3 contains a summary
of the flavor content inside the Bondi–Hoyle radius. With
these fractions and Equation (21) it is possible to reproduce
the spectrum for each flavor and for accretion rates

 ´ - -
M M5 10 s5 1.

The specific cases for = - -
Ṁ M10 s2 1 are shown in

Figure 7. In such figures, the left column corresponds to normal
hierarchy and the right column corresponds to inverted
hierarchy. The first two rows show the number fluxes after
each process studied. The last row shows the relative fluxes
n nF FC between the creation and emission fluxes. For the sake
of clarity, we have normalized the curves to the total neutrino
number at the NS surface

å= n
Î

( )
{ }

n n2 , 65
i e x,

i

Figure 7. Several neutrino and antineutrino number fluxes for different neutrino flavors are presented for = - -
Ṁ M10 s2 1. Each column corresponds to a neutrino

mass hierarchy: normal hierarchy on the left and inverted hierarchy on the right. The first two rows show the number fluxes after each process studied. nFC , nF0, and nF
are the creation flux at the bottom accretion zone due to e+e− pair annihilation, the flux after the region with dominant neutrino–neutrino potential, and the final
emission flux after the region with dominant neutrino–matter potential, respectively. The last row shows the relative fluxes n nF FC between the creation and emission
fluxes.
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so that each one is a normalized Fermi–Dirac distribution
multiplied by the appropriate flavor content fraction. To
reproduce any other case, it is enough to use Equation (21)
with the appropriate temperature.

At this point two comments have to be made about our
results:

1. As we mentioned before, the fractions in Table 3 were
obtained by assuming a monochromatic spectrum and
using the single-angle approximation. This would imply
that the spectrum-dependent phenomenon called the
spectral stepwise swap of flavors is not present in our
analysis even though it has been shown that it can also
appear in multi-angle simulations (Fogli et al. 2007).
Nevertheless, we know from our calculations in
Section 2.3 that neutrinos and antineutrinos of all flavors
are created with the exact same spectrum up to a
multiplicative constant. Hence, following Raffelt &
Smirnov (2007a, 2007b), by solving the equation

ò ò- = -n n n n
¥ ¥

( ) ( ) ( )¯ ¯n n dE n n dE, 66
E 0c

e x e x

we find that the critical (split) energy is Ec=0. This
means that the resulting spectrum should still be
unimodal and the spectral swap in our system could be
approximated by a multiplicative constant that is taken
into account in the decoherence analysis of Section 4.

2. The fluxes of electronic neutrinos and antineutrinos
shown in these figures and in Equation (60) represent
fluxes at different positions up to a geometrical 1/r2

factor, r being the distance from the NS radius. Also,
since we are considering the fluxes before and after each
oscillatory process, the values of r are restricted to
r=RNS for nFC, t < <˙ r rM H for nF0, and r>rL for Fν.
To calculate the number flux at a detector, for example,
much higher values of r have to be considered, and it is
necessary to study vacuum oscillations in more detail.
Such calculations will be presented elsewhere.

From Figure 7 one can observe that the dominance of
electronic neutrinos and antineutrinos found at their creation at
the bottom of the accretion zone is promptly erased by
kinematic decoherence in such a way that the content of the
neutrinos and antineutrinos entering the MSW resonant region
is dominated by nonelectronic flavors. After the adiabatic
transitions provoked by MSW transitions, electronic neutrinos
and antineutrinos dominate again the emission spectrum except
for nonelectronic antineutrinos in the normal hierarchy.
Although no energy spectrum distortion is expected, the flavor
content of neutrinos and antineutrinos produced near the NS
surface escape to the outer space in completely different spectra
when compared with the ones in which they were created, as
shown in the last row of Figure 7.

6. Concluding Remarks

We can now proceed to draw the conclusions and some
astrophysical consequences of this work:

1. The main neutrino production channel in XRFs and
BdHNe in the hypercritical accretion process is pair
annihilation: nn- + ¯e e . This mechanism produces an
initial equal number of neutrinos and antineutrinos and an
initial 7/3 relative fraction between electronic and other

flavors. These features lead to a different neutrino
phenomenology with respect to the typical core-collapse
SN neutrinos produced via the URCA process.

2. The neutrino density is higher than both the electron
density and the vacuum oscillation frequencies for the
inner layers of the accretion zone, and the self-interaction
potential dictates the flavor evolution along this region, as
illustrated by Figure 3. This particular system leads to
very fast pair conversions n n n n« m t m t¯ ¯e e , , induced by
bipolar oscillations with oscillation length as small as O
(0.05–1) km. However, due to the characteristics of the
main neutrino production process, neutrinos and anti-
neutrinos have very similar fluxes inside the neutrino
emission zone and kinematic decoherence dominates the
evolution of the polarization vectors.

3. The kinematic decoherence induces a fast flux equiparti-
tion among the different flavors that then enters the
matter-dominated regions in which MSW resonances take
place.

4. Therefore, the neutrino flavor content emerging from the
Bondi–Hoyle surface to the outer space is different from
the original one at the bottom of the accretion zone. As
shown in Table 3, The initial 70% and 30% distribution
of electronic and nonelectronic neutrinos becomes 55%
and 45% or 62% and 38% for normal or inverted
hierarchy, respectively. Since the n n« ¯ oscillations are
negligible (Pontecorvo 1957, 1968; Xing 2013), the total
neutrino-to-antineutrino ratio is kept constant.

We have shown that such a rich neutrino phenomenology is
uniquely present in the hypercritical accretion process in XRFs
and BdHNe. This deserves the appropriate attention since it
paves the way for a new arena of neutrino astrophysics besides
SN neutrinos. There are a number of issues that still have to be
investigated:

1. We have made some assumptions that, albeit being a first
approximation to a more detailed picture, have allowed us
to set the main framework to analyze the neutrino
oscillation phenomenology in these systems. We have
shown in Becerra et al. (2015) that the SN ejecta carry
enough angular momentum to form a disk-like structure
around the NS before being accreted. However, the
knowledge of the specific properties of such possible
disk-like structure surrounding the NS is still pending
more accurate numerical simulations at such distance
scales. For instance, it is not clear yet whether such a
structure could be modeled via thin-disk or thick-disk
models. We have adopted a simplified model assuming
isotropic accretion and the structure of the NS accretion
region used in Becerra et al. (2016), which accounts for
the general physical properties of the system. In order to
solve the hydrodynamics equations, the neutrino emission
region features, and the neutrino flavor oscillation
equations, we have assumed spherically symmetric
accretion onto a nonrotating NS, a quasi-steady-state
evolution parameterized by the mass accretion rate, a
polytropic equation of state, and subsonic velocities
inside the shock radius. The matter is described by a
perfect gas made of ions, electrons, positrons, and
radiation with electrons and positrons obeying a Fermi–
Dirac distribution. The electron fraction was fixed
and equal to 0.5. We considered pair annihilation,
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photo-neutrino process, plasmon decay, and bremsstrah-
lung to calculate neutrino emissivities. Under the above
conditions we have found that the pair annihilation
dominates the neutrino emission for the accretion rates
involved in XRFs and BdHNe (see Becerra et al. 2016,
for further details). The photons are trapped within the
infalling material and the neutrinos are transparent, taking
away most of the energy from the accretion. We are
currently working on the relaxation of some of the above
assumptions, e.g., the assumption of spherical symmetry
to introduce a disk-like accretion picture, and the results
will be presented elsewhere. In this line it is worth
mentioning that some works have been done in this
direction (see, e.g., Zhang & Dai 2008, 2009), although
in a Newtonian framework, for complete dissociated
matter, and within the thin-disk approximation. In these
models, disk heights H are found to obey the relation
H/r∼0.1 near the NS surface, which suggests that the
results might be similar to the ones of a spherical
accretion, such as the ones we have adopted. We are
currently working on a generalization including general
relativistic effects in axial symmetry to account for the
fast rotation that the NS acquires during the accretion
process. This was already implemented for the computa-
tion of the accretion rates at the Bondi–Hoyle radius
position in Becerra et al. (2016), but it still needs to be
implemented in the computation of the matter and
neutrino density–temperature structure near the NS
surface. In addition, the description of the equation of
state of the infalling matter can be further improved by
taking into account beta and nuclear statistical equili-
brium.

In forthcoming works we will not only relax the
assumptions made on the binary system parameters but
also make more detailed calculations on the neutrino
oscillations, including general relativistic and multi-angle
effects. This paper, besides presenting a comprehensive
nonrelativistic account of flavor transformations in
spherical accretion, serves as a primer that has allowed
us to identify key theoretical and numerical features
involved in the study of neutrino oscillations in the IGC
scenario of GRBs. From this understanding, we can infer
that neutrino oscillations might be markedly different in a
disk-like accretion process. First, depending on the value
of the neutron star mass, the inner disk radius may be
located at an rinner>RNS beyond the NS surface (see,
e.g., Ruffini et al. 2016b; Cipolletta et al. 2017); hence,
the neutrino emission must be located at a distance
r�rinner. On the other hand, depending on the accretion
rate, the density near the inner radius can be higher than
in the present case and move the condition for neutrino
cooling farther from the inner disk radius, at r>rinner.
Both of these conditions would change the geometric
setup of the neutrino emission. Furthermore, possible
larger values of T and ρ may change the mechanisms
involved in neutrino production. For example, electron–
positron pair capture, namely, n+  +-p e n e,

n+  ++ ¯n e p e and n + +- ¯n p e e, may become
as efficient as the electron–positron pair annihilation.
This, besides changing the intensity of the neutrino
emission, would change the initial neutrino flavor
configuration.

2. Having obtained the flux and the total number of
neutrinos and antineutrinos of each flavor that leave the
binary system during the hypercritical accretion process
in XRFs and BdHNe, it raises naturally the question of
the possibility for such neutrinos to be detected in current
neutrino observatories. For instance, detectors such as
Hyper-Kamiokande are more sensitive to the inverse
beta decay events produced in the detector, i.e.,
n +  ++¯ p e ne (see Abe et al. 2011, for more details);
consequently, the n̄e are the most plausible neutrinos to be
detected. Liu et al. (2016) have pointed out that for a total
energy in n̄e of 10

52erg and á ñ ~n̄E 20 MeVe , the Hyper-
Kamiokande neutrino horizon is of the order of 1Mpc. In
the more energetic case of BdHNe we have typically
á ñ ~n n̄E 20 MeV, (see Table 1) and a total energy carried
out n̄e of the order of the gravitational energy gain by
accretion, i.e., Eg∼1052–1053erg. Therefore, we expect
the BdHN neutrino-horizon distance to be also of the
order of 1Mpc. These order-of-magnitude estimates need
to be confirmed by detailed calculations, including the
vacuum oscillations experienced by the neutrinos during
their travel to the detector, which we are going to present
elsewhere.

3. If we adopt the local BdHNe rate ∼1Gpc−3yr−1

(Ruffini et al. 2016b) and the data reported above at face
value, it seems that the direct detection of this neutrino
signal is very unlikely. However, the physics of neutrino
oscillations may have consequences on the powering
mechanisms of GRBs such as the electron–positron pair
production by neutrino-pair annihilation. The energy
deposition rate of this process depends on the local
energy-momentum distribution of (anti)neutrinos, which,
as we have discussed, is affected by the flavor oscillation
dynamics. This phenomenon may lead to measurable
effects on the GRB emission.

4. An IGC binary leading either to an XRF or to a BdHN is
a unique neutrino physics laboratory in which there are at
least three neutrino emission channels at the early stages
of the GRB emission process: (i) the neutrinos emitted in
the explosion of the COcore as SN, (ii) the neutrinos
studied in this work created in the hypercritical accretion
process triggered by the above SN onto the NS
companion, and (iii) the neutrinos from fallback accretion
onto the νNS created at the center of the SN explosion. It
remains to establish the precise neutrino time sequence,
as well as the precise relative neutrino emissivities from
all these events. This is relevant to establish both the time
delays in the neutrino signals and their fluxes, which will
become a unique signature of GRB neutrinos following
the IGC paradigm.

5. As discussed in Ruffini et al. (2016b), there are two cases
in which there is the possibility of having hypercritical
accretion onto a BH. First, in BdHNe there could still be
some SN material around the newly born BH that can
create a new hypercritical accretion process (Becerra
et al. 2016). Second, a ∼10Me BH could already be
formed before the SN explosion, namely, the GRB could
be produced in a COcore–BH binary progenitor. The
conditions of temperature and density in the vicinity of
these BHs might be very different from the ones analyzed
here and, therefore, the neutrino emission and its
associated phenomenology. We noted in the introduction
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that such an accretion process onto the BH can explain
the observed 0.1–100GeV emission in BdHNe (Ruffini
et al. 2015a, 2015b, 2016a, 2016b; Aimuratov et al. 2017;
see also Aimuratov et al. in preparation). The interaction
of such an ultrarelativistic expanding emitter with the
interstellar medium could be a possible source of high-
energy (e.g., TeV–PeV) neutrinos, following a mech-
anism similar to the one introduced in the traditional
collapsar-fireball model of long GRBs (see, e.g., Kumar
& Zhang 2015; Agostini et al. 2017, and references
therein).

6. Although the symmetry between the neutrino and
antineutrino number densities has allowed us to general-
ize the results obtained within the single-angle and
monochromatic spectrum approximations, to successfully
answer the question of detectability, full-scale numerical
solutions will be considered in the future to obtain a
precise picture of the neutrino emission spectrum. In
particular, it would be possible to obtain an r-dependent
neutrino spectrum without the restrictions discussed in
Section 5.

7. For low accretion rates (  ´ - -
Ṁ M5 10 s5 1) the

matter and self-interaction potentials in Equation (39)
decrease and the general picture described in Figure 3
changes. The resonance region could be located around
closer to the NS surface, anticipating the MSW condition
λr∼ωr and interfering with the kinematic decoherence.
This changes the neutrino flavor evolution and, of course,
the emission spectrum. Hence, the signature neutrino
emission spectrum associated with the least luminous
XRFs might be different from the ones reported here.
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