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1 Topics
The study of compact objects such as white dwarfs, neutron stars and black
holes requires the interplay between nuclear and atomic physics together
with relativistic field theories, e.g., general relativity, quantum electrodynamics, quantum chromodynamics, as well as particle physics. In addition to the
theoretical physics aspects, the study of astrophysical scenarios characterized
by the presence of a compact object has also started to be focus of extensive
research within our group. The research which has been done and is currently being developed within our group can be divided into the following
topics:
• Nuclear and Atomic Astrophysics. Within this subject of research we
study the properties and processes occurring in compact stars in which
nuclear and atomic physics have to be necessarily applied. We focus
on the properties of nuclear matter under extreme conditions of density
and pressure found in these objects. The equation of state of the matter in compact star interiors is studied in detail taking into account all
the interactions between the constituents within a full relativistic framework.
• White Dwarfs Physics and Structure. The aim of this part of our research is to construct the structure of white dwarfs within a self-consistent
description of the equation of state of the interior together with the solution of the hydrostatic equilibrium equations in general relativity. Both
non-magnetized and magnetized white dwarfs are studied.
• White Dwarfs Astrophysics. We are within this topic interested in
the astrophysics of white dwarfs both isolated and in binaries systems.
Magnetized white dwarfs, soft gamma repeaters, anomalous X-ray pulsars, white dwarf pulsars, cataclysmic variables, binary white dwarf
mergers, and type Ia supernovae are studied. The role of a realistic
white dwarf interior structure is particularly emphasized.
• Neutron Stars Physics and Structure. We calculate the properties of the
interior structure of neutron stars using realistic models of the nuclear
matter equation of state within the general relativistic equations of equilibrium. Strong, weak, electromagnetic and gravitational interactions
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1 Topics
have to be jointly taken into due account within a self-consistent fully
relativistic framework. Both non-magnetized and magnetized neutron
stars are studied.
• Neutron Stars Astrophysics. We study astrophysical systems harboring neutron stars such as isolated and binary pulsars, low and intermediate X-ray binaries, inspiraling and merging double neutron stars.
Most extreme cataclysmic events involving neutron stars and their role
in the explanation of extraordinarily energetic astrophysical events such
as gamma-ray bursts are analyzed in detail.
• Radiation Mechanisms of White Dwarfs and Neutron Stars. We here
study the possible emission mechanisms of white dwarfs and neutron
stars. We are thus interested in both electromagnetic and gravitational
radiation at work in astrophysical systems such as compact star magnetospheres, inspiraling and merging relativistic double neutron stars,
neutron star-white dwarfs, and neutron star-black hole binaries represent some examples.
• Exact Solutions of the Einstein and Einstein-Maxwell Equations in
Astrophysics. We analyze the ability of analytic exact solutions of the
Einstein and Einstein-Maxwell equations to describe the exterior spacetime of compact stars such as white dwarfs and neutron stars. The problem of matching between interior and exterior spacetimes is addressed
in detail. The effect of the quadrupole moment on the properties of the
spacetime is also investigated. Particular attention is given to the application of exact solutions in astrophysics, e.g. the dynamics of particles
around compact stars and its relevance in astrophysical systems such as
X-ray binaries.
• Critical Fields and Non-linear Electrodynamics Effects in Astrophysics.
We study the conditions under which ultrastrong electromagnetic fields
can develop in astrophysical systems such as neutron stars and in the
process of gravitational collapse to a black hole. The effects of nonlinear electrodynamics minimally coupled to gravity are investigated.
New analytic and numeric solutions to the Einstein-Maxwell equations
representing black holes or the exterior field of a compact star are obtained and analyzed. The consequences on extreme astrophysical systems, for instance gamma-ray bursts, is studied.
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• P. Lorén Aguilar (University of Exeter, United Kingdom)

• S. O. Kepler (Universidade Federal do Rio Grande do Sul, Brazil)
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3 Publications 2016
3.1 Refereed Journals
3.1.1 Printed
1. R. Ruffini, M. Muccino, Y. Aimuratov, C. L. Bianco, C. Cherubini, M.
Enderli, M. Kovacevic, R. Moradi, A. V. Penacchioni, G. B. Pisani, J.
A. Rueda, and Y. Wang, GRB 090510: a genuine short-GRB from a binary
neutron star coalescing into a Kerr-Newman black hole, ApJ 831, 178 2016.
In a new classification of merging binary neutron stars (NSs) we separate short gamma-ray bursts (GRBs) into two subclasses. The ones with
Eiso . 1052 erg coalesce to form a massive NS and are indicated as short
gamma-ray flashes (S-GRFs). The hardest, with Eiso & 1052 erg, coalesce to form a black hole (BH) and are indicated as genuine short GRBs
(S-GRBs). Within the fireshell model, S-GRBs exhibit three different
components: the proper GRB (P-GRB) emission, observed at the transparency of a self-accelerating baryon-e+e- plasma; the prompt emission,
originating from the interaction of the accelerated baryons with the circumburst medium; and the high energy (GeV) emission, observed after
the P-GRB and indicating the formation of a BH. GRB 090510 gives the
first evidence for the formation of a Kerr BH or, possibly, a KerrNewman BH. Its P-GRB spectrum can be fitted by a convolution of thermal
spectra whose origin can be traced back to an axially symmetric dyadotorus. A large value of the angular momentum of the newborn BH is
consistent with the large energetics of this S-GRB, which reach in the 110,000 keV range Eiso = (3.95 ± 0.21) × 1052 erg and in the 0.1-100 GeV
range ELAT = (5.78 ± 0.60) × 1052 erg, the most energetic GeV emission ever observed in S-GRBs. The theoretical redshift zth = 0.75 ± 0.17
that we derive from the fireshell theory is consistent with the spectroscopic measurement z = 0.903 ± 0.003, showing the self-consistency of
the theoretical approach. All S-GRBs exhibit GeV emission, when inside the Fermi-LAT field of view, unlike S-GRFs, which never evidence
it. The GeV emission appears to be the discriminant for the formation
of a BH in GRBs, confirmed by their observed overall energetics.
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3.1.2 Accepted for publication or in press
1. J. G. Coelho, D. L. Cáceres, R. C. R. de Lima, M. Malheiro, J. A. Rueda,
and R. Ruffini, On the nature of some SGRs and AXPs as rotation-powered
neutron stars, to appear in A&A.
Soft gamma repeaters (SGRs) and anomalous X-ray pulsars (AXPs) are
slow rotating isolated pulsars whose energy reservoir is still matter of
debate. Adopting neutron star (NS) fiducial parameters; mass M =
1.4M , radius R = 10 km, and moment of inertia, I = 1045 g cm2 ,
the rotational energy loss, Ėrot , is lower than the observed luminosity
(dominated by the X-rays) L X for many of the sources. We investigate the possibility that some members of this family could be canonical rotation-powered pulsars using realistic NS structure parameters
instead of fiducial values. We compute the NS mass, radius, moment of
inertia and angular momentum from numerical integration of the axisymmetric general relativistic equations of equilibrium. We then compute the entire range of allowed values of the rotational energy loss,
Ėrot , for the observed values of rotation period P and spin-down rate
Ṗ. We also estimate the surface magnetic field using a general relativistic model of a rotating magnetic dipole. We show that realistic NS parameters lowers the estimated value of the magnetic field and radiation
efficiency, L X / Ėrot , with respect to estimates based on fiducial NS parameters. We show that nine SGRs/AXPs can be described as canonical
pulsars driven by the NS rotational energy, for L X computed in the soft
(2–10 keV) X-ray band. We compute the range of NS masses for which
L X / Ėrot < 1. We discuss the observed hard X-ray emission in three
sources of the group of nine potentially rotation-powered NSs. This
additional hard X-ray component dominates over the soft one leading to L X / Ėrot > 1 in two of them. We show that 9 SGRs/AXPs can
be rotation-powered NSs if we analyze their X-ray luminosity in the
soft 2–10 keV band. Interestingly, four of them show radio emission
and six have been associated with supernova remnants (including Swift
J1834.9-0846 the first SGR observed with a surrounding wind nebula).
These observations give additional support to our results of a natural
explanation of these sources in terms of ordinary pulsars. Including the
hard X-ray emission observed in three sources of the group of potential rotation-powered NSs, this number of sources with L X / Ėrot < 1
becomes seven. It remains open to verification 1) the accuracy of the
estimated distances and 2) the possible contribution of the associated
supernova remnants to the hard X-ray emission.
2. D. L. Cáceres, S. M. de Carvalho, J. G. Coelho, R. C. R. de Lima, and J.
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A. Rueda, Thermal X-ray emission from massive, fast rotating, highly magnetized white dwarfs, to appear in MNRAS.
There is solid observational evidence on the existence of massive, M ∼
1 M , highly magnetized white dwarfs (WDs) with surface magnetic
fields up to B ∼ 109 G. We show that, if in addition to these features,
the star is fast rotating, it can become a rotation-powered pulsar-like
WD and emit detectable high-energy radiation. We infer the values of
the structure parameters (mass, radius, moment of inertia), magnetic
field, rotation period and spin-down rates of a WD pulsar death-line.
We show that WDs above the death-line emit blackbody radiation in
the soft X-ray band via the magnetic polar cap heating by back flowing
pair-created particle bombardment and discuss as an example the X-ray
emission of soft gamma-repeaters and anomalous X-ray pulsars within
the WD model.
3. L. Becerra, C. L. Bianco, C. L. Fryer, J. A. Rueda, and R. Ruffini, On the
induced gravitational collapse scenario of gamma-ray bursts associated with
supernovae, to appear in ApJ; arXiv:1606.02523.
Following the induced gravitational collapse (IGC) paradigm of gammaray bursts (GRBs) associated with type Ib/c supernovae, we present
numerical simulations of the explosion of a carbon-oxygen (CO) core in
a binary system with a neutron-star (NS) companion. The supernova
ejecta trigger a hypercritical accretion process onto the NS thanks to a
copious neutrino emission and the trapping of photons within the accretion flow. We show that temperatures 1–10 MeV develop near the NS
surface, hence electron-positron annihilation into neutrinos becomes
the main cooling channel leading to accretion rates 10−9 –10−1 M s−1
and neutrino luminosities 1043 –1052 erg s−1 (the shorter the orbital period the higher the accretion rate). We estimate the maximum orbital period, Pmax , as a function of the NS initial mass, up to which the NS companion can reach by hypercritical accretion the critical mass for gravitational collapse leading to black-hole (BH) formation. We then estimate
the effects of the accreting and orbiting NS companion onto a novel geometry of the supernova ejecta density profile. We present the results
of a 1.4 × 107 particle simulation which show that the NS induces accentuated asymmetries in the ejecta density around the orbital plane.
We elaborate on the observables associated with the above features of
the IGC process. We apply this framework to specific GRBs: we find
that X-ray flashes (XRFs) and binary-driven hypernovae (BdHNe) are
produced in binaries with P > Pmax and P < Pmax , respectively. We
analyze in detail the case of XRF 060218.
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4. R. Ruffini, J. A. Rueda, M. Muccino, Y. Aimuratov, L. M. Becerra, C.
L. Bianco, M. Kovacevic, R. Moradi, F. G. Oliveira, G. B. Pisani, and Y.
Wang, On the classification of GRBs and their occurrence rates, to appear in
ApJ; arXiv: 1602.02732.
There is mounting evidence for the binary nature of the progenitors of
gamma-ray bursts (GRBs). For a long GRB, the induced gravitational
collapse (IGC) paradigm proposes as progenitor, or ”in-state”, a tight
binary system composed of a carbon-oxygen core (COcore ) undergoing
a supernova (SN) explosion which triggers hypercritical accretion onto
a neutron star (NS) companion. For a short GRB, a NS-NS merger is
traditionally adopted as the progenitor. We divide long and short GRBs
into two sub-classes, depending on whether or not a black hole (BH) is
formed in the merger or in the hypercritical accretion process exceeding
the NS critical mass. For long bursts, when no BH is formed we have
the sub-class of X-ray flashes (XRFs), with isotropic energy Eiso . 1052
erg and rest-frame spectral peak energy E p,i . 200 keV. When a BH is
formed we have the sub-class of binary-driven hypernovae (BdHNe),
with Eiso & 1052 erg and E p,i & 200 keV. In analogy, short bursts are
similarly divided into two sub-classes. When no BH is formed, short
gamma-ray flashes (S-GRFs) occur, with Eiso . 1052 erg and E p,i . 2
MeV. When a BH is formed, the authentic short GRBs (S-GRBs) occur,
with Eiso & 1052 erg and E p,i & 2 MeV. We give examples and observational signatures of these four sub-classes and their rate of occurrence.
From their respective rates it is possible that ”in-states” of S-GRFs and
S-GRBs originate from the ”out-states” of XRFs. We indicate two additional progenitor systems: white dwarf-NS and BH-NS. These systems
have hybrid features between long and short bursts. In the case of SGRBs and BdHNe evidence is given of the coincidence of the onset of
the high energy GeV emission with the birth of a Kerr BH.

3.1.3 Submitted
1. R. Ruffini, J. F. Rodriguez, M. Muccino, J. A. Rueda, Y. Aimuratov, U.
Barres de Almeida, L. Becerra, C. L. Bianco, C. Cherubini, S. Filippi,
D. Gizzi, M. Kovacevic, R. Moradi, F. G. Oliveira, G. B. Pisani, and Y.
Wang, On the rate and on the gravitational wave emission of short and long
GRBs, submitted to ApJ; arXiv:1602.03545.
GRBs, traditionally classified as “long” and “short”, have been often
assumed, till recently, to originate from a single black hole (BH) with
an ultrarelativistic jetted emission. There is evidence that both long
and short bursts have as progenitors merging and/or accreting bina-
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3.1 Refereed Journals
ries, each composed by a different combination of carbon-oxygen cores
(COcore ), neutron stars (NSs), BHs and white dwarfs (WDs). Consequently, the traditional long bursts have been sub-classified as (I) X-ray
flashes (XRFs), (II) binary-driven hypernovae (BdHNe), and (III) BHsupernovae (BH-SNe). They are framed within the induced gravitational collapse (IGC) paradigm which envisages as progenitor a tight
binary composed of a COcore and a NS or BH companion. The SN explosion of the COcore , originating a new NS (νNS), triggers a hypercritical accretion process onto the companion NS or BH. If the accretion is
not sufficient for the NS to reach its critical mass, an XRF occurs, leading to a νNS-NS system. Instead, when the BH is already present or
formed by the hypercritical accretion, a BdHN occurs, leading to a νNSBH system. Similarly, the traditional short bursts, originating in NS-NS
mergers, are sub-classified as (IV) short gamma-ray flashes (S-GRFs)
and (V) short GRBs (S-GRBs), respectively when the merging process
does not lead or leads to BH formation. Two additional families are
(VI) ultra-short GRBs (U-GRBs) and (VII) gamma-ray flashes (GRFs),
respectively formed in νNS-BH and NS-WD mergers. We use the estimated occurrence rate of the above sub-classes to assess the gravitational wave emission in the merging process and its detectability by
Advanced LIGO, Advanced Virgo, eLISA, and resonant bars.
2. L. Becerra, J. A. Rueda, P. Lorén-Aguilar, E. Garcı́a-Berro, The Spin Evolution of Fast-Rotating, Magnetized Super-Chandraskehar White Dwarfs in
the Aftermath of White Dwarf Mergers, submitted to ApJ.
The evolution of the remnant of the merger of two white dwarfs is still
an open problem. Furthermore, few studies have studied the case in
which the remnant is a magnetic white dwarf with a mass larger than
the Chandrasekhar limiting mass. Angular momentum losses might
bring the remnant of the merger to the physical conditions suitable for
developing a thermonuclear explosion. Alternatively, the remnant may
be prone to gravitational and/or rotational instabilities, depending on
the initial conditions reached after the coalescence. Dipole magnetic
braking is one of the mechanisms that can drive such losses of angular
momentum. However, the timescale on which these losses occur depend on several parameters, like the strength of the magnetic field, the
inclination angle with respect to the rotation axis of the remnant, and
the properties of the white dwarf. In addition, the coalescence leaves a
surrounding Keplerian disk that can be accreted by the newly formed
white dwarf. Here we compute the post-merger evolution of a superChandrasekhar magnetized white dwarf taking into account all the relevant physical processes. These include magnetic torques acting on the
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star, accretion from the Keplerian disk, the threading of the magnetic
field lines through the disk, as well as the thermal evolution of the white
dwarf core. We find that the central remnant can reach the conditions
suitable to develop a thermonuclear explosion before other instabilities,
such as the inverse beta-decay instability or the secular axisymmetric
instability, are reached which would instead lead to gravitational collapse of the magnetized remnant.

3.1.4 To be submitted
1. F. Cipolletta, C. Cherubini, S. Filippi, J. A. Rueda, R. Ruffini, On the last
stable circular orbit around rapidly rotating neutron stars, to be submitted
to Phys. Rev. D.
We compute the binding energy and angular momentum of a test-particle
at the last stable circular orbit on the equatorial plane around a general
relativistic fast rotating neutron star. We present simple fitting formulas
of these quantities which can be used in several astrophysical applications. We compare and contrast the properties of this orbit with the
corresponding around a Kerr black-hole of the same mass and angular
momentum.
2. J. F. Rodriguez, J. A. Rueda, and R. Ruffini, What can we really infer from
GW 150914? (II), arXiv:1605.07609.
Abstract In a recent letter we have outlined some issues on GW 150914,
we hereby give additional details. We analyze the event GW 150914
announced by the Advanced Laser Interferometer Gravitational-Wave
Observatory (LIGO) as the gravitational-wave emission of a black-hole
binary merger. We show that the parameters of the coalescing system and of the newly formed Kerr black-hole can be extracted from
basic results of the gravitational-wave emission during the inspiraling
and merger phases without sophisticate numerical simulations. Our
strikingly accurate estimates are based on textbook formulas describing
two different regimes: 1) the binary inspiraling analysis treated in Landau and Lifshitz textbook, 2) the plunge of a particle into a black-hole,
treated in the Rees-Ruffini-Wheeler textbook as well as 3) the transition
between these two regimes following Detweiler’s treatment of a particle infalling with non-zero angular momentum onto a black-hole. It
is stressed that in order to infer any astrophysical information on the
masses of the system both regimes have to be independently and observationally constrained by LIGO, which does not appear to be the case.
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3. J. F. Rodriguez, J. A. Rueda, and R. Ruffini, What can we really infer from
GW 150914?, arXiv:1605.04767.
We analyze the event GW 150914 announced by the Advanced Laser Interferometer Gravitational-Wave Observatory (LIGO) as the gravitationalwave emission of a black-hole binary merger. We show that the parameters of the coalescing system and of the newly formed Kerr black-hole
can be extracted from basic results of the gravitational-wave emission
during the inspiraling and merger phases without sophisticated numerical simulations. Our strikingly accurate estimates are based on textbook formulas describing two different regimes: 1) the binary inspiraling analysis treated in Landau and Lifshitz textbook, and 2) the plunge
of a particle into a black-hole, treated in the Rees-Ruffini-Wheeler textbook. It is stressed that in order to infer any astrophysical information
on the masses of the system both regimes have to be independently and
observationally constrained by LIGO, which does not appear to be the
case.

3.2 Conference Proceedings
1. K. A. Boshkayev, J. A. Rueda, B. A. Zhami, Z. A. Kalymova, and G. S.
Balgymbekov, Equilibrium structure of white dwarfs at finite temperatures,
IJMPCS, vol. 41, p. 1660129, Mar. 2016.
Recently, it has been shown by S. M. de Carvalho et al. (2014) that the
deviations between the degenerate case and observations were already
evident for 0.7–0.8 M white dwarfs. Such deviations were related to
the neglected effects of finite temperatures on the structure of a white
dwarf. Therefore, in this work by employing the Chandrasekhar equation of state taking into account the effects of temperature we show how
the total pressure of the white dwarf matter depends on the mass density at different temperatures. Afterward we construct equilibrium configurations of white dwarfs at finite temperatures. We obtain the massradius relations of white dwarfs for different temperatures by solving
the Tolman-Oppenheimer-Volkoff equation, and compare them with
the estimated masses and radii inferred from the Sloan Digital Sky Survey Data Release 4.
2. K. A. Boshkayev, J. A. Rueda, and B. A. Zhami, Rotating hot white dwarfs
in Gravitation, Astrophysics, and Cosmology (J.-P. Hsu and et al., eds.),
pp. 189–190, 2016.
We consider the effects of rotation and temperature on the structure of
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white dwarfs in order to compare them with the estimated data from
observations.
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ABSTRACT
In a new classiﬁcation of merging binary neutron stars (NSs) we separate short gamma-ray bursts (GRBs) into two
subclasses. The ones with Eiso  10 52 erg coalesce to form a massive NS and are indicated as short gamma-ray
ﬂashes (S-GRFs). The hardest, with Eiso  10 52 erg, coalesce to form a black hole (BH) and are indicated as
genuine short GRBs (S-GRBs). Within the ﬁreshell model, S-GRBs exhibit three different components: the proper
GRB (P-GRB) emission, observed at the transparency of a self-accelerating baryon-e+e- plasma; the prompt
emission, originating from the interaction of the accelerated baryons with the circumburst medium; and the highenergy (GeV) emission, observed after the P-GRB and indicating the formation of a BH. GRB 090510 gives the
ﬁrst evidence for the formation of a Kerr BH or, possibly, a Kerr–Newman BH. Its P-GRB spectrum can be ﬁtted
by a convolution of thermal spectra whose origin can be traced back to an axially symmetric dyadotorus. A large
value of the angular momentum of the newborn BH is consistent with the large energetics of this S-GRB,
which reach in the 1–10,000keV range Eiso = (3.95  0.21) ´ 10 52 erg and in the 0.1–100GeV range
ELAT = (5.78  0.60) ´ 10 52 erg, the most energetic GeV emission ever observed in S-GRBs. The theoretical
redshift zth = 0.75  0.17 that we derive from the ﬁreshell theory is consistent with the spectroscopic
measurement z = 0.903  0.003, showing the self-consistency of the theoretical approach. All S-GRBs exhibit
GeV emission, when inside the Fermi-LAT ﬁeld of view, unlike S-GRFs, which never evidence it. The GeV
emission appears to be the discriminant for the formation of a BH in GRBs, conﬁrmed by their observed
overall energetics.
Key words: gamma-ray burst: general – gamma-ray burst: individual (GRB 090510)
1. INTRODUCTION

treatments and understanding. In addition, every subclass shows
different episodes corresponding to speciﬁcally different astrophysical processes, which can be identiﬁed thanks to speciﬁc
theoretical treatments and data analysis. In this article, we take
GRB 090510 as a prototype for S-GRBs and perform a new
time-resoved spectral analysis, in excellent agreement with the
above temporal and spectral analysis performed by, e.g., the
Fermi team. Now this analysis, guided by a theoretical approach
successfully tested in this new family of short GRBs (S-GRBs;
Muccino et al. 2013a; Rufﬁni et al. 2015b), is directed to identify
a precise sequence of different events made possible by the
exceptional quality of the data of GRB 090510. This includes a
new structure in the thermal emission of the proper GRB
(P-GRB) emission, followed by the onset of the GeV emission
linked to the black hole (BH) formation, allowing us, as well, to
derive the structure of the circumburst medium (CBM) from the
spiky structure of the prompt emission. This sequence, for the
ﬁrst time, illustrates the formation process of a BH.
Already in 1974 February, soon after the public announcement of the GRB discovery (Strong et al. 1975), Damour &
Rufﬁni (1975) presented the possible relation of GRBs to the
vacuum polarization process around a Kerr–Newman BH.
There, evidence was given for (a) the formation of a vast
amount of e+e--baryon plasma; (b) the energetics of GRBs to
be of the order of Emax » 10 54MBH M erg, where MBH is the

Thanks to a fortunate coincidence of observations by AGILE,
Fermi, and Swift satellites, together with the optical observations by the Very Large Telescope (VLT)/FORS2 and the
Nordic Optical Telescope, it has been possible to obtain an
unprecedented set of data, extending from the optical–UV,
through the X-rays, all the way up to the high-energy (GeV)
emission, which allowed detailed temporal/spectral analyses of
GRB 090510 (De Pasquale et al. 2010).
In contrast with this outstanding campaign of observations, a
theoretical analysis of the broadband emission of GRB 090510
has been advanced within the synchrotron/self-synchrotron
Compton and traditional afterglow models (see, e.g., Sections
5.2.1 and 5.2.2 in Ackermann et al. 2010). Paradoxically, this
same methodology has been applied in the description of
markedly different types of sources: e.g., Soderberg et al.
(2006b) for the low energetic long gamma-ray burst (GRB)
060218, Perley et al. (2014) for the high energetic long GRB
130427A, and Soderberg et al. (2006a) for the short gamma-ray
ﬂash (S-GRF) 051221A (see also Curran et al. 2008, and
references therein).
In the meantime, it has become evident that GRBs can be
subdivided into a variety of classes and subclasses (Rufﬁni et al.
2015b, 2015c, 2016), each of them characterized by speciﬁc
different progenitors, which deserve speciﬁc theoretical
1
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BH mass; and (c) additional ultra-high-energy cosmic rays with
energy up to ∼1020 eV originating from such extreme
processes. A few years later, the role of an e+e- plasma of
comparable energetics for the origin of GRBs was considered
by Cavallo & Rees (1978), and it took almost 30 yr to clarify
some of the analogies and differences between these two
processes, leading, respectively, to the alternative concepts of
“ﬁreball” and “ﬁreshell” (Aksenov et al. 2007, 2009). In this
article we give the ﬁrst evidence for the formation of a Kerr–
Newman BH, in GRB 090510, from the merger of two massive
neutron stars (NSs) in a binary system.
GRBs are usually separated into two categories, based on
their duration properties (e.g., Mazets et al. 1981; Dezalay
et al. 1992; Klebesadel 1992, pp. 161–68; Kouveliotou
et al. 1993; Tavani 1998). S-GRBs have a duration T90  2 s,
while the remaining ones with T90  2 s are traditionally
classiﬁed as long GRBs.
S-GRBs are often associated with NS–NS mergers (see, e.g.,
Goodman 1986; Paczynski 1986; Eichler et al. 1989; Narayan
et al. 1991; Meszaros & Rees 1997, Rosswog et al. 2003; Lee
et al. 2004; Nakar 2007; Endrizzi et al. 2016; Ruiz et al. 2016;
see also Berger 2014 for a recent review): their host galaxies
are of both early and late type, their localization with respect to
the host galaxy often indicates a large offset (Sahu et al. 1997;
van Paradijs et al. 1997; Bloom et al. 2006; Troja et al. 2008;
Fong et al. 2010; Berger 2011; Kopač et al. 2012) or a location
of minimal star-forming activity with typical CBM densities of
∼10−5–10−4 cm−3, and no supernovae (SNe) have ever been
associated with them.
The progenitors of long GRBs, on the other hand, have been
related to massive stars (Woosley & Bloom 2006). However, in
spite of the fact that most massive stars are found in binary
systems (Smith 2014), that most Type Ib/c SNe occur in binary
systems (Smith et al. 2011), and that SNe associated with long
GRBs are indeed of Type Ib/c (Della Valle 2011), the effects
of binarity on long GRBs have been for a long time largely
ignored in the literature. Indeed, until recently, long GRBs have
been interpreted as single events in the jetted collapsar ﬁreball
model (see, e.g., Rees & Meszaros 1992; Woosley 1993;
Kobayashi et al. 1997; Piran 2005; Gehrels et al. 2009; Kumar
& Zhang 2015 and references therein).
Multiple components evidencing the presence of a precise
sequence of different astrophysical processes have been found
in several long GRBs (e.g., Izzo et al. 2012; Penacchioni
et al. 2012). Following this discovery, further results led to the
introduction of a new paradigm explicating the role of binary
sources as progenitors of the long GRB–SN connection. New
developments have led to the formulation of the induced
gravitational collapse (IGC) paradigm (Rufﬁni et al. 2001a,
2007, 2015c; Rueda & Rufﬁni 2012). The IGC paradigm
explains the GRB-SN connection in terms of the interactions
between an evolved carbon–oxygen core (CO core ) undergoing
an SN explosion and its hypercritical accretion on a binary NS
companion (Rufﬁni 2015). A large majority of long bursts are
related to SNe and are spatially correlated with bright starforming regions in their host galaxies (Fruchter et al. 2006;
Svensson et al. 2010), with a typical CBM density of ∼1 cm−3
(Izzo et al. 2012; Penacchioni et al. 2012).
A new situation has occurred with the observation of the
high-energy GeV emission by the Fermi-LAT instrument and
its correlation with both long and short bursts with isotropic
energy Eiso  10 52 erg, which has been evidenced in Rufﬁni

et al. (2015b, 2015c), respectively. On the basis of this
correlation, the occurrence of such prolonged GeV emission
has been identiﬁed with the onset of the formation of a BH
(Rufﬁni et al. 2015b, 2015c).
As recalled above, the long GRBs associated with SNe have
been linked to the hypercritical accretion process occurring in a
tight binary system when the ejecta of an exploding CO core
accrete onto an NS binary companion (see, e.g., Rueda &
Rufﬁni 2012; Fryer et al. 2014; Becerra et al. 2015). When the
hypercritical accretion occurs in a widely separated system with
an orbital separation >1011 cm (Becerra et al. 2015), the
accretion is not sufﬁcient to form a BH. For these softer
systems with rest-frame spectral peak energy E peak < 200 keV
the upper limit of their observed energy is Eiso » 10 52 erg,
which corresponds to the maximum energy attainable in the
accretion onto an NS (Rufﬁni et al. 2015c). Such a long burst
corresponds to an X-ray ﬂash (XRF). The associated X-ray
afterglow is also explainable in terms of the interaction of the
prompt emission with the SN ejecta (C. L. Fryer et al. 2016, in
preparation). In these systems no GeV emission is expected in
our theory and, indeed, is not observed. Interestingly,
pioneering evidence for such an XRF had already been given
in a different context by Heise (2003), Amati et al. (2004), and
Soderberg et al. (2006b). For tighter binaries (<1011 cm;
Becerra et al. 2015), the hypercritical accretion onto the
companion NS leads to the formation of a BH. For these harder
systems with E peak > 200 keV the lower limit of their observed
energy is Eiso » 10 52 erg, which necessarily needs the
accretion process into a BH. An associated prolonged GeV
emission occurs after the P-GRB emission and at the beginning
of the prompt emission and originates at the onset of the BH
formation (Rufﬁni et al. 2015c). These more energetic events
are referred to as binary-driven hypernovae (BdHNe). Speciﬁc
constant power-law behaviors are observed in their high-energy
GeV, X-rays, and optical luminosity light curves (Pisani
et al. 2013; Rufﬁni et al. 2014, 2015c).
In total analogy, the formation of a BH can occur in short
bursts, depending on the mass of the merged core of the binary
system. When the two NS masses are large enough, the merged
core can exceed the NS critical mass and BH formation is
possible. In the opposite case, a massive NS (MNS) is created,
possibly, with some additional orbiting material to guarantee
the angular momentum conservation. We then naturally expect
the existence of two short-burst subclasses: authentic S-GRBs,
characterized by the formation of a BH (Rufﬁni et al. 2015b),
with Eiso  10 52 erg, a harder spectrum (see Section 5.2), and
associated with a prolonged GeV emission (see Section 6.5);
and S-GRFs, producing an MNS (Rufﬁni et al. 2015b), with
Eiso  10 52 erg. In this second subclass, of course, the GeV
emission should not occur and, indeed, is never observed.
Following the discovery of the ﬁrst prototype of this S-GRB
class, namely, GRB 090227B (Muccino et al. 2013a), the ﬁrst
detailed analysis of such a genuine S-GRB originating from a
binary NS merger leading to a BH was done for GRB 140619B
by Rufﬁni et al. (2015b), determining as well the estimated
emission of gravitational waves. The latter has been estimated
following the method applied by Oliveira et al. (2014) for
GRB 090227B. From the spectral analysis of the early ∼0.2 s,
they inferred an observed temperature kT = (324  33) keV
of the e+e- plasma at transparency (P-GRB), a theoretically
+e- =
derived redshift z = 2.67  0.37, a total burst energy Eetot
(6.03  0.79) ´ 10 52 erg, a rest-frame peak energy
2
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Figure 1. Projection of the dyadotorus of a Kerr–Newman BH corresponding to selected values of the ratio E/Ec, where Ec is the critical value for vacuum
polarization and E is the electric ﬁeld strength. The plot assumes a black hole mass energy m = MBH M = 10 . This ﬁgure is reproduced from Cherubini et al. (2009),
with their kind permission.

Ep, i = 4.7 MeV, a baryon load B = (5.52  0.73) ´ 10-5, and
an average CBM density n CBM = (4.7  1.2) ´ 10-5 cm−3.
We turn in this article to the most interesting case of GRB
090510, which has, in addition to very similar properties of the
members of this new class of S-GRB sources, a spectroscopically determined value of redshift and represents one of
the most energetic sources of this family both in the γ-ray and
in the GeV ranges. Actually, a ﬁrst attempt to analyze GRB
090510 was made by interpreting this source as a long GRB
(Muccino et al. 2013b). An unusually large value of the CBM
density was needed in order to ﬁt the data: this interpretation
was soon abandoned when it was noticed that GRB 090510 did
not fulﬁll the nesting conditions of the late X-ray emission
typical of long GRBs (Rufﬁni et al. 2014); see also Section 5.1
and Figure 5.
In light of the recent progress in the understanding of the
ﬁreshell theory, we address the interpretation of GRB 090510
as the merging of a binary NS. We give clear evidence for the
validity of this interpretation. In view of the good quality of the
data both in γ-rays and in the GeV range, we have performed a
more accurate description of the P-GRB, best ﬁtted by a
convolution of thermal spectra. This novel feature gives the
ﬁrst indication for the existence of an axially symmetric
conﬁguration of the dyadotorus emitting the e+e- plasma,
which had been previously theoretically considered and
attentively searched for. This gives the ﬁrst indication that
indeed the angular momentum plays a role and a dyadotorus is
formed, as theoretically predicted in a series of papers (see
Cherubini et al. 2009; Rufﬁni 2009; see also Figure 1). This
naturally leads to the evidence for the formation of a rotating

BH as the outcome of the gravitational collapse. We turn then
to the main new feature of GRB 090510, which is the highenergy 0.1–100 GeV emission (see Figure 10). The direct
comparison of the GeV emission in this source and in the
BdHN 130427A shows the remarkable similarities of these two
GeV components (see Figure 10). The fact that the S-GRB
090510 originates from a binary NS merger and the BdHN
130427A originates from the IGC of an SN hypercritical
accretion process onto a companion NS clearly points to the
BH as originating this GeV emission, the reason being that
these two astrophysical systems are different in their progenitors and physical processes and have in the formation of a BH
their unique commonality.
This paper is structured as follows: in Section 2 we
summarize the relevant aspects of the ﬁreshell theory and
compare and contrast it with alternative approaches. In
Section 3 we discuss the recent progress on the NS equilibrium
conﬁguration relevant for S-GRBs and BdHNe. In Section 4
we move on to describe the observations of GRB 090510 and
their analysis. The S-GRB nature of GRB 090510 is justiﬁed in
Section 5, and we offer an interpretation of our results in
Section 6. Section 7 concludes this work.
A standard ﬂat ΛCDM cosmological model with Wm = 0.27
and H0 = 71 km s−1 Mpc−1 is adopted throughout the paper.
2. SUMMARY OF THE FIRESHELL MODEL
The ﬁreshell scenario (Rufﬁni et al. 2001a, 2001b, 2001c)
has been initially introduced to describe a GRB originating
in a gravitational collapse leading to the formation of a
3
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Kerr–Newman BH. A distinct sequence of physical and
astrophysical events are taken into account:

transparency condition is fulﬁlled. Three additional
parameters, all related to the properties of the CBM, are
needed to reproduce a GRB light curve and its spectrum:
the CBM density proﬁle n CBM , the ﬁlling factor  that
accounts for the size of the effective emitting area, and an
index α that accounts for the modiﬁcation of the lowenergy part of the thermal spectrum (Patricelli
et al. 2012). They are obtained by running a trial-anderror simulation of the observed light curves and spectra
that starts at the ﬁreshell transparency.
(7) A more detailed analysis of the pair creation process
around a Kerr–Newman BH has led to the concept of
dyadotorus (Cherubini et al. 2009). There, the axially
symmetric conﬁguration with a speciﬁc distribution of the
e+e-, as well as its electromagnetic ﬁeld, has been
presented as a function of the polar angle. The total
spectrum at the transparency of the e+e- plasma is a
convolution of thermal spectra at different angles.

(1) An optically thick pair plasma—the ﬁreshell of total
+e-—is considered. As a result, it starts to
energy Eetot
expand and accelerate under its own internal pressure
(Rufﬁni et al. 1999). The baryonic remnant of the
collapsed object is engulfed by the ﬁreshell—the
baryonic contamination is quantiﬁed by the baryon load
+e-, where MB is the mass of the baryonic
B = MB c 2 Eetot
remnant (Rufﬁni et al. 2000; Aksenov et al. 2007, 2009).
(2) After the engulfment, the ﬁreshell is still optically thick
and continues to self-accelerate until it becomes transparent. When the ﬁreshell reaches transparency, a ﬂash of
thermal radiation termed proper-GRB (P-GRB) is emitted
(Rufﬁni et al. 1999, 2000).
(3) In GRBs, the e+e--baryon plasma expands with ultrarelativistic velocities from the ultrarelativistic region near
the BH to large distances. To describe such a dynamics
that deals with unprecedentedly large Lorentz factors and
also regimes sharply varying with time, Rufﬁni et al.
(2001c) introduced the appropriate relative spacetime
transformation paradigm. This paradigm gives particular
attention to the constitutive equations relating four time
variables: the comoving time, the laboratory time, the
arrival time, and the arrival time at the detector corrected
by the cosmological effects. This paradigm is essential for
the interpretation of the GRB data: the absence of
adopting such a relativistic paradigm in some current
works has led to a serious misinterpretation of the GRB
phenomenon.
(4) In compliance with the previous paradigm, the interactions between the ultrarelativistic shell of accelerated
baryons left over after transparency and the CBM have
been considered. They lead to a modiﬁed blackbody
spectrum in the comoving frame (Patricelli et al. 2012).
The observed spectrum is, however, nonthermal in
general; this is due to the fact that, once the constant
arrival time effect is taken into account in the
equitemporal surfaces (EQTSs; see Bianco & Rufﬁni
2005a, 2005b), the observed spectral shape results from
the convolution of a large number of modiﬁed thermal
spectra with different Lorentz factors and temperatures.
(5) All the above relativistic effects, after the P-GRB
emission, are necessary for the description of the prompt
emission of GRBs, as outlined in Rufﬁni et al. (2001b).
The prompt emission originates in the collisions of the
accelerated baryons, moving at Lorentz factor g » 100 –
1000, with interstellar clouds of CBM with masses of
∼1022–1024g, densities of ∼0.1–1cm−3, and size
of ∼1015–1016cm, at typical distances from the BH of
∼1016–1017cm (see, e.g., Izzo et al. 2012 for long
bursts). Our approach differs from alternative treatments
purporting late activities from the central engine
(see, e.g., the collapsar model in Woosley 1993;
Popham et al. 1999; Woosley & Bloom 2006, and
references therein; and the magnetar model in Zhang &
Mészáros 2001; Dai et al. 2006; Metzger et al. 2011;
Bucciantini et al. 2012; Lü & Zhang 2014, and
references therein).
+e- and B are the only two parameters that are needed
(6) Eetot
in a spherically symmetric ﬁreshell model to determine
the physics of the ﬁreshell evolution until the

This formalism describing the evolution of a baryon-loaded
pair plasma is describable in terms of only three intrinsic
+e-, the baryon load B,
parameters: the e+e- plasma energy Eetot
and the speciﬁc angular momentum a of the incipient newly
formed BH. It is, therefore, independent of the way the pair
plasma is created.
In addition to the speciﬁc case, developed for the sake of
example, of the dyadotorus created by a vacuum polarization
process in an already-formed Kerr–Newman BH, more
possibilities have been envisaged in the meantime:
(a) The concept of dyadotorus can be applied as well in the
case of a pair plasma created via the n¯ « e+emechanism in an NS merger as described in Narayan
et al. (1992), Salmonson & Wilson (2002), Rosswog
et al. (2003), and Zalamea & Beloborodov (2011),
assuming that the created pair plasma is optically thick.
The relative role of neutrino and weak interactions vs. the
electromagnetic interactions in building the dyadotorus is
currently topic of intense research.
(b) Equally important is the relativistic magnetohydrodynamical
process leading to a dyadotorus, indicated in the general
treatment of Rufﬁni & Wilson (1975), and leading to the
birth of a Kerr–Newman BH, surrounded by an oppositecharged magnetosphere in a system endowed with global
charge neutrality. Active research is ongoing.
(c) Progress in understanding the NS equilibrium conﬁguration imposing the global charge neutrality condition, as
opposed to the local charge neutrality usually assumed
(Rotondo et al. 2011a, 2011b; Rueda et al. 2011, 2014;
Rueda & Rufﬁni 2013). A critical mass for a nonrotating
NS
» 2.67M has been found for the NL3
NS of Mcrit
nuclear equation of state (Belvedere et al. 2012). The
effects of rotation and of the nuclear equation of state on
the critical mass are presented in Belvedere et al.
(2014, 2015) and Cipolletta et al. (2015). The existence
of electromagnetic ﬁelds close to the critical value has
been evidenced in the interface between the core and the
crust in the above global neutrality model, as well as very
different density distributions in the crust and in the core,
which could play an important role during the NS–NS
mergers (see Figure 2 and Oliveira et al. 2014).
4
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Figure 2. Particle density proﬁles (top panel) and the electric ﬁeld in units of Ec (middle panel) in the core-crust transition layer normalized to the σ-meson Compton
wavelength l s =  (ms c ) ~ 0.4 fm. Bottom panel: density proﬁle inside an NS star with central density r ~ 5rnuc , where rnuc is the nuclear density, from the
solution of the Tolman–Oppenheimer–Volkoff (TOV) equations (locally neutral case) and the globally neutral solution presented in Belvedere et al. (2012). The
density at the edge of the crust is the neutron drip density rdrip = 4.3 ´ 1011 gcm 3. This ﬁgure is reproduced from Belvedere et al. (2012), with their kind permission.

details). For binary systems with a separation of ~1010 cm
(P ~ 5 minutes), our numerical simulations indicate that (a)
the accretion process duration lasts Dtacc ~ 10 2 s (see, e.g.,
Becerra et al. 2015, 2016), (b) the NS collapses to a BH, and
(c) a total energy larger than ≈1052 erg is released during the
hypercritical accretion process. These systems correspond to
the BdHNe (Becerra et al. 2016). For systems with larger
separations the hypercritical accretion is not sufﬁcient to induce
the collapse of the NS into a BH and the value of ≈1052 erg
represents a theoretical estimate of the upper limit to the
energy emitted by the norm in the hypercritical accretion process.
This subclass of sources corresponds to the XRFs (Becerra
et al. 2016).
The same energetic considerations do apply in the analysis
of the hypercritical accretion occurring in a close binary NS
system undergoing merging (Rufﬁni 2015). Therefore, in total
generality, we can conclude that the energy emitted during an
NS–NS merger leading to the formation of a BH should be
larger than ≈1052 erg (see Figure 3).
The limit of ≈1052 erg clearly depends on the initial NS
mass undergoing accretion, by norm assumed to be »1.4 M,
NS
and on the yet-unknown value of Mcrit
, for which only an
absolute upper limit of 3.2M has been established for the
nonrotating case (Rhoades & Rufﬁni 1974). As already pointed
out in Rufﬁni (2015), for NS–NS mergers, the direct
determination of the energy threshold of ≈1052 erg dividing
S-GRFs and S-GRBs, as well as XRFs and BdHNe, provides
fundamental information for the determination of the actual
NS
value of Mcrit
, for the minimum mass of the newly born BH,
and for the mass of the accreting NS.

The above three possibilities have been developed in recent
years, but they do not have to be considered exaustive for the
formation of a dyadotorus endowed by the above three parameters.
In conclusion, the evolution in the understanding of the GRB
phenomenon, occurring under very different initial conditions,
has evidenced the possibility of using the dyadotorus concept
for describing sources of an optically thick baryon-loaded e+eplasma within the ﬁreshell treatment in total generality.
3. ON THE ROLE OF THE ≈1052 ERG LIMIT FOR S-GRBs
AND BdHNe
The key role of neutrino emission in the hypercritical accretion
process onto an NS has been already examined in the literature
(see, e.g., Zel’dovich et al. 1972; Rufﬁni & Wilson 1973). The
problem of hypercritical accretion in a binary system composed of
a CO core and a companion NS has been studied in Becerra et al.
(2015, 2016) (see also references therein). The energy released
during the process, in the form of neutrinos and photons, is given
by the gain of gravitational potential energy of the matter being
accreted by the NS and depends also on the change of binding
energy of the NS while accreting matter and on the angular
momentum carried by the accreting material (see, e.g., Becerra
et al. 2016 and Rufﬁni et al. 2016). For a typical NS mass of »1.4
M, a value observed in galactic NS binaries (Zhang et al. 2011;
NS
Antoniadis 2015), and an NS critical mass Mcrit
in the range from
2.2M up to 3.4 M depending on the equations of state and
angular momentum (see Becerra et al. 2015, 2016; Cipolletta
et al. 2015, for details), the accretion luminosity can be as high
as L acc ~ 0.1M˙b c 2 ~ 10 47–1051 erg s−1 for accretion rates
M˙b ~ 10-6 –10-2 M s−1 (see Becerra et al. 2015, 2016, for
5
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Figure 3. Spacetime diagram of an S-GRB, a binary NS merger leading to BH formation (taken from Enderli et al. 2015, with their kind permission). The binary orbit
gradually shrinks due to energy loss through gravitational-wave emission (yellow–brown). At point A, the merger occurs: the ﬁreshell (in red) is created and starts its
expansion. It reaches transparency at point B, emitting the P-GRB (light purple). The prompt emission (deep purple) then follows at point C. The dashed lines
represent the GeV emission (delayed relative to the start of the GRB) originating in the newly born BH. This spacetime diagram well illustrates how the GeV emission
originates in the newly born BH and follows a different spacetime path from the prompt emission, contrary to what is stated in Ackermann et al. (2010). The prompt
emission originates from the interactions of the baryons, accelerated to ultrarelativistic Lorentz factors during the pair-baryon electromagnetic pulse, with the clumpy
CBM (see Section 2). The analysis of the spiky structure of the prompt emission allows us to infer the structure of the CBM (see Figure 9). There is the distinct
possibility that the GeV emission prior to 0.6 s in the arrival time may interact with the prompt emission. In this sense the work by Zou et al. (2011) may become of
interest.

4. ANALYSIS OF GRB 090510

position given by the GBM is consistent with that deduced
from Swift and LAT observations.
During the ﬁrst second after LAT trigger at 00:23:01.22 UT,
Fermi/LAT detected over 50 (over 10) events with an energy
above 100 MeV (1 GeV) up to the GeV range, and more than
150 (20) within the ﬁrst minute (Omodei et al. 2009). This
makes GRB 090510 the ﬁrst bright S-GRB with an emission
detected from the keV to the GeV range.
Observations of the host galaxy of GRB 090510, located by
VLT/FORS2, provided a measurement of spectral emission lines.
This led to the determination of a redshift z = 0.903  0.003
(Rau et al. 2009). The reﬁned position of GRB 090510 obtained
from the Nordic Optical Telescope (Olofsson et al. 2009) is offset
by 0 7 relative to the center of the host galaxy in the VLT/
FORS2 image. At z=0.903, this corresponds to a projected
distance of 5.5 kpc. The identiﬁed host galaxy is a late-type galaxy

In this section, we summarize the observations of GRB
090510, as well as the data analysis. We used Fermi (GBM and
LAT) and Swift/XRT data for the purposes of this work.
4.1. Observations
The Fermi/GBM instrument (Meegan et al. 2009) was
triggered at T0 = 00:22:59.97 UT on 2009 May 10 by the short
and bright burst GRB 090510 (Guiriec et al. 2009, trigger
263607781/090510016). The trigger was set off by a precursor
emission of duration 30 ms, followed ∼0.4 s later by a hard
episode lasting ∼1 s. This GRB was also detected by Swift
(Hoversten et al. 2009), Fermi/LAT (Ohno & Pelassa 2009),
AGILE (Longo et al. 2009), Konus-Wind (Golenetskii
et al. 2009), and Suzaku-WAM (Ohmori et al. 2009). The
6
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Figure 4. Top panel: GBM NaI-n6 light curve of GRB 090510 and interval considered to compute Eiso . Bottom panel: Comptonized+power-law best ﬁt of the
corresponding spectrum (from T0 + 0.528 to T0 + 1.024 s).

of stellar mass 5 ´ 109 M, with a rather low star formation rate
SFR = 0.3 M yr-1 (Berger 2014, and references therein).

analyzed with the rmﬁt package8; LAT data were analyzed with
the Fermi Science tools.9 The data were retrieved from the
Fermi science support center.10 Swift/XRT data were retrieved
from the UK Swift Data Centre at the University of Leicester,11
and they have been reduced and analyzed using XSPEC.
Using GBM time-tagged event data binned in 16 ms
intervals, the best ﬁt in the interval T0 + 0.528 s to
T0 + 1.024 s is a Comptonized+power-law model (see

4.2. Data Analysis
Our analysis focused on Fermi (GBM and LAT) and Swift/
XRT data. The Fermi/GBM signal is the most luminous in the
NaI-n6 (8–900 keV, dropping the overﬂow high-energy
channels and cutting out the K edge between ∼30 and ∼40
keV) and BGO-b1 (260 keV–40 MeV, again dropping the
overﬂow high-energy channels) detectors. We additionally
considered Fermi/LAT data in the 100 MeV–100 GeV energy
range. We made use of standard software in our analysis: GBM
time-tagged data—suitable in particular for S-GRBs—were

8
9
10
11

7

http://fermi.gsfc.nasa.gov/ssc/data/analysis//rmﬁt/vc_rmﬁt_tutorial.pdf
http://fermi.gsfc.nasa.gov/ssc/data/analysis//documentation/Cicerone/
http://fermi.gsfc.nasa.gov/ssc/data/access/
http://www.swift.ac.uk/archive/index.php
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Figure 5. Rest-frame 0.3–10 keV luminosity light curves of GRB 090510 (in orange) and GRB 090618 (in blue), the prototypical IGC source. An overlapping pattern
has been observed in IGC sources (Pisani et al. 2013), as well as a nesting behavior (Rufﬁni et al. 2014); it is clear from the deviation between the two light curves that
GRB 090510 does not follow this characteristic pattern, thereby conﬁrming its non-IGC nature.

Table 1
Spectral Analysis of the P-GRB of GRB 090510 in the Time Interval T0 + 0.528 s to T0 + 0.640 s.
Model
Band
Comp
Comp+PL
PL
BB+PL

C - STAT dof

E peak (keV)

α

β

γ

kT (keV)

221.46/237
392.65/238
209.26/236
492.83/239
250.09/237

2987±343
3020±246
2552±233
L
L

−0.64±0.05
−0.64±0.05
−0.26±0.14
L
L

−3.13±0.42
L
L
L
L

L
L
−1.45±0.07
−1.20±0.02
−1.38±0.04

L
L
L
L
477.5±24.9

Note. The Columns List the Model, its C-STAT Over the Number of Degrees of Freedom (dof), the Peak Energy E peak is the Peak Energy of the Comp or Band
Component, the Low-energy Index α of the Comp or Band Component, the High-energy Index β of the Band Component, the Power-law Index γ, and the
Temperature kT of the Blackbody Component.

Figure 4). Using this spectral model, we ﬁnd an isotropic
energy Eiso = (3.95  0.21) ´ 10 52 erg. The observed peak
energy of the best-ﬁt Band model of the time-integrated GBM
data is 4.1±0.4 MeV, which corresponds to a rest-frame value
of 7.89±0.76 MeV.
The best-ﬁt model during the ﬁrst pulse (from T0 + 0.528 s
to T0 + 0.640 s) in the 8 keV–40 MeV range is also a
Comptonized+power-law model, preferred over a power law
(PL, DC - STAT = 100 ), a blackbody plus PL (BB + PL,
DC - STAT = 41), or a Band model (DC - STAT = 12).
The ﬁtting statistics are summarized in Table 1. The peak
energy E peak of the Comptonized component is 2.6 MeV. The
total isotropic energy contained in this time interval is
~1.77 ´ 10 52 erg, while the isotropic energy contained in
the Comptonized part reaches ~1.66 ´ 10 52 erg.

pattern of the late X-ray emission and the position of GRB
090510 in the E peak –Eiso plane favor this interpretation.
5.1. Late X-Ray Emission (Episode 3)
An important feature of BdHNe is the existence of a pattern
in the behavior of their 0.3–10 keV late X-ray luminosity light
curves, which we refer to as Episode 3 (see, e.g., Rufﬁni et al.
2015c). This emission is observationally characterized by the
overlapping of the common late power-law behavior (Pisani
et al. 2013), as well as by the nesting, namely, an inverse
(direct) proportionality relation between the duration (the
luminosity) of the plateau phase and the energy of the GRB
emission: the more energetic the source, the smaller (higher)
the duration (the luminosity) of the plateau (Rufﬁni et al. 2014).
If GRB 090510 were to be an IGC event exploding in a highdensity environment, this characteristic Episode 3 would be
expected and should be seen. Thanks to adequate coverage by the
Swift/XRT instrument, the late X-ray (0.3–10 keV) emission of
GRB 090510 has been well sampled. We computed its rest-frame
0.3–10 keV luminosity light curve, using a simple power-law

5. GRB 090510 AS AN S-GRB
We here justify the interpretation of GRB 090510 as an S-GRB
event. In addition to the duration and hardness properties that are
similar to other GRBs interpreted as binary NS mergers, the
8
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Figure 6. E peak –Eiso plot of all short bursts with redshift. The black line marks the relation for S-GRBs (which includes the theoretical redshifts we obtained for four
GRBs). This relation takes the form log E peak = A + g (log E iso ), where A = -22.0  3.2 , g = 0.49  0.06 , and E peak and Eiso are respectively given in keV and
erg. The dotted and dashed lines represent the 1s and 3s scatter of the relation, respectively (ssc = 0.17  0.04 dex). Green boxes indicate S-GRFs with a measured
redshift; only lower limits are available for the two S-GRFs singled out by an arrow. GRB 090510 is marked by the pink square. The other four symbols indicate
S-GRBs with a redshift derived from the ﬁreshell analysis. The black diamond indicates GRB 081024B, the red inverted triangle GRB 140402A, the blue square GRB
140619B, and the purple triangle GRB 090227B. For comparison, the blue line marks the relation for long GRBs given in Calderone et al. (2015),
log E peak = A + g (log Eiso - B ), where A=2.73, B=53.21, and g = 0.57  0.06 . The dotted lines represent the 1s scatter of the relation (ssc = 0.25 dex).

With the parameters E peak = (7.89  0.76) MeV and
Eiso = (3.95  0.21) ´ 10 52 erg obtained in the previous
sections, GRB 090510 falls right on the relation fulﬁlled by
S-GRBs, and far from that of long GRBs (see Figure 6). This
point further strengthens the identiﬁcation of GRB 090510 as
an S-GRB.

spectral ﬁt and taking care of the K-correction as follows:
10 (1 + z ) keV

L rf =

4pdl2 (z) fobs

ò0.3

E -gdE

(1 + z ) keV
10 keV -g

ò0.3 keV E dE

,

(1 )

where fobs is the XRT ﬂux (in erg s−1 cm−2) in the observed
0.3–10 keV range, dl is the luminosity distance, γ is the photon
index of the XRT spectrum, and E-g is the spectral model
(here, a simple power law) ﬁtting the observed XRT ﬂux.
The rest-frame 0.3–10 keV luminosity light curve is plotted in
Figure 5: the comparison with the prototypical IGC source GRB
090618 shows a clear deviation from the overlapping and nesting
patterns. Indeed, the late X-ray emission of GRB 090510 is much
weaker than that of typical IGC sources and does not follow the
typical power-law behavior as a function of time, which has a
slope -1.7  aX  -1.3. As a consequence, this result is
inconsistent with the hypothesis of GRB 090510 being a BdHN
disguised as a short burst. Instead, the interpretation as an S-GRB
is in full agreement with the theory and the data (see below).

5.3. The Offset from the Host Galaxy
Long bursts are known to trace star formation (e.g., Bloom
et al. 2002). They explode mainly in low-mass galaxies with
high speciﬁc star formation rates. On the other hand, short
bursts occur in a wider range of host galaxies, including old,
elliptical galaxies with little star formation and young galaxies.
Their median projected offset from the center of their host,
about 5 kpc, is also known to be four times larger than that of
long bursts (Bloom et al. 2002). With a projected offset of
5.5 kpc, as detailed previously, GRB 090510 falls in the typical
short-burst range. Its host galaxy is a late-type one.
The results of the ﬁreshell analysis summarized in the next
section also support this conclusion. The average CBM density of
GRB 090510 is indeed evaluated at án CBMñ = 8.7 ´ 10-6 cm-3
(see next section), a low value that is typical of galactic halos.

5.2. Epeak –Eiso Relation
Although the sample of short bursts with a measured redshift
and an estimate of E peak is of modest size in comparison to that of
long GRBs, it has been noted that a relation similar to the Amati
one (Amati et al. 2002; Amati & Della Valle 2013) exists for short
bursts (see, e.g., Zhang et al. 2012; Calderone et al. 2015). Plotted
in Figure 6, this E peak –Eiso relation has almost the same slope as
the Amati relation, but they drastically differ in their amplitudes.
While Zhang et al. (2012) extended this analysis to the
above-deﬁned S-GRFs, we have recently added four S-GRBs
in this E peak –Eiso relation, which we have called the
MuRuWaZha relation (Rufﬁni et al. 2015a).

6. INTERPRETATION
GRB 090510 exhibits several peculiar features: the spectrum
of the P-GRB is not purely thermal, a weak precursor emission
is clearly seen, and a GeV emission is observed—which never
occurs in S-GRFs but appears to be a general property of the
S-GRBs. This section is devoted to the analysis and
interpretation of these features.
Rufﬁni et al. (2015b) establish theoretical predictions concerning S-GRBs that originate in a binary NS merger, with and without
BH formation. We ﬁnd that these predictions are fulﬁlled and that
9
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Figure 7. Counts light curve of GRB 090510 as seen by the NaI-n6 detector of Fermi/GBM with a 16 ms binning. The dashed area represents the interval in which
the P-GRB is identiﬁed.

all features are consistent with GRB 090510 resulting from an NS
merger, leading to the formation of a Kerr–Newman BH.

convolution of thermal spectra. The theoretically expected
temperatures of the thermal components in the dyadotorus are a
function of the polar angle. Knowing that the ﬁnal spectrum at
the transparency condition is a convolution of such thermal
spectra at different angles, we adopted for simplicity a discrete
number of thermal components (see Table 2). The number of
such thermal components, leading in principle to a continuum,
is a function of the quality of the data. This provides the ﬁrst
indication that indeed the angular momentum plays a role in the
merging of the two NSs and that the dyadotorus is formed as
theoretically predicted in a series of papers (Cherubini
et al. 2009; Rufﬁni 2009). This opens a new area of research
that is not going to be addressed in the present article. Previous
identiﬁcations of pure thermal components in the P-GRB of
other GRBs (e.g., Izzo et al. 2012; Rufﬁni et al. 2015b)
nevertheless evidence that the angular momentum of the BH
formed by GRB 090510 must be substantially large in order to
affect the P-GRB spectrum.
Finally, the extra power-law component observed in the
P-GRB spectrum is very likely related to a mildly jetted
component necessary to fulﬁll the conservation of the energy
and angular momentum of the system.

6.1. P-GRB
The identiﬁcation of the P-GRB is especially relevant to the
ﬁreshell analysis, since it marks the reaching of the transparency
of the ﬁreshell. The P-GRB is followed by the prompt emission
(Rufﬁni et al. 2001a). It is suggested in Rufﬁni et al. (2015b) that
the GeV emission is produced by the newborn BH and starts only
after the P-GRB is emitted, at the beginning of the prompt
emission. Here, the bulk of the GeV emission is detected after the
ﬁrst main spike is over. Therefore, we identify the ﬁrst main spike
(from T0 + 0.528 to T0 + 0.644 s; see Figure 7) with the P-GRB.
The results of the analysis within the ﬁreshell theory (presented
hereafter) also offer an a posteriori conﬁrmation of this
identiﬁcation of the P-GRB.
The best-ﬁt model of the P-GRB spectrum consists of a
Comptonized+power-law model. We note that a Comptonized
component may be viewed as a convolution of blackbodies (see
Figure 8 and Table 2, for details).
The geometry of the ﬁreshell is dictated by the geometry of the
pair-creation region. It is in general assumed to be a spherically
symmetric dyadosphere, which leads to a P-GRB spectrum
generally described by a single thermal component in good
agreement with the spectral data. Cherubini et al. (2009) found
that the region of pair creation in a Kerr–Newman geometry
becomes axially symmetric, thus effectively becoming a dyadotorus. Qualitatively, one expects a pure thermal spectrum resulting
from the dyadosphere, while a convolution of thermal spectra of
different temperatures is expected for a dyadotorus (see Figure 1).
In the present case of GRB 090510, also in view of the good
quality of the γ-ray data, the P-GRB is best ﬁtted by a

6.2. Prompt Emission
In order to simulate the light curve and spectrum of the prompt
emission of GRB 090510, we assume that the initial ﬁreshell
+e- is equal to E iso . Since the P-GRB spectrum is not
energy Eetot
purely thermal, we derive an effective blackbody temperature
from the peak energy of the Comptonized component. We obtain
a temperature kTobs =(633  62) keV.
The ﬁreshell theory allows the determination of all essential
+equantities of the model from the total pair plasma energy Eetot
10
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Figure 8. Top panel: P-GRB spectrum of GRB 090510 from the Fermi-GBM NaI-n6 (purple squares) and n7 (blue diamonds) and the BGO-b1 (green circles)
detectors, in the time interval from T0 + 0.528 to T0 + 0.644 s . The best ﬁt (solid red line) is composed of a power-law model (dotted red line) and a Comptonized
model (dashed red curve). Middle panel: above Comptonized model (here the solid black line), viewed as a convolution of thermal components (dashed red curves).
The convolution of blackbodies produces the result plotted in the bottom panel, namely, a dashed red curve reproducing the Comptonized model. The power-law
component (dot-dashed black line in the middle and bottom panels) is very likely related to a mildly jetted component necessary to fulﬁll the conservation of the
energy and angular momentum of the system.

transparency, the temperature of the ﬁreshell at transparency,
and the radius at transparency.
Given Eiso = 3.95 ´ 10 52 erg and EP ‐ GRB = (42.1  3.8) %
-5, a Lorentz
+e-, we deduce a baryon load B = 5.54 ´ 10
Eetot

and from the ratio of the energy contained in the P-GRB to
+e-. This ratio directly leads to the baryon load B, which, in
Eetot
+e- and the relation between the predicted
conjunction with Eetot
and observed temperatures, gives the Lorentz factor at
11
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Table 2
The Parameters of the Blackbody (BB) Spectra Used in the Convolution
Shown in Figure 8
BB
1
2
3
4
5
6
7
8

kT (keV)

EBB EP ‐ GRB (%)

1216
811
405
203
101
51
25
13

8.8
43.6
31.8
9.6
4.4
1.2
0.4
0.2

Note.The columns list the number of BBs, their temperatures, and their energy
content with respect to the P-GRB energy computed from the Comptonized
model.

Table 3
Parameters Derived from the Fireshell Analysis of GRB 090510
Parameter

Value

B
gtr
rtr
Eetot
+e-

(5.54
(1.04
(7.60
(3.95

kTblue
ánñ

(1.20  0.11) ´ 10 3 keV
(8.7  2.1) ´ 10-6 cm−3






0.70)
0.07)
0.50)
0.21)

´
´
´
´

10-5
10 4
1012 cm
10 52 erg

Note. Shown in the table are the baryon load B, the Lorentz factor at
transparency gtr , the ﬁreshell radius at transparency rtr , the total energy of the
electron-pair plasma Eetot
+e-, the blueshifted temperature of the ﬁreshell at
transparency kTblue , and the CBM average density ánñ

factor g = 1.04 ´ 10 4 , a temperature at transparency kT =
1.2 MeV, and a radius at transparency rtr = 7.60 ´ 1012 cm
(see Table 3).
In order to determine the proﬁle of the CBM, a simulation of
the prompt emission following the P-GRB has been performed.
The simulation starts at the transparency of the ﬁreshell with
the parameters that we determined above. A trial-and-error
procedure is undertaken, guided by the necessity to ﬁt the light
curve of GRB 090510. The results of this simulation
(reproduction of the light curve and spectrum, in the time
interval from T0 + 0.644 to T0 + 0.864 s, and CBM proﬁle) are
shown in Figure 9. The average CBM density is found to be
án CBMñ = 8.7 ´ 10-6 cm-3. This low value, typical of galactic
halo environments, is consistent with the large offset from the
center of the host and further justiﬁes the interpretation of GRB
090510 as an S-GRB originating in a binary NS merger.
Our theoretical ﬁt of the prompt emission (see red line in the
middle panel of Figure 9) predicts a cutoff at ∼10 MeV. The
spectrum at energy 10 MeV could be affected by the onset of
the high-energy power-law component manifested both in the
data of the Mini-Calorimeter on board AGILE (see top panel of
Figure 4 in Giuliani et al. 2010) and in the data points from the
Fermi-GBM BGO-b1 detector.

Figure 9. Results of the ﬁreshell simulation of GRB 090510. Top panel: ﬁt of
the prompt emission Fermi-GBM NaI-n6 light curve. Middle panel: ﬁt of the
corresponding spectrum including the Fermi-NaI-6 (blue squares) and BGO-b1
(green circles) data in the time interval from T0 + 0.644 to T0 + 0.864 s . A
single data point obtained from the Mini-Calorimeter on board AGILE, in the
range 10–20 MeV and in the ﬁrst 0.2 s of the AGILE light curve (from T0 + 0.5
to T0 + 0.7 s in the Fermi light curve), is shown for comparison (reproduced
from Figure 4 in Giuliani et al. 2010). Bottom panel: density proﬁle of the
CBM inferred from the simulation of CBM clouds of ∼1022 g.

photons have been detected during the precursor emission.
Precursors are commonly seen in long bursts: Lazzati (2005)
found that ∼20% of them show evidence of an emission
preceding the main emission by tens of seconds. Short bursts
are less frequently associated with precursors.
No signiﬁcant emission from the GRB itself is expected prior
to the P-GRB—since it marks the transparency of the ﬁreshell

6.3. Precursor Emission
There is a weak precursor emission about 0.4 s before the
P-GRB (or ∼0.21 s in the cosmological rest frame). Two GeV
12
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—but the precursor may be explainable in the context of a
binary NS merger by invoking the effects of the interaction
between the two NSs just prior to merger. Indeed, it has been
suggested that precursor emission in short bursts may be
caused by resonant fragmentation of the crusts (Tsang
et al. 2012) or by the interaction of the NS magnetospheres
(Hansen & Lyutikov 2001).
The timescale (∼0.21 s between the precursor and the
P-GRB) is consistent with a pre-merger origin of the precursor
emission. From its formation to its transparency, the ﬁreshell
undergoes a swift evolution. The thermalization of the pair
plasma is achieved almost instantaneously (~10-13 s; Aksenov
et al. 2007), and the e+e- plasma of GRB 090510 reaches the
ultrarelativistic regime (i.e., a Lorentz factor g > 10 ) in a
matter of 4.2 ´ 10-2 s, according to the numerical simulation.
The radius of the ﬁreshell at transparency, rtr = 7.60 ´ 1012
cm, corresponds to more than 100 lt-s; however, relativistic
motion in the direction of the observer squeezes the light curve
by a factor of ∼2g 2 , which makes the ﬁreshell capable of
traveling that distance under the observed timescale.
The spectral analysis of this precursor is limited by the low
number of counts. Muccino et al. (2013b) interpreted the
spectrum with a blackbody plus power-law model. This leads
to a blackbody temperature of 34.2±7.5 keV. The isotropic
energy contained in the precursor amounts to (2.28 
0.39) ´ 10 51 erg.

their ratio to the redshift:
kTblue
= 1 + z.
(3 )
kTobs
+e- = E iso , we also have an
Finally, since we assume that Eetot
+e- as a function of z using the formula of the
expression of Eetot
K-corrected isotropic energy:
10000 (1 + z ) keV

E iso =

Stot ò1
1+z

(1 + z ) keV
40000 keV

ò8 keV

EN (E ) dE
(4 )

EN (E ) dE

where N(E) is the photon spectrum of the GRB and the ﬂuence
Stot is obtained in the full GBM energy range 8–40,000 keV.
The use of all these relations allows a redshift to be
determined by an iterative procedure, testing at every step the
+e- (z ) and kTblue . The procedure
value of the parameters Eetot
successfully ends when both values are consistent according to
the relations described above. In the case of GRB 090510, we
ﬁnd z = 0.75  0.17, which provides a satisfactory agreement
with the measured value z = 0.903  0.003.
6.5. GeV Emission
GRB 090510 is associated with a high-energy emission,
consistently with all other observed S-GRBs, i.e., energetic
events with Eiso  10 52 erg. The only case of an S-GRB
without GeV emission, namely, GRB 090227B, has been
explained by the absence of alignment between the LAT and
the source at the time of the GRB emission. Nevertheless,
evidence of some GeV emission in this source has been
recently obtained (R. Rufﬁni et al. 2016, in preparation).
The GeV light curve of GRB 090510 is plotted in Figure 10,
together with other S-GRB light curves and showing a common
power-law behavior, which goes as t -1.32 , similar to the
clustering of the GeV light curves found by Nava et al. (2014).
These S-GRBs are compared with that of the BdHN 130427A,
which shares a similar behavior. Rufﬁni et al. (2015b) suggest
and argue that the GeV emission is related to the presence of a
BH and its activity. This view is supported by the fact that the
GeV emission is delayed with respect to the γ-ray emission: it
starts only after the P-GRB is over.
The GeV emission of GRB 090510 is particularly intense,
reaching ELAT = (5.78  0.60) ´ 10 52 erg. Such a large
value, one of the largest observed among S-GRBs, is consistent
with the large angular momentum of the newborn BH. This
energetic cannot be explained in terms of NSs in view of the
lower value of the gravitational binding energy.
The absence of GeV emission in S-GRFs is also conﬁrmed
from the strong upper limit to the GeV emission for S-GRBs
imposed by the Fermi-LAT sensitivity. We assume for a
moment that the GeV emission of an S-GRF is similar to that of
S-GRBs. We then compute the observed GeV ﬂux light curve
of S-GRB 090510 at different redshifts, e.g., z=2.67 and
5.52, which correspond to the redshifts of the S-GRB 081024B
and of the S-GRB 140402A, respectively (Y. Aimuratov et al.
2016, in preparation). The result is that if we compare these
computed ﬂux light curves with the Fermi-LAT sensitivity of
the Pass 8 Release 2 Version 6 Instrument Response
Functions,12 which is approximately 10−11 erg cm−2 s−1, all

6.4. Redshift Estimate
An interesting feature of the ﬁreshell model is the possibility
to infer a theoretical redshift from the observations of the
P-GRB and the prompt emission. In the case of GRB 090510, a
comparison is therefore possible between the measured redshift
z = 0.903  0.003 and its theoretical derivation. An agreement between the two values would in particular strengthen the
validity of our P-GRB choice, which would in turn strengthen
our results obtained with this P-GRB.
The feature of the redshift estimate stems from the relations,
engraved in the ﬁreshell theory, between different quantities
computed at the transparency point: the radius in the laboratory
frame, the comoving frame and blueshifted temperatures of the
plasma, the Lorentz factor, and the fraction of energy radiated
in the P-GRB and in the prompt emission as functions of B (see
+eFigure 4 in Rufﬁni et al. 2015b). Thus, the ratio EP ‐ GRB Eetot
+e- and B
implies a ﬁnite range for the coupled parameters Eetot
(last panel of Figure 4 in Rufﬁni et al. 2015b). Assuming
+e- = E iso , this ratio is known since it is equal to the ratio
Eetot
between the observed ﬂuences of the respective quantities:
4pSP ‐ GRB dl2 (z) (1 + z)
EP ‐ GRB
S GRB
.
»
= P ‐tot
tot
2
E e+eSe+e+e- dl (z ) (1 + z )
4pSetot

4pdl2 (z)

(2 )

With the measured values SP ‐ GRB = (9.31  0.76) ´
-5 erg cm−2, we
+e- = (2.19  0.18) ´ 10
10-6 erg cm−2 and Setot
tot
ﬁnd EP ‐ GRB Ee+e- = (42.1  3.8) %.
+e-, B] gives the
In addition, knowing the couple [Eetot
(blueshifted toward the observer) temperature of the ﬁreshell
at transparency kTblue (Figure 4 in Rufﬁni et al. 2015b, second
panel). But we also have the following relation between kTblue
and the observed temperature at transparency kTobs, linking

12

http://www.slac.stanford.edu/exp/glast/groups/canda/lat_Performance_
ﬁles/broadband_ﬂux_sensitivity_p8r2_source_v6_all_10yr_zmax100_n03.0_
e1.50_ts25.png
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Figure 10. Isotropic rest-frame 0.1–100 GeV luminosity light curves of the S-GRBs 090510 (red squares), 081024B (green diamonds), 140402A (black triangles),
and 140619B (blue circles) compared to that of the BdHN 130427A (blue downward-pointing triangles). The dashed black line marks the common behavior of
all the S-GRB light curves, which goes as t -1.32 . In our approach this communality follows straightforwardly from the equality of the masses of the emerging
extreme BH.

Figure 11. Observed 0.1–100 GeV ﬂux light curve of the S-GRB 090510 (red squares) and the corresponding ones obtained by translating this S-GRB at z=2.67
(blue circles) and at z=5.52 (green diamonds).

of them are always well above the LAT broadband sensitivity
by a factor of ∼105 (see Figure 11). This result does not depend
on the choice of the source. In their rest frame all the S-GRB
GeV light curves follow a similar behavior. Therefore, the GeV
emission of S-GRB 090510 is always above ∼105 times the
LAT sensitivity, even at higher redshifts. If we now assume
that S-GRFs do conform to the same behavior of S-GRBs, the
absence of detection of GeV emission implies that the S-GRFs
necessarily have ﬂuxes at least 105–106 times smaller than
those of S-GRBs.

6.6. On the Energy Requirement of the GeV Emission
In order to estimate the energy requirement of the
0.1–100 GeV emission of Figure 10, we consider the accretion
of mass Macc onto a Kerr–Newman BH, dominated by its
angular momentum and endowed with electromagnetic ﬁelds
not inﬂuencing the geometry, which remains approximately
that of a Kerr BH. We recall that if the infalling accreted
material is in an orbit co-rotating with the BH spin, up to
h+ = 42.3% of the initial mass is converted into radiation, for a
maximally rotating Kerr BH, while this efﬁciency drops to
14
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h- = 3.8% when the infalling material is on a counter-rotating
orbit (see Rufﬁni & Wheeler 1969, in problem 2 of Section 104
in Landau & Lifshitz 2003). Therefore, the GeV emission can
be expressed as
ELAT = f b-1 hMacc c2 ,

observable only after the transparency condition, namely, after
the P-GRB emission.
The joint utilization of the excellent data from the FermiGBM NaI-n6 and n7 and the BGO-b1 detectors and from the
Mini-Calorimeter on board AGILE (Giuliani et al. 2010) has
given strong observational support to our theoretical work.
GRB 090510 has been analyzed in light of the recent progress
achieved in the ﬁreshell theory and the resulting new
classiﬁcation of GRBs. We show that GRB 090510 is an
S-GRB, originating in a binary NS merger (see Figure 3). Such
systems, by the absence of the associated SN events, are by far
the simplest GRBs to be analyzed. Our analysis indicates the
presence of three distinct episodes in S-GRBs: the P-GRB, the
prompt emission, and the GeV emission. By following the
precise identiﬁcation of successive events predicted by the
ﬁreshell theory, we show evidence for the ﬁrst indication of a
Kerr BH or, possibly, a Kerr–Newman BH formation:

(5 )

and depends not only on the efﬁciency h in the accretion
process of matter Macc but also on the geometry of the emission
described by the beaming factor fb º 1 - cos q (here θ is the
half-opening angle of jet-like emission).
Depending on the assumptions we introduce in Equation (5),
we can give constraints on the amount of accreted matter or on
the geometry of the system.
For an isotropic emission, fb º 1, the accretion of
Macc  0.08 M, for the co-rotating case, and of Macc  0.86
M, for the counter-rotating case, is required.
Alternatively, we can assume that the accreted matter comes
from the crustal material from a 1.6 + 1.6 M NS–NS binary
progenitor. The crustal mass from the NL3 nuclear model for
each of these NSs is Mc = 4.30 ´ 10-5 M (see, e.g.,
Belvedere et al. 2012, and Figure 2). Assuming that crustal
material accounts also for the baryon load mass, e.g.,
2
-6
+e- B c = 1.22 ´ 10
MB º Eetot
M, the total available mass
for accretion is Macc º 2Mc - MB = 8.48 ´ 10-5 M. Then,
the presence of a beaming is necessary: from Equation (5), a
half-opening beaming angle q  2 . 70 , for the co-rotating case,
and q  0 . 81, for the counter-rotating case, would be required.
The above considerations are clearly independent from the
1
» 0 . 1, where the lower
relativistic beaming angle qr = g -LAT
limit on the Lorentz factor gLAT » 550 has been derived, in a
different context, by Lithwick & Sari (2001) to the GeV
luminosity light curve (see Figure 10).
Further consequences on these results for the estimate of the
rate of these S-GRBs will be presented elsewhere (R. Rufﬁni
et al. 2016, in preparation).

1. The P-GRB spectrum of GRB 090510, in the time
interval from T0 + 0.528 to T0 + 0.644 s, is best ﬁtted by
a Comptonized component (see Figures 7 and 8 and
Table 1), which is interpreted as a convolution of thermal
spectra originating in a dyadotorus (see Cherubini
et al. 2009; Rufﬁni 2009; see also Figure 1 and
Section 2).
2. The prompt emission follows at the end of the P-GRB
(see Figure 4). The analysis of the prompt emission
within the ﬁreshell model allows us to determine the
inhomogeneities in the CBM giving rise to the spiky
structure of the prompt emission and to estimate as well
an averaged CBM density of án CBMñ = 8.7 ´ 10-6 cm−3
obtained from a few CBM clouds of mass ∼1022 g and
typical dimensions of ∼1016 cm (see Figure 9). Such a
density is typical of galactic halos where binary NSs are
expected to migrate due to large natal kicks.
3. The late X-ray emission of GRB 090510 does not follow
the characteristic patterns expected in BdHN events (see
Figure 5 and Pisani et al. 2013).
4. The GeV emission occurs at the end of the P-GRB
emission and is initially concurrent with the prompt
emission. This sequence occurs in both S-GRBs (Rufﬁni
et al. 2015b) and BdHNe (Rufﬁni et al. 2015c). This
delayed long-lasting (»200 s) GeV emission in GRB
090510 is one of the most intense ever observed in any
GRB (see Figure 10; see also Ackermann et al. 2013;
Rufﬁni et al. 2016).
5. We then consider accretion on co-rotating and counterrotating orbits (see Rufﬁni & Wheeler 1969, in problem 2
of Section 104 in Landau & Lifshitz 2003) around an
extreme Kerr BH. Assuming the accretion of the crustal
mass 2Mc = 8.60 ´ 10-5 M from a 1.6 + 1.6 M NS–
NS binary, fulﬁlling global charge neutrality (see
Figure 2), geometrical beaming angles of q  0 . 81, for
the co-rotating case, and q  2 . 70 , for the counterrotating case, are inferred. In order to fulﬁll the
transparency condition, the initial Lorentz factor of the
jetted material has to be g  550 (see Section 6.6).
6. While there is evidence that the GeV emission must be
jetted, no beaming appears to be present in the P-GRB
and in the prompt emission, with important consequences
for the estimate of the rate of such events (Rufﬁni
et al. 2016).

7. CONCLUSIONS
It is interesting to recall some of the main novelties
introduced in this paper with respect to previous works on
GRB 090510. Particularly noteworthy are the differences from
the previous review of short bursts by Nakar (2007), made
possible by the discovery of the high-energy emission by the
Fermi team in this speciﬁc source (Ackermann et al. 2010). A
new family of short bursts characterized by the presence of a
BH and associated high-energy emission with LAT data now
available comprises GRBs 081024B, 090227B, 090510,
140402A, and 140619B (see, e.g., Figure 10). The excellent
data obtained by the Fermi team and interpreted within the
ﬁreshell model have allowed us to relate in this paper the
starting point of the high-energy emission to the birth of a BH.
Our ﬁreshell analysis assumes that the γ-ray and the GeV
components originate from different physical processes. First,
the interpretation of the prompt emission differs from the
standard synchrotron model: we model the collisions of the
baryon accelerated by the GRB outﬂow with the ambient
medium following a fully relativistic approach (see Section 2).
Second, we assume that the GeV emission originates from the
matter accretion onto the newly born BH, and we show that
indeed the energy requirement is fulﬁlled. This approach
explains also the delayed onset of the GeV emission, i.e., it is
15
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7. The energetic and the possible beaming of the GeV
emission requires the presence of a Kerr BH, or a Kerr–
Newman BH dominated by its angular momentum and
with electromagnetic ﬁelds not inﬂuencing the geometry
(see also Section 6.5).
8. The self-consistency of the entire procedure has been
veriﬁed by estimating, on the ground of the ﬁreshell
theory, the cosmological redshift of the source. The
theoretical redshift is z = 0.75  0.17 (see Section 6.4),
close to and consistent with the spectroscopically
measured value z = 0.903  0.003 (Rau et al. 2009).
9. The values of E peak and Eiso of GRB 090510 fulﬁll with
excellent agreement the MuRuWaZha relation (see
Section 5.2 and Figure 6; see also Rufﬁni et al. 2015a).
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ABSTRACT

Context. Soft gamma repeaters (SGRs) and anomalous X-ray pulsars (AXPs) are slow rotating isolated pulsars whose energy reservoir
is still matter of debate. Adopting neutron star (NS) fiducial parameters; mass M = 1.4M , radius R = 10 km, and moment of inertia,
I = 1045 g cm2 , the rotational energy loss, Ėrot , is lower than the observed luminosity (dominated by the X-rays) LX for many of the
sources.
Aims. We investigate the possibility that some members of this family could be canonical rotation-powered pulsars using realistic NS
structure parameters instead of fiducial values.
Methods. We compute the NS mass, radius, moment of inertia and angular momentum from numerical integration of the axisymmetric
general relativistic equations of equilibrium. We then compute the entire range of allowed values of the rotational energy loss, Ėrot , for
the observed values of rotation period P and spin-down rate Ṗ. We also estimate the surface magnetic field using a general relativistic
model of a rotating magnetic dipole.
Results. We show that realistic NS parameters lowers the estimated value of the magnetic field and radiation efficiency, LX /Ėrot , with
respect to estimates based on fiducial NS parameters. We show that nine SGRs/AXPs can be described as canonical pulsars driven
by the NS rotational energy, for LX computed in the soft (2–10 keV) X-ray band. We compute the range of NS masses for which
LX /Ėrot < 1. We discuss the observed hard X-ray emission in three sources of the group of nine potentially rotation-powered NSs.
This additional hard X-ray component dominates over the soft one leading to LX /Ėrot > 1 in two of them.
Conclusions. We show that 9 SGRs/AXPs can be rotation-powered NSs if we analyze their X-ray luminosity in the soft 2–10 keV
band. Interestingly, four of them show radio emission and six have been associated with supernova remnants (including Swift J1834.90846 the first SGR observed with a surrounding wind nebula). These observations give additional support to our results of a natural
explanation of these sources in terms of ordinary pulsars. Including the hard X-ray emission observed in three sources of the group
of potential rotation-powered NSs, this number of sources with LX /Ėrot < 1 becomes seven. It remains open to verification 1) the
accuracy of the estimated distances and 2) the possible contribution of the associated supernova remnants to the hard X-ray emission.
Key words. pulsars: general – stars: neutron – stars: rotation – stars: magnetic field

1. Introduction
SGRs and AXPs constitute a class of pulsars with the following main properties (Mereghetti 2008): rotation periods P ∼ (2–
12) s, slowing down rates Ṗ ∼ (10−15 − 10−10 ) s/s, persistent
X-ray luminosity as large as 1035 erg s−1 and transient activity in
the form of outbursts of energies around (1041 –1043 ) erg. Giant
flares of even larger energies, (1044 –1047 ) erg, up to now only
observed in SGRs.
A spinning down NS loses rotational energy at a rate given
by
Ėrot = −4π2 I
?
??
???

Ṗ
P3

jaziel.coelho@inpe.br
jorge.rueda@icra.it
ruffini@icra.it

(1)

which, adopting fiducial moment of inertia I = 1045 g cm2 , becomes
fid
Ėrot
= −3.95 × 1046

Ṗ
P3

erg s−1 .

(2)

Correspondingly to the fiducial moment of inertia, usual fiducial
values for the mass and radius of a NS adopted in the literature are, respectively, M = 1.4M and radius R = 10 km. For
the observed values of P and Ṗ, Eq. (2) leads to values lower
fid
than the observed X-ray luminosity from SGR/AXPs (i.e. Ėrot
<
LX ). This is in contrast with traditional rotation-powered pulsars
which show Ėrot > Lobs
X .
The apparent failure of the traditional energy reservoir of
pulsars in SGR/AXPs has led to different scenarios for the explanation of SGRs and AXPs, e.g.: magnetars (Duncan & Thompson 1992; Thompson & Duncan 1995); drift waves near the
light-cylinder of NSs (see Malov 2010, and references therein);
fallback accretion onto NSs (Trümper et al. 2013); accretion
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onto exotic compact stars such as quark stars (Xu et al. 2006);
the quark-nova remnant model (Ouyed et al. 2011); and massive, fast rotating, highly magnetized WDs (Malheiro et al. 2012;
Boshkayev et al. 2013; Rueda et al. 2013; Coelho & Malheiro
2014)
None of the above scenarios appears to be ruled out by the
current observational data, thus further scrutiny of the nature and
the possible energy reservoir of SGRs and AXPs deserves still
attention.
Following the above reasoning, we aim to revisit in this work
the possibility that some SGR/AXPs could be rotation-powered
NSs, but now exploring the entire range of NS parameters allowed by the conditions of stability of the star, and not only on
the use of fiducial parameters. We have already examined this
possibility in Malheiro et al. (2012); Coelho & Malheiro (2013,
2014, 2015); Lobato et al. (2016) and have found at the time
four sources (1E 1547.0–5408, SGR 1627–41, PSR J1622–4950,
and XTE J1810–197) of the SGR/AXPs catalog explainable as
rotation-powered NSs (see, also, Rea et al. 2012). We show in
this article that this conclusion can be indeed extended to other
seven sources. For the total eleven objects we report the range of
masses where the rotation-power condition Ėrot > LX is satisfied.
Once identified as rotation-powered NSs, one is led to the
theoretical prediction that some of the phenomena observed in
ordinary pulsars could also be observed in SGRs and AXPs. Indeed, we found that for the above 11 SGRs/AXPs describable as
rotation-powered NSs:
– The energetics of their observed outbursts can be explained
from the gain of rotational energy during an accompanied
glitch. Such a glitch-outburst connection is not expected in a
source not driven by rotational energy.
– The radio emission, a property common in pulsars but generally absent in SGRs and AXPs, is observed in four of these
objects (see, e.g., Halpern et al. 2005; Camilo et al. 2006;
Helfand et al. 2006; Camilo et al. 2007a,b; Levin et al. 2010,
2012; Eatough et al. 2013).
– Six sources have possible associations with supernova remnants (SNRs), including Swift J1834.9-0846 the first SGR
for which a pulsar wind nebula has been observed (Younes
et al. 2016).
We also analyze the observed hard X-ray emission in the 20150 keV band in 5 of the above 11 sources. As we shall discuss, this emission dominates over the soft X-rays leading to
LX /Ėrot > 1 in 4 of them. With this, the number of potential
rotation-powered sources becomes seven. However, this conclusion remains open for further verification since it critically depends 1) on the accuracy of the estimated distances to the sources
and 2) on the possible contribution of the supernova remnants
present in the hard X-ray component.
This article is organized as follows. We first compute in section 2 the structure properties of NSs, and then in section 3 we
estimate the surface magnetic field using both realistic structure
parameters and a general relativistic model of a rotating magnetic dipole. We compute in section 4 the ratio LX /Ėrot for all
the SGRs/AXPs for the entire range of possible NS masses. We
also show in section 5 an analysis of the glitch/outburst connection in the nine aforementioned sources. Finally, in Section 6, we
summarize the main conclusions and remarks.

2. Neutron star structure
In order to compute the rotational energy loss of a NS as a function of its structure parameters, e.g. mass and radius, we need
Article number, page 2 of 10

Table 1. Meson masses and coupling constants in the parameterizations
NL3, TM1, and GM1

M(MeV)
mσ (MeV)
mω (MeV)
mρ (MeV)
gσ
gω
gρ

NL3
939.00
508.194
782.501
763.000
10.2170
12.8680
4.4740

TM1
938.00
511.198
783.000
770.000
10.0289
12.6139
7.2325

GM1
938.93
512.000
783.000
770.000
8.9073
10.6089
4.0972

to construct the equilibrium configurations of a uniformly rotating NS in the range of the observed periods. We have shown
in Rotondo et al. (2011); Rueda et al. (2011); Belvedere et al.
(2012, 2014) that, in the case of both static and rotating NSs,
the Tolman-Oppenheimer-Volkoff (TOV) system of equations
(Oppenheimer & Volkoff 1939; Tolman 1939) is superseded by
the Einstein-Maxwell system of equations coupled to the general relativistic Thomas-Fermi equations of equilibrium, giving
rise to what we have called the Einstein-Maxwell-Thomas-Fermi
(EMTF) equations. In the TOV-like approach, the condition of
local charge neutrality is applied to each point of the configuration, while in the EMTF equations the condition of global
charge neutrality is imposed. The EMTF equations account for
the weak, strong, gravitational and electromagnetic interactions
within the framework of general relativity and relativistic nuclear
mean field theory. In this work we shall use both global (EMTF)
and local (TOV) charge neutrality to compare and contrast their
results.
2.1. Nuclear EOS

The NS interior is made up of a core and a crust. The core
of the star has densities higher than the nuclear one, ρnuc ≈
3 × 1014 g cm−3 , and it is composed of a degenerate gas of
baryons (e.g. neutrons, protons, hyperons) and leptons (e.g. electrons and muons). The crust, in its outer region (ρ ≤ ρdrip ≈
4.3 × 1011 g cm−3 ), is composed of ions and electrons, and in
the inner crust (ρdrip < ρ < ρnuc ), there are also free neutrons
that drip out from the nuclei. For the crust, we adopt the BaymPethick-Sutherland (BPS) EOS (Baym et al. 1971b), which is
based on the Baym et al. (1971a) work. For the core, we adopt
relativistic mean-field (RMF) theory models. We use an extension of the Boguta & Bodmer (1977) formulation with a massive
scalar meson (σ) and two vector mesons (ω and ρ) mediators,
and possible interactions amongst them. We adopt in this work
three sets of parameterizations of these models (see table 1 and
figure 1): the NL3 (Lalazissis et al. 1997), TM1 (Sugahara &
Toki 1994), and GM1 (Glendenning & Moszkowski 1991) EOS.

2.2. Mass-Radius Relation and Moment of Inertia

For the rotational periods as the ones observed in SGR/AXPs
(P ∼ 2–12 s), the structure of the rotating NS can be accurately described by small rotation perturbations from the spherically symmetric configuration (see, e.g., Belvedere et al. 2014,
2015), using the Hartle’s formalism (Hartle 1967). Following
this method we compute rotating configurations, accurate up to
second-order in Ω, with the same central density as the seed
static non-rotating configurations. The mass-radius relation for
non-rotating configurations in the cases of global and local
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Fig. 3 shows the behavior of the moment of inertia as a function of the mass of the NS for the three EOS NL3, TM1 and
GM1 and both in the case of global and local charge neutrality.
Although in general there is a dependence of all the structure parameters on the nuclear EOS, we use below, without loss of generality and for the sake of exemplification, only the GM1 EOS.
Similar qualitatively and quantitatively results are obtained for
the other EOSs. It is worth mentioning that the chosen EOS lead
to a maximum stable mass larger than 2 M , the heaviest NS
mass measured (Demorest et al. 2010; Antoniadis et al. 2013).

38

log(P [dyn cm2 ])

37
36
35
34
NL3 EOS
TM1 EOS
GM1 EOS

33
14

15

16
log(ρ [g cm−3 ])

17

Fig. 1. NL3, TM1, and GM1 EOS behavior at sub and supranuclear
densities.
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Fig. 2. Mass-Radius relation for the NL3, TM1, and GM1 EOS in the
cases of global (solid curves) and local (dashed curves) charge neutrality.

charge neutrality are shown in Fig. 2. For the rotation periods of
interest here, the mass-equatorial radius relation of the uniformly
rotating NSs practically overlaps the one given by the static sequence (see Fig. 1 in Belvedere et al. 2015). Thus, we take here
advantage of this result and consider hereafter, as masses and
corresponding radii, the values of the non-rotating NSs.
The moment of inertia is given by
J
(3)
I= ,
Ω
where Ω is the angular velocity and J is the angular momentum
given by
!
1 4 dω̄
J= R
.
(4)
6
dr r=R

Here R is the radius of the non-rotating star with the same central
density as the rotating one, ω̄ = Ω − ω(r) is the angular velocity
of the fluid relative to the local inertial frame, and ω is the angular velocity of the local frame. The angular velocity Ω is related
the angular momentum J by
2J
Ω = ω̄(R) + 3 .
(5)
R

3. Surface Magnetic Field
Since the range of P for SGRs and AXPs is similar to the one
concerning the high-magnetic field pulsar class, we can directly
apply the results of Belvedere et al. (2015), applying only the
most relevant correction for this range of periods to estimate
the surface magnetic field, namely the finite-size correction. The
exact solution of the radiation power of a (slowly) rotating,
magnetic dipole, which duly generalizes the classic solution by
Deutsch (1955), is given by (see Rezzolla & Ahmedov 2004, and
references therein)
!2
2 µ2⊥ Ω4 f
PGR
=
−
,
(6)
dip
3 c3
N2
where µ⊥ = µ sin χ, is the component of the magnetic dipole
moment perpendicular to the rotation axis, µ = BR3 with B the
surface magnetic field at the star’s equator, χ is the inclination
angle between the magnetic dipole and rotation axis, and f and
N are the general relativistic corrections
"
#
3  R 3
2M 
M
f = −
ln(N 2 ) +
1+
,
(7)
8 M
R
R
r
2M
1−
,
(8)
N =
R
with M the mass of the non-rotating configuration. Now, equating the rotational energy loss, Eq. (1) to the above electromagnetic radiation power, Eq. (6), one obtains the formula to infer
the surface magnetic field, given the rotation period and the spindown rate:
!1/2
N 2 3c3 I
BGR =
P
Ṗ
,
(9)
f 8π2 R6
where we have introduced the subscript ‘GR’ to indicate explicitly the magnetic field inferred from the above general relativistic expression, and we have adopted for simplicity an inclination
angle χ = π/2.
Figs. 4 and 5 show our theoretical prediction for the surface
magnetic fields of the SGR/AXPs as a function of the NS mass,
using Eq. (9), for the GM1 EOS and for the global and local
charge neutrality cases, respectively. We find that in both cases
some of the sources have inferred magnetic fields lower than the
critical value, Bc , for some range of NS masses. Clearly this set
of sources includes SGR 0418+5729, Swift J1822.3-1606 and
3XMM J185246.6+003317, which are already known to show
this feature even using fiducial NS parameters and the classic
magnetic dipole model (see e.g., Olausen & Kaspi 2014). It is
worth to note that Eq. (9) is derived for a rotating magnetic
dipole in electrovacuum, thus neglecting the extra torque from
the presence of magnetospheric plasma. The addition of this
torque certainly leads to values of the magnetic field still lower
Article number, page 3 of 10
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Fig. 3. Moment of inertia as a function of the NS mass for the NL3, TM1, and GM1 EOS in the cases of global (left panel) and local (right panel)
charge neutrality.
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Fig. 4. (Color online) Magnetic field BGR given by equation (9), in units
of Bc = m2e c3 /(e~) = 4.4 × 1013 G, as function of the mass (in solar
masses) in the global charge neutrality case.

Fig. 5. (Color online) Magnetic field BGR given by equation (9), in units
of Bc = 4.4 × 1013 G, as function of the mass (in solar masses) in the
local charge neutrality case.

than the ones shown here. However, the inclusion of the torques
from the magnetosphere is beyond the scope of this work and
will be taken into account in future works.

the observed luminosity and the rotational energy loss (1). It is
clear from figure 3 that such a ratio is a function of the NS mass,
via the moment of inertia. For SGR/AXPs the dominant emission
is in X-rays, thus we analyze all the possible values of the ratio
LX /Ėrot in the entire parameter space of NSs. As we show below,
some SGRs and AXPs allow a wide range of masses for which
LX /Ėrot . 1, implying a possible rotation-powered nature for
those sources.

4. SGRs and AXPs Efficiency
Another important quantity for the identification of the nature of
the sources is the radiation efficiency, namely the ratio between
Article number, page 4 of 10
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Figure 6 shows the X-ray luminosity to rotational energy
loss ratio as a function of the NS mass, for both global and local charge neutrality configurations. We can see from these figures that nine out of the twenty three SGR/AXPs could have
masses in which LX < Ėrot , and therefore they could be explained as ordinary rotation-powered NSs. Such sources are:
Swift J1834.9–0846, PSR J1846–0258, 1E 1547.0–5408, SGR
J1745-2900, XTE J1810–197, PSR J1622–4950, SGR 1627–
41, SGR 0501+4516, CXOU J171405.7381031 (see Table 2).
In view of the proximity of some of the sources to the line
LX /Ėrot = 1 (e.g., SGR 1900+14, SGR 0418+5729, and Swift
J1822.3–1606), and the currently poorly constrained determination of the distance to the sources, there is still the possibility of
having additional sources as rotation powered NSs.
In this line, two sources are particularly interesting, namely
SGR 1900+14 and SGR 1806-20, which appear very close (but
above) to the limit of becoming rotation-powered NSs. The soft
X-rays spectra of SGRs and AXPs are usually well fitted by
a blackbody + power-law spectral model (see e.g., Mereghetti
2008). The blackbody temperature is usually of the order kB T ∼
0.5 keV and surface radii of the emitting region are ∼ 1 km. In
the case of a NS, one could interpret such a thermal component
as due to the surface temperature of the NS, namely associated
with the thermal reservoir of the star. The power-law component
has instead a non-thermal nature and must be due to magnetospheric processes which are connected with the rotational energy
reservoir in a rotation-powered star. Within this interpretation,
the request that the rotational energy loss pays also for the contribution of the thermal component of the luminosity is unnecessarily rigorous. Thus, the above ratio LX /Ėrot becomes an upper
limit to the actual efficiency for the conversion of rotational into
electromagnetic energy. We can now apply this interpretation,
for the sake of example, to the above two sources.
SGR 1900+14: the blackbody component of the spectrum
is characterized by kB T BB = 0.47 keV, and a surface radius of
RBB = 4.0 km, assuming a distance of 15 kpc (Mereghetti et al.
2006). The total (blackbody + power-law) flux in the 2–10 keV
energy band is F X = 4.8 × 10−12 erg cm−2 s−1 . With the above
data, we infer that the blackbody and the power-law components
contribute respectively 28% and 72% to the total flux. Namely,
we have F XBB = 0.28F X and F XPL = 0.72F X . This leads to LPL
X =
9.3 × 1034 erg s−1 .
SGR 1806–20: in this case we have kB T BB = 0.55 keV and
RBB = 3.7 km, assuming a distance of 15 kpc (Esposito et al.
2007). For this source F X = 1.8 × 10−11 erg cm−2 s−1 , and we
infer F XBB = 0.16F X and F XPL = 0.84F X . This leads to LPL
X =
4.1×1035 erg s−1 . If we use instead the revised distance of 8.7 kpc
35
−1
(Bibby et al. 2008), we have LPL
X = 1.4 × 10 erg s .
Figure 7 shows the ratio LPL
X / Ė rot as a function of the NS
mass in the case of SGR 1900+14 and SGR 1806–20, adopting the GM1 EOS and assuming a distance of 15 kpc for both
sources. It is clear from this analysis the importance of identifying the different contributions to the emission of the object.
There is no doubt that the subtraction of the contribution from
the thermal reservoir to the total flux in soft X-rays can be important for the correct identification of the nature of these sources:
now there is a range of masses for which the luminosity to rotational energy loss ratio becomes lower than unity. Again, it is
worth to recall that there are still additional effects which could
improve the above analysis: (i) the distance to the sources are not
known accurately; (ii) the spectrum could be equally well-fitted
by a different spectral model such as a double blackbody which
would have a different interpretation; (iii) the NS EOS is still un-

known and so the moment of inertia and radius for a given mass
might be different. These effects might lead to a different value
of the luminosity, and of the contributions of thermal and rotational energy reservoirs to it. Clearly, the above analysis can be
extended to all the other SGRs and AXPs, and in the case of the
nine sources already identified with LX /Ėrot < 1, it will further
diminish their radiation efficiency.
It is now appropriate to discuss the non-thermal hard Xray emission (above 10 keV) in SGRs/AXPs which has been
observed by some missions like RXTE, INTEGRAL, Suzaku
and NuSTAR. First we discuss the observations of the above
two sources which could in principle join the rotation-powered
group. Adopting a distance of 15 kpc, SGR 1900+14 has an observed 20–100 keV band luminosity of Lhard
= 4 × 1035 erg s−1
X
hard
PL
(Götz et al. 2006). This implies LX ≈ 4.3LX , so a total X-ray
35
−1
luminosity (hard + soft) L x = 5.3LPL
X ≈ 4.9 × 10 erg s . SGR
1806–20 has a 20–100 keV band flux three times higher than
the one of SGR 1900+14 (Götz et al. 2006), thus assuming also
a distance of 15 kpc for this source we obtain Lhard
≈ 2.9LPL
X ,
X
PL
so a total X-ray luminosity (hard + soft) L x = 3.9LX ≈ 1.6 ×
1036 erg s−1 . This means that the points in Figure 7 would shift 5
and 4 times up respectively and therefore there will be no solution for these sources as rotation-powered, unless their distances
are poorly constrained. In this line it is worth mentioning that
the distance to these sources has been established via their possible association with star clusters (see Vrba et al. 2000; Corbel
& Eikenberry 2004, for details).
From the set of nine potential rotation-powered sources, only
three ones have persistent hard X-ray emission (see Table 2):
SGR 0501+4516, 1E 1547.0–5408 and SGR J1745–2900. For
these sources we can see the hard X-ray luminosity in the 20–
150 keV band overcomes the soft X-ray contribution to the luminosity respectively by a factor 50, 149 and 527. Figure 8 shows
the ratio LHard
X / Ė rot as a function of the NS mass in the case
of SGR 0501+4516, 1E 1547.0–5408 and SGR J1745–2900.
We can see that, after including the hard X-ray component in
these three sources, 1 E1547.0–5408 stands still below the line
LX /Ėrot = 1, while the other two sources appear above it.
The existence of persistent hard X-ray emission provides
new constraints on the emission models for SGRs/AXPs since,
as in ordinary pulsars, the higher the energy band the higher the
luminosity, namely their luminosities can be dominated by hard
X-rays and/or gamma-rays. At the present, the mechanisms responsible for the hard energy emission is still poorly understood,
what causes the hard X-ray tails is still an open issue. In this respect it is worth mentioning that, since these sources are also
associated with supernova remnants (see Table 2 and Sec. 6), the
emission in hard X and/or gamma-rays could be contaminated
by the remnant emission. The disentanglement of the contributions of the remnant and the central pulsar to the total emission
is an interesting issue to be explored, in addition to the confirmation of the estimated distances. If the above numbers will be
confirmed, then the number of rotation-powered SGRs/AXPs becomes seven.

5. Glitches and bursts in SGRs/AXPs
We have shown in the last section that nine (and up to eleven) of
the twenty three SGR/AXPs are potential rotation-powered NSs.
Once the possible rotation-power nature of the source is established, one expects that also the transient phenomena observed in
these sources could be powered by rotation. Based on that idea,
we here discuss a possible glitch-outburst connection. Thus, it is
Article number, page 5 of 10
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Fig. 6. (Color online) Radiation efficiency LX /Ėrot as a function of the NS mass (in solar masses), for the global (left panel) and local (right panel)
neutrality cases.
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neutrality cases.

interesting to scrutinize the outburst data of SGR/AXPs, to seek
for associated glitches, and check if the energetics of its bursting activity could be explained by the gain of rotational energy
during an associated (observed or unobserved) glitch.
In a glitch, the release of the accumulated stress leads to a
sudden decrease of the moment of inertia and, via angular momentum conservation,
J = IΩ = (I + ∆I)(Ω + ∆Ω) = constant,
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(10)

to a decrease of both the rotational period (spin-up) and the radius, i.e.
∆I
∆R ∆P
∆Ω
=2
=
=−
.
I
R
P
Ω

(11)

The sudden spin-up leads to a gain of rotational energy
∆Erot = −

2π2 I ∆P
,
P2 P

(12)
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Fig. 8. (Color online) Radiation efficiency LHard
X / Ė rot as a function of the NS mass (in solar masses), for the global (left panel) and local (right
panel) neutrality cases.
Table 2. Some properties of nine SGRs/AXPs potential rotation-powered NSs. Column 1: source name. Column 2: rotation period P in units of
seconds. Column 3: spin-down rate Ṗ in units of 10−11 . Column 4: source distance in units of kpc. Column 5: X-ray luminosity in the 2–10 keV
band in units of 1033 erg s−1 . Column 6: hard X-ray luminosity in the 20–150 keV band in units of 1033 erg s−1 . Column 7: radio luminosity
per solid angle at the frequency f0 = 1.4 GHz, i.e. Lradio = S 1.4 d2 in units of 1028 sr−1 erg s−1 where S 1.4 is the measured flux density at f0 .
In the case of SGR J1745-2900 we report the luminosity per beam at the frequency 41 GHz according to Yusef-Zadeh et al. (2015). In the
columns 8–11 we report respectively if the source has reported association with SNR, observed glitches, outbursts, and if it is considered as
a transient X-ray lumminosity (in the sense explained in Sec. 6). Data have been taken from the McGill catalog (Olausen & Kaspi 2014; see
http://www.physics.mcgill.ca/ pulsar/magnetar/main.html).
Source
SGR 0501+4516
1E 1547.0–5408
PSR J1622-4950
SGR 1627-41
CXOU J171405.7-381031
SGR J1745-2900
XTE J1810-197
Swift J1834.9-0846
PSR J1846-0258

P
(s)
5.8
2.07
4.33
2.59
3.8
3.76
5.54
2.48
0.33

Ṗ
0.59
4.77
1.7
1.9
6.4
1.38
0.77
0.79
0.71

d
(kpc)
2
4.5
9
11
13.2
8.5
3.5
4.2
6

LX
(1033 erg s−1 )
0.81
1.3
0.44
3.6
56
0.11
0.043
0.0084
19

Lhard
X
(1033 erg s−1 )
40.2
193.9
–
–
–
57.9
–
–
–

which is paid by the gravitational energy gain by the star’s contraction (Malheiro et al. 2012).
It is important to start our analysis by recalling the case of
PSR J1846–0258, which has LX < Ėrot even when fiducial NS
parameters are adopted. The importance of this source relies on
the fact that, although it is recognized as rotation-powered NS, it
has been classified as SGR/AXP (Olausen & Kaspi 2014) owing
to its outburst event in June 2006 (Gavriil et al. 2008). In view
of the possible NS rotation-power nature of PSR, Malheiro et al.
(2012) explored the possibility that the outburst energetics (3.8–
4.8) × 1041 erg (Kumar & Safi-Harb 2008) can be explained by
the rotational energy gained by a NS glitch. It was there found
that a glitch with fractional change of period |∆P|/P ∼ (1.73–
2.2) × 10−6 could explain the outburst of 2006. This theoretical result is in full agreement with the observational analysis
by Kuiper & Hermsen (2009), who showed that indeed a major glitch with |∆P|/P ∼ (2–4.4) × 10−6 is associated with the
outburst. Very recently, Archibald et al. (2016) reported another
example of an X-ray outburst from a radio pulsar, PSR J1119–
6127, which also has LX < Ėrot . This source is similar to the
rotation-powered pulsar PSR J1846–0258. The pulsar’s spin period P = 0.407 s and spin-down rate Ṗ = 4.0 × 10−12 imply a
dipolar surface magnetic field B = 4.1 × 1013 G adopting fiducial values. It is clear from Figs. 4 and 5 that also in this case

Lradio
(1028 sr−1 erg s−1 )
–
1.19
5.18
–
–
84.6
0.98
–
–

SNR Assoc.

Obs. Glitches

Burst

Transient

HB 9 (?)
G327.24-0.13
G333.9+0.0
G337.0-0.1
CTB 37B
–
–
W41
Kes 75

No
Yes
No
No
No
No
No
No
Yes

Yes
Yes
No
Yes
No
Yes
Yes
Yes
Yes

Yes
Yes
Yes
Yes
No
Yes
Yes
Yes
No

the magnetic field would become undercritical for realistic NS
parameters.
We follow this reasoning and proceed to theoretically infer
the fractional change of rotation period, |∆P|/P, which explains
the energetics of the bursts of the family of SGR/AXPs with
LX < Ėrot presented in this work. We do this by assuming that
|∆Erot |, given by Eq. (12), equals the observed energy of the burst
event, Eburst , namely
|∆P| Eburst P2
=
.
(13)
P
2π2 I
From the set of nine potential rotation-powered sources,
only two ones have glitches detected: PSR J1846–0258 which
has been discussed above and 1E 1547.0–5408 with |∆P|/P ≈
1.9 × 10−6 (Kuiper et al. 2012). In particular, figure 9 shows
the value of |∆P|/P obtained from equation (13) as a function
of the NS mass for PSR J1846–0258 (a similar analysis can
be applied to the radio pulsar PSR J1119–6127, whose timing
analysis presented in Archibald et al. 2016 suggests the pulsar
had a similar-sized spin-up glitch with |∆P|/P ∼ 5.8 × 10−6 ).
Indeed a minimum mass for the NS can be established for the
sources by requesting that: 1) the entire moment of inertia is involved in the glitch and 2) the theoretical value of |∆P|/P coincides with the observed value. We obtain a minimum mass
for PSR J1846–0258, Mmin = 0.72 M and Mmin = 0.61 M ,
Article number, page 7 of 10
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for the global and local charge neutrality cases, respectively. On
the other hand, if we substitute the moment of inertia I in equation (13) by Iglitch = ηI where η ≤ 1, being Iglitch the moment
of inertia powering the glitch, then we can obtain a lower limit
for the parameter η: we obtain η = 0.20 and η = 0.18 for the
global and local charge neutrality cases, respectively. Tables 3
and 4 show the theoretically predicted value of |∆P|/P for the
seven sources with known bursts energy, assuming the mass of
the NS is larger than 1 M and η = 1, in the cases of global and
local charge neutrality, respectively.
Table 4 shows that from the nine potentially rotationpowered sources, two have a firmly established glitch-outburst
connection. For the other sources there are two possibilities. 1)
The glitch could be missed because absence of timing monitoring of the source prior to the burst, as it is certainly the case
of the SGRs/AXPs discovered from an outburst. 2) The source
timing was monitored and indeed there is no glitch associated
with the outburst. In this case, it remains open the possibility
that the outburst could be of magnetospheric origin. 3) There are
also observed glitches without associated outburst activity. It is
worth mentioning that a recent systematic analysis of the glitchoutburst connection in five AXPs by Dib & Kaspi (2014) concluded (amongst other important results): 1) glitches associated
and not associated with outbursts or radiative changes show similar timing properties, namely outburst activity is not necessarily
associated with large glitches; and 2) all glitches observed point
to have their origin in the stellar interior. The second conclusion
gives observational support to our theoretical interpretation of
glitches as a phenomenon associated to cracking occurring in the
NS interior. Whether a glitch can or not lead to observable radiative changes depends on specific properties of the phenomenon
such as the energy budget and the localization of the event in the
star’s interior (Dib & Kaspi 2014), as well as on the efficiency in
converting mechanical energy into radiation. The first two features have been here analyzed through ∆Erot and the parameter
η, the latter which defines Iglitch , the amount of moment of inertia
involved in the glitch.
Thus, the glitch-outburst connection remains one of the most
interesting problems of SGR/AXP physics and astrophysics.
There are still several issues which need to be addressed both
from systematic observational analyses and from theoretical
point of view of NS physics.

6. Possible additional evidence
We have shown above for the nine potential rotation-powered
SGRs/AXPs that, when timing observations allowed for the
glitch/outburst connection identification, the rotational energy
gain in the glitch can explain the outburst energetics. This characteristic is expected from a rotation-powered object.
We discuss now three additional pieces of astrophysical evidence pointing to a rotation-power nature of these sources. First,
we note that four of the above nine sources, namely 1E 1547.0–
5408, SGR J1745–2900, XTE J1810–197, and PSR J1622–
4950, are the only SGR/AXPs with detected radio emission (see,
e.g., Halpern et al. 2005; Camilo et al. 2006; Helfand et al. 2006;
Kramer et al. 2007; Camilo et al. 2007a,b, 2008; Levin et al.
2010, 2012; Eatough et al. 2013; Olausen & Kaspi 2014; Lobato et al. 2015; Yusef-Zadeh et al. 2015). This property, expected in ordinary rotation-powered pulsars, is generally absent
in SGR/AXPs. As discussed in Kramer et al. (2007), the radio
emission of SGRs/AXPs and normal radio pulsars shows differences but also similarities, e.g. the case of XTE J1810-197. We
show in Table 2 the observed radio luminosity per solid angle
Article number, page 8 of 10

at the 1.4 GHz frequency. For all of them we have Lradio  LX ,
a feature also observed in ordinary pulsars. The continuous observation, as well as theoretical analysis and comparison of the
radio emission of rotating radio transients (RRATS), high-B pulsars, SGRs/AXPs, and ordinary radio pulsars will allow us to
understand the NS properties leading to the differences and similarities of the radio emission of these sources. New observational capabilities such as the ones of the Square Kilometer Array (SKA) expect to give also important contributions in this direction (Tauris et al. 2015).
In order to understand better the nature of these nine
SGRs/AXPs it is worth to seek for additional emission features which could distinguish them from the rest of the sources.
In this line we would like to point out that, at present,
eleven SGRs/AXPs have been identified as transient sources,
i.e. sources which show flux variations by a factor ∼(10-1000)
over the quiescent level (see, e.g., Turolla et al. 2015), in
timescales from days to months. Such a variations are usually accompanied by an enhancement of the bursting activity. Seven of
the nine potentially rotation-powered sources shown in Table 2
are transient sources. Therefore it is possible to identify common
features in these sources, although more observational and theoretical investigation is needed. For instance, the above shows
that all radio SGR/AXPs are rotation-powered sources and have
a transient nature in the X-ray flux. The theoretical analysis of
the evolution of the X-ray flux can constrain the properties of
the NS and the emission geometry, for instance the angles between the rotation axis, the line of sight and the magnetic field
(see, e.g., Albano et al. 2010). Such constraints can help in constraining, at the same time, the properties of the radio emission.
Such an analysis is however out of the scope of the present work
and opens a window of new research which we plan to present
elsewhere.
There is an additional observational property which support
to a NS nature for the nine sources of Table 2, namely six of them
have possible associations with supernova remnants (SNRs). As
it is summarized in Table 2, Swift J1834.9–0846 has been associated with SNR W41 (see, Younes et al. 2016, for the detection of
a wind nebula around this source); PSR J1846–0258 with SNR
Kes75; 1E 1547.0–5408 with SNR G327.24–0.13; PSR J1622–
4950 with SNR G333.9+0.0; SGR 1627–41 with NR G337.0-0;
and CXOU J171405.7–381031 with SNR CTB37B (Olausen &
Kaspi 2014). If these associations will be fully confirmed, then it
is clear that the NS was born from the core-collapse of a massive
star which triggered the SN explosion. Further analysis of the
supernova remnant and/or pulsar wind nebulae energetics and
emission properties is needed to check their consistency with the
rotation-powered nature of the object at the center.

7. Conclusions
We considered in this work the possibility that some SGRs and
AXPs can be rotation-powered NSs exploring the allowed range
of realistic NS structure parameters for the observed rotation periods of SGRs/AXPs, instead of using only fiducial parameters
M = 1.4M , R = 10 km, and I = 1045 g cm2 . We obtained the
NS properties from the numerical integration of the general relativistic axisymmetric equations of equilibrium for EOS based on
relativistic nuclear mean-field models both in the case of local
and global charge neutrality. We thus calculated the rotational
energy loss, Ėrot , (hence to a radiation efficiency LX /Ėrot ) as a
function of the NS mass. In addition, we estimate the surface
magnetic field from a general relativistic model of a rotating
magnetic dipole in vacuum.
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Fig. 9. (Color online) Inferred fractional change of rotation period during the glitch, ∆P/P, obtained by equating the rotational energy gained
during the glitch, ∆Erot , to the energy of the burst, for globally neutral (left panel) and locally neutral (right panel) NSs. In this example the NS
obeys the GM1 EOS. The gray-shaded area corresponds to the value of |∆P|/P in the observed glitch of PSR J1846–0258 in June 2006 (Kuiper &
Hermsen 2009).
Table 3. Predicted values of |∆P|/P assuming rotation-powered NSs - Global charge neutrality case

Source name
PSR J1846–0258
1E 1547.0–5408
XTE J1810–197
SGR 1627–41
SGR 0501+4516
Swift J1834.9–0846
SGR 1745–2900

Year of burst
2006
2009
2004
1998
2008
2011
2013

Total isotropic burst energy (erg)
4.8 × 1041
1.1 × 1041
4.0 × 1037
1.0 × 1041
1.0 × 1040
1.5 × 1037
6.7 × 1037

Predicted |∆P|/P for M > 1 M
8.8 × 10−7 − 2.6 × 10−6
8.1 × 10−6 − 2.4 × 10−5
2.1 × 10−8 − 6.3 × 10−8
1.0 × 10−5 − 3.8 × 10−5
5.7 × 10−6 − 1.7 × 10−5
1.6 × 10−9 − 4.8 × 10−9
1.61 × 10−8 − 4.9 × 10−8

Table 4. Predicted values of |∆P|/P assuming rotation-powered NSs - Local charge neutrality case

Source name
PSR J1846–0258
1E 1547.0–5408
XTE J1810–197
SGR 1627–41
SGR 0501+4516
Swift J1834.9–0846
SGR 1745–2900

Year of burst
2006
2009
2004
1998
2008
2011
2013

Total isotropic burst energy (erg)
4.8 × 1041
1.1 × 1041
4.0 × 1037
1.0 × 1041
1.0 × 1040
1.5 × 1037
6.7 × 1037

Based on the above, the following conclusions can be drawn:
– Fiducial parameters overestimate both the radiation efficiency and the surface magnetic field of pulsars.
– The X-ray luminosity of nine sources shown in Table 2,
i.e. Swift J1834.9–0846, PSR J1846–0258, 1E 1547.0–5408,
SGR J1745–2900, XTE J1810–197, PSR J1622–4950, SGR
1627–41, SGR 0501+4516, CXOU J171405.7381031, can
be explained via the loss of rotational energy of NSs (see
Fig. 6). Thus, they fit into the family of ordinary rotationpowered pulsars.
– For the above nine sources, we obtained lower mass limits
from the request Ėrot ≥ LX .
– We show that, if the thermal reservoir of the NS is the responsible of the blackbody component observed in soft X-rays,
both SGR 1900+14 and SGR 1806-20 join the above family of rotation-powered NSs since the rotational energy loss

Predicted |∆P|/P for M > 1 M
7.9 × 10−7 − 2.2 × 10−6
7.2 × 10−6 − 2.0 × 10−5
1.9 × 10−8 − 5.3 × 10−8
1.1 × 10−5 − 3.2 × 10−5
5.0 × 10−6 − 1.4 × 10−5
1.4 × 10−9 − 3.9 × 10−9
1.4 × 10−8 − 4.1 × 10−8

is enough to cover their non-thermal X-ray luminosity. This
implies that up to 11 SGR/AXPs could be rotation-powered
pulsars. This argument could be in principle also applied to
the other sources, lowering further their radiation efficiency
LX /Ėrot .
– Thus we argue that the observational uncertainties in the determination of the distances and/or luminosities, as well as
the uncertainties in the NS nuclear EOS, as well as the different interpretations of the observed spectrum leave still room
for a possible explanation in terms of spin-down power for
additional sources.
– We then proceeded to discuss the observed emission in hard
X-rays (in the 20–150 keV band) first in both SGR 1900+14
and SGR 1806-20. Including this contribution the luminosity
increases up to a factor 5 and 4 respectively for each source,
leaving no room for them as rotation-powered sources unArticle number, page 9 of 10
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less their estimated distances are poorly constrained. Then
we examine the three sources part of the group of nine potential rotation-powered sources for which hard X-ray emission
has been observed: SGR J1745–2900, 1E 1547.0–5408 and
SGR 0501+4516. Fig. 8 shows that 1E 1547.0–5408 remains
still within the rotation-powered group while the other two
sources do not. Thus, it becomes critical for these sources
to verify the accuracy of the estimated distances and to explore the possible contribution of their associated supernova
remnants to the hard X-ray emission.
– If these sources are powered by rotation, then other phenomena observed in known rotation-powered NSs could also
been observed in these objects. Thus, we explored for the
nine sources with LX < Ėrot the possibility that the energetics of their bursting activity, Eburst , can be explained from the
rotational energy gained in an associated glitch, ∆Erot . We
thus computed lower limits to the fractional change of rotation period of NSs caused by glitches, |∆P|/P, by requesting
∆Erot = Eburst . The fact that there exist physically plausible
solutions for |∆P|/P reinforces the possible rotation-powered
nature for these sources (e.g., the cases of PSR J1846–0258
and PSR J1119–6127).
– We discuss in Sec. 6 possible additional evidences pointing to the rotation-power nature of these nine sources. 1)
Radio emission is observed in four SGRs/AXPs and all of
them are part of these nine sources. Radio emission characterizes ordinary pulsars but it is generally absent/unobserved
in SGRs/AXPs. 2) We call also the attention to a peculiar emission property of the majority of these nine sources:
seven of them belong to the group of the so-called transient
sources (which are eleven in total). Within these seven transient rotation-powered objects we find the four showing radio emission. We argue that the analysis of the varying X-ray
flux can given information on the NS properties and magnetospheric geometry, shedding light into the understanding
of the properties of the radio emission. 3) Six of the nine
sources have potential associations with supernova remnants,
supporting a NS nature. See Table 2 for details.
Although we have shown the possibility that some SGRs and
AXPs be rotation-powered pulsars, we are far from getting a final answer to the question of the nature of SGRs/AXPs. It is
not yet clear whether all the current members of the SGR/AXP
family actually form a separate class of objects, e.g. with respect to traditional pulsars, or if their current classification have
led to misleading theoretical interpretations. Therefore we encourage further theoretical predictions and observations in additional bands of the electromagnetic spectrum such as the optical,
high and ultra-high gamma-rays and cosmic-rays to discriminate
amongst the different models and being able to elucidate the nature of SGRs and AXPs.
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ABSTRACT

There is solid observational evidence on the existence of massive, M ∼ 1 M , highly
magnetized white dwarfs (WDs) with surface magnetic fields up to B ∼ 109 G. We
show that, if in addition to these features, the star is fast rotating, it can become a
rotation-powered pulsar-like WD and emit detectable high-energy radiation. We infer
the values of the structure parameters (mass, radius, moment of inertia), magnetic
field, rotation period and spin-down rates of a WD pulsar death-line. We show that
WDs above the death-line emit blackbody radiation in the soft X-ray band via the
magnetic polar cap heating by back flowing pair-created particle bombardment and
discuss as an example the X-ray emission of soft gamma-repeaters and anomalous
X-ray pulsars within the WD model.
Key words: white dwarfs — stars: magnetic field — starspots — radiation mechanisms: thermal — acceleration of particles

1

INTRODUCTION

The increasing data from observational campaigns leave no
room for doubts on the existence of massive (M ∼ 1 M )
white dwarfs (WDs) with magnetic fields comprised in the
range B = 106 –109 G (Külebi et al. 2009; Kepler et al.
2013, 2015). It has been recently shown that massive, highly
magnetized WDs, could be formed by mergers of double
WDs (Garcı́a-Berro et al. 2012). The fact that WDs produced in mergers, besides being massive and highly magnetized, can be also fast rotators with periods P ∼ 10 s,
was used in Rueda et al. (2013) to show that they could
be the WDs postulated in Malheiro et al. (2012) to describe
the observational properties of soft gamma repeaters (SGRs)
and anomalous X-Ray pulsars (AXPs), in alternative to the
“magnetar” model (Duncan & Thompson 1992; Thompson
& Duncan 1995). The gravitational stability of the WD imposes a lower bound to the rotation period P ≈ 0.5 s, in
?
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agreement with the minimum measured rotation period of
SGRs/AXPs, P ∼ 2 s (Boshkayev et al. 2013b). On the other
hand, the surface area and temperature of the emitting region inferred from the available infrared, optical, and ultraviolet data of SGR/AXPs (i.e. for SGR 0418+5729, J1822.3–
1606, 1E 2259+586 and 4U 0142+61), were shown to be
consistent with the values expected from WDs (Boshkayev
et al. 2013a; Rueda et al. 2013). The similarities of these
WDs with ordinary, rotation-powered pulsars, imply that
similar radiation mechanisms are expected to be at work in
their magnetosphere. Indeed, the loss of rotational energy
of the WD, owing to magnetic breaking, is sufficient to explain the X-ray luminosity observed in SGRs/AXPs, and the
inferred magnetic field from the observed spindown rates,
B ∼ 109 G, agree with the aforementioned observed values
in galactic WDs (Malheiro et al. 2012; Coelho & Malheiro
2014).
Following this line, it was advanced in Rueda et al.
(2013) that the blackbody observed in the soft X-rays of
SGRs/AXPs, with observationally inferred radii Rbb ∼ 1 km
and temperatures Tbb ∼ 106 K, could be due to a known
phenomenon expected to occur in pulsars, namely the magnetospheric currents flowing back towards the WD, heating
up the magnetic polar caps creating surface hot spots (see,
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e.g., Usov 1988, 1993). The aim of this work is to estimate
this magnetospheric process for massive, highly magnetized,
fast rotating WDs, exploiting the full analogy with pulsars.
This calculation is interesting by its own and becomes of observational relevance in view of the latest results by Marsch
et al. (2016) which points to the observational evidence of
pulsar behavior in magnetized WDs. We calculate the observable emission from isolated magnetized WDs in the Xrays. In order to exemplify the mechanism with appealing
numbers, we apply it to the case of the WD model of SGRs
and AXPs. Specifically, we evaluate the decay rate of curvature radiation photons in e− e+ pairs, and the subsequent
backward flow of pair-produced particles that bombards and
heats-up the magnetosphere polar caps, producing the observable thermal radiation. We compute in section 2 the condition for e− e+ pair creation within the inner gap model. In
section 3 we calculate the expected thermal luminosity and
infer the values of mass, radius, magnetic field, potential
drop that ensure that the polar cap thermal emission explains the observed blackbody in the soft X-ray spectrum of
SGRs/AXPs. The cases of 1E 2259+586 and 4U 0142+61
are analyzed as specific examples. In section 4 we simulate
the observed X-ray flux from this spotty emission and compute the expected pulsed fraction which we compare with
the observed values in SGRs and AXPs. We outline the conclusions in section 5.

2

WD MAGNETOSPHERE

Rotating, highly magnetized WDs can develop a magnetosphere analog to the one of pulsars. A corotating magnetosphere (Davis 1947; Ferraro & Unthank 1949; Gold 1962;
Ferraro & Bhatia 1967) is enforced up to a maximum distance given by the so-called light cylinder, Rlc = c/Ω =
cP/(2π), where c is the speed of light and Ω is the angular velocity of the star, since corotation at larger distances would
imply superluminal velocities for the magnetospheric particles. For an axisymmetric star with aligned magnetic moment and rotation axes, the local density of charged plasma
within the corotating magnetosphere is (Goldreich & Julian
1969)
ρGJ

Ω·B
1
=−
,
2πc 1 − (Ωr⊥ /c)2

(1)

where r⊥ = r sin θ with θ the polar angle.
The last B-field line closing within the corotating magnetosphere can be easily located from the B-field lines equation for a magnetic dipole r/ sin2 θ p
= constant =
p Rlc , and
R/R
R/Rlc =
is
located
at
an
angle
θ
pc = arcsin(
lc ) ≈
p
p
RΩ/c = 2πR/(cP ) from the star’s pole, with R the radius of the star. The B-field lines that originate in the region
between θ = 0 and θ = θpc (referred to as magnetic polar
caps) cross the light cylinder, and are called “open” field
lines. The size of p
the cap is given by the polar cap radius
Rpc = R θpc ≈ R 2πR/(cP ). Clearly, by symmetry, there
are two (antipodal) polar caps on the stellar surface from
which the charged particles leave the star moving along the
open field lines and escaping from the magnetosphere passing through the light cylinder.
Particle acceleration is possible in regions called vacuum gaps where corotation cannot be enforced, i.e. where

the density of charged particles is lower than the GoldreichJulian value ρGJ given by Eq. (1). For aligned(anti-aligned)
rotation and magnetic axes we have ρGJ < 0 (ρGJ > 0),
hence magnetosphere has to be supplied by electrons(ions)
from the WD surface. This work is done by the existence of
an electric field parallel to the magnetic field. Independently
on whether Ω · B is positive or negative, we assume that the
condition of a particle injection density lower than ρGJ is
fulfilled. In this inner gap model the gaps are located just
above the polar caps (Ruderman & Sutherland 1975) and
the potential drop generated by the unipolar effect and that
accelerates the electrons along the open B-field lines above
the surface is
∆V =

Bs Ωh2
,
c

(2)

where h is the height of the vacuum gap and Bs is the surface
magnetic field, which does not necessarily coincides with the
dipole field Bp .
The electrons (or positrons) accelerated through this
potential and following the B-field lines will emit curvature photons whose energy depends on the γ-factor, γ =
e∆V /(mc2 ), where e and m are the electron charge and
mass, and on the B-field line curvature radius rc , i.e. ωc =
γ 3 c/rc . Following Chen & Ruderman (1993), we adopt the
constraint on the potential ∆V for pair production via
γ + B → e− + e+ ,

3
1 e∆V
λ h Bs
1
≈
,
(3)
2 mc2
rc rc Bq
15
or in terms of a condition on the value of the potential,
 2/7   
1/7 
−1/7
2
rc 4/7 λΩ
Bs
mc2
∆V ≈
,
(4)
15
λ
c
Bq
e

where we have used Eq. (2), λ = ~/(mc), Bq ≡ m2 c3 /(e~) =
4.4 × 1013 G, is the quantum electrodynamic field, with ~
the reduced Planck’s constant.
p For a magnetic dipole geometry, i.e. Bs = Bd and rc =
Rc/Ω, the potential drop ∆V cannot
√ exceed the maximum
potential (i.e., for h = hmax = Rpc / 2),
∆Vmax =

B d Ω2 R 3
.
2c2

(5)

We are here interested in the possible magnetospheric
mechanism of X-ray emission from magnetized WDs, thus
we will consider the heating of the polar caps by the inward
flux of pair-produced particles in the magnetosphere. These
particles of opposite sign to the parallel electric field moves
inward and deposit most of their kinetic energy on an area
Aspot = f Apc ,

(6)
2
πRpc
.

i.e. a fraction f ≤ 1 of the polar cap area, Apc =
The
temperature Tspot of this surface hot spot can be estimated
from the condition that it re-radiates efficiently the deposit
kinetic energy, as follows. The rate of particles flowing to the
polar cap is Ṅ = JApc /e, where J = ηρGJ c is the current
density in the gap, and η < 1 a parameter that accounts
for the reduction of the particle density in the gap with
respect to the Goldreich-Julian value (Cheng & Ruderman
1977 used η = 1 for order-of-magnitude estimates). In this
model the filling factor f is not theoretically constrained and
it has been estimated from pulsar’s observations in X-rays
MNRAS 000, 1–?? (2016)
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that it can be much smaller than unity (Cheng & Ruderman
1977). The condition that the hot spot luminosity equals the
deposited kinetic energy rate reads
4
Aspot σTspot
= e∆V Ṅ = JApc ∆V = ηρGJ (R)cApc ∆V,

(7)

where σ is the Stefan-Boltzmann constant. From Eqs. (1),
(6) and (7) we obtain the spot temperature

1/4
Bd ∆V
Tspot = η
.
(8)
σf P
It is worth to mention that in the above estimate we have assumed a full efficiency in the conversion from the deposited
kinetic energy to the hot spot emission. This assumption is
accurate if the heating source namely the energy deposition
occurs not too deep under the star’s surface and it is not conducted away to larger regions being mainly re-radiated from
the surface area filled by the penetrating particles (Cheng
& Ruderman 1980). In Appendix A we estimate the cooling
and heating characteristic times and the heating and reradiation efficiency. For the densities and temperatures of
interest here we show that the polar cap surface re-radiates
efficiently most of the kinetic energy deposited by the particle influx validating our assumption.

3

SPECIFIC EXAMPLES

As in our previous analyzes (Malheiro et al. 2012; Boshkayev
et al. 2013a; Rueda et al. 2013; Coelho & Malheiro 2014),
we use the traditional dipole formula to get an estimate for
the WD dipole magnetic field, i.e.:
 3
1/2
3c I
Bd =
P
Ṗ
,
(9)
8π 2 R6
where I is the moment of inertia of the star, Ṗ ≡ dP/dt
is the first time derivative of the rotation period (spindown
rate), and an inclination of π/2 between the magnetic dipole
and the rotation axis, has been adopted. It is worth to recall
that the estimate of the B-field by (9) is not necessarily
in contrast, from the quantitative point of view, with an
estimate using an aligned field but introducing a breaking
from the particles escaping from the magnetosphere, since
also in this case a quantitatively and qualitatively similar
energy loss is obtained.
For a given rotation period P , the WD structure parameters such as mass M , radius R, and moment of inertia I are
bounded from below and above if the stability of the WD is
requested (Boshkayev et al. 2013a). From those bounds, we
established there lower and upper bounds for the field Bd of
the WD.
3.1

1E 2259+586

We apply the above theoretical framework to a specific
source, AXP 1E 2259+586. This source, with a rotation period P = 6.98 s (Fahlman & Gregory 1981) and a spindown
rate Ṗ = 4.8×10−13 (Davies et al. 1990), has a historical importance since Paczynski (1990) first pointed out the possibility of this object being a WD. This object produced a major outburst in 2002 (Kaspi et al. 2003; Woods et al. 2004),
in which the pulsed and persistent fluxes rose suddenly by
MNRAS 000, 1–?? (2016)
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a factor of ≥ 20 and decayed on a timescale of months. Coincident with the X-ray brightening, the pulsar suffered a
large glitch of rotation frequency fractional change 4 × 10−6
Kaspi et al. (2003); Woods et al. (2004). It is worth to recall
that the observed temporal coincidence of glitch/bursting
activity, as first pointed out by Usov (1994) in the case of
1E 2259+586, and then extended in Malheiro et al. (2012);
Boshkayev et al. (2013a), can be explained as due to the
release of the rotational energy, gained in a starquake occurring in a total or partially crystallized WD. Since we are
interested in the quiescent behavior, we will not consider
this interesting topic here. Therefore, only X-ray data prior
to this outburst event will be used in this work (Zhu et al.
2008).
The soft X-ray spectrum of 1E 2259+586 is well fitted
by a blackbody plus a power law model. The blackbody is
characterized by a temperature kTbb ≈ 0.37 keV (Tbb ≈
4.3 × 106 K) and emitting surface are Abb ≈ 1.3 × 1012 cm2
(Zhu et al. 2008). These values of temperature and radius are
inconsistent (too high and too small, respectively) with an
explanation based on the cooling of a hot WD, and therefore
such a soft X-ray emission must be explained from a spotty
surface due to magnetospheric processes, as the one explored
in this work.
The stability of the WD for such a rotation period constrains the WD radius to the range R ≈ (1.04–4.76)×108 cm.
For example, in the case of a WD with radius R ≈ 108 cm,
the polar cap area is Apc = 6.6 × 1014 cm, hence using
Eq. (6) we have f ≈ 0.002 and from Eq. (8). The spot
temperature k Tspot ≈ 0.37 keV can be obtained using
Bd ≈ 6×109 G from the dipole formula (9), a potential drop
∆V ≈ 3.5×1011 Volts (lower than ∆Vmax ≈ 5.4×1012 Volts),
and using the typical value η = 1/2 of the reduced particle
density in the gap adopted in the literature. These parameters suggests a height of the gap, obtained with Eq. (2),
h ≈ 0.11Rpc .
The smallness of the filling factor, which appears to be
not attributable to the value of h, could be explained by
a multipolar magnetic field near the surface. It is interesting that the existence of complex multipolar magnetic field
close to the WD surface is observationally supported (see,
e.g., Ferrario et al. 2015). We would like to emphasize that
this filling factor has only a physical meaning when besides
a strong non-dipolar surface field, the physical parameters
of the star (magnetic field and rotational velocity) fulfill
the requirement for the creation of electron-positron pairs
and the subsequent avalanche of particles heat the surface.
Such a local, strong non-dipolar field in the surface, diminishes the area bombarded by the incoming particles and,
via magnetic flux conservation, the filling factor establishes
the intensity of the multipolar magnetic field component as
(see, e.g., Cheng & Zhang 1999; Gil & Sendyk 2000; Gil &
Melikidze 2002, and references therein)

Bs =

Bd
,
f

(10)

which implies that, close to the surface, there could be small
magnetic domains with magnetic field intensity as large as
1011 − 1012 G (see Fig. 1).

Bs /Bd = Apc/Aspot
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Figure 1. Surface to dipole magnetic field ratio given by magnetic flux conservation (10) for the AXPs 1E 2259+586 and 4U
0142+61.

3.2

4U 0142+61

We can repeat the above analysis for the case of 4U 0142+61.
This source, with a rotation period P ≈ 8.69 s, was first detected by Uhuru (Forman et al. 1978). The measured period
derivative of this source is Ṗ = 2.03×10−12 (Hulleman et al.
2000). The time-integrated X-ray spectrum of 4U 0142+61 is
also described by a blackbody plus a power-law model. The
blackbody component shows a temperature kTbb = 0.39 keV
(Tbb ≈ 4.6×106 K) and a surface area Abb ≈ 5.75×1011 cm2
(Göhler et al. 2005). As for the above case of 1E 2259+5726,
such a blackbody cannot be explained from the cooling of a
WD but instead from a magnetospheric hot spot created by
the heating of the polar cap.
For a WD radius R = 108 cm and a magnetic field
Bd ≈ 1010 G for a rotating dipole (9), we have a filling
factor f ≈ 0.001, a potential drop ∆V ≈ 1.4 × 1011 Volts
(smaller than ∆Vmax ≈ 5.8 × 1012 Volts) and a gap height
h ≈ 0.06Rpc . Again the filling factor suggests the presence
of a strong multipolar component as shown in Fig. 1.
We show in Fig. 2 the potential drop inferred from
Eq. (8) using the X-rays blackbody data for the above two
sources. We check that for all the possible stable WD configurations the potential drop satisfies the self-consistence
condition ∆V < ∆Vmax , where the latter is given by Eq. (5).

4

FLUX PROFILES AND PULSED FRACTION

We turn now to examine the properties of the flux emitted
by such hot spots. Even if the gravitational field of a WD
is not strong enough to cause appreciable general relativistic effects, for the sake of generality we compute the flux
from the star taken into account the bending of light. We
shall follow here the treatment in Turolla & Nobili (2013)
to calculate the observed flux, which allows to treat circular
spots of arbitrary finite size and arbitrarily located in the
star surface. The mass and radius of the star are denoted
by M and R, and the outer spacetime is described by the
Schwarzschild metric, i.e. we shall neglect at first approximation the effects of rotation. Let be (r, θ, φ) the spherical

coordinate system centered on the star and the line of sight
(LOS) the polar axis.
We consider an observer at r → ∞ and a photon that
arises from the star surface at dS = R2 sin θdθdφ making an
angle α with the local surface normal, where 0 ≤ α ≤ π/2.
The photon path is then bended by an additional angle β owing to the spacetime curvature, reaching the observer with
an angle ψ = α + β. Since we have chosen the polar axis
aligned with the LOS, it is easy to see that ψ = θ (see
Fig. 3). Beloborodov (2002) showed that a simple approximate formula can be used to relate the emission angle α to
the final angle θ:


Rs
1 − cos α = (1 − cos θ) 1 −
,
(11)
R
where Rs = 2GM/c2 is the Schwarzschild radius and, as
usual, G denotes the gravitational constant.
For an emission with a local Planck spectrum, the intensity is given by a blackbody of temperature T , Bν (T ),
where ν is the photon frequency. The flux is proportional to
the visible area of the emitting region (SV ) plus a relativistic
correction proportional to the surface, given by the equation


Z
Rs
dcosα
Fν = 1 −
Bν(T )
cos α
ds
R
d(cos θ)
SV

2
Rs
= 1−
Bν (T )(Ip + Is ),
(12)
R
where
Z
Ip =

cos θ sin θdθdφ,

SV

Is =

Z

sin θdθdφ.

(13)

SV

In polar coordinates, the circular spot has its center at θ0
and a semi-aperture θc . The spot is bounded by the function
φb (θ), where 0 ≤ φb ≤ π, and since we must consider just the
star visible part, the spot must be also limited by a constant
θF . For a given bending angle β, the maximum θF is given
by the maximum emission α, i.e. α = π/2. One can see that
in a Newtonian gravity, where β = 0, the maximum visible
angle is θF = π/2 which means half of the star is visible,
while in a relativistic star, values θF > π/2 are possible, as
expected. Then
Z θmax
Ip = 2
cos θ sin θφb (θ)dθ,
Is = 2

Z

θmin

θmax

sin θφb (θ)dθ,

(14)

θmin

where θmin , θmax are the limiting values to be determined for
the spot considered. Turolla & Nobili (2013) showed how to
solve these integrals and how to treat carefully the limiting
angles. The Ip and Is integrals can be then written as Ip,s =
I1,2 (θmax ) − I1,2 (θmin ) and we refer the reader to that work
for the precise expressions. Finally, the flux (12) is written
as
2

Rs
Bν (T )Aeff (θc , θ0 ) ,
(15)
Fν = 1 −
R
where Aeff is the effective area, given by


 
Rs
Rs
Aeff (θc , θ0 ) = R2
Is + 1 −
Ip .
R
R

(16)

The total flux produced by two antipodal spots, with
MNRAS 000, 1–?? (2016)
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Figure 2. WD polar gap potential drop ∆V inferred via Eq. (8) using the blackbody observed in soft X-rays in 1E 2259+586 (left panel)
and 4U 0142+61 (right panel). In this plot we check the potential drop developed in the WD polar gap does not exceed the maximum
potential reachable ∆Vmax given by Eq. (5).
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Figure 3. View of the photon trajectory and angles θ, α, and β.

semi-apertures θc,i and temperatures Ti (i=1,2), can be calculated by adding each contribution, so we have

2
Rs
FνT OT =
1−
[Bν (T1 )Aeff (θc,1 , θ0 )
R
+ Bν (T2 )Aeff (θc,2 , θ0 + π/2)] .
(17)
Besides, the pulse profile in a given energy band [ν1 , ν2 ] for
one spot is given by

2
Z ν2
Rs
F (ν1 , ν2 ) = 1 −
Aeff (θc , θ0 )
Bν (T )dν .
(18)
R
ν1
The star rotates with a period P (angular velocity
Ω = 2π/P ), so we consider r̂ the unit vector parallel to
the rotating axis. It is useful to introduce the angles ξ, the
angle between the LOS (unit vector l̂) and the rotation axis,
and the angle χ between the spot axis (unit vector ĉ) and
the rotation axis, i.e., cos ξ = r̂ · l̂ and cos χ = r̂ · ĉ. As the
star rotates the spot’s center, θ0 , changes. Let γ(t) = Ωt be
MNRAS 000, 1–?? (2016)
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Figure 4. Flux profiles for different configurations of antipodal
spots as a function of the phase. The semi-aperture for all the
lines is θc = 3◦ . The WD parameters correspond to the ones of
the WD of minimum radius adopted for AXP 1E 2259+586.

the rotational phase, thus by geometrical reasoning we have
cos θ0 (t) = cos ξ cos χ − sin ξ sin χ cos γ(t) ,

(19)

where it is indicated that ξ and χ do not change in time.
When the total flux (17) is calculated for a given configuration (ξ, χ) in the whole period of time, the typical result
is a pulsed flux with a maximum (Fmax ) and a minimum
flux (Fmin ). As an example, we show in Fig. 4 flux profiles
for different configurations of antipodal spots as a function
of the phase for the WD of minimum radius in the case of
AXP 1E 2259+586 used in Sec. 3.1.
We can measure the amount of pulsed emission by defining the pulsed fraction
PF =

Fmax − Fmin
,
Fmax + Fmin

(20)
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which we show in Fig. 5, as a function of the angles ξ and χ,
for AXP 1E 2259+586. In the left panel of this figure we consider only the flux given by the blackbody produced by the
two antipodal hot spots on the WD. We can see that indeed
pulsed fractions as small as the above values can be obtained
from magnetized WDs, for appropriate values of the geometric angles ξ and χ. However, the soft X-ray spectrum shows a
non-thermal power-law component, additional to the blackbody one. As we have shown, the blackbody itself can contribute to the PF if produced by surface hot spots and thus
the observed total PF of a source in those cases includes
both contributions, mixed. It is thus of interest to explore
this problem from the theoretical point of view. To do this
we first recall that total intrinsic flux of this source in the
2–10 keV band is Ftot ≈ 1.4 × 10−11 erg cm−2 s−1 , and the
power-law flux is FPL ≈ 1.8Fbb ≈ 8.5 × 10−12 erg cm−2 s−1
(Zhu et al. 2008). The right panel of Fig. 5 shows the PF
map for this source taking into account both the blackbody
and the power-law components. By comparing this PF map
with the one in the left panel which considers only the pulsed
blackbody we can see that they are very similar each other.
This means that in these cases where both pulsed components are in phase and have comparable fluxes it is difficult
(although still possible if good data are available), to disentangle the single contributions.

5

CONCLUSIONS

We exploited the analogy with pulsars to investigate whether
or not massive, highly magnetized, fast rotating WDs, can
behave as neutron star pulsars and emit observable highenergy radiation. We conclude:
(i) We showed that WDs can produce e− e+ pairs in their
magnetosphere from the decay of curvature radiation photons, i.e. we infer the structure parameters for which they
are located above the WD pulsar death-line. We evaluated
the rate of such a process. Then, we calculated the thermal
emission produced by the polar cap heating by the paircreated particles that flow back to the WD surface due to
the action of the induction electric field.
(ii) In order to give a precise example of the process, we
applied the theoretical results to the case of the WD model
of SGRs and AXPs. We have shown that the inferred values of the WD parameters obtained from fitting with this
magnetospheric emission the blackbody spectrum observed
in the soft X-rays of SGRs and AXPs, are in agreement with
our previous estimates using the IR, optical, and UV data,
and fall within the constraints imposed by the gravitational
stability of the WD.
(iii) We have related the size of the spot with the size of
the surface under the polar cap filled by the inward particle
bombardment. We have shown that the spot area is much
smaller than the polar cap area pointing to the existence of
strong non-dipolar magnetic fields close to the WD surface.
(iv) We have used the heat transport and energy balance equations to show that, for the actual conditions of
density and temperature under the polar cap, the hot spot
re-radiates efficiently the heat proportioned by the inward
particle bombardment.
(v) The spot, which is aligned with the magnetic dipole
moment of the WD, produces a pulsed emission in phase

with the rotation period of the object. We showed that the
theoretically inferred pulsed fraction of the WD span from
very low values all the way to unity depending on the viewing angles. Therefore it can also account for the observed
pulsed fraction in SGRs and AXPs for appropriate choices
of the viewing angles. In addition, the low-energy tail of the
blackbody spectrum of the hot spot could produce a nonnull pulsed fraction of the flux in the optical bands as well.
However, this depends on the flux produced by the surface
temperature of the WD which certainly dominates the light
curve at low energies. From the quantitative point of view,
the size of the surface area of the spots is crucial for the
explanation the observed pulsed fraction in soft X-rays.
(vi) We have also shown that the addition of a pulsed
power-law component as the one observed in SGRs/AXPs
does not modify appreciable the above result. The reason
for this is that the non-thermal power-law component and
the blackbody due to the surface hot spot have comparable
fluxes and are in phase each other. In those cases it is difficult to disentangle the siingle contributions to the pusled
fraction.
We have shown that, as advanced in Rueda et al. (2013),
indeed the blackbody observed in the optical wavelengths of
SGRs and AXPs can be due to the surface temperature of
the WD, while the one observed in the X-rays can be of
magnetospheric origin. For the power-law component, also
observed in the soft X-rays, a deeper analysis of processes
such as curvature radiation, inverse Compton scattering, as
well as other emission mechanisms, is currently under study.
There is also room for application and extension of the
results presented in this work to other astrophysical phenomena. WD mergers can lead to a system formed by a central
massive, highly magnetized, fast rotating WD, surrounded
by a Keplerian disk (see Rueda et al. 2013, and references
therein). At the early stages, the WD and the disk are hot
and there is ongoing accretion of the disk material onto the
WD. In such a case, the WD surface shows hot regions that
deviate from the spotty case, e.g. hot surface rings. That
case is also of interest and will be presented elsewhere.
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Figure 5. Theoretical PF as a function of the angles ξ and χ, computed in this work for the source 1E 2259+586 modeled as a WD
of radius Rmin ≈ 1.04 × 108 cm. The left panel shows the results of the PF produced by the blackbody given by the two antipodal
hot spots. The right panel shows the results for the total flux given by the blackbody plus the non-thermal power-law component, both
pulsed. The observed total PF of this source in the 2–10 keV is about 20% (Zhu et al. 2008).
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Ferrario L., de Martino D., Gänsicke B. T., 2015, Space Sci. Rev.,
191, 111
Ferraro V. C. A., Bhatia V. B., 1967, ApJ, 147, 220
Ferraro V. C. A., Unthank H. W., 1949, MNRAS, 109, 462
Forman W., Jones C., Cominsky L., Julien P., Murray S., Peters
G., Tananbaum H., Giacconi R., 1978, ApJS, 38, 357
Garcı́a-Berro E., et al., 2012, ApJ, 749, 25
Gil J., Melikidze G. I., 2002, ApJ, 577, 909
Gil J. A., Sendyk M., 2000, ApJ, 541, 351
Gil J., Melikidze G. I., Geppert U., 2003, A&A, 407, 315
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APPENDIX A: HEATING AND COOLING OF
PARTICLE INFLUX BOMBARDMENT
We estimate in this appendix the efficiency of the particle
bombardment in heating (and re-rediating) the surface area
they hit. We follow the discussion in Gil & Melikidze (2002);
Gil et al. (2003) for the heat flow conditions in the polar cap
surface of neutron stars, and extended it to the present case
of magnetized WDs.
The particles arriving to the surface penetrate up to a
depth which can be estimated using the concept of radiation
length (Cheng & Ruderman 1980). For a carbon composition, the radiation length is Σ ≈ 43 g cm−2 (Tsai 1974), so
an electron would penetrate the WD surface up to a depth
 4

10 g cm−3
Σ
−3
= 4.3 × 10 cm
.
(A1)
∆z ≈
ρ
ρ
With the knowledge of the thickness of the layer under the
surface where the energy deposition occurs we can proceed
to estimate the properties of the diffusion and re-radiation
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of the kinetic energy of the particle influx using the heat
transport and energy balance equations on the star’s surface corresponding to the polar cap. The typically small distances [see Eq. (A1)] allow us to introduce a plane-parallel
approximation in the direction parallel to the magnetic field
lines, say in the direction z orthogonal to the surface.
The energy balance can be simply written as
Frad = Fheat + Fcond ,

(A2)

where Fheat = e∆V ηρGJ c, Fcond = −κ∂T /∂z and Frad =
σT 4 , with κ the thermal conductivity (along the zdirection).
Let us first estimate the characteristic cooling time. To
do this we switch off energy losses and heating terms in the
energy balance equation (A2), i.e. the radiation flux is only
given by conduction:
∂T
,
∂z
which leads to the heat transport equation


∂
∂T
∂T
=
κ
.
cv
∂t
∂z
∂z

σT 4 = −κ

(A3)

(A4)

where cv is the heat capacity per unit volume. We can therefore obtain the characteristic (e-folding) cooling and heating
time assuming the quantities are uniform within the penetration depth ∆z, i.e.
∆z 2 cv
cv ∆z
,
∆theat =
.
(A5)
κ
σT 3
We can now introduce the radiation to heating efficiency
parameter
∆tcool =

≡

1
1
Frad
=
=
,
Fheat
1 + ∆theat /∆tcool
1 + κ/(σT 3 ∆z)

(A6)

which shows that in equilibrium, ∆theat = ∆tcool , we have
 = 1/2.
In estimating the spot temperature (8) we have assumed
in Eq. (7) full re-radiation of the influx, namely we assumed
 = 1. We proceed now to estimate the realistic values
of  from Eq. (A6) to check our assumption. We compute
the thermal conductivity from Itoh et al. (1993) and the
heat capacity from Chabrier & Potekhin (1998); Potekhin &
Chabrier (2000). For example, at a density ρ = 103 g cm−3
and T = 106 K, we have cv = 2.7 × 1010 erg cm−3 K−1 and
κ ≈ 4×1011 erg cm−1 s−1 K−1 , and Eq. (A6) gives  ≈ 0.86.
At T = 107 K, we have cv = 3.8 × 1011 erg cm−3 K−1 and
κ ≈ 3.4 × 1013 erg cm−1 s−1 K−1 and  ≈ 1.
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ABSTRACT
Following the induced gravitational collapse (IGC) paradigm of gamma-ray bursts (GRBs) associated with type Ib/c supernovae, we present numerical simulations of the explosion of a carbon-oxygen
(CO) core in a binary system with a neutron-star (NS) companion. The supernova ejecta trigger a
hypercritical accretion process onto the NS thanks to a copious neutrino emission and the trapping
of photons within the accretion flow. We show that temperatures 1–10 MeV develop near the NS
surface, hence electron-positron annihilation into neutrinos becomes the main cooling channel leading
to accretion rates 10−9 –10−1 M s−1 and neutrino luminosities 1043 –1052 erg s−1 (the shorter the
orbital period the higher the accretion rate). We estimate the maximum orbital period, Pmax , as a
function of the NS initial mass, up to which the NS companion can reach by hypercritical accretion
the critical mass for gravitational collapse leading to black-hole (BH) formation. We then estimate
the effects of the accreting and orbiting NS companion onto a novel geometry of the supernova ejecta
density profile. We present the results of a 1.4 × 107 particle simulation which show that the NS
induces accentuated asymmetries in the ejecta density around the orbital plane. We elaborate on the
observables associated with the above features of the IGC process. We apply this framework to specific GRBs: we find that X-ray flashes (XRFs) and binary-driven hypernovae (BdHNe) are produced
in binaries with P > Pmax and P < Pmax , respectively. We analyze in detail the case of XRF 060218.
1. INTRODUCTION
Recently, Ruffini et al. (2016) proposed a binary nature for the progenitors of both long and short GRBs. In
this work we focus on long GRBs associated with supernovae. For such systems the induced gravitational
collapse (IGC) paradigm (see, e.g., Ruffini et al. 2006,
2008; Izzo et al. 2012a; Rueda & Ruffini 2012; Fryer et al.
2014) indicates as progenitor a binary system composed
of a CO core and a neutron-star in a tight orbit. Such a
binary system emerged first as a necessity for the explanation of a set of observational features of long GRBs
associated with type Ic supernovae (Rueda & Ruffini
2012). Besides, it also appears in the final stages of a
well defined evolutionary path which includes the presence of interacting binaries responsible for the formation
of stripped-envelope stars such as CO cores leading to
type Ic supernovae (Rueda & Ruffini 2012; Becerra et al.
2015; Fryer et al. 2015).
The core-collapse of the CO star produces a supernova
explosion ejecting material that triggers an accretion process onto the binary neutron-star companion; hereafter
indicated as NS. It was advanced in Ruffini et al. (2016)
the existence of two classes of long GRBs depending on
whether or not a black-hole (BH) is formed in the hypercritical accretion process onto the NS:

• First, there is the subclass of binary-driven hypernovae (BdHNe), long GRBs with isotropic energy
Eiso & 1052 erg and rest-frame spectral peak en1 Dipartimento di Fisica and ICRA, Sapienza Università di
Roma, P.le Aldo Moro 5, I–00185 Rome, Italy
2 ICRANet, P.zza della Repubblica 10, I–65122 Pescara, Italy
3 CCS-2, Los Alamos National Laboratory, Los Alamos, NM
87545
4 ICRANet-Rio, Centro Brasileiro de Pesquisas Fı́sicas, Rua
Dr. Xavier Sigaud 150, 22290–180 Rio de Janeiro, Brazil

ergy 0.2 . Ep,i . 2 MeV. Their prompt emission
lasts up to ∼ 100 s and it is at times preceded
by an X-ray emission in the 0.3–10 keV band lasting up to 50 s and characterized by a thermal and
a power-law component (i.e. Episode 1 in GRB
090618 in Izzo et al. 2012a). They have a long lasting X-ray afterglow generally composed by a spike,
a plateau, followed by a common late power-law behavior when measured in the common source restframe (Pisani et al. 2013). For all BdHNe at z . 1,
an optical supernova with luminosity similar to the
one of supernova 1998bw (Galama et al. 1998) has
been observed after 10–15 days in the cosmological
rest-frame (see, e.g., Melandri et al. 2014). It has
been proposed that this class of GRBs occurs when
the NS reaches its critical mass through the above
accretion process and forms a BH (see Fig. 1). Under these conditions, the GeV emission becomes
observable and it has been proposed to originate
from the newly formed BH (Ruffini et al. 2016).
This GRB subclass occurs in compact binaries with
orbital periods as short as P ∼ 5 min or binary separations a . 1011 cm (Fryer et al. 2014).
• Second, there is the subclass of X-ray flashes
(XRFs), long GRBs with isotropic energies in the
range Eiso ≈ 1047 –1052 erg; spectral peak energies Ep,i ≈ 4–200 keV (Amati & Della Valle 2013;
Ruffini et al. 2015, 2016). Their prompt emission phase lasts ∼ 102 –104 s and it is generally
characterized by a spectrum composed by a thermal component (with radii 1010 –1012 cm and temperatures 0.1–2 keV, Campana et al. 2006) and
power-law component. They have long lasting Xray afterglows without the characteristic common
late power-law behavior encountered in the BdHNe
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XRF
NS

NS

BdHN

n NS

BH

n NS

CO core

NS

CO core

Fig. 1.— Cosmic-matrix of XRFs and BdHNe as introduced in
Ruffini (2015a); Ruffini et al. (2015); Ruffini (2015b). See text for
details.

(Pisani et al. 2013), nor the characteristic X-ray
spike. For all XRFs at z . 1, an optical supernova with luminosity similar to the one of supernova 2010bh (Bufano et al. 2012), has been observed after 10–15 days in the cosmological restframe. These sources have been associated within
the IGC paradigm to binaries of a CO core and an
NS in which there is no BH formation (see Fig. 1):
when the accretion is not sufficient to bring the NS
to reach the critical mass. This occurs in binaries
with orbital periods longer than P ∼ 5 min or binary separations a & 1011 cm (Ruffini et al. 2016;
Becerra et al. 2015).
The complexity of the above processes leading to
two possible outcomes can be summarized schematically within the concept of Cosmic-Matrix (C-matrix) as
first introduced in Ruffini (2015a); Ruffini et al. (2015);
Ruffini (2015b). The C-matrix describes these systems
as a four-body problem in analogy to the case of particle physics (see Fig. 1). The in-state is represented by
the CO core and the NS companion. The interaction
between these two objects given by the hypercritical accretion process triggered by the supernova explosion onto
the NS companion, and which is examined in this work,
lead to two possible out-states: in the case of a BdHN it
is formed by the νNS, i.e. the neutron star left by the
supernova explosion of the CO core, and a BH formed
from the gravitational collapse of the NS companion of
the CO core in the in-state. As we have mentioned in
XRFs the accretion is not enough to lead to the gravitational collapse of the NS then the out-state is a νNS and
another NS (of course more massive than the initial one
present in the in-state).
It is clear that the observational properties of the IGC
binaries are sensitive to the binary parameters which can
change the fate of the system. The first estimates of the
accretion rate and the possible fate of the accreting NS
in an IGC binary were presented in Rueda & Ruffini
(2012). To obtain an analytic expression of the accretion
rate, such first simple model assumed:
1) a pre-supernova homogenous density profile;
2) an homologous expansion of the density;

3) constant mass of the NS (≈ 1.4 M ) and the supernova ejecta (≈ 4–8 M ). The first application of this
model was presented in Izzo et al. (2012a) for the explanation of the Episode 1 of GRB 090618.
In Fryer et al. (2014) there were presented 1D numerical simulations which improved the above model. Specific density and ejection velocity profiles were adopted
from numerical simulations of CO core-collapses producing type Ic supernovae. The hydrodynamic evolution of
the material entering the NS accretion region was computed on the basis of models of hypercritical accretion
in supernova fallback. The integration was followed up
to the point where it is finally accreted by the NS on its
surface.
In Fryer et al. (2015) the evolution of the gravitational
binding energy of the BdHNe was analyzed and it was
shown that most of these systems would remain bound
after the occurrence of the supernova explosion. This
conclusion is in contradiction with the traditional assumption of instantaneous mass ejection which leads to
the well-known limit that the system becomes unbound
when the binary looses more than half of the total mass.
This novel result was obtained by the accurate consideration of two ingredients: the accretion process which
changes the mass and the momentum of the binary, and
the orbital period which can be as short as the explosion
time scale.
In Becerra et al. (2015) the amount of angular momentum transported by the ejecta entering the Bondi-Hoyle
region was estimated and how much of it can be transferred to the NS when it is finally accreted. The ejecta
density profile was adopted as a power-law in radius and
its evolution with time homologous. It is important to
recall some of the conclusions obtained in that work:
1) the angular momentum the ejecta inside the accretion region is such that it circularizes around the NS
forming a disk-like structure;
2) the time scale of the disk angular momentum loss
is shorter than the time scale at which matter is being
captured, so the accretion time scale dominates the evolution;
3) for binary periods shorter than some critical value,
i.e. P . Pmax , the NS can reach either the mass-shedding
or secular axisymmetric instability (critical mass point),
which induces its gravitational collapse to a BH. In systems with P > Pmax the NS gains both mass and angular momentum but not enough to trigger its collapse to
a BH. The value of the critical mass has been calculated
including the effects of rotation (Cipolletta et al. 2015).
The value of Pmax was there computed as a function
of the initial NS mass, but only for masses larger than
≈ 1.67 M , and it was assumed that half of the angular
momentum of the disk at the inner disk radius is transferred to the NS.
Although all the above works have already shown that
indeed the supernova can induce, by accretion, the gravitational collapse of the NS to a BH, there is still the need
of exploring systematically the entire, physically plausible, space of parameters of these systems, as well as to
characterize them observationally. The main aims of this
work are:
1. To improve the estimate of the accretion rate with
respect to the one in Becerra et al. (2015) by includ-
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ing effects of the finite size/thickness of the density
profile and, for different CO core progenitors leading to different ejected masses.
2. To extend the analysis performed in Becerra et al.
(2015) and identify the separatrix of systems in
which a BH is formed and the ones where there
is not BH formation. This is equivalent to improve
the determination of Pmax . We extend here the
possible range of the initial NS mass and allow for
different values of the angular momentum transfer
efficiency.
3. To compute the expected luminosity emitted during the hypercritical accretion process onto the NS
for a wide range of binary periods shorter (BdHNe)
and longer (XRFs) than Pmax . With this we can establish the energetic budget that characterizes both
XRFs and BdHNe.
In parallel,
a) We apply the above considerations to specific
GRBs by analyzing in detail the specific case of
XRF 060218.
b) We estimate in that specific case the asymmetries
created by the orbiting and accreting NS on the
ejected matter density profile and the structure of
the prompt radiation.
c) We explore the influence of the prompt X-ray radiation in the late X and optical emission of the
supernova and the afterglow.
The article is organized as follows. In Sec. 2 we summarize the framework of the hypercritical accretion of
the supernova ejecta onto the NS. Sec. 3 gives details on
the computation of the time evolution of both the (gravitational and baryonic) mass and angular momentum of
the accreting NS. In Sec. 4 we compute the maximum
orbital period, Pmax , up to which the induced gravitational collapse of the NS to a BH by accretion can occur.
We show in Sec. 5 the asymmetries that the accreting
NS produces on the supernova ejecta. In Sec. 6 we summarize the hydrodynamics inside the accretion region,
including convective instabilities, and the properties of
the neutrino emission. We present in Sec. 7 estimates
of the expected luminosities during the hypercritical accretion process. Sec. 8 shows how the radiation from the
accretion process as well as the asymmetries in the ejecta
influence the supernova emission both in X-rays and in
the optical. Finally in Sec. 9 we summarize the results
of this work. Additional technical details are presented
in a series of appendices.
2. HYPERCRITICAL ACCRETION INDUCED BY

THE SUPERNOVA
In order to model the hypercritical accretion process
onto the NS, we use the formalism introduced in Becerra
et al. (2015). The accretion rate of the ejected material
onto the NS is given by (Hoyle & Lyttleton 1939; Bondi
& Hoyle 1944; Bondi 1952):
q
2
2 + c2 ,
ṀB = πρej Rcap
vrel
(1)
s,ej
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where Rcap is the NS gravitational capture radius
Rcap =

2GMNS
2 + c2 .
vrel
s,ej

(2)

Here ρej and cs,ej are the density and sound velocity of
the ejecta, MNS the NS mass and ~vrel = ~vej − ~vorb , the
velocity of the ejecta as seen from an observer at the NS,
and G is the
p gravitational constant. The orbital velocity
is vorb = GM/a, where M = MNS + MCO is the total
binary mass, MCO = Menv + MFe the total mass of the
CO core which is given by the envelope mass Menv and
the central iron core mass MFe = 1.5 M . The latter
is the mass of the new neutron-star formed in the corecollapse supernova process, hereafter indicated as νNS
and its mass MνNS , i.e. we adopt MνNS = MFe = 1.5 M
in agreement with the range of masses predicted under
the convective supernova paradigm (Fryer et al. 2012).
For the ejecta velocities, we adopt an homologous explosion model for the supernova expansion, i.e. a velocity
proportional to the radius:
r
vej = n ,
(3)
t
where n is the so-called expansion parameter. Within
this approximation, the density profile evolves as (see,
e.g, Cox 1968):
 0
3
Rstar
Menv (t)
,
(4)
ρej (x, t) = ρ0ej (x)
0
Rstar (t)
Menv
where x ≡ r/Rstar (t), Menv is the mass ejected (i.e. the
mass available to be accreted by the NS), ρ0ej is the presupernova density profile and Rstar is the outermost layer
of the supernova ejecta. From the velocity profile law we
have that Rstar evolves as:
 n
t
0
Rstar (t) = Rstar
,
(5)
t0

0
where t0 = nRstar
/vstar,0 , being vstar,0 the velocity of the
0
outermost layer Rstar
.
The pre-supernova density profile of the CO envelope
can be well approximated by a power-law profile, i.e.:
m

Rcore
0
0
,
Rcore < r < Rstar
. (6)
ρej = ρcore
r

We show in table 1 the properties of the pre-supernova
CO cores produced by low-metallicity progenitors with
initial zero-age main sequence (ZAMS) masses MZAMS =
15, 20, and 30 M obtained with the Kepler stellar evolution code (Woosley et al. 2002).
We now improve the treatment in Becerra et al. (2015)
taking into account the finite size of the envelope. We
thus modify the above density profile by introducing
boundaries to the supernova ejecta through density cutoffs at the outermost and innermost layers of the ejecta,
namely:


m
r
Rstar
0
ρej = ρ̂core ln
−1
,
(7)
r
R̂core
where R̂core < r < Rstar . The condition that the modified profile has the same ejecta mass with respect to the
unmodified power-law profile implies R̂core < Rcore .
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TABLE 1
Properties of the pre-supernova CO cores
Progenitor
MZAMS (M )
15
20
30

ρcore
(108 g cm−3 )
3.31
3.02
3.08

Rcore
(107 cm)
5.01
7.59
8.32

Menv
(M )
2.079
3.89
7.94

0
Rstar
(109 cm)
4.49
4.86
7.65

m
2.771
2.946
2.801

109
108
107
106
105
104
103
102
101
100
10-1

10 −2

P = 13. 44 min
P = 112. 6 min
P = 9. 38 hours

Ṁ B [ M ¯ s −1 ]

ρej0 (g cm−3 )

Note. — CO cores obtained for the low-metallicity ZAMS progenitors with MZAMS = 15, 20, and 30 M in Woosley et al. (2002). The
central iron core is assumed to have a mass MFe = 1.5 M , which will be the mass of the νNS, denoted here as MνNS , formed out of the
supernova process.

10 −4

107

ρ ∝ r−¡m ¢¡
ρ ∝ ln r/Rc Rstar/r−1¢m

108

r (cm)

10 −6

109

1010

Fig. 2.— Pre-supernova density profile produced by the
MZAMS = 30 M progenitor of table 1. We compare and contrast the power-law density profile (solid curve) with a modified
profile (dashed curve) with density cut-offs at the outermost and
innermost ejecta layers following Eqs. (6) and (7). The two profiles
have the same envelope mass.

Fig. 2 shows the pre-supernova density profile described by equations (6) and (7) for the MZAMS =
30 M . For these parameters we have R̂core = 0.31 Rcore
and ρ̂core = 567.67 g cm−3 .
Introducing the homologous expansion for the description of the evolution of the supernova ejecta, equation
(1) becomes:


m
τ (m−3)n
r̂
µ̇B (τ )
(r̂s − r̂τ −n )
=
ln
,
2
(1 − χµB (τ ))MNS
r̂m
r̂c τ n [1 + ηr̂/τ 2 ]3/2
(8)
where
τ≡

t
,
t0

µB (τ ) ≡

MB (τ )
,
ΣB

r̂ ≡ 1 −

Rcap
,
a

(9)

and the parameters χ, ΣB and η depend on the properties
of the binary system before the supernova explosion:

2
4π ρ̂c G2 M 2 t0
ΣB
na
ΣB =
,
χ
=
,
η
=
,
3
0
vorb
Menv
t0 vorb
(10)
0
where Menv
≡ Menv (t = t0 ) = Menv (τ = 1).
Fig. 3 shows the time evolution of the mass accretion
rate onto the NS of initial 1.4 M and selected orbital
periods. The other binary parameters are: expansion
parameter n = 1, ejecta outermost layer velocity vstar,0 =
2 × 109 cm s−1 , and the supernova ejecta profile is the
one obtained for the CO core of the MZAMS = 20 M

10

50 100

300

t/t0

10 3 3 × 10 3

Fig. 3.— Time evolution of the accretion rate onto a NS of
initial mass 1.4 M for the following binary parameters: expansion parameter n = 1, an ejecta outermost layer velocity vstar,0 =
2 × 109 cm s−1 and the supernova ejecta profile is the one obtained
for the CO core of the MZAMS = 20 M progenitor of table 1. For
the above progenitor and velocity t0 = 2.4 s. Three selected orbital
periods are shown: P = 13.44 min, 112.6 min and 9.38 h which
correspond to binary separation distances a = 2.46 × 1010 cm,
1.01 × 1011 cm, and 2.96 × 1011 cm, respectively. The solid line
corresponds to a case in which the NS reaches the critical mass and
collapses to a BH (end point of the curve). In the two other cases,
owing to the longer orbital period, there is no induced gravitational
collapse of the NS to a BH (see Fig. 5 in Sec. 4 for further details).

progenitor of table 1.
We can see from Fig. 3 that the shorter(smaller) the
orbital period(separation) the higher the accretion rate
and the shorter the time it peaks. In appendix A we
derive, following simple arguments, analytic formulas for
the peak accretion rate and time which can be useful to
get straightforward estimates of these systems.
3. TIME EVOLUTION OF THE ACCRETING NS

Becerra et al. (2015) showed that the supernova ejecta
has enough angular momentum to circularize around the
NS in a sort of disk-like structure. Thus, the accreted
material will transfer both baryonic mass and angular
momentum to the NS.
The equilibrium NS configurations form a twoparameter family given by the mass (baryonic or gravitational) and angular momentum (or angular velocity).
Namely the NS gravitational mass, MNS , is in general
a function of the NS baryonic mass, Mb , and angular
momentum, JNS . In a similar way the angular momentum contributes to the mass of a BH (Christodoulou &
Ruffini 1971). It is then clear that the evolution of the
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NS gravitational mass is given by:




∂MNS
∂MNS
ṀNS (t) =
Ṁb +
J˙NS ,
∂Mb J
∂JNS Mb

(11)

We assume that all the (baryonic) mass entering the NS
capture region will be accreted by the NS, i.e:
Mb (t) = Mb (t0 ) + MB (t),

(12)

then Ṁb ≡ ṀB .
For the relation between the NS gravitational mass, the
baryonic mass, and the angular momentum for the NS
equilibrium configurations, namely the NS gravitational
binding energy formula, we use the recent result obtained
in Cipolletta et al. (2015):

2 

Mb
MNS
13 MNS
1 1.7
=
+
1+
j
, (13)
M
M
200 M
137 NS
where jNS ≡ cJNS /(GM 2 ), and which is independent on
the nuclear equation of state (EOS).
The torque on the NS by the accreted matter is given
by
J˙NS = ξl(Rin )ṀB ,
(14)
where Rin is the disk inner boundary radius, l(Rin ) is
the angular momentum per unit mass of the material located at r = Rin , and ξ ≤ 1 is a parameter that accounts
for the efficiency of the angular momentum transfer. The
precise value of ξ depends mainly: 1) on possible angular
momentum losses (e.g. by jetted emission during accretion) and 2) on the deceleration of the matter in the disk
inner radius zone.
The inner disk radius is given by the maximum between the radius of the last stable circular orbit, rlso ,
and the NS radius, RNS . Namely, Rin = max(rlso , RNS ).
When the disk extends until the NS surface, l(Rin ) is
given by the Keplerian orbit with radius equal to the
NS equatorial radius. On the other hand, if RNS < rlso ,
l(Rin ) is given by the last stable circular orbit. Summarizing:

l (R ), for RNS > rlso ⇒ Rin = RNS ,
l(Rin ) = K NS
llso ,
for RNS ≤ rlso ⇒ Rin = rlso .
(15)
We show hereafter the results for three selected NS nuclear EOS: NL3, TM1 and GM1 (Cipolletta et al. 2015).
For these EOS and assuming that the NS is initially
non-rotating, we have that rlso = 6GMNS /c2 > RNS
for MNS & [1.78, 1.71, 1.67] M , for the NL3, TM1 and
GM1 EOS, respectively.
For the axially symmetric exterior spacetime around a
rotating NS, llso is well approximated by (Becerra et al.
2015):
"

0.85 #
√ GMNS
1
jNS
1−
, (16)
llso ≈ 2 3
c
10 MNS /M
for co-rotating particles.
On the contrary, for MNS . 1.7 M we have rlso < RNS
and thus Rin = RNS . We shall adopt for this case the
Hartle’s slow-rotation approximation. The angular momentum per unit mass of a Keplerian orbit with a radius
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equal to the NS radius is, within this approximation,
given by (Boshkayev et al. 2016)

GMNS
3 u3/2 (1 − 2u)
lK (u) = p
1 − jNS
1 − 3u
c u (1 − 3u)

4
u (3 − 4u)
2
+ jNS
,
(17)
(1 − 2u)2 (1 − 3u)
where u ≡ GMNS /(c2 RNS ). This formula can be also
obtained by taking the second order slow rotation limit
of the angular momentum of the last stable circular orbit
around a Kerr BH (Rees et al. 1974; Boshkayev et al.
2012, 2016).
Therefore, by solving (numerically) simultaneously
equations (8) and (14), with the aid of Eqs. (11–17), it
is possible to follow the evolution of the NS mass and
angular momentum during the accretion process.
4. INDUCED GRAVITATIONAL COLLAPSE OF

THE NS
We proceed now to calculate the binary parameters
which discriminate systems in which the NS can reach
by accretion its critical mass (Mcrit ) and consequently
collapse to a BH, from the systems in which the accretion
is not sufficient to induce such a collapse.
The stability of the accreting NS is limited by two main
instability conditions: the mass-shedding or Keplerian
limit, and the secular axisymmetric instability. Massshedding occurs when the centrifugal force balances the
gravitational one. Thus, for a given gravitational mass
(or central density), it is given by the rotating configuration with angular velocity equal to the the Keplerian
velocity of test-particles orbiting at the star’s equator. In
this limit the matter at the surface is marginally bound
to the star and small perturbations will cause mass loss
to bring the star stable again or otherwise to bring it to
a point of dynamical instability point (Stergioulas 2003).
At the secular axisymmetric instability point the star
the star is unstable against axisymmetric perturbations. It is expected to evolve first quasi-stationarily to
then find a dynamical instability point where gravitational collapse takes place (Stergioulas 2003). Using the
turning-point method (Friedman et al. 1988), Cipolletta
et al. (2015) computed the critical mass due to this instability point for the NL3, GM1 and TM1 EOS. They
showed that the numerical results of the critical NS mass
are well fitted, with a maximum error of 0.45%, by the
formula
p
crit
J=0
MNS
= Mcrit
(1 + kjNS
),
(18)
where the parameters k and p depends of the nuclear
J=0
is the critical mass in the non-rotating
EOS and Mcrit
case (see table 2). It can be checked that the latter is, as
expected, below the 3.2 M critical mass upper bound
by (Rhoades & Ruffini 1974).
Thus, a NS with initial mass MNS (t0 ) can reach Mcrit if
it accretes an amount of mass ∆Macc = Mcrit − MNS (t0 )
from the supernova ejecta. Given the initial NS mass, the
CO core mass, and the supernova ejecta profile and its
velocity, the accretion rate increases for shorter binary
separation, namely for shorter orbital periods (Becerra
et al. 2015; Fryer et al. 2014). Therefore, there exists a
maximum orbital period, denoted here to as Pmax , up to
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TABLE 2
Critical mass (and corresponding radius) for selected parameterizations of nuclear EOS obtained in Cipolletta et al.
(2015).
J6=0
J6=0
J=0 (M )
J=0 (km)
(km)
p
k
fK (kHz)
(M ) Rmax
EOS Mcrit
Rcrit
Mmax
NL3
2.81
13.49
3.38
17.35
1.68 0.006
1.34
GM1
2.39
12.56
2.84
16.12
1.69 0.011
1.49
TM1
2.20
12.07
2.62
15.98
1.61 0.017
1.40
Note. — In the last column we have also reported the rotation frequency of the critical mass configuration in the rotating case. This
value corresponds to the frequency of the last configuration along the secular axisymmetric instability line, i.e the configuration that
intersects the Keplerian mass-shedding sequence.

which, given MNS (t0 ) (and all the other binary parameters), the NS can accrete this precise amount of mass,
∆Macc .
For example, for a NS with an initial gravitational mass
MNS (t0 ) = 2 M accreting the ejected material from the
supernova explosion of the 30 M ZAMS progenitor (see
table 1), vstar,0 = 2 × 109 cm s−1 , expansion parameter
n = 1 and angular momentum transfer efficiency ξ = 0.5,
we find Pmax ≈ 26 min. Fig. 4 shows the evolution of such
a NS for two different binary periods, P = 5 min < Pmax
and P = 50 min > Pmax . We can see that only for the
system with P < Pmax the NS accretes enough matter to
reach the critical mass for gravitational collapse, given
by Eq. (18).
Fig. 5 shows Pmax , obtained from our numerical simulations, for different values of the NS initial gravitational mass, keeping all the other binary parameters
fixed. In this figure we show the results for pre-supernova
properties listed in table 1 for the CO progenitors with
MZAMS = 20 M (left panel) and 30 M (right panel),
a free expansion for the supernova explosion (n = 1),
and a velocity of the outermost supernova ejecta layer,
vstar,0 = 2 × 109 cm s−1 .
A few comments on Fig. 5 are in order:
1. The increase of Pmax with the initial NS mass value
MNS (0) can be easily understood from the fact that
the larger MNS (0) the lower the amount of mass
needed to reach the critical NS mass.
2. There is a transition in the behavior at MNS (0) ≈
1.7 M . This occurs because configurations with
MNS (0) . 1.7 M have the disk extending up to
the NS surface, correspondingly we used the angular momentum per unit mass given by equation (17). For larger initial masses, accretion occurs from the last stable orbit and we used equation (16). Thus, the difference around this transition point are attributable to the use of the
slow rotation approximation for masses MNS (0) <
1.7 M . We recall that Becerra et al. (2015) considered only initial NS masses MNS (0) & 1.7 M
so this transition is not observed there.
3. In Becerra et al. (2015) an angular momentum
transfer efficiency parameter ξ = 0.5 was adopted.
In order to see the effect of such a parameter we
adopted here in the simulations the maximum possible value ξ = 1. Values of ξ lower than unity
account for possible angular momentum losses between the inner disk radius and the NS surface.
This implies that the values of Pmax in Fig. 5 are
upper limits to the maximum orbital period for BH

formation. Namely, a value ξ < 1 leads to lower
values of Pmax . For instance, in the right panel
of Fig. 5 we see that for MNS (0) = 1.8 M and
the NL3 EOS, Pmax ≈ 70 min. We checked that,
for ξ = 0.5, the same initial mass and EOS would
instead lead to Pmax ≈ 20 min.
4. Because of the highly efficient angular momentum
transfer (ξ = 1), the NS in the systems of Fig. 5
ends at the mass-shedding limit. In the case of
lower values of ξ, the NS might end directly at the
secular axisymmetric instability with a lower values
of the critical mass with respect to the maximum
mass along the Keplerian mass-shedding sequence.
We have checked, for instance in the case of ξ = 0.5
(the one adopted in Becerra et al. (2015)) and the
NL3 EOS, that this occurs when the initial NS mass
is close to the non-rotating critical mass value, e.g.
for MNS (0) & 2.2 M .
5. We recall that in Becerra et al. (2015) only the
case of the MZAMS = 30 M progenitor was analyzed. We studied here different progenitors. At
first sight, it might appear contradictory that the
left panel of Fig. 5, which is for a less massive CO
core with respect to the one the right panel, shows
longer values of the maximum orbital period for
BH formation. The reason for this is as follows.
First, the binary separation satisfies a ∝ (Mt P 2 )1/3
where Mt is the total binary mass. Thus, for given
NS mass and binary period, a less massive CO core
implies a less massive binary and a smaller orbit
by a factor a1 /a2 = (Mt1 /Mt2 )1/3 . A tighter orbit implies a supernova ejecta density at the NS
position higher by a factor ρej,1 /ρej,2 = (a2 /a1 )3 =
Mt2 /Mt1 , hence the accretion rate which is proportional to the density [see equation (1)].
Thus we have shown that in systems with P ≤ Pmax
the induced gravitational collapse of the accreting NS to
a BH occurs. These systems explain the BdHNe (Fryer
et al. 2015; Becerra et al. 2015; Fryer et al. 2014). We do
not simulate in this work the complex process of gravitational collapse rather we assume BH formation at the
moment when the NS reaches the critical mass value. We
also adopt the mass of the newly formed BH as given by
the critical NS mass value.
In systems with P > Pmax , the NS does not accrete
enough matter from the supernova ejecta and the collapse to a BH does not occur. As we show below, these
systems explain XRFs (see also Ruffini et al., in preparation, for more details).
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Fig. 4.— Left panel: time evolution of the baryonic mass accretion rate (black curve) obtained from Eq. (8) and rate of increase of
the NS gravitational mass obtained from Eq. (11). Right panel: Evolution of the NS gravitational mass. We use here the ejecta from the
explosion of a CO core by the 30 M ZAMS progenitor, vstar,0 = 2 × 109 cm s−1 , expansion parameter n = 1 and angular momentum
transfer efficiency ξ = 0.5. Two binary periods are here used: P = 5 min < Pmax (solid curves) and P = 50 min > Pmax (dashed curves).
For this binary parameters Pmax ≈ 26 min. It can be seen only the NS in the system with P < Pmax accretes enough matter to reach the
critical mass (dotted line) for gravitational collapse.
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Fig. 5.— Maximum orbital period for which the NS with initial mass MNS (0) collapses to a BH by accretion of supernova ejecta material.
We have adopted a free expansion for the supernova ejecta (n = 1), an outermost supernova layer velocity vstar,0 = 2 × 109 cm s−1 . The
left and right panels show the results for CO cores left by MZAMS = 20 M and 30 M progenitors, respectively (see table 1). The
apparent transition at MNS (0) ≈ 1.7 M is explained as follows: configurations with MNS (0) . 1.7 M have the disk extending up to the
NS surface, correspondingly we used the angular momentum per unit mass given by Eq. (17), instead for larger initial masses the accretion
occurs from the last stable orbit and we used equation (16). Thus, the difference around this transition point are attributable to the use
of the slow rotation approximation for masses MNS (0) < 1.7 M . See the text for more details.

5. SUPERNOVA EJECTA ASYMMETRIES

INDUCED BY THE NS
For isolated supernova explosions, or for very wide binaries with negligible accretion rates, the density of the
supernova ejecta would approximately follow the homologous evolution given by equation (4) with constant ejecta
0
mass, i.e. Menv (t) = Menv
, i.e. the density will decrease
with time following a simple power-law ρej (t) ∝ t−3n ,
with n the expansion parameter, keeping its spherical
symmetry about the explosion site (see, e.g., Fig. 6).
However, for explosions occurring in close binaries with
compact companions such as NSs or BHs, the supernova
ejecta is subjected to a strong gravitational field which
produces at least two non-negligible effects: 1) an accre-

tion process on the NS that subtracts part of the ejecta
mass, and 2) a deformation of the supernova fronts closer
to the accreting NS companion. As we show below, the
conjunction of these effects can generate large changes in
the density profile of the ejecta in a region around the
orbital plane.
In order to visualize the above effects we have simulated the evolution of the supernova layers in presence
of the NS during the accretion process (see Figs. 6 and
7). Thus, we followed the three-dimensional motion of
N particles in the gravitational field of the orbiting NS.
Following Becerra et al. (2015), we consider the gravitational field of the NS on the supernova ejecta including
the effects of the orbital motion as well as the changes in
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the NS gravitational mass as described above in Sec. 2
via the Bondi formalism. The supernova matter is described as formed by point-like particles whose trajectory
was computed by solving the Newtonian equation of motion. We plan to do an SPH simulation of this process
and expect to present the results in a forthcoming publication.
The initial conditions of the supernova ejecta are computed assuming the supernova layers move via homologous velocity distribution in free expansion (i.e. evolving
with n = 1). The initial power-law density profile of
the CO envelope is simulated by populating the inner
layers with more particles, as follows. The total number of particles is N = Nr × Nθ × Nφ and for symmetry
reasons, we simulate only the north hemisphere of the supernova; thus the polar and azimuthal angles are divided
as ∆θ = (π/2)/Nθ and ∆φ = 2π/Nφ , respectively. For
the radial coordinate we first introduce the logarithmic
coordinate x = log(r) and ∆x = (xs − xc )/Nr , where
xs = log(Rstar ) and xc = log(Rcore ). Thus,the thickness
of each layer is ∆r = ri (10∆x − 1), where ri is the location of the layer. The mass of each particle of the i-layer
is: mi = 4πri3 ln(10)∆xρ(ri )/(2Nθ Nφ ).
Let us assume, for the sake of example, the MZAMS =
30 M progenitor of table 1 which gives a CO core with
envelope profile ρ0ej ≈ 3.1 × 108 (8.3 × 107 /r)2.8 g cm−3
0
= 7.65 × 109 cm. This implies that, for a total
and Rstar
number of N = 106 particles in the simulation, the particles of the innermost radius ri = Rcore = 8.3 × 107 cm
with density ρ0ej (ri ) = 3.1 × 108 g cm−3 have mass
mi ≈ 2 × 10−5 M while, the particles of the outer0
, would have mi ≈ 6 × 10−6 M .
most radius ri = Rstar
In addition, we assume that particles crossing the BondiHoyle radius are captured and accreted by the NS so we
removed them from the system as they reach that region.
We removed these particles according to the results obtained from the numerical integration of Eq. (8).
Fig. 6 shows in detail the orbital plane of an IGC binary
at selected times of its evolution. The NS has an initial
mass of 2.0 M ; the CO core is the one obtained by the
MZAMS = 30 M progenitor (see table 1), which leads
to a total ejecta with mass 7.94 M and an iron core
that left a νNS of 1.5 M . The orbital period of the
binary is P ≈ 5 min, i.e. a binary separation a ≈ 1.5 ×
1010 cm, and we have adopted an angular momentum
transfer efficiency parameter ξ = 0.5. The evolution of
the accretion rate and the gravitational mass of the NS
in this system are the ones shown in Fig. 4. As it can
be seen, for the above parameters the NS reaches the
critical mass and collapses to form a BH (see also Fig. 5
and conclusion 3 in Sec. 6).
In the simulation shown in Fig. 6 we adopted two millions of particles per solar mass of ejecta so in this simulation we have followed the three-dimensional motion
0
of N = 2 × 106 (Menv
/M ) ≈ 1.6 × 107 particles in the
gravitational field of the orbiting NS. To estimate the
ejecta density we have chosen a thickness ∆z around the
orbital plane. For the plots in Fig. 6 we have adopted
∆z ≈ 0.05a ≈ 7.1 × 108 cm.
The left upper panel shows the binary at the initial
0
time of the process, i.e. t = t0 = Rstar
/vstar,0 = 3.82 s,
the first instant of the ejecta radial expansion.
The right upper panel shows the instant at which

the accretion process begins, namely at t = tacc,0 ≈
a/v0,star = 7.7 s. Owing to their fast velocity, the accretion rate of the first layers is low and they escape almost
undisturbed, so the supernova ejecta at these times keeps
its original spherical symmetry.
The left lower panel shows the binary at the instant in
which the accreting NS reaches the critical mass, hence
the instant of formation of the BH, at t = tcoll = 254 s ≈
0.85P . The BH mass is thus set by the critical NS mass,
i.e. MBH = Mcrit ≈ 3 M (see Fig. 4). This figure
also evidences the asymmetry on the supernova density
as induced by the presence of the companion and its increasing gravitational field due to the ongoing accretion
process onto it. Indeed, it can be seen how the supernova ‘center’ has been shifted from the explosion site
originally at the (0, 0) position (see left upper panel), to
the approximate position (0, 2). Thus, the layers of the
ejecta are displaced as a result of the gravitational attraction of the orbiting NS. This can be understood as follows. When the NS passes over the northern hemisphere,
it attracts the northern region of the ejecta towards it.
Consequently, that part of the ejecta gain velocity in the
northern direction. The same effect occurs in the other
regions of the orbit, however the effect is asymmetric because, by the time the NS passes, say over the southern
hemisphere, it attracts layers moving at slower velocity
with respect to the ones it had attracted in the northern hemisphere before. The reason for this is that the
southern fastest layers have moved further already while
the NS were passing the northern side. This effect is
indeed incorporated in our simulation which follows the
trajectory of each of the 14 million particles.
It can be also seen in this figure a stream of matter
(one-armed flow) of negligible mass with respect to
the total mass escaping from the system. As we have
mentioned above, the NS attracts some layers increasing their velocity. As a result some material can reach
escape velocity to leave the binary system forming this
unbound debris. The appearance of a one-armed flow
(instead of two-armed flows) is because the center-ofmass is located roughly at the CO core position, thus
the NS is in practice orbiting the CO core. If the two
masses were of comparable masses, (e.g. as in the case of
binary NS mergers), they would move around a common
center-of-mass lying in between them. In such systems
the momentum transfer is more symmetric leading to
a symmetric two-armed flow structure. The one-armed
flow in our system is, in this sense, more similar to the
one that appears in the tidal disruption of a small body
by a supermassive BH.
The right lower panel shows the system 100 s after
the BH formation, namely at t = tcoll + 100 s =354 s ≈
1.2P . Thus, this figure shows the new binary system
formed by the νNS, out of the supernova, and the BH
from the gravitational collapse of the NS. The νNS is at
the (0, 0) position and it is represented by the white filled
circle. The BH is in this instant of time located at the
(0.5, 1.7) position and it is represented by the black filled
circle. It can be seen the increasing asymmetry of the
supernova ejecta around the orbital plane. We note the
presence of ejecta in the vicinity of the newly formed BH,
the latter sited at the approximate position (0.5, 1.5). It
is interesting that part of these ejecta can indeed cause
a subsequent accretion process onto the newly formed
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BH. The possible outcomes of this process deserve further
attention which will be analyzed elsewhere (Ruffini et al.,
in preparation).
We have shown above the evolution of an IGC binary
with very short orbital period of P ≈ 5 min, for which
it occurs the gravitational collapse of the NS of the CO
core. Besides the formation of a BH, we have evidenced
the asymmetry caused by the presence and accretion onto
the NS on the supernova ejecta density. It is natural to
ask if these asymmetries also appear for less compact
binaries. For comparison, we show in Fig. 7 the results
of a numerical simulation for a binary with orbital period
P ≈ 50 min, in which the NS does not reach the critical
mass during the entire accretion process (see Sec. 6). The
evolution of the accretion rate and the gravitational mass
of the NS in this system are shown in Fig. 4.
In these kind of systems, all the ejecta layers passed
the NS position. Thus, the total duration of the accretion process, denoted here tacc , is approximately given
by the time it takes to the innermost layer of the ejecta
to overcome the NS position, i.e. tacc ≈ a/vinner , where
0
vinner = (R̂core /Rstar
)vstar,0 using the homologous expansion assumption. The snapshot corresponds to a time
t = 2667 s ≈ 44 min ≈ tacc /4. To estimate the ejecta
density we have chosen in this example ∆z = 0.08a ≈
5.3 × 109 cm. It is interesting that although the NS is
in this case farther away from the CO core, it still induces a high asymmetry on the supernova ejecta. We
shall investigate elsewhere if this mechanism could explain the asymmetries observed in some type Ibc supernovae (Tanaka et al. 2009; Taubenberger et al. 2009, see,
e.g.,). We here constrain ourselves in section 8, instead,
to the consequences that the ejecta asymmetries have on
the supernova emission (both in X-rays and in the optical).
6. HYDRODYNAMICS INSIDE THE ACCRETION

REGION
We turn now to analyze in detail the properties of the
system inside the Bondi-Hoyle accretion region. Fig. 3
shows the mass accretion rate onto the NS of initial mass
1.4 M . We can see that the accretion rate can be as
high as ∼ 10−1 M s−1 . For these high accretion rates
we can draw some general properties:
1. We can neglect the effect of the NS magnetic field
since for ṀB > 2.6 × 10−8 M s−1 the magnetic
pressure remains much smaller than the random
pressure of the infalling material (Fryer et al. 1996;
Rueda & Ruffini 2012).
2. The photons are trapped in the accretion flow. The
trapping radius, defined at which the photons emitted diffuse outward at a slower velocity than the
one of the infalling material, is (Chevalier 1989):
rtrapping = min{ṀB κ/(4πc), Rcap },

(19)

where κ is the opacity. For the CO core, Fryer
et al. (2014) estimated a Rosseland mean opacity
roughly 5×103 cm2 g−1 . For the range of accretion
rates, we obtain that ṀB κ/(4πc) ∼ 1013 –1019 cm,
a radius much bigger than the NS capture radius
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which is in our simulations at most 1/3 of the binary separation. Thus, in our systems the trapping radius extends all the way to the Bondi-Hoyle
region, hence the Eddington limit does not apply
and hypercritical accretion onto the NS occurs. See
Figs. 15 and 16 in appendix B.3 for details.
3. Under these conditions of photons being trapped
within the accretion flow, the gain of gravitational
energy of the accreted material is mainly radiated via neutrino emission (Zel’dovich et al. 1972;
Ruffini & Wilson 1973; Fryer et al. 1996; Rueda &
Ruffini 2012; Fryer et al. 2014). See Figs. 15 and
16 in appendix B.3 for details.
4. Fig. 3 shows that the evolution of the accretion rate
has a shape composed of a rising part, followed by
an almost flat maximum and finally it decreases
with time. The rising part corresponds to the passage and accretion of the first layers of the ejecta.
The sharpness of the density cut-off of the outermost ejecta layer defines the sharpness of this rising
accretion rate. The maximum rate is given by the
accretion of the ejecta layers with velocities of the
same order as the orbital velocity of the NS. These
layers are located very close to the innermost part
of the supernova ejecta. Then, the rate start to
decrease with the accretion of the innermost layers
whose density cut-off determines the sharpness of
this decreasing part of the mass accretion rate. See
also appendix A for further details.
5. The longer the orbital period/larger binary separation, the lower the accretion rate (see Fig. 11 in appendix A for details.); hence the lower the accretion
luminosity and the longer the time at which peak
luminosity occurs. These features confirm what advanced in Ruffini et al. (2016); Becerra et al. (2015);
Ruffini et al. (2015), namely that less energetic long
GRBs correspond to the binaries with wider orbits. Specifically, XRFs correspond to the binaries
in which the NS does not reach the point of gravitational collapse to a BH (see below). Since there is a
limiting orbital period, Pmax , up to which the NS
can reach the critical mass and collapse to a BH
(these systems are the BdHNe Fryer et al. 2015,
2014), the XRFs are the binaries with P > Pmax
(see Sec. 5 for details).
6.1. Convective instabilities
As the material piles onto the NS and the atmosphere
radius, the accretion shock moves outward. The postshock entropy is a decreasing function of the shock radius position which creates an atmosphere unstable to
Rayleigh-Taylor convection during the initial phase of
the accretion process (see appendix B for additional details). These instabilities can accelerate above the escape
velocity driving outflows from the accreting NS with final velocities approaching the speed of light (Fryer et al.
2006; Fryer 2009). Assuming that radiation dominates,
the entropy of the material at the base of the atmosphere
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Fig. 6.— Snapshots of the IGC binary system and the supernova ejecta density at selected times of the evolution. In this example we have
adopted the MZAMS = 30 M progenitor with an ejecta mass of 7.94 M and a core that left a νNS of 1.5 M . We assume homologous
evolution of the supernova ejecta with expansion parameter n = 1 and ejecta outermost layer velocity v0,star = 2 × 109 cm s−1 . For the
NS we adopt an initial mass 2.0 M . The binary has an orbital period P ≈ 5 min, i.e. a binary separation distance a ≈ 1.5 × 1010 cm.
The evolution of the accretion rate and the gravitational mass of the NS are shown in Fig. 4. The coordinate system is centered on the
νNS born in the supernova: it is here represented with a white-filled circle located at (0, 0). The NS, represented by the gray-filled circle,
is orbiting counterclockwise in this time-evolution and we have indicated with a thin-dashed circle its trajectory. The colorbar indicates
values of ejecta density. We have chosen a thickness ∆z around the orbital plane to estimate the ejecta density: ∆z ≈ 0.05a ≈ 7.1 × 108 cm
for all these figures. We note that, in order to show better the features of the system at different times, we have chosen for each plot
0
different ranges of the x-y scales and of the colorbar. Left upper panel: initial time of the process, t = t0 = Rstar
/vstar,0 = 3.82 s. The
supernova ejecta starts to expand radially outward and the NS (black filled circle) is located at the position (a, 0). Right upper panel:
beginning of the accretion process, i.e. passage of the first supernova ejecta layers through the NS gravitational capture region. Thus, this
time is t = tacc,0 ≈ a/v0,star = 7.7 s. Left lower panel: instant when the NS reaches, by accretion, the critical mass and collapses to a BH.
This occurs at t = tcoll ≈ 254 s ≈ 0.85P . The BH, here represented by the black-filled circle, has a mass set by the critical NS mass, i.e.
MBH = Mcrit ≈ 3 M (see Fig. 4). It can be seen here the asymmetry of the supernova ejecta density induced that have been generated by
the nearby presence of the NS and the accretion process onto it. We can also see at this stage a stream of matter (of negligible mass) being
expelled (i.e. reaching scape velocity) from the system. Right lower panel: system 100 s after the BH formation, namely t = tcoll + 100 s =
354 s ≈ 1.2P . This figure shows the new binary system composed by the νNS [white-filled circle at the (0, 0) position] out of the supernova,
and a BH [black-filled circle at the (0.5, 1.7) position] out of the gravitational collapse of the NS due to the hypercritical accretion process.
The asymmetry of the supernova ejecta is now even larger than the one showed by the left lower panel figure. The asymmetry of the
supernova ejecta is such that its ‘center’ has been displaced, from the explosion site originally at the position (0, 0), to the approximate
position (0, 2), due to the action of the orbiting NS.

is (Fryer et al. 1996):
Sbubble ≈ 16



MNS
1.4 M

7/8

ṀB
M s−1

!−1/4



r −3/8
,
106 cm
(20)

in units of kB per nucleon.
This material will rise and expand, cooling adiabatically, i.e. T 3 /ρ = constant, for radiation dominated gas.

If we assume a spherically symmetric expansion, then
ρ ∝ 1/r3 and we obtain
−1
kB Tbubble = 195 Sbubble



r −1
MeV.
cm

106

(21)

However, it is more likely that the bubbles expand in the
lateral but not in the radial direction (Fryer 2009), thus
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will be presented elsewhere (Ruffini et al., in preparation).
It is worth mentioning the possibility that, as discussed
in Fryer et al. (2006), r-process nucleosynthesis occurs in
these outflows. This implies that long GRBs can be also
r-process sites with specific signatures from the decay
of the produced heavy elements, possibly similar as in
the case of the kilonova emission in short GRBs (see,
e.g., Tanvir et al. 2013, and references therein). The
signatures of this phenomenon in XRFs and BdHNe, and
its comparison with kilonovae, deserves to be explored.
However, this is out of the scope of the present work and
it will be presented elsewhere.

Fig. 7.— Snapshot of an IGC binary system analogous to the
one of Fig. 6 but with an orbital period of P ≈ 50 min (i.e. binary separation a ≈ 7 × 1010 cm). In this case the accreting NS
(gray-filled circle), which is orbiting counterclockwise (thin-dashed
circle), does not collapse to the BH. The νNS left by the supernova
is represented by the white filled circle at the position (0, 0). It is
clear from this figure the asymmetry of the supernova ejecta: indeed the supernova ‘center’ has been displaced, from the explosion
site originally at the position (0, 0), to the approximate position
(0, 9), due to the action of the orbiting NS. The snapshot corresponds to a time t = 2667 s ≈ 44 min, which corresponds to roughly
1/4 the total accretion process. To estimate the ejecta density we
have adopted ∆z = 0.08a ≈ 5.3 × 109 cm.

we have ρ ∝ 1/r2 , i.e.
Tbubble = T0 (Sbubble )

 r 2/3
0

,

(22)

r
where T0 (Sbubble ) is given by equation (21) evaluated at
r = r0 ≈ RNS .
This temperature implies a bolometric blackbody flux
at the source from the bubbles
!
−7/2

MNS
ṀB
4
40
Fbubble = σTbubble ≈ 2 × 10
1.4 M
M s−1

3/2  
RNS
r0 8/3
×
erg s−1 cm−2 ,
(23)
6
10 cm
r

where σ is the Stefan-Boltzmann constant.
In Fryer et al. (2014) it was shown that the above
thermal emission from the rising bubbles produced during the hypercritical accretion process can explain the
early (t . 50 s) thermal X-ray emission observed in GRB
090618 (Izzo et al. 2012b,a). In that case Tbubble drops
from 50 keV to 15 keV expanding from r ≈ 109 cm to
6 × 109 cm, for an accretion rate 10−2 M s−1 .
From the above formulas we can explain the blackbody emission observed in XRF 060218 (Campana et al.
2006). The observed temperature (kB T ≈ 0.2 keV) and
radius of the emitter (a few 1011 cm) are consistent with
the temperature and surface radius of the above bubbles
formed in a system with a NS of initial mass 1.4 M ,
supernova-progenitor of 20 MZAMS , and orbital period
2.5 h: it can be easily checked via equation (22) that
for r ∼ 1011 cm and an accretion rate of the order of
10−6 M s−1 , the bubbles would have a temperature
consistent with the one observed in XRF 060218. Further details on this specific case and additional examples

6.2. Neutrino emission during hypercritical accretion
Most of the energy from the accretion is lost through
neutrino emission and the neutrino luminosities are proportional to the accretion rate (see appendix B.2 for
details). For the accretion rate conditions characteristic of our models ∼ 10−4 –10−2 M s−1 (see Sec. 2
and appendix A), pair annihilation dominates the neutrino emission and electron neutrinos remove the bulk of
the energy (see Fryer 2009, and Figs. 15 and 16 in appendix B.3 for details). The temperature of these neutrinos can be roughly approximated by assuming that the
inflowing material generally flows near to the NS surface
before shocking and emitting neutrinos (see appendix B.1
and B.2). The pressure from this shock is given by (Fryer
et al. 2006):
1
2
(γ + 1)ρacc vacc
(24)
2
where, if we assume the accretion occurs nearly at freefall,

1/2
2GMNS
vacc =
(25)
RNS
Pshock =

and
ρacc =

Ṁacc
2 v
4πRNS
acc

(26)

where Ṁacc = ṀB is the accretion rate onto the NS. The
equation of state γ = 4/3 for the radiation-dominated
conditions in this material, leads to the temperature of
this material:

Tacc =



3Pshock
4σ/c

1/4

=

7 Ṁacc vacc c
2 σ
8 4πRNS

!1/4

.

(27)

The electron-positron pairs producing the neutrinos are
thermalized at this temperature and the resulting neutrino temperature can be estimated by this formula. For
accretion rates lying between ∼ 10−4 –10−2 M s−1 ,
we estimate neutrino temperatures lying between 1.7–
5.2 MeV (i.e. neutrino energies Eν ≈ 3kB T ≈ 5–15 MeV;
see appendix B.2), predicting energies only slightly below
those produced by detailed calculations (Fryer 2009). A
detailed study of the neutrino emission will be the presented elsewhere (Ruffini et al., in preparation; see also
appendix B.1 and B.2).
As we show in appendix B.2, for the developed temperatures (say kB T ∼ 1–10 MeV) near the NS surface
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(see Figs. 13 and 14), the dominant neutrino emission
process is the electron-positron annihilation leading to
neutrino-antineutrino. This process produces a neutrino
emissivity proportional to the nineth power of the temperature [see Eq. (B20)]. The accretion atmosphere near
the NS surface is characterized by a temperature gradient
(see Fig. 13 in appendix B.1) with a typical scale height
∆rER ≈ 0.7 RNS , obtained from Eq. (B19). Owing to
the aforementioned strong dependence of the neutrino
emission on temperature, most of the neutrino emission
occurs in the region ∆rER above the NS surface.
These conditions lead to the neutrinos to be efficient
in balancing the gravitational potential energy gain, as
indicated in Eq. (B18), allowing the hypercritical accretion rates. We show in appendix B.3 (see Figs. 15 and 16)
photons are trapped within the flow the Eddington limit
does not apply in this system. As discussed in Fryer et al.
(1996), the neutrinos can balance efficiently the gravitational energy gain. The effective accretion onto the NS
can be estimated as:
LER
Ṁeff ≈ ∆MER
,
(28)
Eer
where ∆MER , LER are the mass and neutrino luminosity in the emission region (i.e. ∆rER ), and EER is half
the gravitational potential energy gained by the material
falling from infinity to the RNS + ∆rER . Since LER ≈
2πRNS ∆rER e− e+ with e− e+ the electron-positron pair
annihilation process emissivity given by Eq. (B20), and
EER = (1/2)GMNS ∆MER /(RNS + ∆rER ), it can be
checked that for MNS = 1.4 M this accretion rate leads
to values Ṁeff ≈ 10−9 –10−1 M s−1 for temperatures
kB T = 1–10 MeV.
The neutrino signal from this accretion can be similar
to the one from accretion in supernovae with fallback.
Fallback begins immediately after the launch of the supernova explosion and, after peaking, decays with time
(t−5/3 : Chevalier 1989). Depending upon the total fallback mass, the fallback accretion rate can remain above
10−4 M s−1 for 103 –104 s (Wong et al. 2014).
7. ACCRETION LUMINOSITY
In order to make a comparison with observed lightcurves we need to estimate the luminosity produced during the accretion process. The gain of gravitational potential energy in the accretion process is the total one
available to be released e.g. by neutrinos and photons.
The total energy released in the star in a time-interval dt
during the accretion of an amount of mass dMb with angular momentum lṀb , is given by (see, e.g., Sibgatullin
& Sunyaev 2000; Becerra et al. 2015):

Lacc = (Ṁb − ṀNS )c2
"



 #
∂MNS
∂MNS
2
= Ṁb c 1 −
l−
, (29)
∂JNS Mb
∂Mb JNS
where we have used Eq. (11). This upper limit to the energy released is just the amount of gravitational energy
gained by the accreted matter by falling to the NS surface and which is not spent in changing the gravitational
binding energy of the NS. The total energy
releasable
R
during the accretion process, ∆Eacc ≡ Lacc dt, is thus

Fig. 8.— Observed 0.3–10 keV XRT light-curves of some XRFs.

given by the difference in binding energies of the initial
and final NS configurations. The typical luminosity will
be Lacc ≈ ∆Eacc /∆tacc where ∆tacc is the duration of
the accretion process.
The duration of the accretion process is given approximately by the flow time of the slowest layers of the supernova ejecta to the NS. If the velocity of these layers
is vinner , then ∆tacc ∼ a/vinner , where a is the binary
separation. For a ∼ 1011 cm and vinner ∼ 108 cm s−1
we obtain ∆tacc ∼ 103 s, while for shorter binary separation, e.g. a ∼ 1010 cm (P ∼ 5 min), ∆tacc ∼ 102 s,
as validated by the results of our numerical integrations
shown e.g. in Figs. 3 and 4. See also appendix A.
We have shown in Fig. 4 the evolution of both the
baryonic mass Ṁb and the gravitational mass ṀNS for
a specific example. We have seen that these two quantities show a similar behavior, therefore we should expect the difference between them, which gives the available energy to be released (29), evolves with time analogously. Besides, we can see that the NS in the system
with P = 5 min accretes ≈ 1 M in ∆tacc ≈ 100 s.
With the aid of Eq. (13) we can estimate the difference
in binding energies between a 2 M and a 3 M NS, i.e.
∆Eacc ≈ 13/200(32 −22 ) M c2 ≈ 0.32 M c2 leading to a
maximum luminosity Lacc ≈ 3 × 10− 3 M c2 ≈ 0.1Ṁb c2 .
Such an accretion power could lead to signatures observable in long GRBs (see, e.g., Izzo et al. 2012a;
Fryer et al. 2014) since it could be as high as Lacc ∼
0.1Ṁb c2 ∼ 1047 –1051 erg s−1 for accretion rates in the
range Ṁb ∼ 10−6 –10−2 M s−1 . Fig. 8 shows a few examples of light-curves of XRFs. It can be shown that
the accretion luminosity can explain the observed early
emission (t . 103 s) in these examples (see Sec. 8 and
Becerra et al., in preparation).
8. INFLUENCE OF THE HYPERCRITICAL
ACCRETION ON THE SUPERNOVA EMISSION
The duration of the accretion is shorter than the one
of the long-lasting X-ray emission (at times t ∼ 103 –
106 s). We shall show below (see Sec. 8 and Becerra
et al., in preparation) such a long-lasting emission can
be explained from the supernova powered by the prompt
radiation, i.e. the X-ray radiation occurring during the
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accretion process onto the NS. In the case of the tightest
binaries leading to BdHNe, the supernova is in addition
powered by the prompt radiation following the BH formation.
We now analyze the emission of the supernova at early
stages. Traditionally, the supernova shock breaks out of
the star producing a burst of X-ray emission which, in a
spherically symmetric model, behaves as a sharp rise and
equally fast decay as the forward shock cools. However,
in our models, the supernova shock has distinct asymmetries caused by the accretion onto the NS (see Figs. 6–7
in Sec. 5). In addition, the X-rays emitted from this
hypercritical accretion add energy to the explosion. To
calculate the shock breakout luminosity, we use the simplified light-curve code described in Bayless et al. (2015)
and De La Rosa (2016). This code assumes homologous
outflow for the ejecta velocities, modeling the radiative
transport using a single group diffusion scheme with prescriptions for recombination opacities and energies. Energy released in the accretion onto the neutron star is
injected as an energy source at the base of the explosion. Because these calculations are 1-dimensional, we
mimic the asymmetry in the explosion by modeling a series of spherical explosions with different densities. Each
of these densities produces a different light-curve with
the more massive models producing later shock breakout
times.
In Fig. 9 we compare and contrast the luminosity expected from the accretion process given by equation (29)
and from the accretion-powered supernova, with the observed X-ray luminosity of XRF 060218. The parameters
characterizing the binary are: orbital period of 2.5 h, supernova velocity vstar,0 = 2×109 cm s−1 , a pre-supernova
core obtained from the MZAMS = 20 M evolution which
leads to a CO core envelope mass ∼ 4 M (see table 1),
and initial NS mass MNS (t0 ) = 1.4 M . For these binary
parameters, the NS does not collapse to a BH, in agreement with the fact that XRFs, as XRF 060218, should
be explained by these kind of binaries.
For this burst, our model assumes an initial explosion
energy of 2 × 1051 erg, ranging the spherical equivalentmass from 0.05–4 M . Fig. 9 shows light-curves rising
quickly at t . 104 s for the lowest mass to ∼ 105 s for
the 4 M explosion. This maximum mass corresponds to
the ejecta mass from our supernova. The corresponding
CO core mass of our progenitor is this ejecta mass plus
the mass of the νNS, roughly 5.4 M . It is possible that
the mass is slightly larger for our progenitors, and the
emission from the breakout could be longer, but peak
X-ray emission from shock breakout beyond a few times
105 s will be difficult to achieve. The observed emission
would come from the sum of this full range of explosions.
The close match of our models (fitted to our expected
progenitor mass) to this X-ray plateau demonstrates that
this sequence of shock breakouts is certainly a viable and
natural explanation for this emission (see Fig. 9).
We have shown that the X-ray plateau in the afterglow
is powered almost entirely by a sequence of shock breakouts and the expanding photosphere. We turn now to the
the optical emission which is more complex. The optical
emission can be powered by the expanding photosphere,
56
Ni decay and the energy deposited by the accreting NS.
For XRF 060218, the light-curve in the optical and UV
exhibits a double-peaked structure suggestive of multiple
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Fig. 9.— Comparison of the accretion luminosity given by equation (29) and the supernova luminosity with the observed X-ray
luminosity of XRF 060218. The binary system has the following
parameters: supernova velocity vstar,0 = 2 × 109 cm s−1 , a presupernova core obtained from the MZAMS = 20 M evolution (see
table 1), initial NS mass MNS (t0 ) = 1.4 M , and orbital period of
2.5 h. In this example the initial explosion energy is 2 × 1051 erg,
ranging the spherical equivalent-mass from 0.05–4 M . It can be
seen that at early times t . 104 s the luminosity is dominated
by the accretion process. The supernova X-ray light-curves rise
quickly at t ≈ 104 s for the lowest mass, to t ∼ 105 s for the
4 M explosion, which corresponds to total ejecta mass from our
supernova.

power sources and, using our light-curve code, we can
test out different scenarios. Just like the X-ray, geometry effects will modify the optical light-curve. Here we
merely probe the different emission mechanisms to determine the viability of each to explain the XRF 060218
optical light-curve.
Fig. 10 shows the V and B band light-curves for XRF
060218 (Pian et al. 2006). The light-curve in both bands
peaks first near 50,000 s and then again at 500,000 s.
Using our 1 M 1D model from our X-ray emission, we
simulate the V and B band light-curves. Without either
56
Ni decay or accretion energy, the supernova explosion
only explains the first peak. However, if we include the
energy deposition from the accretion onto the NS (for
our energy deposition, we use 4 × 1046 erg s−1 over a
2500 s duration), our simulations produce a second peak
at roughly 500,000 s. A second peak can also be produced
by increasing the total 56 Ni yield. However, even if we
assume half of the total ejecta is 56 Ni, the second peak
remains too dim to explain the observations.
The accretion energy in our model provides a natural
explanation for the double-peaked features observed in
the optical emission of XRF 060218. However, our simple model makes a series of approximations: e.g., we use
gray transport, estimating the V and B emission assuming a blackbody, we assume the opacities are dominated
by electron scattering, etc. Our simplified picture cannot reproduce accurately the first slowly rising part of
the optical data which can be due to a combination of 1)
the low-energy tail of the X-ray bubbles and 2) the geometry asymmetries which, just like for the X-rays, cause
1D effective mass ejecta to be lower along some lines of
sight leading to some optical emission. The simulation
of these details are out of the scope of the present article
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nosity. This luminosity explains the prompt emission of XRFs as presented here in the case of XRF
060218 (see Fig. 9). We are planning to extend
this conclusion to additional XRFs (Ruffini et al.,
in preparation).
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Fig. 10.— Optical and UV luminosity of XRF 060218 (Pian et al.
2006). The light-curve shows a double-peaked structure. The red
dotted curve shows the supernova optical emission without either
56 Ni decay or accretion energy; it can be seen that it explains only
the first peak. The blue solid curve includes the energy deposition
from the accretion onto the NS (which is a power source of 4 ×
1046 erg s−1 over a 2500 s duration). This simulation reproduces
both the first peak at ∼ 50, 000 s as well as the second peak at
∼ 500, 000 s. The dashed green curve shows that a second peak can
also be produced without accretion power by increasing the total
56 Ni yield. However, even if we assume half of the total ejecta is
56 Ni, the produced second peak cannot explain the observational
data.

and will be the subject of future simulations. We have
shown that, although approximate, the accretion mechanism can power the observed XRF 060218 light-curve.
9. CONCLUSIONS

We have analyzed in detail the IGC paradigm of GRBs
associated with supernovae. The progenitor is a binary
system composed of CO core and a NS in which the explosion of the CO core as supernova triggers a hypercritical accretion process onto the NS. For the given supernova parameters (total CO core mass, density profile,
ejecta mass and velocity) and an initial mass of the NS,
the fate of the NS depends only on the binary separation/orbital period. The picture that arises from the
simulation of the accretion process as a function of the
orbital period is as follows.
1. Since the accretion rate decreases for increasing
values of the orbital period, there exists a specific
value of it over which BH formation is not possible
because the NS does not accrete sufficient matter to
reach the critical mass. We denoted this maximum
period for gravitational collapse as Pmax and computed it as a function of the initial NS mass for selected pre-supernova CO cores (see Fig. 5). Therefore, in systems with P ≤ Pmax BH formation occurs and these systems, within the IGC paradigm,
can explain BdHNe (Fryer et al. 2015; Becerra et al.
2015; Fryer et al. 2014). In systems with P > Pmax ,
the NS does not accrete enough matter from the supernova ejecta and the collapse to a BH does not
occur: these systems, within the IGC paradigm,
are used to explain the nature of XRFs.
2. We have shown that the early emission (t . 103 s)
of an IGC binary is powered by the accretion lumi-

3. We have shown that convection instabilities arising from the NS accretion atmosphere can drive
hot outflows emitting X-rays observable in the early
emission of GRBs. It has been shown in Fryer et al.
(2014) that the emission from such an outflows is
consistent with the early (t . 50 s) thermal X-ray
emission observed in the BdHN GRB 090618 (Izzo
et al. 2012a,b). We have shown here the consistency with the thermal emission of XRF 060218.
The observational verification in the case of additional XRFs will be presented elsewhere (Ruffini et
al., in preparation). Details of the structure of the
accretion region are presented in appendix B.
4. Neutrino emission is the main energy sink of the
system, allowing the hypercritical accretion to occur. We have given estimates of the neutrino flux
and energy. Typical neutrino energies are in the
range 1–15 MeV. A detailed study of the neutrino
emission will be presented elsewhere (Ruffini et al.,
in preparation). Details are also presented in appendix B.2.
5. We have shown that the presence of the NS in
very compact orbit produces large asymmetries in
the supernova ejecta around the orbital plane (see
Figs. 6 and 7). These asymmetries are the combined effect of the accretion and of the action of
the gravitational field of the NS on the supernova
layers.
6. The above supernova asymmetries lead to observable effects in the supernova emission. The shocked
material becomes transparent at different times
with different luminosities along different directions
owing to the asymmetry created in the supernova
ejecta by the orbiting and accreting NS (see Figs. 6
and 7). The sequence of shock breakout luminosities are thus influenced by the asymmetries in
the explosion: the light-curve produced along the
more massive directions produce later shock breakout times. We have shown that the observed longlasting, t > tacc , afterglow X-ray emission observed
in XRFs can be powered by this mechanism and
presented as an example XRF 060218 (see Fig. 9).
The specific example is here presented for XRF
060218 and evidence that this mechanism is also
observed in additional XRFs will be presented elsewhere (Ruffini et al., in preparation).
7. We have exemplified the above mechanism for late
time X-ray emission observed in XRF 060218. The
supernova ejecta asymmetries are even more pronounced in more compact binaries in which the
NS, by accretion, reaches the critical mass and collapses to a BH (see Fig. 6). This implies that
this mechanism is also at work in the X-ray afterglow of BdHNe with specific additional features in
the spike, in the plateau and in the late power-law
emission (Ruffini et al., in preparation).
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8. We have shown that not only asymmetries caused
by the close accreting NS modify the classic picture of supernova emission. The X-rays emitted
from the accretion add energy to the supernova explosion. We have simulated the optical emission
of the supernova and compared and contrasted our
theoretical expectation with the optical luminosity of XRF 060218 which shows a peculiar doublepeaked shape. We have shown that without either
56
Ni decay or accretion energy, the supernova explosion can explain only the first peak. We then
showed that the inclusion of 56 Ni decay produces
indeed a double-peaked light-curve but with a second peak which is too dim to explain the observed
optical emission. This conclusion holds even adopting unphysical high amounts of 56 Ni mass of up to
half of the ejecta mass. Instead, we demonstrated
that the source of energy given by the hypercritical accretion onto the NS provides a double-peaked
light-curve consistent with the observational data.
See Fig. 10 and Ruffini et al. (in preparation), for
details.
9. We have shown how the radiation during the continuous accretion process affects the supernova
emission both in X-rays and in the optical. We
have simulated this effect for binaries in which the
NS does not collapse to a BH, namely for XRFs
(e.g. XRF 060218). For systems with shorter orbital periods in which a BH is formed, namely for
BdHNe, besides the initial interaction of the supernova with the radiation from the accretion process,
the supernova interacts with the radiation from the
prompt radiation following the BH formation. The
interaction of the electron-positron pairs (moving
with Lorentz factor Γ ∼ 102 ) with the supernova
material at a distance of r ∼ 1012 cm and moving
at Γ ∼ 1 can originate the flare observed around
t ∼ 100 s after the GRB trigger time in the X-ray
data of BdHNe. The theoretical and observational
details of this process will be presented elsewhere
(Ruffini et al., in preparation).

15

It is interesting that in parallel to the above conclusions we can also draw some inferences on the astrophysics of NS-NS binaries. Our results suggest that the
systems in which the accreting NS does not reach the
critical mass (i.e the XRFs) are natural candidates to
produce such binaries (Ruffini et al. 2016). We have
shown that this will occur for CO-NS binaries with long
orbital periods; thus it is possible that many of these systems become unbound by the supernova explosion produced by the CO core. The XRF to BdHN occurrence
rate ratio can shed light on the ratio of bound/unbound
IGC binaries Fryer et al. (2015). The short orbital periods P < Pmax needed for BdHNe obtained from our
theoretical model imply that XRF must be much more
common than BdHNe, as it is indeed observed (see,
e.g., Guetta & Della Valle 2007; Ruffini et al. 2016,
and references therein). The few systems which will
keep bound become NS-NS binaries where at least one
of the components can be massive and with a rotation
period in the millisecond region. If the NS accretes
from the LSO, then at the end of √
the process it will
have an angular momentum JNS ∼ 2 3GMacc MNS /c ≈
4.3 × 1048 [Macc /(0.1M )][MNS /(1.4M )] g cm2 s−2 ,
where Macc is the total accreted mass. Thus, the
NS will have a rotation period P = 2πINS /JNS ≈
1.6 (0.1M /Macc )(RNS /106 cm)2 ms, where INS ∼
2
is the NS moment of inertia. That known
2/5MNS RNS
binary millisecond pulsars could be formed in XRFs
is a very exciting result that deserves further scrutiny
(Ruffini et al., in preparation).
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APPENDIX
ANALYTIC APPROXIMATION FOR THE PEAK ACCRETION RATE
We can see from Fig. 3 that the shorter(smaller) the orbital period(separation) the higher the peak accretion rate
Ṁpeak and the shorter the peak time, tpeak . Indeed, we can derive such a feature from simple arguments. The
accretion rate (1) increases for higher densities and lower velocities, so we should expect as indeed shown in Fig. 3, it
increases with time as the inner ejecta layers, which are denser and slower [see Eqs. (4) and (3)], reach and passed the
accretion region. The accretion rate starts to peak at the passage of the innermost densest layer, rinner , through the
0
capture region. Such a layer moves with velocity vinner = (rinner /Rstar
)vstar,0 as given by the homologous expansion
assumption.
Thus, the accretion rate peaks around the peak time:
tpeak =

0
a − Rcap
(a − Rcap )Rstar
=
,
vinner
rinner vstar,0

(A1)

namely the time when rinner reaches the capture region which is located at a distance r = a − Rcap from the CO core
center.
The radius rinner is the maximum of the density profile (7), namely the root of the equation:


rinner
0
0
rinner − Rstar
+ Rstar
m ln
= 0,
(A2)
R̂core
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Fig. 11.— (Color online) Peak accretion rate (Ṁpeak , blue curves and left y-scale) and peak time (tpeak , red curves and right y-scale) as
a function of the orbital period. The dashed curves give the analytic peak accretion rate and time (A5) and (A4), respectively, while the
dotted curves correspond to the values obtained from the numerical integration of the equations in Sec. 2. This example corresponds to
the following binary parameters: a CO core from the MZAMS = 20 M progenitor of table 1, an initial NS mass 2.0 M , and a velocity of
the outermost ejecta layer vstar,0 = 2 × 109 cm s−1 . For these parameters we have η ≈ 0.41 from equation (A3). The black dashed vertical
line marks the maximum orbital period (for these system parameters, Pmax ≈ 127 min) for which the NS reaches, by accretion, the critical
mass and collapses to a BH (see Fig. 5 in Sec. 4). We recall that within the IGC interpretation systems with P < Pmax lead to BdHNe
while systems with P > Pmax lead to XRFs.

where we recall R̂core ≈ 0.31Rcore . Since rinner ≈ R̂core , we can obtain the approximate solution:
rinner ≈ ηRcore ,

η≡

0
Rstar
1+m
.
0 /R̂
Rcore 1 + m(Rstar
core )

(A3)

Since vinner < vorb , we can approximate the relative velocity as given only by the orbital one, i.e. vrel ≈ vorb , and
within this approximation, the capture radius reduces to Rcap ≈ (2MNS /M )a. Then, equation (A1) becomes


1/3  0  2/3
GM
2MNS
Rstar
P
tpeak ≈ 1 −
.
(A4)
M
4π 2
ηRcore vstar,0
We can now evaluate equation (1) at the above t = tpeak and applying the same approximations, we obtain for the
peak accretion rate
3
(2MNS /M )5/2 3−m ρcore Rcore
Ṁpeak ≈ 2π 2
η
,
(A5)
(1 − 2MNS /M )3
P
where we recall M = MCO + MNS is the total binary mass, being MCO = Menv + MνNS the total mass of the CO core
given by the envelope mass and the central iron core mass leading to the formation of the νNS.
Fig. 11 shows the behavior of Eqs. (A5) and (A4) as a function of the orbital period and compare them with the
corresponding values obtained from the numerical integration of the accretion equations presented in Sec. 2. This
example is for the binary parameters: a CO core from the MZAMS = 20 M progenitor of table 1, an initial NS mass
2.0 M , and a velocity of the outermost ejecta layer vstar,0 = 2 × 109 cm s−1 . For these parameters, η ≈ 0.41 from
equation (A3). It can be seen that the accuracy of the above simple analytic formulas increases for the systems with
P > Pmax . This is expected since, as we have mentioned, only for these systems the innermost ejecta layers passed
the NS position. In systems with P < Pmax , the NS collapses to a BH before the passage of the innermost layers. In
those cases, the maximum accretion rate is not reached at the passage of rinner but at the passage of a layer located at
rmax > rinner , hence with velocity vmax = v(r = rmax ) > vinner , and thus vmax & vorb . In any case, it is clear the above
formulas for Ṁpeak and tpeak remain valid to obtain typical (order-of-magnitude) estimates of the accretion process in
these binaries. The consistency of the numerical and analytic results (within their range of validity) shown here serves
as well as an indicator of the reliability of the numerical results (see also appendix C).
PHYSICS INSIDE THE ACCRETION REGION
In this appendix we analyze the NS accretion zone following the theoretical framework established for supernova
fallback accretion (Chevalier 1989; Houck & Chevalier 1991; Fryer et al. 1996). Fig. 12 shows schematically the
structure of the NS atmosphere: the supernova material entering the NS capture region shocks as it piles up onto the
NS surface. As the atmosphere compresses, it becomes sufficiently hot to emit neutrinos allowing the matter to reduce
its entropy and be incorporated into the NS.
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Fig. 12.— Structure of the NS acrretion atmosphere. The ejecta from the supernova enter the NS capture region (red circle) at a distance
r = Rcap [see equation (2)] from the NS center and start to fall to the NS surface. The material shocks as it piles on top the NS surface.
The shock decelerates the material while it moves towards the NS and near the surface, at the neutrinosphere, it looses energy by the
emission of neutrinos. The neutrino emission allows the material to reduce its entropy to be finally accreted by the NS.

Accretion zone structure and equation of state
In order to model the evolution of the NS accretion zone, we assume that it passes through a sequence of quasisteady state envelopes, each characterized by the mass accretion rate Ṁ , the NS mass, MNS and its radius RNS . The
spacetime outside the NS is described by the Schwarzschild metric:


rsch  2 
rsch −1 2
ds2 = − 1 −
dt + 1 −
dr + r2 dθ2 + sin2 θdφ2 ,
(B1)
r
r

where rsch = 2GMNS /c2 is the Schwarzschild radius. The steady-state relativistic fluid equations for mass, momentum
and energy conservation in this geometry are:
1 d 2 
r ρu = 0,
(B2)
r2 dr


1 dP  u 2
1 d  u 2 rsch
rsch
+
+
+1−
= 0,
(B3)
2 dr c
2r
w dr
c
r
 w dρ Qν
d
ρc2 + U −
+
= 0,
(B4)
dr
ρ dr
u
where u is the radial component of the four-velocity, Qν is the total energy loss rate per unit volume by neutrino
cooling, w = ρc2 + U + P is the relativistic enthalpy, ρ is the mass density, P is the pressure and U is the internal
energy density.
The boundary conditions are determined by the the conservation of mass, momentum and energy flows through the
shock front at r = Rs . These one are expressed by the Rankine-Hugoniot conditions (Landau & Lifshitz 1959):
ρp up − ρsh ush = 0,

(B5)

wp utp up
wp u2p

+ Pp −

− wsh utsh ush = 0,
wsh u2sh − Psh = 0,

t

(B6)
(B7)
µ ν

2

where u is the time component of the four-velocity, determined by the condition gµν u u = −c . The indexes ‘p’ and
‘sh’ denote the quantities in the pre-shock and post-shock zone, respectively. Outside the shock front, the material is
in approximate free fall, thus:
r
Ṁ
1
2GMns
up =
,
ρp =
,
Pp = ρp vp2 .
(B8)
r
4πr2 vp
2
We consider a gas of electrons, positrons, ions and photons. Then, the total pressure and density energy are:
Ptot (ρ, T ) = Pγ + Pion + Pe− + Pe+ ,
Utot (ρ, T ) = Uγ + Uion + Ue− + Ue+ .

(B9)
(B10)

For the pressure and the internal energy of the radiation field, we adopt a blackbody in thermodynamical equilibrium:
Pγ =

1 4
aT ,
3

Uγ = 3Pγ ,

(B11)
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Fig. 13.— Entropy, temperature, density and pressure profile for a NS accreting atmosphere for Ṁ = 10−2 M
density are normalized to PNS ≈ 3.28 × 1029 dyn cm−2 and ρNS ≈ 7.5 × 108 g cm−3 , respectively.

6.4

6.5

s−1 . The pressure and

with a = 4σ/c = 7.56 × 10−15 erg cm−3 K−4 , where σ is the Stefan-Boltzmann constant.
For the ion gas, we assume a perfect gas:
nion =

ρ
,
Amu

Pion = nion κB T,

Uion =

3
Pion ,
2

(B12)

where nion is the ion number density, mu = 1.6604×10−24 g is the atomic mass unit and κB is the Boltzmann constant.
Finally, the electrons and positrons are described by the Fermi-Dirac distributions:

m3e c3 √ 3/2 
2β
F1/2 (ηe± , β) + βF3/2 (ηe± , β) ,
2
3
π ~


1
8 m4e c5 5/2
Pe ± = √
β
F3/2 (ηe± , β) + βF5/2 (ηe± , β) ,
2
3 2 π 2 ~3
√
2
3 3

me c 2 2 me c 5/2 
Ue± =
β
F3/2 (ηe± , β) + βF5/2 (ηe± , β) ,
π2
~3
n e± =

(B13)
(B14)
(B15)

R∞ k
1/2
dx
where Fk (η, β) ≡ 0 x (1+0.5xβ)
is the relativistic Fermi-Dirac integral, β ≡ κB T /(me c2 ) is the relativity paramex−η +1
2
eter and η ≡ (µ − me c )/κB T is the degeneracy parameter, with µ the chemical potential. Since the electrons and
positrons are in equilibrium with radiation (e+ + e− → γ + γ), their chemical potential are related by µe− + µe+ = 0
and then ηe+ = −ηe− − 2/β. Finally, for each value of density and temperature, ηe− is determined from the charge
neutrality condition:
Z ρ
ne− − ne+ =
= Znion .
(B16)
A mu
As an example, we show in Fig. 13 the entropy, temperature, density and pressure profile from the NS surface (we
have assumed a NS of MNS = 2.0 M with RNS = 106 cm) to the shock radius for a specific value of the mass accretion
rate 10−2 M s−1 . For the ions we adopt here Z = 6 and A = 12. It can be seen here that the entropy gradient of the
NS atmosphere is negative, and it is thus subjected to convective instabilities (see Sec. 6.1).
Neutrino emission and shock position
We turn now to discuss the neutrino emission processes taken into account in our calculations. We follow the results
reported in Itoh et al. (1996) for the neutrino energy loss rates computed within the Weinberg-Salam theory (Weinberg
1967; Salam 1968). We use here the formulas which fit the numerical results in the following regime of density and
temperature: 100 g cm−3 < ρ < 1014 g cm−3 and 107 K< T < 1011 K (Itoh et al. 1996). .
We consider the following channels of neutrino emission. i) Pair annihilation: e+ +e− → ν + ν̄ (Munakata et al. 1985;
Itoh et al. 1989); this neutrino energy loss rate is here denoted by e− e+ . ii) Photo-neutrino process: γ +e± → e± +ν + ν̄
(Munakata et al. 1985; Itoh et al. 1989), denoted by γ . iii) Plasmon decay: γ̄ → ν + ν̄ (Kohyama et al. 1986, 1994),
denoted by pl . iv) Bremsstrahlung processes (Itoh & Kohyama 1983; Itoh et al. 1984b,a,c), denoted by BR , which can
be due to electron-nucleon interaction e± + N → N + ν + ν̄ or to nucleon-nucleon interaction N + N → N + N + ν + ν̄.
It is important to mention that two different expressions for the total Bremsstrahlung emission are shown in Itoh et al.
(1996) depending if the Coulomb parameter, Γ ≡ (Ze)2 /(ri kB T ) where ri = [3/(4πnion )]1/3 , is higher or lower than
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Fig. 14.— Temperature of the NS surface (left panel) and ratio between the shock radius and the NS radius (right plot) as a function of
the mass accretion rate in the range Ṁ = 10−8 –10−1 M s−1 .

the critical value Γ ≈ 180, over which the system crystallizes. So the total energy loss rate per unit volume due to
neutrino emission is Qν = e− e+ + γ + pl + BR .
Since the infalling material is strongly decelerated by the accretion shock, the post-shock kinetic energy is much
less that the internal and gravitational energy. Then, assuming a polytropic gas [P = (γ − 1)U ∝ ργ ] and subsonic
velocities inside the shock radius, (v/c)2  1, Eqs. (B4) can be solved for the radial dependence of the fluid variables
ρ, P and u as (Houck & Chevalier 1991):
−1/2
γ
1 − rsch
−1
1
1
ush
r
ρ = ρsh f (r) γ−1 , P = Psh f (r) γ−1 , u = 2 f (r) 1−γ f (r) ≡ 
.
(B17)

−1/2
r
−
1
1 − rRsch
ns
The approximation of a polytropic equation of state was validated by numerical simulations in Fryer et al. (1996), who
showed the infall NS atmosphere is well approximated by a polytropic gas of index γ = 1.4.
Since neutrinos are the main energy sink of the system (see below), the position of the shock can be estimated from
the balance between the neutrino emission and the release of the potential gravitational energy due to the accretion
process, i.e.:


"
#
−1/2
2
∆r
4πR
2GMNS
ER
 q NS
 Qν ≈ c2 Ṁ
1− 2
−1 ,
(B18)
c RNS
1 − 2GMNS
c2 RNS

where we have assumed the rate at which gravitational energy is released as the kinetic energy gained in the free fall
from infinity, and we have considered the proper volume of the cooling region and the proper cooling rate. We have
also introduced the thickness of the neutrino emission region at the base of the atmosphere, ∆rER , which in view of
the strong dependence of the neutrino emission processes on the temperature, can be estimated as one temperature
scale height, i.e.:




dT
∂ ln T
dln ρ
∂ ln T
dln P
T
∆rER ≈ HT =
,
=
+
.
(B19)
|(dT /dr)|
dr
∂ ln ρ P dr
∂ ln P ρ dr
Fig. 14 shows the NS surface temperature and the shock position as a function of the mass accretion rate. The
thickness of the neutrino emission region is very poorly dependent on the accretion rate; indeed equation (B19) gives
∆rER ≈ 0.76–0.77 RNS for Ṁ = 10−8 –10−1 M s−1 .
Under the conditions (non-degenerate, relativistic, hot plasma) of our hypercritically accreting NS, the most efficient
neutrino emission is given by the e+ e− pair annihilation (see Fig. 16). In these T -ρ conditions, e− e+ reduces to the
simple expression (Yakovlev et al. 2001):

9
kB T
e− e+ = 1.39 × 1025
erg cm−3 s−1 .
(B20)
1 MeV
Neutrino and photon optical depth
We have assumed that the neutrinos produced at the base of the NS surface are the main sink of the gravitational
potential energy gained by the infalling material. We proceed now to assess the validity of this statement through the
calculation of the neutrino opacity.
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The total neutrino opacity is:
κν = κν,abs + κν,scat ,

(B21)

where κν,abs and κν,scat correspond to the opacity produced by absorption and scattering processes. In general, the
opacity can be written as
σi ni
κ=
,
(B22)
ρ
where ni is the particle density and σi is the process cross section. We adopt the following scattering and absorption
process:
Scattering processes: neutrinos transfer momentum to the matter by the scattering off nuclei and electrons and
positrons:
• Coherent neutrino nucleus scattering: ν + (A, Z) → ν + (A, Z) (Tubbs & Schramm 1975)
2


2
1
Z
Eν
Z
4G2F (me c2 )2
2
2
σA =
A
1
−
≈ 1.71 × 10−44 cm2
σ0
+
(4sin
θ
−
1)
with
σ
=
w
0
16
me c2
A
A
π(~c)4

(B23)

where GF is the Fermi weak neutrino coupling constant and θw = is the Weinberg angle, sin2 θw = 0.23. The
scattering is coherent in the sense that nucleus acts as a single particle and the initial and final neutrino energy
are nearly equal.
• Neutrino-electron scattering (Bowers & Wilson 1982; Burrows & Thompson 2002):


3
E 
ηe 
1
2
2
σe (E) = σ0 β
1+
(Cv + Ca ) + (Cv + Ca)
8
me c2
4
3

(B24)

where Cv = 1/2 + 2 sin2 θw for electron neutrino and antineutrino types, Ca = 1/2 for neutrino and Ca = −1/2
for antineutrinos.

Absorption processes: Since we have shown that the most efficient neutrino cooling process near the NS surface is
the electron-positron annihilation, the inverse process namely the annihilation of neutrinos, ν + ν̄ → e− +e+ , represents
the main source of opacity. The total average cross sections are given by (Goodman et al. 1987):
σν (Eν ) =

4
Kν ν̄ σ0 hEν ihEν̄ i,
3

σν̄ (Eν̄ ) =

4
Kν ν̄ σ0 hEν̄ ihEν i,
3

(B25)

where Kν ν̄ = (1 + 4 sin2 θw + 8 sin4 θw )/12 = 0.195. The energy of the neutrino and antineutrinos are calculated
assuming they are described by the Fermi-Dirac distribution with zero chemical potential:
hEν i = hEν̄ i =

Uν
F3 (0, 0)
kB T = 3.15kB T,
=
nν
F2 (0, 0)

hEν2 i =

Then, the total neutrino opacity is:

F4 (0, 0)
(kB T )2 = 12.93(kB T )2 .
F2 (0, 0)

 


ρ
κ ν = σA
+ σe (Eν ) ne− + σν (Eν )nν /ρ,
Amu

(B26)

(B27)

The neutrino optical depth can then be obtained as:
d τν = κν ρ dr =
where λν is the neutrino mean free path:
λν =

1
.
κν ρ

dr
,
λν

(B28)

(B29)

Thus, the optical depth at the base of the neutrino emission region can be estimated as: τν,ER ≈ κν ρNS ∆rER =
∆rER /λν,ER . Large values for the optical depth means (τν  1) implies that the neutrinos are reabsorbed by the
matter and cannot freely scape from the system.
In order to verify that photons are trapped in the infalling material, we evaluate the photon mean free path and
photon emissivity:
1 σT 4
τγ = κR ρ∆ rER ,
q̇γ ≈
,
(B30)
∆ rER τγ
where σ is the Stefan-Boltzmann constant, τγ is the photon optical depth, and κR is the Rosseland mean opacity:

  −3
T
ρ
κR = 0.4 + 0.64 × 1023
g−1 cm2 ,
(B31)
g cm−3
K
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to the NS surface) for selected accretion rates.

being the first term due to the electron scattering and the second one to the free-free absorption.
We show in Fig. 15 the neutrino and photon optical depth profile in the NS accretion region for three different values
of the mass accretion rate. We can see the photon optical depth is much higher than unity for photons, implying they
are indeed trapped at any radius. On the contrary, the neutrino optical depth is much lower than unity, implying they
efficiently cool the atmosphere which allows the system to proceed the accretion at hypercritical rates.
We show in Fig. 16 the T -ρ diagram of the NS surface for accretion rates Ṁ = 10−8 –10−1 M s−1 which covers
both XRFs and BdHNe (see, e.g., Fig. 11). Higher temperatures and densities correspond to higher accretion rates.
We show contours indicating where the neutrino emissivities of the different neutrino emission processes are equal .
It can be seen from these two figures that: 1) pair annihilation neutrino process are highly dominant over the other
neutrino emission mechanisms; 2) neutrinos can efficiently escape taking away most of the energy (high emissivity); 3)
photons are trapped hence they have negligible emissivity; 4) even for the largest accretion rates the neutrino optical
depth in the accretion zone is below unity and so the system is not opaque to neutrinos.
CONVERGENCE TESTS
We proceed now to perform a convergence test of the results of our numerical integration. We will perform the
test for four important quantities, as a function of the dimensionless time τ = t/t0 : the NS accreted mass Macc (τ ),
gravitational mass MNS (τ ), angular momentum JNS (τ ) and gravitational capture radius measured from the supernova
center normalized to the binary separation, i.e. r̂ = 1 − Rcap (τ )/a.
We use for the numerical integration the Adams method implemented in the Python library SciPy version 0.17.1. This
requires that the user sets, besides the system of ordinary different equations, a minimum and a maximum integration
stepsize. For the integration we set both to the same value, say ∆τ . To perform this test we select five values of the
stepsize: ∆τi ≡ τacc,0 /Ni with Ni = 1, 20, 50, 200, 500 for i = 1, ..., 5 and τacc,0 = tacc,0 /t0 is the dimensionless time at
which the accretion process starts, i.e. the instant at which the first ejecta layer reaches the NS capture radius. We
denote as A∆τi the numerical value of the quantity A computed with the stepsize ∆τi , and then compute the relative
error with respect to the computed value using a reference stepsize, i.e.: Er(A) ≡ |A∆τref − A∆τi |/A∆τref . Fig. 17
shows the convergence test for a binary system with the following parameters: the CO core of the MZAMS = 20 M
progenitor, an initial NS mass of 2 M , and an orbital period P = 3 h. For these parameters we have τacc,0 ≈ 29 and
so the stepsizes are: ∆τi = 0.0581, 0.1453, 0.5812, 9.6874, 29.062, respectively for i = 1, ..., 5. The stepsize of reference
in this test is ∆τref = ∆τ3 = 0.5812. We can see that, as expected, the relative error increases for stepsizes higher
than ∆τ3 and decreases for stepsizes lower than it, indicating convergence. All the results shown in this article are for
∆τ3 , which corresponds to a different numerical value for different binary systems, since the value of τacc,0 is specific
to each system.
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Université de Nice Sophia Antipolis, CEDEX 2, Grand Château Parc Valrose, Nice, France.

4

ICRANet-Rio, Centro Brasileiro de Pesquisas Fı́sicas, Rua Dr. Xavier Sigaud 150, 22290–180 Rio de Janeiro, Brazil.

ABSTRACT
There is mounting evidence for the binary nature of the progenitors of gamma-ray bursts (GRBs). For
a long GRB, the induced gravitational collapse (IGC) paradigm proposes as progenitor, or “in-state”,
a tight binary system composed of a carbon-oxygen core (COcore ) undergoing a supernova (SN)
explosion which triggers hypercritical accretion onto a neutron star (NS) companion. For a short
GRB, a NS-NS merger is traditionally adopted as the progenitor. We divide long and short GRBs
into two sub-classes, depending on whether or not a black hole (BH) is formed in the merger or in the
hypercritical accretion process exceeding the NS critical mass. For long bursts, when no BH is formed
we have the sub-class of X-ray flashes (XRFs), with isotropic energy Eiso . 1052 erg and rest-frame
spectral peak energy Ep,i . 200 keV. When a BH is formed we have the sub-class of binary-driven
hypernovae (BdHNe), with Eiso & 1052 erg and Ep,i & 200 keV. In analogy, short bursts are similarly
divided into two sub-classes. When no BH is formed, short gamma-ray flashes (S-GRFs) occur, with
Eiso . 1052 erg and Ep,i . 2 MeV. When a BH is formed, the authentic short GRBs (S-GRBs) occur,
with Eiso & 1052 erg and Ep,i & 2 MeV. We give examples and observational signatures of these four
sub-classes and their rate of occurrence. From their respective rates it is possible that “in-states” of
S-GRFs and S-GRBs originate from the “out-states” of XRFs. We indicate two additional progenitor
systems: white dwarf-NS and BH-NS. These systems have hybrid features between long and short
bursts. In the case of S-GRBs and BdHNe evidence is given of the coincidence of the onset of the
high energy GeV emission with the birth of a Kerr BH.
Keywords: gamma ray bursts – hypercritical accretion – black holes – high energy emission
1. INTRODUCTION

On February 1974, at the same AAAS meeting in San Francisco where the discovery of GRBs by the Vela satellites was
publicly announced (Strong et al. 1975), the possible relation of GRBs with the “moment of gravitational collapse”
leading to a BH formation was advanced (see Gursky & Ruffini 1975). Damour & Ruffini (1975) considered, for
definiteness, the vacuum polarization process occurring in an overcritical Kerr-Newman BH (KNBH). Evidence was
given for: a) the formation of a vast amount of e+ e− -baryon plasma; b) the energetics of GRBs of the order of
Emax ≈ 1054 MBH /M erg, where MBH is the BH mass, implying their cosmological origin; c) the ultra-high energy
cosmic rays with energy up to ∼ 1020 eV originating from such an extreme electrodynamical process. Soon after,
the role of an e+ e− plasma for the origin of GRBs was also considered by Cavallo & Rees (1978). It took almost
thirty years to clarify some of the analogies and differences between these two processes of e+ e− -pair creation leading,
respectively, to the alternative concepts of “fireball” and “fireshell” (Aksenov et al. 2007, 2009).
Already in 1989, well before the establishment of the GRB cosmological nature and energetics, Eichler et al. (1989)
gave support to the cosmological interpretation of GRBs and indicated in merging NS binaries their possible origin.
They also pointed out the relevance of such NS–NS mergers for the occurrence of r-process, as well as for the emission
of gravitational radiation, indicating the uncertainty in the determination of their rate of occurrence.
Following the launch of the Compton satellite and the observations by the BATSE detector (Meegan et al. 1992), a
phenomenological classification based on the prompt T90 duration was advanced: GRBs were classified into long GRBs
for T90 > 2 s, and short GRBs for T90 < 2 s (Klebesadel 1992; Dezalay et al. 1992; Kouveliotou et al. 1993; Tavani
1998).
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Shortly after Narayan et al. (1992) indicated the possible cosmological origin of short GRBs originating in binary NS
mergers. They also introduced the clear indication of the role of ν ν̄ annihilation leading to the formation of an e+ e−
plasma. This paper was followed by a large number of theoretical works including the gravitational wave emission in
Newtonian, post-Newtonian, and general relativistic treatments (see, e.g., Rasio & Shapiro 1999), as well as the ν ν̄
annihilation leading to an e+ e− plasma (see, e.g., Salmonson & Wilson 2002 and Rosswog et al. 2003 and references
therein).
Soon after the paper by Narayan et al. (1992), Woosley (1993) also supported the cosmological origin of GRBs and
introduced the concept of BH-Accretion-Disks, produced by the collapse of a very massive star. Such a system was
indicated by its author as a collapsar and was assumed to be the origin of ultrarelativistic jets expected to occur by the
same author in long GRBs. For a recent review see MacFadyen & Woosley (1999); MacFadyen et al. (2001); Woosley
& Bloom (2006).
After the determination of the cosmological nature of GRBs (Costa et al. 1997; Metzger et al. 1997; van Paradijs
et al. 1997) and the confirmation of their outstanding energy (≈ 1054 erg), we returned to our GRB scenario (Damour
& Ruffini 1975). In a period of four years, from 1997 to 2001, we developed a fully relativistic GRB theoretical model
examining, as well, the dynamics of the e+ e− plasma originating the GRB emission (the fireshell model, see, e.g.,
Preparata et al. 1998; Ruffini et al. 1999, 2000, 2001a,b,c, and Section 2). The fireshell model applies to both short
and long GRBs.
The origin of short GRBs from NS–NS (or NS-BH) binaries as “in-states” has been confirmed by strong observational
and theoretical evidences (see, e.g., Goodman 1986; Paczynski 1986; Eichler et al. 1989; Narayan et al. 1991, 1992;
Meszaros & Rees 1997; Rosswog et al. 2003; Lee et al. 2004; Berger 2014). In this article we address specifically some
of the latest results within the fireshell model (Muccino et al. 2013; Ruffini et al. 2015b) on the possible presence or
absence of a BH formation in NS–NS mergers, the consequent classification of short bursts into S-GRFs, when no BH
is formed (see Section 6), and S-GRBs, when a BH is formed (see Section 7), and the computation of their occurrence
rate (see Section 10).
The application of the fireshell model to the case of long GRBs followed a longer path for reaching a proper
understanding of the overall phenomenon. The first application of our model to a long GRB was implemented on GRB
991216 (Ruffini et al. 2001a,b,c, 2002, 2004, 2006a). In these papers a clear difference between the thermal component
observed at the transparency of the e+ e− plasma, the Proper GRB (P-GRB) emission (Ruffini et al. 1999, 2000), and the
non-thermal remaining part, later called prompt emission (Ruffini et al. 2001b), was evidenced. This fully relativistic
approach was not readily accepted by the GRB community, also in view of its objective technical complexity and
novelties in the theoretical physics scenario. Some authors attempted to describe the GRB phenomenon by simplified
Newtonian approaches,e.g., those based on the concept of magnetars (Usov 1992; Dai & Lu 1998a,b; Kluźniak &
Ruderman 1998; Zhang & Mészáros 2001). As the detailed observations of the X-ray afterglow by the Swift-XRT
(Evans et al. 2007) were obtained, as well as the high energy emission by the Fermi-LAT (Atwood et al. 2009), our
model has correspondingly evolved pointing out the precise common power-law behavior of the rest-frame 0.3–10 keV
X-ray luminosity light curves (Pisani et al. 2013), as well as the nesting properties (Ruffini et al. 2014b). As pointed
out in the present article, the concept of long GRBs has evolved into XRFs and BdHNe, depending on the possible
presence or absence of a BH in their formation process (see also Ruffini et al. 2015a).
It is appropriate to recall that the quest for having progenitors for the collapsar hypothesized by Woosley (1993) led
to an interesting direction of research dealing with a binary system composed of two very massive stars of ≈ 50 M
each. The large masses involved in these systems were introduced in order to form a BH at the end of their evolution.
Similarly, the large amount of angular momentum of the system would guarantee the formation of an accretion disks
needed in the collapsar model (Fryer et al. 1999). Up to six different scenarios were there envisaged leading to a
collapsar, as well as a few leading, alternatively, to a variety of binary compact systems. The need for choosing
low-metallicity massive stars followed from the expectation of the formation large BHs in their evolution (Fryer et al.
1999). The elimination of H from metal-rich massive stars would follow naturally, but the formation of a BH was not
expected in their final stage of evolution (Woosley 1993).
The spatial and temporal coincidence of a long GRB explosion with an optical SN, first observed in the association
between GRB 980425 and SN 1998bw, created a profound conceptual turmoil in the GRB community. Woosley and
collaborators postulated the birth of a SN out of a collapsar (see, e.g., Woosley & Bloom 2006, and references therein).
In our approach, GRBs were supposed to originate from the BH formation, while SNe were expected to lead only
to NSs (see, e.g., Ruffini 2015, and references therin). We consequently introduced a new paradigm to explain the
coincidence of these two qualitative and quantitative different astrophysical events in space and time: the birth of a
SN and the occurrence of a GRB. The induced gravitational collapse (IGC) paradigm was then introduced (see, e.g.,
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Ruffini et al. 2001a, 2006b, 2007, 2008; Izzo et al. 2012b; Rueda & Ruffini 2012; Fryer et al. 2014). This approach differs
from alternative descriptions of the GRB-SN coincidences occurring, e.g., in the magnetars and the collapsar models,
where the two events are coming from a single progenitor star, and takes full advantage of the recent observations of
SNe Ibc in interacting binary systems (Smartt 2009).
In a first formulation we considered a finely tuned process: the GRB triggering the explosion of a binary companion
star very close to the onset of the SN (Ruffini et al. 2001a). This scenario soon led to the alternative IGC paradigm
in which a COcore undergoes a SN explosion in presence of a NS companion in a tight binary system. This is also by
itself an unlikely event which in order to occur needs a fine tuning of the initial conditions of the binary system. This
scenario was shown to be consistent with population synthesis analysis (Fryer et al. 1999, 2015). The SN explosion
induces a hypercritical accretion of its ejecta onto the companion NS, leading to the formation of a more massive
NS (MNS), when the NS critical mass Mcrit is not reached, or to the formation of a BH with the associated GRB
emission in the opposite case (see, e.g., Rueda & Ruffini 2012; Fryer et al. 2014). The IGC scenario was first tested
and verified in GRB 090618 (Izzo et al. 2012c,b). It soon became clear that the occurrence of a GRB is far from being
a single event, but it is part of an authentic laboratory composed of a variety of astrophysical relativistic phenomena
preceeding and following the prompt GRB emission.
We adopted as progenitor of our COcore –NS binary system the massive binaries independently considered in Fryer
et al. (1999) and Nomoto et al. (1994, 1995). In our case, the late evolution of such massive binary systems do not lead
to a collapsar, nor to an hypernova, but to a much richer and vast number of possibilities, made possible by our IGC
paradigm. Consistently with the considerations by Sakamoto et al. (2005), indicating that XRFs, X-ray rich bursts,
and all long GRBs are part of a same population which we show to originate in the hypercritical accretion process of
the SN ejecta onto a binary companion NS.
In agreement with the considerations by Soderberg et al. (2006); Guetta & Della Valle (2007); Liang et al. (2007)
for a sub-classification of long bursts into low-luminous and high-luminous GRBs, we have divided the long bursts into
two different scenarios depending on the distance between the COcore and the NS binary companion (Becerra et al.
2015). Correspondingly two different sub-classes of long bursts, both originating in the hypercritical accretion process
of the IGC scenario, have been shown to exist (Ruffini et al. 2015a; Becerra et al. 2015): the XRFs, which clearly
include low-luminous GRBs, such as GRB 060218 (Campana et al. 2006), when no BH is formed (see Section 4), and
the BdHNe, such as GRB 130427A (Ruffini et al. 2015a), when a BH is formed (see Section 5). Their occurrence rates
have been computed (see Section 10). Instead of proposing just a new classification, we also give the description of its
underlying physical origin: the hypercritical accretion process of the SN ejecta onto a binary companion NS, with the
full associated theoretical treatments at the basis of the IGC paradigm.
To the above four sub-classes of long and short bursts, we have recently added a new hybrid sub-class of ultrashort
GRBs (U-GRBs) which, as recently pointed out in Fryer et al. (2015), can originate during the further evolution of the
BdHNe out-states. Indeed, nearly 100% of the NS-BH binaries which are the outcome of BdHNe remain bound. Their
orbital velocities are high and even large kicks are unlikely to unbind these systems. They represent a new family of
NS-BH binaries unaccounted for in current standard population synthesis analyses (see, e.g., Fryer et al. 2015, and
Section 8).
The above considerations based on the IGC paradigm and the NS-NS paradigm as progenitors encompass and classify
into sub-classes most of the known astrophysical systems related to GRBs. We finally recall the existence of a class of
long GRBs occurring in a low density circumburst medium (CBM) with density ∼ 10−3 cm−3 , with hybrid short/long
burst properties in their γ-ray light curves: 1) an initial spike-like harder emission and 2) a prolonged softer emission
observed up to a hundred seconds. These bursts do not have an associated SN, even though in the case of a low value
of the cosmological redshift its detection would not be precluded. The prototype of such systems is GRB 060614 (Della
Valle et al. 2006). The progenitor for this class of long bursts has been identified in a binary system composed of a NS
and a white dwarf (WD) (Caito et al. 2009). Their merger leads to a MNS with additional orbiting material, but not
to an authentic GRB. We refer to these systems, historically addressed as disguised short GRB, as gamma-ray flashes
(GRFs), see, e.g., GRB 060614, Caito et al. 2009 and GRB 071227, Caito et al. 2010).
In the following we adopt the term burst only for those systems leading to the BH formation, namely to S-GRBs,
U-GRBs and BdHNe. We refer to the term flash, instead, only for those systems not leading to the BH formation,
namely to S-GRFs, GRFs and XRFs (see Fig. 7).
The main topic addressed in the present article is to estimate the rates of occurrence of the XRFs, BdHNe, S-GRFs,
S-GRBs, U-GRBs, and GRFs and to give a generel description of these GRB sub-classes. In Section 2 we present a
short summary on the fireshell model. In Section 3 we discuss the 1052 erg lower limit in binary systems leading to
BH formation. After describing the observational properties of the above sub-classes, their interpretation within the
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Extended wording
Binary-driven hypernova
Black hole
Carbon-oxygen core

Acronym
BdHN
BH
COcore

Circumburst medium

CBM

EQuiTemporal Surfaces

EQTS

Gamma-ray burst

GRB

Gamma-ray flash

GRF

Induced gravitational collapse
Kerr-Newman black hole
Massive neutron star

IGC
KNBH
MNS

Neutron star

NS

New neutron star

νNS

Proper gamma-ray burst

P-GRB

Short gamma-ray burst

S-GRB

Short gamma-ray flash

S-GRF

Supernova
Ultrashort gamma-ray burst

SN
U-GRB

White dwarf

WD

X-ray flash

XRF

Table 1. Alphabetic ordered list of the acronyms used in this work.

IGC paradigm, the NS-NS merger scenario and the fireshell scenario, we present some prototypes (see Sections 4, 5, 6,
7, 8, and 9, respectively). We then proceed in Section 10 to estimate their observed occurrence rates and to compare
and contrast our results with those outlined in the literature (see, e.g., Soderberg et al. 2006; Guetta & Della Valle
2007; Liang et al. 2007; Virgili et al. 2009, 2011; Rangel Lemos et al. 2010; Wanderman & Piran 2010, 2015; Kovacevic
et al. 2014; Sun et al. 2015). We then draw some general conclusions in Section 11.
A standard flat ΛCDM cosmological model with ΩM = 0.27, ΩΛ = 0.73, and H0 = 71 km s−1 Mpc−1 is adopted
throughout the paper. A summary of acronyms used throughout the paper is shown in Table 1.
2. SUMMARY OF THE FIRESHELL MODEL

The fireshell model for GRBs (see, e.g. Ruffini et al. 2001a,b,c) has been introduced to explain the GRB phenomenon
as originating in the gravitational collapse leading to the formation of a BH (Damour & Ruffini 1975). The GRB
emission results by taking into proper account relativistic magneto-hydrodynamical effects, quantum-electrodynamical
process, and relativistic space-time transformations.
The role of the relativistic magneto-hydrodynamical effects arising in the gravitational collapse of a globally neutral
magnetized plasma has been first considered in Ruffini & Wilson (1975), where the occurrence of a local charge
separation, during a globally neutral accretion process, led to the development of overcritical electric fields at the
onset of a KNBH formation.1 These overcritical fields and, consequently, the vacuum polarization process leading to
the creation of an e+ e− plasma, have been considered in Damour & Ruffini (1975), for the sake of definiteness in a
KNBH, as the energy source of GRBs:2 the pair creation process is fully reversible and as a result a highly efficient
energy extraction mechanism occurs, which may deliver as much as Emax ≈ 1054 MBH /M erg.
Later on, the concept of dyadotorus for a KNBH (Cherubini et al. 2009; Ruffini 2009) has been introduced to describe
the region where pair creation occurs, leading to the formation of a BH. The dynamics of an optically thick fireshell of
e+ e− plasma of total energy Eetot
+ e− , i.e., its expansion and self-acceleration due to its own internal pressure, has been
described in Ruffini et al. (1999). The effect of baryonic contamination, i.e., the remnant of the collapsed object, on
the dynamics of the fireshell has been then considered in Ruffini et al. (2000), where it has been shown that even after
the engulfment of a baryonic mass MB , quantified by the baryon load B = MB c2 /Eetot
+ e− , the fireshell remains still
1 Overcritical electric fields are defined as larger than the critical value E = m2 c3 /(~e), where m is the electron mass, c the speed of
c
e
e
light in the vacuum, ~ the reduced Planck constant, and e the electron charge.
2

The role of an e+ e− plasma for the origin of GRBs was also considered independently by Cavallo & Rees (1978).
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optically thick and continues its self-acceleration up to ultrarelativistic velocities (Aksenov et al. 2007, 2009). When
the fireshell reaches transparency condition, a flash of thermal radiation termed P-GRB is emitted (Ruffini et al. 1999,
2000). The dynamics of the fireshell up to the transparency condition is fully described by Eetot
+ e− and B: solutions
with B ≤ 10−2 are characterized by regular relativistic expansion; for B > 10−2 turbulence and instabilities occur
(Ruffini et al. 2000).
The P-GRB emission is followed by the prompt emission (Ruffini et al. 2001b). The prompt emission originates in
the collisions of the accelerated baryons left over after transparency, moving at Lorentz factor Γ ≈ 100–1000, with
interstellar clouds of CBM (Ruffini et al. 2002, 2004, 2005). These interactions give rise to a modified blackbody spectrum in the co-moving frame (Patricelli et al. 2012). The resulting observed spectral shape, once the constant arrival
time effect is taken into account in the EQuiTemporal Surfaces (EQTS, see Bianco & Ruffini 2005a,b), is in general
non-thermal, as the result of the convolution of a large number of modified thermal spectra with different Lorentz
factors and temperatures. To reproduce the prompt emission light curve and spectra three additional parameters, all
related to the properties of the CBM, are required: the CBM density profile nCBM , the filling factor R that accounts
for the size of the effective emitting area, and a low-energy power-law index α of the modified black body spectrum
(Patricelli et al. 2012). These parameters are obtained by running a trial-and-error simulation of the observed prompt
emission light curves and spectra.
To describe the dynamics of such an e+ e− -baryon plasma from the vicinity of a BH all the way up to ultrarelativistic
velocities at the infinity, both in the P-GRB and the prompt emission, the appropriate relative spacetime transformation
paradigm has been discussed in Ruffini et al. (2001c). It relates the observed GRB signal to its past light cone, defining
the events on the worldline of the source that is essential for the interpretation of the data. Particular attention has
been there given to the explicit equations relating the comoving time, the laboratory time, the arrival time, and the
arrival time at the detector corrected by the cosmological effects, consistently with the equation of motion of the
system (see also Bianco & Ruffini 2004, 2005a,b, 2006), compared and contrasted with the corresponding treatments
in the literature (see, e.g., Sari 1997, 1998; Waxman 1997; Panaitescu & Meszaros 1998; Panaitescu & Mészáros 1999;
Rees & Meszaros 1998; Granot et al. 1999; Chiang & Dermer 1999).
As recalled above, the evolution of a baryon-loaded pair plasma, is generally described in terms of Eetot
+ e− and B and
it is independent of the way the pair plasma is created. Given this generality, in addition to the specific case of the
dyadotorus mentioned above, these concepts can be applied as well in the case of a pair plasma created via ν ν̄ ↔ e+ e−
mechanism in a NS merger as described in Narayan et al. (1992), Salmonson & Wilson (2002), and Rosswog et al.
(2003), or in the hyper-accretion disks around BHs as described in Woosley (1993) and Zalamea & Beloborodov (2011),
assuming that the created pair plasma is optically thick. The relative role of neutrino and weak interactions vs. the
electromagnetic interactions in building the dyadotorus is currently topic of intense research.
In conclusion, the deeper understanding of the GRB phenomenon, occurring under very different initial conditions,
has highlighted the possibility of using the general description of the dyadosphere (dyadotorus) to any source of an
optically thick baryon-loaded e+ e− plasma and, consequently, to apply the above fireshell treatment in total generality.
The generality of the fireshell approach clearly differs from alternative treatments purporting late activity from
a central engine (see, e.g., the collapsar model in Woosley 1993, Popham et al. 1999, Woosley & Bloom 2006 and
references therein, and the Newtonian magnetar model in Zhang & Mészáros 2001, Dai et al. 2006, Metzger et al.
2011, Bucciantini et al. 2012, Giacomazzo & Perna 2013, Lü & Zhang 2014, and references therein), and proposes
a different explanation for the afterglow observations in long GRBs (see Pisani et al. 2013, and Aimuratov et al., in
preparation).
3. ON THE 1052 ERG LOWER LIMIT IN BINARY SYSTEMS LEADING TO BH FORMATION

During the hypercritical accretion process onto the NS the total energy available to be released, e.g. in form of
neutrinos and photons, is given by the gain of gravitational potential energy of the matter being accreted by the NS
(Zel’dovich et al. 1972; Ruffini & Wilson 1973; Rueda & Ruffini 2012; Fryer et al. 2014). The total energy released in
the star in a time-interval dt during the accretion of an amount of mass dMb with angular momentum lṀb is given by
(see, e.g., Sibgatullin & Sunyaev 2000; Becerra et al. 2015):
"



 #


∂MNS
∂MNS
2
2
Lacc = Ṁb − ṀNS c = Ṁb c 1 −
l−
,
(1)
∂JNS Mb
∂Mb JNS

where J is the NS angular momentum. The last two terms of the above equation take into due account the change of
binding energy of the NS while accreting both matter and angular momentum. We assume, as a norm, a typical NS
mass of ≈ 1.4 M , a value observed in galactic NS binaries (Zhang et al. 2011; Antoniadis 2015) and characteristic
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of the XRFs (Becerra et al. 2016). We also assume a NS critical mass Mcrit in the range from 2.2 M up to 3.4 M
depending on the equations of state and angular momentum (see Becerra et al. 2016, 2015; Cipolletta et al. 2015, for
details). Lacc is clearly a function both of the NS mass and of Mcrit .
Since Lacc ∝ Ṁb , it evolves with time similarly to ṀB . We have shown that the accretion luminosity can be as
high as Lacc ∼ 0.1Ṁb c2 ∼ 1047 –1051 erg s−1 for accretion rates Ṁb ∼ 10−6 –10−2 M s−1 (see Becerra et al. 2016,
2015, for details). The duration of the accretion process is given approximately by the flow time of the slowest layers
of the SN ejecta to the NS companion. If the velocity of these layers is vinner , then ∆tacc ∼ a/vinner , where a is
the binary separation. For a ∼ 1011 cm and vinner ∼ 108 cm s−1 we obtain ∆tacc ∼ 103 s, while for shorter binary
separation, e.g. a ∼ 1010 cm (P ∼ 5 min), ∆tacc ∼ 102 s. These estimates are validated by our numerical simulations
(see, e.g., Becerra et al. 2016, 2015; Fryer et al. 2015, 2014). From the above results we obtain that for systems with
the above short orbital periods the NS collapses to a BH, namely BdHNe (Becerra et al. 2016), and a total energy
larger than the separatrix energy of ≈ 1052 erg is released during the hypercritical accretion process. For systems with
larger separations, in which the hypercritical accretion is not sufficient to induce the collapse of the NS into a BH,
namely the XRFs (Becerra et al. 2016), the value of ≈ 1052 erg represents a theoretical estimate of the upper limit to
the energy emitted by norm in the hypercritical accretion process. These considerations are derived from theoretical
expectations based on the above mentioned masses for the accreting NSs and Mcrit . Indeed, they are in satisfactory
agreement with the observations of 20 XRFs and 233 BdHNe (considered up to the end of 2014) which we have used
in our sample (see Table 2 and 3, respectively). The upper limit for the XRFs is (7.3 ± 0.7) × 1051 erg (see Sec. 4.1),
while the lower limit for the BdHNe is (9.2 ± 1.3) × 1051 erg (see Sec. 5.1).
The same arguments apply to the fusion process of two NSs in a binary NS merger (Ruffini et al. 2015b). Therefore,
from these general arguments, we can conclude that the energy emitted during the merger process leading to the
formation of a BH should be larger than ≈ 1052 erg. Indeed, we find the upper limit for the S-GRFs of (7.8 ± 1.0) ×
1051 erg (see Sec. 6.1) and the the lower limit for the S-GRBs of (2.44 ± 0.22) × 1052 erg (see Sec. 7.1).
Such a separatrix energy is clearly a function of the initial NS mass undergoing accretion, by norm assumed to be
≈ 1.4 M . It is also a function of the yet unknown precise value of Mcrit for which only an absolute upper limit of
3.2 M has been established for the non-rotating case (Rhoades & Ruffini 1974). As already pointed out in Ruffini
et al. (2015b) for the case of binary NS mergers, the direct observation of the separatrix energy between S-GRFs and
S-GRBs, and also (in this case) between BdHNe and XRFs, gives fundamental informations for the determination of
the actual value of Mcrit , for the minimum mass of the newly-formed BH, and for the mass of the accreting NS. It is
appropriate to notice that a value of the mass of the accreting NS binary, larger than ≈ 1.4 M , is a priori possible
and would give interesting observational properties: an exceptional accreting NS with mass close to Mcrit would lead
to a BdHN with a value of the energy lower than the theoretical separatrix of ≈ 1052 erg. Conversely, the accretion
on a NS with mass smaller than ≈ 1.4 M should lead to an XRF with energy larger than ≈ 1052 erg. These rare
possibilities will be precious in further probing the implications of the IGC paradigm, in estimating the NS masses, as
well as in deriving more stringent limits on Mcrit directly from observations.
Our theory of the hypercritical accretion, applied in the GRB analysis through the IGC paradigm in binary systems, introduces substantial differences with respect to the traditional ones. To appreciate these differences and gain
familiarity in this novel approach, we recommend the reading of all the references quoted in this section.
4. THE X-RAY FLASHES

4.1. General properties
The observational features of long bursts with energy below ≈ 1052 erg are listed below and summarized in Fig. 1.
These bursts are interpreted within the theoretical framework of the IGC as a new class which we indicate as XRFs.
The upper limit on the energetic of the XRFs is (7.3 ± 0.7) × 1051 erg as measured in GRB 110106B.
The isotropic energies are in the range (6.4 ± 1.6) × 1047 . Eiso . (7.3 ± 0.7) × 1051 erg (see Fig. 8 and Amati &
Della Valle 2013; Ruffini et al. 2015a).
The spectral peak energies are in the range 4 . Ep,i . 200 keV (see Fig. 8 and Amati & Della Valle 2013; Ruffini
et al. 2015a) and increase monotonically with Eiso .
The cosmological redshifts are in the range 0.0085 ≤ z ≤ 1.096, with an average value of ≈ 0.43 (see Table 2).
The prompt emission phase has a duration ranging between ∼ 102 –104 s (see Fig. 1 (a)) with a spectrum generally
characterized by a thermal component and power-law component. The radii of the thermal emitter are in the range
of 1010 –1012 cm and the temperatures vary in the range of 0.1–2 keV (see, e.g., Campana et al. 2006, and Fig. 1 (c)),
depending on the values of the binary period and separation of the progenitor systems.
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Figure 1. (a) Rest-frame 0.3–10 keV luminosity light curves of four selected XRFs: GRB 980425 (blue), GRB 060218 (pink),

GRB 070419A (purple), and GRB 101219B (red). (b) A sketch of the COcore -NS binary progenitor and the hypercritical
accretion process in the IGC scenario (reproduced from Fryer et al. 2014). (c) Upper panel: the evolution of the radius of the
thermal component detected in GRB 060218 (black circles) and its linear fit (solid red curve). Lower panel: the decay of the
corresponding rest-frame temperature (blue diamonds). Reproduced from Campana et al. (2006). (d) Mass accretion rate ṀB
of the SN ejecta onto a NS companion of initial mass 1.4 M , as function of time. Three cases are plotted for various selected
orbital periods P > Pmax (see legend).

The long lasting X-ray afterglow does not exhibit any specific common late power-law behavior (see Fig. 1 (a)).
For all XRFs at z . 1, an optical SN with a luminosity similar to the one of SN 2010bh (Bufano et al. 2012), occurs
after 10–15 days in the cosmological rest-frame.
No high energy emission has ever been observed.
In view of the observed values of Ep,i which occur in the X-ray domain and also because of the low values of their
Eiso < 1052 erg, we adopted the name XRFs for these soft and less energetic long bursts, a terminology already used
in the literature on purely morphological grounds (see, e.g., Heise 2003; Amati et al. 2004; Soderberg et al. 2006).
4.2. Theoretical interpretation of XRFs within the IGC paradigm
In the IGC paradigm an XRF occurs when the COcore -NS binary separation a is so large (typically a > 1011 cm,
see e.g., Becerra et al. 2015) that the accretion of the SN ejecta onto the NS is not sufficient for the NS to reach Mcrit .
Correspondingly, there is a critical or maximum value of the orbital period Pmax (e.g. Pmax ≈ 28 min for a NS with
initial mass of 1.4 M ) for which the NS collapses to a BH, namely for P > Pmax the accretion rate is not sufficient
to induce the gravitational collapse of the companion NS into a BH (see Figs. 1 (d)).
The hypercritical accretion of the SN ejecta onto the NS binary companion occurs at rates < 10−2 M s−1 and can
last from several hundreds of seconds all the way up to ∼ 104 s, until the whole SN ejecta flies beyond the NS binary
orbit (see Fig. 1 (a)). The photons are trapped in the accreting material and the accretion energy is lost through
a large associated neutrino emission (see, e.g., Zel’dovich et al. 1972; Ruffini & Wilson 1973; Rueda & Ruffini 2012;
Fryer et al. 2014, and references therein). The upper limit of 1052 erg of these sources is explainable by estimating
the gravitational energy of the matter accreted onto the NS reaching a mass below Mcrit at the end of the accretion
process (see Sec. 3).
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z

Eiso /(1050 erg)

970508

0.835

65 ± 13

081007

50 ± 10

GRB
980425

0.0085

980613

1.096

990712

0.434

020819B

0.41

020903

0.251

031203

0.105

050416A

0.6528

060218

0.033

070419

0.97

z

Eiso /(1050 erg)

0.5295

17 ± 2

GRB

0.0064 ± 0.0016

100316D

0.059

100816A

0.8049

69 ± 13

101219B

0.55

69 ± 18

110106B

0.618

0.24 ± 0.06

120121B

0.017

0.99 ± 0.10

120422A

0.283

11 ± 2

120714B

0.3984

0.54 ± 0.05

130702A

0.145

24 ± 10

130831A

0.4791

0.59 ± 0.05
71 ± 9
63 ± 6
73±

0.0139 ± 0.0002
2.4 ± 0.8

8.0 ± 2.0
6.5 ± 1.0
46 ± 2

Table 2. List of the XRFs considered in this work up to the end of 2014. For each source (first columns) the values of z and
Eiso . 1052 erg (second and third columns, respectively) are listed.

The resulting emission, dubbed Episode 1, exhibits a spectrum composed of a thermal component, possibly originating from the outflow within the NS atmosphere driven out by Rayleigh-Taylor convection instabilities, and a power-law
component. The shorter the binary period, the larger the accretion rate (see Figs. 1 (f)) and the values of Eiso and
Ep,i , and correspondingly the shorter the prompt emission duration (see Fig. 1 (a)). The excess of angular momentum
of the system necessarily leads to a jetted emission, manifested in the power-law spectral component (Becerra et al.
2015). Indeed in the IGC simulations the typical radii inferred from the evolving thermal component coincide with
the observed ones of 1010 –1012 cm.
In the IGC paradigm the in-state is represented by an exploding COcore and a companion NS. The out-state is
multiple system composed of a MNS, resulting from the accretion of part of the SN ejecta onto the binary companion
NS, a νNS, originating from the SN event, and the remaining part of the SN ejecta shocked by the hypercritical
accretion emission of the XRF. This energy injection into the SN ejecta leads to the occurrence of a broad-lined SN
Ic (hypernova, see, e.g., Maeda & Nomoto 2003) with a kinetic energy larger than that of the traditional SNe Ic. The
presence of 56 Ni in the SN ejecta leads to the observed SN emission after ≈ 10–15 days in the cosmological rest-frame
which is observable for sources at z . 1.
Clearly the absence of hard γ-ray and GeV emissions is implicit in the nature of the hypercritical accretion process
not leading to a BH and the corresponding rate of neutrino emission (see also Appendix A).
4.3. Prototypes
In Fig. 1(a) we reproduce the rest-frame 0.3–10 keV luminosity light curves of four selected XRFs: GRB 980425
(Pian et al. 2000; Kouveliotou et al. 2004; Pian et al. 2004), associated with SN 1998bw (Galama et al. 1998), GRB
060218 associated with SN 2006aj (Campana et al. 2006; Soderberg et al. 2006), GRB 070419A (Evans et al. 2007,
2009) with an optical SN bump (Hill et al. 2007), and GRB 101219B (Evans et al. 2007, 2009) associated with SN
2010ma (Sparre et al. 2011). Their prompt emissions are represented by the above mentioned Episode 1. In Fig. 1 (c)
we plot the evolution of both temperature and radius inferred from the thermal component observed in the Episode
1 emission of GRB 060218. The increasing radius and almost constant temperature are obtained from the thermal
component observed in GRB 060218 (Campana et al. 2006). Details will appear in forthcoming publications (Pisani
et al., and Becerra et al., in preparation). A complete list of XRFs is shown in Table 2.
5. THE BINARY-DRIVEN HYPERNOVAE

5.1. General properties
The observational features of long bursts with energy above ≈ 1052 erg are listed below and summarized in Fig. 2.
These bursts are interpreted within the theoretical framework of the IGC as a new class which we indicate as BdHNe.
The lower limit on the energetic of the BdHNe is (9.2 ± 1.3) × 1051 erg as measured in GRB 070611.
The observed isotropic energies are in the range (9.2 ± 1.3) × 1051 . Eiso . (4.07 ± 0.86) × 1054 erg (see Fig. 8 and
Amati & Della Valle 2013; Ruffini et al. 2015a) and are in principle dependent on the NS mass which we have assumed,
as an example, ≈ 1.4 M (see sec. 3).
The spectral peak energies are in the range 0.2 . Ep,i . 2 MeV (see Fig. 8 and Amati & Della Valle 2013; Ruffini
et al. 2015a) and increase monotonically with Eiso .
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The cosmological redshifts are in the range 0.169 ≤ z ≤ 9.3, with an average value of ≈ 2.42 (see Table 3).
The prompt emission phase of BdHNe exhibits a more complex structure than that of XRFs. Indeed three different
regimes are found:
a) A thermal emission with a decreasing temperature following a broken power-law behavior, and an additional
non-thermal spectral component (a power-law), dominate the early emission in selected BdHNe (see, e.g., Izzo
et al. 2012c, and Fig. 2 (a)). The existence of this thermal component was first identified in the GRB BATSE
data by Ryde (2004, 2005). It has been then shown to occur in the case of BdHNe as GRB 090618 (Izzo et al.
2012c, and Fig. 2 (a)), GRB 101023 (Penacchioni et al. 2012), GRB 110709B (Penacchioni et al. 2013), and GRB
970828 Ruffini et al. (2015c). The characteristic radii inferred from the cooling thermal component are of the
order of 109 –1010 cm and the average expansion speed is ∼ 108 –109 cm s−1 (Izzo et al. 2012c; Penacchioni et al.
2012, 2013; Ruffini et al. 2015c).
b) This early emission is followed by the characteristic GRB emission (see Fig. 2 (d)), encompassing a thermal
precursor, the P-GRB (Ruffini et al. 1999, 2000), followed by the prompt emission (Ruffini et al. 2002, 2004,
2005).
c) The prompt emission is followed by a steep decay, then by a plateau and a late power-law decay. These features
have been first reported in Nousek et al. (2006) and Zhang et al. (2006).
The late decay has typical slopes of −1.7 . αX . −1.3 (Pisani et al. 2013) and shows a characteristic power-law
behavior both in the optical and in X-rays. When computed in the source cosmological rest-frame, the late power-law
decay in X-rays exhibits new features: overlapping and nesting (see Fig. 2 (c)). Overlapping has been proven in a
sample of six BdHNe: GRBs 060729, 061007, 080319B, 090618, 091127, and 111228, (Izzo et al. 2012a; Pisani et al.
2013). The nested property of the BdHNe has been discussed in Ruffini et al. (2014b), where it has been shown
that the duration (the luminosity) of the plateau phase is inversely (directly) proportional to the energy of the GRB
emission: the more energetic the source, the smaller (higher) the duration (the luminosity) of the plateau.
For all BdHNe at z . 1, an optical SN with a luminosity similar to the one of SN 1998bw (Galama et al. 1998),
occurs after 10–15 days in the cosmological rest-frame.
A distinctive high energy emission observed up to 100 GeV shows a luminosity light curve following a precise powerlaw behavior with index ≈ −1.2 (Fig. 2 (d) and Nava et al. 2014). The turn-on of this GeV emission occurs after the
P-GRB emission and during the prompt emission phase.
5.2. Theoretical interpretation of BdHNe within the IGC paradigm
In the IGC paradigm a BdHN occurs when the COcore -NS binary is more tightly bound (a . 1011 cm, see e.g.,
Becerra et al. 2015). The larger accretion rate of the SN ejecta, e.g., & 10−2 –10−1 M s−1 , leads the companion NS
to easily reach its critical mass Mcrit (Rueda & Ruffini 2012; Fryer et al. 2014; Becerra et al. 2015), leading to the
formation of a BH. The electrodynamical conditions encountered in the final accretion phase explain the existence of a
vacuum polarization process leading to the creation of an e+ e− plasma and to the formation of a KNBH with a large
variety of new astrophysical phenomena. For the sake of clarity and independence on the physical regime encountered,
in the IGC paradigm we have divided the activities of the BdHNe in a numbered set of distinct Episodes.
Episode 1 of BdHNe originates in the same hypercritical accretion process as the corresponding one of XRFs. The
corresponding spectrum again exhibits an expanding thermal component and a power-law function (Izzo et al. 2012c;
Ruffini et al. 2015c). The typical radii inferred from the thermal component are of the order of 109 –1010 cm and the
average expansion speed is ∼ 108 –109 cm s−1 (see Fig. 2 (a) and Izzo et al. 2012c; Ruffini et al. 2015c).
Episode 2 corresponds to the authentic long GRB emission (see Fig. 2 (b)), stemming from the collapse of the
companion NS to a BH. For its theoretical description we adopt the traditional fireshell model (see Ruffini et al.
2001a,b,c, and Section 2). The GRB emission occurs at Lorentz factor at the transparency of Γ = 102 –103 (Izzo
et al. 2012c; Ruffini et al. 2015c) and the spatial extension of the interaction of the fireshell with the circumburst
medium goes all the way up to ∼ 1016 –1017 cm, reached at the end of Episode 2 (Izzo et al. 2012c). The BdHNe have
Eiso & 1052 erg and their Ep,i & 200 keV is in the hard γ-ray domain.
Episode 3 in BdHNe originates from the SN ejecta (Ruffini et al. 2015a). In this case an extra energy injection is
delivered by the interaction of the GRB outflow with the SN ejecta resulting in an isotropic energy emission of 1051 –
1052 erg. This interaction produces a flare at the beginning of Episode 3 (typically at a rest-frame time of ∼ 102 s)
with the typical signature of an expanding thermal component in its spectrum. The radii inferred from this thermal
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Figure 2. (a) Upper panel: the evolution of the radius of the thermal component detected in the Episode 1 of GRB 090618

(black circles) and its linear fit (solid red curve). Lower panel: the decay of the corresponding rest-frame temperature (blue
diamonds). Reproduced from Izzo et al. (2012c). (b) The fireshell simulation (red line) of the light curve of Episode 2 of the
prototype GRB 090618 (green data). The small inset reproduces the CBM profile required for the simulation. Reproduced
from Izzo et al. (2012c). (c)The rest-frame 0.3–10 keV luminosity light curves of selected BdHNe. All these sources exhibit
the overlapping of the late power-law decay, outlined in Pisani et al. (2013), and a nested structure, as outlined in Ruffini
et al. (2014b). (d) The rest-frame 0.1–100 GeV luminosity light curves of selected BdHNe (reproduced from Ackermann et al.
2013): GRB 080916C (magenta circles), GRB 090902B (purple triangles), GRB 110731A (orange squares), GRB 130427A (blue
reversed triangles).

component are ∼ 1012 –1013 cm and their evolution reveals a mildly relativistic expansion at Γ ≈ 2 (Ruffini et al. 2014b,
2015a). The rest-frame 0.3–10 keV luminosity light is then followed by a plateau phase and a late power-law decay.
The late decay has been shown to exhibit a common power-law behavior and a nested structure (see, e.g., Pisani et al.
2013; Ruffini et al. 2014b, and Fig. 2 (c)). The possibility of using the late X-ray emission as a distance indicator
has been explored by inferring the redshifts of GRBs 101023 and 110709B (Penacchioni et al. 2012, 2013), and has
been applied to predict the occurrence of the SN associated to GRB 130427A after ∼ 10–15 days in the cosmological
rest-frame before its discovery (Ruffini et al. 2013), later confirmed by the observations (de Ugarte Postigo et al. 2013;
Levan et al. 2013; Watson et al. 2013; Xu et al. 2013).
Episode 4, as predicted in the IGC paradigm and in analogy to XRFs, corresponds to the optical SN emission
observable in all BdHNe at z . 1 after ≈ 10–15 days in the cosmological rest-frame. It is remarkable that these SNe
have a standard luminosity, like the one of SN 1998bw (see, e.g., Melandri et al. 2014).
A new Episode 5, here introduced, is identified with the long-lived GeV emission. This emission is conceptually
distinct in its underlying physical process from that of Episode 3. When LAT data are available, the majority of
BdHNe observed by the Fermi satellite (Atwood et al. 2009) exhibit such an emission, similar to the one observed
in S-GRBs (see Section 6). In Ruffini et al. (2015a) the further accretion of matter onto the newly-formed BH has
been indicated as the origin of this GeV emission. An outstanding exception is GRB 151027A (Kovacevic et al., in
preparation).
Also for BdHNe the in-state is composed of an exploding COcore and a companion NS. The out-state is again multiple
system. First, there is a GRB composed of the P-GRB and its prompt emission. Then there is a newly-formed BH,
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produced by the hypercritical accretion of part of the SN ejecta onto the binary companion NS reaching Mcrit . Again,
there is a νN S originating from the SN explosion. Finally, there is the remaining part of the SN ejecta shocked by
the GRB emission. The energy injection into the SN ejecta from both the hypercritical accretion phase and the GRB
emission leads also in this case to the occurrence of a broad-lined SN Ic (hypernova, see, e.g., Maeda & Nomoto 2003)
with a kinetic energy larger than that of the traditional SNe Ic.
5.3. Prototypes
In the following selected prototypes of BdHNe are given and illustrated in Fig. 2.
The first systematic time-resolved spectral analysis of an Episode 1 of a BdHN has been performed for GRB 090618
(Izzo et al. 2012c). In this source the typical radii inferred from the cooling thermal component are of the order of
109 –1010 cm and the average expansion speed is ∼ 108 –109 cm s−1 (see Fig. 2(a)). Similar results have been obtained
for GRB 101023 (Penacchioni et al. 2012), GRB 110907B (Penacchioni et al. 2013), and GRB 980828 (Ruffini et al.
2015c).
The selected prototypes of Episode 2 emission have isotropic energies ranging from Eiso = 1.60 × 1053 erg in GRB
970828 (Ruffini et al. 2015c), to Eiso = 1.32×1054 erg in GRB 080319B (Patricelli et al. 2012). The amount of baryonic
tot
matter loaded before the P-GRB emission, the baryon load B ≡ MB c2 /Eetot
+ e− , where Ee+ e− is the pair plasma energy
and MB the engulfed baryon mass, is in the range from B = 1.98 × 10−3 for GRB 090618 (Izzo et al. 2012c), to
B = 7.0 × 10−3 in GRB 970828 (Ruffini et al. 2015c). Correspondingly, their transparency emission occurs at Lorentz
factors at the transparency ranging from Γ = 143 in GRB 970828 (Ruffini et al. 2015c), to Γ = 490 in GRB 090618,
(Izzo et al. 2012c). The average density of the circumburst medium in these prototypes, inferred from description of
the the interaction with the fireshell after its transparency (Ruffini et al. 2002, 2004, 2005), vary from 0.6 cm−3 in
GRB 090618 (Izzo et al. 2012c), to ≈ 103 cm−3 in GRB 970828 (Ruffini et al. 2015c). The size of the corresponding
emitting region, ∼ 1016 –1017 cm, is clearly incompatible with the radii inferred from Episode 1 and 3. This points to
the different origins in the emission mechanisms of the above three Episodes.
The radii inferred from the expanding thermal components observed in the spectra of the flares at the beginning of
Episode 3 are typically ∼ 1012 –1013 cm. This has been found in the cases of GRB 090618, (see, e.g., Starling et al.
2010; Ruffini et al. 2014b), and GRB 130427A (Ruffini et al. 2015a). In both these sources, the expansion of the
thermal emitter of Episode 3 proceeds at Γ ≈ 2 (Ruffini et al. 2014b, 2015a). After the initial emission in the spike of
Episode 3, the rest-frame 0.3–10 keV luminosity light curve is then followed by a plateau phase and a late power-law
decay. The overlapping of the late power-law decay and the nested structure are reproduced in Fig. 2 (c) for selected
sources: GRB 060729, GRB 061007, GRB 080319B, GRB 090618, GRB 091127B, and GRB 111228A (considered in
Pisani et al. 2013), GRB 061121 and GRB 130427A (considered in Ruffini et al. 2014b, 2015a), GRB 090423 (Ruffini
et al. 2014a), and GRB 140512A (introduced here).
Episode 4 has been spectroscopically identified for the two closest BdHNe, e.g., GRB 091127–SN 2009 nz (Cobb
et al. 2010) and GRB 130427A– SN 2013cq (Xu et al. 2013). In the cases of GRB 060729 (Cano et al. 2011), GRB
080319B (Kann et al. 2008), GRB 090618 (Cano et al. 2011), and GRB 111228A (D’Avanzo et al. 2012), at z . 1, the
identification was possible through the detection of bumps in their Episode 3 optical light curves.
Turning now to the Episode 5 of BdHNe, the GeV emission has been studied in detail in the case of GRB 130427A
(Ruffini et al. 2015a), as well as in other selected BdHNe (see Fig. 2 (d) and Ackermann et al. 2013). The turn-on has
been identified as the on-set of the emission from the newly-formed BH (Ruffini et al. 2015a).
A complete list of BdHNe is shown in Table 3.
The ultra long GRBs (Levan et al. 2014; Boër et al. 2015) are certainly BdHNe on the ground of their late x-ray
rest frame luminosity (Pisani et al., submitted to ApJ).
Table 3. List of the BdHNe considered in this work up to the end of
2014. For each source (first columns) the values of z and Eiso (second
and third columns, respectively) are listed.
GRB

z

Eiso /(1052 erg)
1.65 ± 0.16

970228

0.695

970828

0.958

971214

3.42

980329

3.5

980703

0.966

GRB

z

Eiso /(1052 erg)
10.0 ± 1.0

081008

1.969

30.4 ± 3.6

081028

3.038

22.1 ± 2.7

081029

3.8479

267 ± 53

081109

0.9787

7.42 ± 0.74

081118

2.58

18.3 ± 1.8

12.1 ± 1.4

1.81 ± 0.12
12.2 ± 1.2
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Table 3. continued.
GRB

z

990123

1.6

990506

1.3

990510

1.619

990705

0.842

991208

0.706

991216

1.02

000131

4.5

000210

0.846

000418

1.12

000911

1.06

000926

2.07

010222

1.48

010921

0.45

011121

0.36

011211

2.14

020124

3.2

020127

1.9

020405

0.69

020813

1.25

021004

2.3

021211

1.01

030226

1.98

030323

3.37

030328

1.52

030329

0.169

030429

2.65

030528

0.78

040912

1.563

040924

0.859

041006

0.716

050126

1.29

050315

1.95

050318

1.444

050319

3.243

050401

2.898

050502B

5.2

050505

4.27

050525A

0.606

050603

2.821

050730

3.969

050802

1.71

050814

5.3

050820

2.615

050904

6.295

050908

3.347

Eiso /(1052 erg)

GRB

z

Eiso /(1052 erg)
32.4 ± 3.7

241 ± 39

081121

2.512

081203A

2.05

18.1 ± 2.7

081221

2.26

081222

2.77

23.0 ± 2.3

090102

1.547

090205

4.6497

184 ± 32

090313

3.375

090323

3.57

9.5 ± 1.8

090328

0.736

090418A

1.608

28.6 ± 6.2

090423

8.1

84.9 ± 9.0

090424

0.544

0.97 ± 0.10

090429B

8.0 ± 2.2

090516

5.74 ± 0.64

090519

3.85

28.5 ± 2.8

090529

2.625

3.73 ± 0.37

090530

1.266

10.6 ± 1.1

090618

0.54

090715B

3.0

3.47 ± 0.46

98.1 ± 9.9

18.7 ± 2.7
69.8 ± 7.2

15.4 ± 1.7
70 ± 14

68 ± 17

9.3
4.109

090809

2.737

1.16 ± 0.13

090812

2.452

12.7 ± 1.4

090902B

1.822

2.94 ± 0.92

090926

2.106

38.9 ± 3.9

090926B

1.24

1.62 ± 0.16

091003

0.897

2.29 ± 0.27

091020

1.71

2.22 ± 0.27

091024

1.092

1.36 ± 0.36

091029

2.752

0.98 ± 0.10

091109A

3.076

3.11 ± 0.89

091127

0.49

2.47 ± 0.25

091208B

1.063

6.15 ± 0.30

100219A

4.6667

2.30 ± 0.23

100302A

4.813

4.63 ± .0.56

100414A

1.368

37.6 ± 7.3

100513A

4.8

2.66 ± 0.22

100621A

0.542

16.0 ± 1.1

100728A

1.567

2.30 ± 0.49

100728B

2.106

64.1 ± 6.4

100814A

1.44

11.8 ± 0.8

100901A

1.408

5.66 ± 0.47

100906A

1.727

9.9 ± 1.1

101213A

0.414

103 ± 10

110128A

2.339

133 ± 14

110205A

2.22

1.54 ± 0.16

110213A

1.46

32 ± 12

31.9 ± 3.2
27.4 ± 2.7

22.6 ± 2.7

1.12 ± 0.16
4.42 ± 0.79
438 ± 53

14.2 ± 1.4
17.2 ± 2.7
8.8 ± 2.1

4.07 ± 0.41
6.7 ± 1.3
72 ± 14

24.7 ± 2.8

2.56 ± 0.30
1.73 ± 0.19
28.6 ± 2.9

23.8 ± 3.7

1.88 ± 0.26
47.5 ± 8.2

292 ± 29.2
228 ± 23

4.14 ± 0.45
10.7 ± 1.8
8.4 ± 1.1

18.4 ± 2.0

7.97 ± 0.82
10.6 ± 1.4

1.64 ± 0.18

2.06 ± 0.21

3.93 ± 0.61
1.33 ± 0.17
55.0 ± 5.5

6.75 ± 0.53

2.82 ± 0.35
86.8 ± 8.7

3.55 ± 0.36
15.3 ± 1.8

4.22 ± 0.50
29.9 ± 2.9

2.72 ± 0.53
1.58 ± 0.21
48.3 ± 6.4

5.78 ± 0.81
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Table 3. continued.
GRB

z

0509220

2.199

051022

0.8

051109A

2.346

051111

1.55

060115

3.533

060124

2.296

060202

0.785

060206

4.056

060210

3.91

060306

3.5

060418

1.489

060510B

4.9

060522

5.11

060526

3.22

060605

3.773

060607A

3.075

060707

3.424

060708

1.92

060714

2.7108

060814

1.923

060906

3.6856

060908

1.884

060926

3.2086

060927

5.46

061007

1.262

061110B

3.4344

061121

1.314

061126

1.1588

061222A

2.088

070110

2.3521

070125

1.547

070306

1.4959

070318

0.84

070411

2.954

070508

0.82

070521

1.35

070529

2.4996

070611

2.0394

070721B

3.6298

071003

1.604

071010B

0.947

071020

2.145

071031

2.6918

071117

1.331

080207

2.0858

Eiso /(1052 erg)

GRB

z

5.6 ± 1.8

110213B

1.083

110422A

1.77

6.85 ± 0.73

110503A

1.613

110715A

0.82

5.9 ± 3.8

110731A

2.83

110801A

1.858

1.20 ± 0.09

110818A

3.36

4.1 ± 1.9

111008A

4.9898

32.2 ± 3.2

111107A

2.893

7.6 ± 1.0

111209A

0.677

13.5 ± 2.7

111228A

0.716

19.1 ± 0.8

120119A

1.728

6.47 ± 0.63

120326A

1.798

2.75 ± 0.37

120327A

2.813

4.23 ± 0.61

120404A

2.876

11.9 ± 2.8

120624B

2.197

4.3 ± 1.1

120711A

1.405

1.06 ± 0.08

120712A

4.175

7.67 ± 0.44

120716A

2.486

56.7 ± 5.7

120802A

3.796

7.81 ± 0.51

120811C

2.671

7.2 ± 1.9

120815A

2.358

2.29 ± 0.37

120909A

3.93

12.0 ± 2.8

121024A

2.298

90.0 ± 9.0

121027A

1.773

17.9 ± 1.6

121128A

2.2

23.5 ± 2.7

121201A

3.385

31.4 ± 3.6

121229A

2.707

30.0 ± 6.4

130408A

3.758

4.98 ± 0.30

130418A

1.218

84.1 ± 8.4

130420A

1.297

8.26 ± 0.41

130427A

0.334

3.64 ± 0.17

130427B

2.78

8.31 ± 0.45

130505A

2.27

7.74 ± 0.29

130514A

3.6

10.8 ± 1.8

130518A

2.488

12.8 ± 1.1

130606A

5.91

0.92 ± 0.13

130610A

2.092

24.2 ± 1.4

130701A

1.155

38.3 ± 4.5

130907A

1.238

2.32 ± 0.40

130925A

0.347

10.0 ± 4.6

131105A

1.686

4.99 ± 0.97

131117A

4.042

5.86 ± 2.7

140206A

2.74

16.4 ± 1.8

140213A

1.2076

56.0 ± 5.6

15.4 ± 1.9

43.8 ± 6.4

Eiso /(1052 erg)
8.3 ± 1.3

79.8 ± 8.2

20.8 ± 2.1

4.36 ± 0.45
49.5 ± 4.9

10.9 ± 2.7
26.6 ± 2.8

24.7 ± 1.2

3.76 ± 0.55
5.14 ± 0.62
2.75 ± 0.28
27.2 ± 3.6

3.27 ± 0.33

14.42 ± 0.46
4.18 ± 0.34
319 ± 32
180 ± 18

21.2 ± 2.1
30.2 ± 3.0
12.9 ± 2.8

6.41 ± 0.64
1.65 ± 0.27
87 ± 10

4.61 ± 0.55
3.29 ± 0.17
8.66 ± 0.87

2.52 ± 0.34
3.7 ± 1.1

35.0 ± 6.4
9.9 ± 1.6

7.74 ± 0.77
92 ± 13

5.04 ± 0.48
347 ± 35

52.4 ± 9.2
193 ± 19

28.3 ± 5.1

6.99 ± 0.46
2.60 ± 0.09
304 ± 19

18.41 ± 0.37
34.7 ± 1.2

1.02 ± 0.16

35.93 ± 0.73
9.93 ± 0.15
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Table 3. continued.
GRB

z

080210

2.6419

080310

2.4274

080319B

0.937

080319C

1.95

080325

1.78

080411

1.03

080413A

2.433

080413B

1.1

080514B

1.8

080603B

2.69

080604

1.4171

080605

1.64

080607

3.036

080710

0.8454

080721

2.591

080804

2.205

080805

1.5042

080810
080905B

3.35
2.3739

080913

6.695

080916A

0.689

080916C

4.35

080928

1.692

Eiso /(1052 erg)

GRB

z

4.77 ± 0.29

140226A

1.98

140304A

5.283

118 ± 12

140311A

4.954

140419A

3.956

9.55 ± 0.84

140423A

3.26

140428A

4.7

8.6 ± 2.1

140430A

1.6

1.61 ± 0.27

140506A

0.889

18.1 ± 3.6

140508A

1.027

6.0 ± 3.1

140509A

2.4

1.05 ± 0.12

140512A

0.725

28 ± 14

140515A

6.32

200 ± 20

140518A

4.707

1.68 ± 0.22

140614A

4.233

134 ± 23

140629A

2.275

12.0 ± 1.2

140703A

3.14

5.05 ± 0.22

140801A

1.32

47.8 ± 5.5

140808A

3.29

4.55 ± 0.37

140907A

1.21

9.2 ± 2.7

141026A

3.35

8.58 ± 0.90
14.9 ± 3.0

16.2 ± 1.6

0.98 ± 0.10

Eiso /(1052 erg)
5.8 ± 1.1

13.7 ± 1.1
11.6 ± 1.5
186 ± 77

65.3 ± 3.3

1.88 ± 0.31
1.54 ± 0.23

1.12 ± 0.06

23.24 ± 0.26
3.77 ± 0.44

7.76 ± 0.18
5.41 ± 0.55

5.89 ± 0.59
7.3 ± 2.1

6.15 ± 0.90
1.72 ± 0.09
5.69 ± 0.05

11.93 ± 0.75
2.29 ± 0.08
7.17 ± 0.90

407 ± 86

3.99 ± 0.91

6. THE SHORT GAMMA-RAY FLASHES

6.1. General properties
The observational features of short bursts with energy below ≈ 1052 erg are listed below and summarized in Fig. 3.
These bursts are interpreted within the theoretical framework of the NS-NS merger paradigm in the fireshell model as
a new class which we indicate as S-GRFs.
The upper limit on the energetic of the S-GRFs is (7.8 ± 1.0) × 1051 erg as measured in GRB 100117A.
The isotropic energies are in the range (8.5 ± 2.2) × 1048 . Eiso . (7.8 ± 1.0) × 1051 erg (see Fig. 8 and Zhang et al.
2012; Calderone et al. 2015; Ruffini et al. 2015b).
The spectral peak energies are in the range 0.2 . Ep,i . 2 MeV (see Fig. 8 and Zhang et al. 2012; Calderone et al.
2015; Ruffini et al. 2015b) and increase monotonically with Eiso .
The cosmological redshifts are in the range 0.111 ≤ z ≤ 2.609, with an average value of ≈ 0.71 (see Table 4).
The prompt emission phase has a duration of a few seconds, and is expected to crucially be a function of the masses
of the binary neutron stars.
The long lasting X-ray afterglow does not exhibit any specific common late power-law behavior (see Fig. 3 (a)).
For all S-GRFs no SN association is expected, nor observed.
No high energy GeV emission is expected nor observed in absence of BH formation.
6.2. Theoretical interpretation of S-GRFs within the NS-NS merger paradigm in the fireshell model
As noted in the Introduction, current paradigms indicate mergers of NS-NS or NS-BH binaries as progenitors.
The extension of the IGC paradigm considerations to NS–NS mergers has led to a new classification of short bursts
into two sub-classes depending upon the mass of the merged core, namely whether or not a BH is formed out of
the merger (see Fig. 3 (d) and Ruffini et al. 2015b). This, in turn, depends on the NS equation of state and on the
adoption of a global neutrality model, as opposed to the case of absence of electromagnetic structures when local
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Figure 3. (a) Rest-frame 0.3–10 keV luminosity light curves of some selected S-GRFs: GRB 051210 (blue squares), GRB 051221

(green triangles), GRB 061201 (orange reversed triangles), GRB 070809 (light blue diamonds), GRB 130603B (purple stars),
and GRB 140903A (red circles). See Table 4 for details on the sources. (b) Upper panel: particle density profiles in the NS
core-crust boundary interface. Middle panel: electric field in the core-crust transition layer in units of Ec . Lower panel: density
profile inside a NS star with central density ρ ∼ 5ρnuc , where ρnuc is the nuclear density, from the solution of the TOV equations
(locally neutral case) and the globally neutral solution presented in Belvedere et al. (2012). Here the density at the edge of
the crust is the neutron drip density ρdrip = 4.3 × 1011 g cm−3 and λσ = ~/(mσ c) ∼ 0.4 fm denotes the σ-meson Compton
wavelength. Reproduced from Oliveira et al. (2014) with their kind permission. (c) Mass-radius relation obtained with the local
and the new global neutrality equilibrium configurations, by applying the NL3 nuclear model, with a critical mass of 2.67 M
for non-rotating NS (Belvedere et al. 2012). Figure reproduced from (Belvedere et al. 2012). (d) Plot of the galactic binary NSs
with known total masses (m1 + m2 , in solar masses). The horizontal dashed line marks the NS critical mass: systems beyond
this value lead to BH formation. Reproduced from Ruffini et al. (2015b).

charge neutrality is imposed (see, e.g., Belvedere et al. 2012, and references therein, and Fig. 3 (c)). Also relevant is
the very different density distribution in the crust and in the core between these two treatments, which could play an
important role in the NS–NS mergers (see Fig. 3 (d) and Oliveira et al. 2014).
S-GRFs originate from NS–NS mergers with initial total mass m1 +m2 leading to merged core with mass smaller than
Mcrit , therefore their outcomes are a MNS with additional orbiting material, or even a binary NS or WD companion
(see, e.g., Bildsten & Cutler 1992, and references therein), due to the energy and momentum conservation laws (Ruffini
et al. 2015b). As discussed in Sec. 2, even though a BH is not formed out of the merger, also for these systems the
general description of the fireshell model can be applied. A viable mechanism for S-GRFs can be the creation of a pair
plasma via ν ν̄ → e+ e− in a NS-NS merger (see, e.g., Narayan et al. 1992; Salmonson & Wilson 2002; Rosswog et al.
2003), where the maximum energy attainable in the process is ≈ 1052 erg, which represents indeed the upper limit to
the energetic of these systems. Their energies are very similar to those emitted in XRFs. However, S-GRFs have Ep,i
as high as ∼ 2 MeV (see, e.g., Ruffini et al. 2015b; Calderone et al. 2015; Zhang et al. 2012), therefore, in view of the
hardness of their spectra, we adopted the name of S-GRFs to distinguish them from the corresponding XRFs.
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GRB
050509B

z

Eiso /(1050 erg)

0.225

0.085 ± 0.022

050709

0.161

051221A

0.546

060502B

0.287

061201

0.111

061217

0.827

070429B

0.902

070724A

0.457

070729

0.8

070809

0.473

080123

0.495

080905A

0.122

090426

2.609

090515

0.403

z

Eiso /(1050 erg)

090927

1.37

0.80 ± 0.08

27.6 ± 3.5

GRB
100117A

0.915

26.3 ± 3.3

100206A

0.408

4.33 ± 0.53

100625A

0.453

1.51 ± 0.73

100724A

1.288

42.3 ± 7.2

101219A

0.718

4.75 ± 0.71

111117A

1.3

0.60 ± 0.14

120804A

1.3

11.3 ± 4.4

130603B

0.356

2.76 ± 0.37

131004A

0.717

11.7 ± 3.9

140622A

0.959

6.58 ± 0.96

140903A

0.351

44.5 ± 6.6

141004A

0.573

0.094 ± 0.014

78 ± 10

4.67 ± 0.61
7.50 ± 0.30
16.4 ± 2.4
48.8 ± 6.8
34 ± 13
70 ± 15

21.2 ± 2.3
12.7 ± 0.9

0.70 ± 0.13
1.41 ± 0.11
21.0 ± 1.9

Table 4. List of the S-GRFs considered in this work up to the end of 2014. For each source (first columns) the values of z and
Eiso (second and third columns, respectively) are listed.

S-GRFs coincide with the majority of the systems extensively discussed in Berger (2014). All S-GRFs have an
extended X-ray afterglow (Berger 2014; Ruffini et al. 2015b). Similarly to XRFs, the rest-frame 0.3–10 keV luminosity
light curve does not exhibit either a late common power-law behavior, or the nesting discovered in the BdHNe (see
Fig. 3(a)). At the moment, there are still a large number of possible candidates for the description of the origin of the
late X-ray afterglow emission: a) the interaction of the MNS with orbiting material or with a less massive binary NS
or WD companion, b) the accelerated baryons interacting with the circumburst medium after the P-GRB emission,
or c) the possible radioactive decay of heavy elements synthesized in the ejecta of a compact binary merger (Li &
Paczyński 1998). In this light we recall the possibility of a macronova emission, a near-infrared/optical transient (a
bump) in the late afterglow (see the case of GRB 130603B in Berger et al. 2013 and Tanvir et al. 2013).
As a general conclusion, in Ruffini et al. (2015b) the necessary absence of a SN was indicated. It has been predicted
there that, since no BH is produced in the merger, S-GRFs should never exhibit high energy GeV emission, which is
expected to originate in the newly-born BH (Ruffini et al. 2015b). No counterexample has been found as of today. In
Ruffini et al. (2016) it has been shown that the absence of detection of GeV emission, necessary within the fireshell
model, is indeed supported by the observations. The entire section 6.5 of that paper is dedicated to the GeV emission
of S-GRFs and S-GRBs. As evidenced there, it is concluded that S-GRFs, due to the upper limits of the LAT
observations, have, if any, GeV fluxes necessarily 105 –106 times weaker than those of S-GRBs, although their Eiso is
only a factor 102 smaller (see also Appendix A).
6.3. Prototypes
In Table 4 we indicate selected the prototypes of S-GRFs. For each of them, we list the values of Eiso and z used in
order to evaluate their rate.
7. THE SHORT GRBS

7.1. General properties
The observational features of short bursts with energy above ≈ 1052 erg are listed below and summarized in Fig. 4.
These bursts are interpreted within the theoretical framework of the NS-NS merger paradigm in the fireshell model as
a new class which we indicate as S-GRBs.
The lower limit on the energetic of the S-GRBs is (2.44 ± 0.22) × 1052 erg as measured in GRB 081024B.
The isotropic energies are in the range (2.44 ± 0.22) × 1052 . Eiso . (2.83 ± 0.15) × 1053 erg (see Fig. 8 and Zhang
et al. 2012; Muccino et al. 2013; Calderone et al. 2015; Ruffini et al. 2015b).
The spectral peak energies are in the range 2 . Ep,i . 8 MeV (see Fig. 8 and Zhang et al. 2012; Muccino et al. 2013;
Calderone et al. 2015; Ruffini et al. 2015b) and increase monotonically with Eiso .
The cosmological redshifts are in the range 0.903 ≤ z ≤ 5.52, with an average value of ≈ 2.48 (see Table 5).
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GRB
060801

z

Eiso /(1052 erg)

1.13

3.27 ± 0.49
28.3 ± 1.5

081024B

3.05

090227B

1.61

2.44 ± 0.22

z

Eiso /(1052 erg)

090510

0.903

140402A

5.52

3.95 ± 0.21

140619B

2.67

GRB

17

4.7 ± 1.1

6.03 ± 0.79

Table 5. List of the S-GRBs considered in this work up to the end of 2014. For each source (first columns) the values of z and
Eiso (second and third columns, respectively) are listed.

The P-GRB and the prompt emission components have a total duration of a few seconds, which is expected to
crucially be a function of the masses of the binary neutron stars. (see Fig. 4 (a) and (b)).
Only in the case of GRB 090510 an X-ray afterglow has been observed not conforming to any known afterglow (see
Fig. 4 (c)).
For all S-GRBs no SN association is expected nor observed.
In all S-GRBs an extremely high energy GeV emission has been observed (see Fig. 4 (d)). It is interesting that even
in one case, which was outside the nominal Fermi -LAT field of view, evidence for high energy emission has been found
(Ruffini & Wang, in preparation, and Ackermann et al. 2013).
7.2. Theoretical interpretation of S-GRBs within the NS-NS merger paradigm in the fireshell model
S-GRBs originate from NS–NS mergers with initial total mass m1 + m2 leading to a merged core with mass larger
than Mcrit so that a BH is formed (Ruffini et al. 2015b). In order to conserve energy and momentum, the outcome of
such S-GRBs is a KNBH with additional orbiting material, or a binary companion (Bildsten & Cutler 1992; Ruffini
et al. 2015b). If we compare and contrast the different Episodes encountered in the description of the BdHNe (see
Section 5) with those of S-GRBs, we find some remarkable analogies but also some differences in view of the simplicity
of the underlying physical system of S-GRBs, which unlike the BdHNe, do not exhibit any of the extremely complex
activities related to the SN (see Section 5).
Episode 1 corresponds here to the activity of the NS–NS merger before the gravitational collapse into a BH. Because
of the compactness of the systems this process at times is not observable or it possibly corresponds to faint precursors
observed in some short bursts (see, e.g., Troja et al. 2010 and Ruffini et al. 2016).
Episode 2 corresponds to the GRB emission stemming from the NS-NS merger. It is described within the fireshell
model as composed of two components (see Sec. 2): the P-GRB emission, with a mainly thermal spectrum (see
Fig. 4 (a)), and the prompt emission, with a characteristic non-thermal spectrum (see Fig. 4 (b)). Typically in all
S-GRBs so far analyzed (see, e.g., GRB 090227B, Muccino et al. 2013, and GRB 140619B, Ruffini et al. 2015b) the
baryon load is standard, e.g., B ≈ 10−5 , and is consistent with the crustal masses of NS-NS mergers (Belvedere et al.
2014; Ruffini et al. 2015b). The average densities of the circumburst medium where S-GRBs occur are hnCBM i ≈ 10−5
cm−3 , typical of the halos of GRB host galaxies (see, e.g., Muccino et al. 2013; Ruffini et al. 2015b). Most remarkable
is that this model gives the theoretical explanation for the fulfillment of the Ep,i –Eiso relation for the short bursts (see
Fig. 8 and Zhang et al. 2012; Calderone et al. 2015; Ruffini et al. 2015b).
Episode 3, which corresponds to the traditional X-ray afterglow, is missing here in view of the absence of the SN
and of all the characteristic processes originating from the interaction between the GRB and the SN ejecta, as in the
case of BdHNe (see Section 5). At times S-GRBs have nonprominent X-ray or optical emissions (see Fig. 4 (c)).
Episode 4, identified with the optical emission of a SN, is here missing.
Episode 5 coincides with the long-lived GeV emission. All S-GRBs consistently exhibit this emission, which appears
to be strictly correlated to the one observed in the BdHNe. By analogy with BdHNe, we assume that the GeV emission
originate from the activity of the newly-born KNBH produced in the merger (Ruffini et al. 2015b). Indeed the presence
of a BH is the only commonality between BdHNe and S-GRBs. By comparing and contrasting Figs. 2 (d) and 4 (d),
we see that the turn-on of the GeV emission in S-GRBs occurs earlier and is energetically more prominent than the
corresponding one of the BdHNe. To emphasize this point in Fig. 4 (d) we have represented by a dashed line the
minimal turn-on time of the GeV emission of BdHNe (see Ruffini et al. 2016, and Ruffini et al., in preparation). The
very high angular momentum, expected to occur in NS-NS mergers, and the very high luminosities of the S-GRBs,
originating in the corresponding BH formation, offer the great opportunity to analyze some of the features expected
in a KNBH.
7.3. Prototypes
In Table 5 we list all the S-GRBs identified so far.
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Figure 4. (a) The simulation of the observed P-GRB spectrum of the prototypical S-GRB 090227B: the dashed-dotted green

line represents the BB emission, the dashed blue line corresponds to the early on-set of the prompt emission within the P-GRB
computed from the fireshell simulation in the energy band 8–40000 keV; the sum of the two components is shown as a solid
red line. Reproduced from Muccino et al. 2013. (b) The NaI-n2 light curve of the prompt emission of the S-GRB 090227B
(green data) and the simulation within the fireshell model (red curve). The small inset reproduces the CBM profile required for
the simulation. Reproduced from Muccino et al. 2013. (c) The available X-ray and optical luminosities of S-GRBs: the X-ray
rest-frame 0.3–10 keV (blue filled squares) and the optical rest-frame 2–7 eV (black empty squares, taken from De Pasquale et al.
2010) luminosity light curves of GRB 090510, and the X-ray rest-frame 0.3–10 keV upper limit of GRB 140619B (green filled
circle, see, e.g., Ruffini et al. 2015b). For comparison the rest-frame 0.3–10 keV luminosity light curve of one of the prototypes of
BdHNe, GRB 090618 (green circles) is shown. (d) The rest-frame 0.1–100 GeV luminosity light curves of the S-GRBs 081024B
(green diamonds), 090510 (red squares), 140402A (black triangles), 140619B (blue circles). The dashed vertical line marks the
minimal turn-on time of the GeV emission of BdHNe. It is clear that in the case of S-GRBs the GeV emission turns on at
shorter time scales and exhibits larger luminosities.

The first identified S-GRB 090227B has been analyzed by Muccino et al. (2013). The analysis of its P-GRB emission
has found a baryon load B = 4.13 × 10−5 and a Lorentz factor at the transparency condition Γ = 1.44 × 104 . The fit
of the light curve of the prompt emission allowed the determination of the average number density of the circumburst
medium, i.e., hnCBM i = 1.9 × 10−5 cm−3 , which is typical of galactic halos where NS–NS mergers migrate, owing
to natal kicks imparted to the binaries at birth (see, e.g., Berger 2014). These values are strikingly similar to those
inferred for other S-GRBs: GRB 081024B (B = 4.80 × 10−5 , Γ = 1.07 × 104 , and hnCBM i = 5.0 × 10−6 cm−3 ,
Aimuratov et al., in preparation), GRB 090510 (B = 5.54 × 10−5 , Γ = 1.04 × 104 , and hnCBM i = 8.7 × 10−6 cm−3 ,
Ruffini et al. 2016), and GRB 140619B (B = 5.52 × 10−5 , Γ = 1.08 × 104 , and hnCBM i = 4.7 × 10−5 cm−3 , Ruffini
et al. 2015b).
With the exception of GRB 090227B, which was outside the nominal Fermi -LAT field of view (Ackermann et al.
2013), the GeV luminosity light curves of the above four S-GRBs and that of the additional example recently identified,
GRB 140402A (Ruffini et al., in preparation) follow a common behavior when computed in the source rest-frame (see
Fig. 4 (d)).
8. ULTRASHORT GRBS

Rest frame H0.3-10 keVL luminosity Herg s-1 L
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Figure 5. (a) The fireshell simulation of the Swift-BAT prompt emission of GRB 060614 (taken from Caito et al. 2009). (b)

The rest-frame 0.3–10 keV luminosity light curves of selected GRFs: GRB 050724 (red circles), GRB 060614 (green triangles),
GRB 070714B (purple stars), and GRB 071227 (blue diamonds).

As pointed out in the introduction, U-GRBs originate from the NS-BH binaries produced in the BdHNe and nearly
100% of these binaries remain bound (Fryer et al. 2015). The lack of any observed source to date is mainly due to the
extremely short duration of these systems (Fryer et al. 2015).
Interesting considerations, which may be of relevance for describing the U-GRB sub-class, can be found in Popham
et al. (1999).
9. THE GAMMA-RAY FLASHES

9.1. General properties
The observational features of short bursts followed by an extended emission with energy below ≈ 1052 erg are listed
below and summarized in Fig. 5. These bursts are interpreted within the theoretical framework of a binary merger of
a NS and a massive WD (della Valle et al. 1992, 1994) in the fireshell model as a new class which we indicate as GRFs.
The upper limit on the energetic of the GRFs is (9.8 ± 2.4) × 1051 erg as measured in GRB 070714B.
The isotropic energies are in the range (8.9 ± 1.6) × 1049 . Eiso . (9.8 ± 2.4) × 1051 erg.
The spectral peak energies are in the range 0.2 . Ep,i . 2 MeV.
The cosmological redshifts are in the range 0.089 ≤ z ≤ 2.31, with an average value of ≈ 0.54 (see Table 6).
The γ-ray emission is composed of: 1) an initial spike-like harder emission and 2) a prolonged softer emission observed
up to a hundred seconds (see Fig. 5(a)).
The long lasting X-ray afterglow does not exhibit any specific common late power-law behavior (see Fig. 5(b)).
No SN association is expected, nor observed also in the case of nearby sources (Della Valle et al. 2006).
No high energy GeV emission is expected nor observed in absence of BH formation.
9.2. Theoretical interpretation of GRFs within the NS-WD merger paradigm in the fireshell model
As we mentioned, the mergers of NS–WD binaries, notoriously very common astrophysical systems (Cadelano et al.
2015), can be the progenitors of another GRB sub-class: the GRFs. Possible evolutionary scenarios leading to NS–WD
mergers have been envisaged e.g. in Lazarus et al. (2014); Tauris et al. (2000). Another less likely but yet possible
scenario is the merger of a NS–WD binary produced, as recalled in Section 6.2, from an S-GRF. Namely, the merger
of a not mass-symmetric NS–NS binary with total mass m1 + m2 smaller than Mcrit , that produce a MNS with a
low-mass WD companion (see, e.g., Bildsten & Cutler 1992, and references therein), due to the energy and momentum
conservation laws (Ruffini et al. 2015b).
With the term GRFs we dubbed a class of long GRBs occurring in a CBM environment with low density, e.g.,
∼ 10−3 cm−3 , with a light curve in γ-rays composed of an initial spike-like hard emission, identified with the P-GRB,
and prolonged softer emission, explained as the prompt emission (see Fig. 5 (a) and Caito et al. 2009, 2010). No
associated SN has been ever observed, although in the case of the low value of the cosmological redshift its detection
would not have been precluded (Della Valle 2006). The prototype of such systems is GRB 060614 (Caito et al. 2009).
Apart from the absence of any associated SN to a GRF, the identification of NS-WD binaries as progenitor systems
of the GRFs comes from the following observational and theoretical evidences: a) the initial spike-like emission fulfills
the Ep,i –Eiso relation for S-GRFs and S-GRBs (Zhang et al. 2012; Calderone et al. 2015; Ruffini et al. 2015b), both
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z

Eiso /(1050 erg)

050724

0.257

050911

0.165

6.19 ± 0.74

060505

0.089

060614

0.125

2.35 ± 0.42

061006

0.438

17.9 ± 5.6

GRB

z

Eiso /(1050 erg)

061021

0.3462

0.89 ± 0.16

061210

0.409

50 ± 11

070506

2.31

21.7 ± 8.7

070714B

0.923

071227

0.381

GRB

0.24 ± 0.06
51.3 ± 5.4
98 ± 24

8.0 ± 1.0

Table 6. List of the GRFs considered in this work up to the end of 2014. For each source (first columns) the values of z and
Eiso (second and third columns, respectively) are listed.

originating in NS–NS mergers (Ruffini et al. 2015b); b) the value of the baryon load, B ≈ 10−3 (Caito et al. 2009,
2010) points to a system more baryon-contaminated than the simpler and more compact NS–NS merger (B ≈ 10−5 ,
see, e.g., Ruffini et al. 2015b); c) the fit of the prompt emission within the fireshell model provides CBM with low
density, e.g., ∼ 10−3 cm−3 , typical of the halos of the GRB host galaxies (Caito et al. 2009, 2010); d) the presence of
a macronova emission in the optical afterglow of the prototype GRF 060614 (Jin et al. 2015).
In summary, we list below the different Episodes observed (or not) in GRFs.
Episode 1 does not exist due to the compactness of the NS–WD merger.
Episode 2 corresponds to the γ-ray emission stemming from the NS–WD merger. The fireshell theory still applies
to these systems in view of the considerations presented in Section 2. Also in this case a viable mechanism consists in
the the pair creation via ν ν̄ → e+ e− during a NS–WD merger (see, e.g., Paschalidis et al. 2011). This is in line with
the upper limit to the energetic of these systems in γ-rays is Eiso ≈ 1052 erg.
Episode 3 in GRFs, like in the cases of XRFs and S-GRFs, does not exhibit either a late common power-law behavior,
or the nesting discovered in the rest-frame 0.3–10 keV luminosity light curves of BdHNe (see Fig. 5(b)). Also for GRFs,
possible candidates for the explanation of the late X-ray afterglow emission are: a) the accelerated baryons interacting
with the CBM after the P-GRB emission, or b) the possible radioactive decay of heavy elements synthesized in the
ejecta of a compact binary merger (Li & Paczyński 1998).
Episode 4 is missing in view of the absence of the SN.
Episode 5, namely the GeV emission, does not occur for NS–WD mergers. This fact, together to the energetics of
these systems, Eiso < 1052 erg, implies that both of these necessary and sufficient conditions for the BH formation are
not fullfilled. Therefore, in a NS–WD merger, in view of the limited mass of the WD component, the NS critical mass
is never reached in the accretion process during the merger.
9.3. Prototypes
In Table 6 we list all the GRFs identified so far.
The prototype of GRFs is GRB 060614 and has been analyzed by Caito et al. (2009). From the analysis of its
P-GRB emission a baryon load B = 2.8 × 10−3 and a Lorentz factor at the transparency condition Γ = 346 have
been found. From the fit of the light curve of the prompt emission it has been infereed that this burst occurred in a
CBM with density nCBM = 2.3 × 10−5 –4.8 × 10−3 cm−3 , which is typical of galactic halos where NS–NS and NS–WD
mergers occur (see, e.g., Berger 2014). Analogous results were obtained for the GRF 071227: B = 2.0 × 10−4 and
nCBM = 1.0 × 10−4 –1.0 × 10−2 cm−3 (Caito et al. 2010).
Further analyses on other GRF examples will be presented elsewhere.
10. THE OBSERVED RATES OF SHORT AND LONG BURSTS

The observed GRB occurrence rate is defined by the convolution of both (likely redshift-dependent) luminosity
function, which describes the fraction of bursts with isotropic equivalent luminosities in the interval log L and log L +
d log L, and cosmic GRB occurrence rate, which gives the number of sources at different redshifts. The definition of
both of these functions is still an open issue and depends on a priori assumptions and some investigations have been
carried out in the literature (see, e.g., Soderberg et al. 2006; Guetta & Della Valle 2007; Liang et al. 2007; Virgili et al.
2009; Rangel Lemos et al. 2010; Wanderman & Piran 2010; Guetta et al. 2011; Kovacevic et al. 2014, for long bursts,
Virgili et al. 2011; Wanderman & Piran 2015, for short bursts, and Sun et al. 2015, for both long and short bursts).
To complicate the matter, also the instrumental sensitivity threshold, the field of view Ωi , and the operational time
Ti of the various detectors i observing GRBs introduce additional uncertainties to the problem.
In the following we ignore the possible redshift-evolution of the luminosity function. Thus, if ∆Ni events are detected
by various detectors in a finite logarithmic luminosity bin from log L to log L+∆ log L, the total local event rate density
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of bursts between observed minimum and maximum luminosities, Lmin and Lmax respectively, is defined as (see Sun
et al. 2015)
Lmax
X logX
4π 1
1
∆Ni ∆L
ρ0 '
,
(2)
Ω
T
ln
10
g(L)
∆
log L L
i
i
i
log Lmin

where
g(L) =

Z

zmax (L)

0

f (z) dV (z)
dz ,
1 + z dz

(3)

and the comoving volume is given by
dV (z)
c
4πd2L
,
=
dz
H0 (1 + z)2 [ΩM (1 + z)3 + ΩΛ ]1/2

(4)

where dL is the luminosity distance. The dimensionless function f (z) describes the GRB cosmic redshift-dependent
event rate density. In the following we assume no redshift dependency, therefore we set f (z) = 1. The maximum
redshift zmax (L) in Eq. (3) defines the maximum volume inside which an event with luminosity L can be detected.
This redshift can be computed from the 1 s-bolometric peak luminosity L, k-corrected from the observed detector
energy band into the burst cosmological rest-frame energy band 1–104 keV (Schaefer 2007), and the corresponding
1 s-threshold peak flux fth , which is the limiting peak flux to allow the burst detection (see Band 2003, for details).
Therefore, zmax can be defined via (see, e.g., Zhang et al. 2009; Ruffini et al. 2014a)
fth =

L

,
4πd2L (zmax )k

(5)

where we duly account for the k-correction.
Within the assumptions that the GRB luminosity function does not evolve with redshift and that f (z) = 1, we
investigate the evolution with the redshift of the GRB rates by separating the bursts into several redshift bins. As
suggested in Sun et al. (2015), this can be done in each redshift interval zj ≤ z ≤ zj+1 by changing the integration
limits of Eq. (3) into zj and min[zj+1 , zmax,j (L)], where zmax,j (L) is the maximum redshift for the jth redshift bin.
Finally, from Eq. (2) we derive an event rate ρz0 in each redshift bin around z.
In the following we adopt the following fields of view and operational times for various detectors: Beppo-SAX,
ΩBS = 0.25 sr, TBS = 7 y; BATSE, ΩB = π sr, TB = 10 y, HETE-2, ΩH = 0.8 sr, TH = 7 y; Swift-BAT, ΩS = 1.33 sr,
TS = 10 y; Fermi -GBM, ΩF = 9.6 sr, TF = 7 y. We assume no beaming correction in computing the rates of the GRB
sub-classes.
10.1. Rate of S-GRFs
−3 −1
The local rate of S-GRFs, obtained from the sample of sources listed in Table 4, is ρ0 = 3.6+1.4
y and
−1.0 Gpc
it is in agreement with the estimates obtained from the whole short burst population detected by the Swift-BAT
detector (and, therefore, including also S-GRBs and GRFs) and reported in the literature (1–10 Gpc−3 y−1 , see, e.g.,
Clark et al. 2015, and references therein). In particular our local rates with f (z) = 1 agrees with recent more precise
+2.3
estimates: a) 4.1−1.9
Gpc−3 y−1 for Lmin = 5 × 1049 erg/s and for f (z) described by a power law merger delay model
+1.3
+2.2
−3 −1
(Wanderman & Piran 2015); b) 4.2−1.0
, 3.9+1.2
y for Lmin = 7 × 1049 erg/s and f (z) described
−0.9 , and 7.1−1.7 Gpc
as Gaussian, log-normal and power law merger delay models, respectively (Sun et al. 2015).
The evolution of the S-GRF rate in various redshift bins is shown in Fig. 6 (c). This rate decreases as a power law
−3 −1
from the local value in the interval 0.1 ≤ z ≤ 0.4 to a value of 0.042+0.046
y in the interval 1.0 ≤ z ≤ 2.7.
−0.025 Gpc
Also in the case of S-GRFs the increasing sampled comoving Universe volume and the threshold of the detectors play
a fundamental role in the observed decrease of their rate at larger distances.

10.2. Rate of S-GRBs
Previously we have identified and described four S-GRBs in Ruffini et al. (2015b), e.g., GRB 081024B, GRB 090227B,
GRB 090510, and GRB 140619B. Here we present two additional new members of this class: GRB 060801 (at z ≈ 1.13
and with zmax ≈ 2.04, in this work) and GRB 140402A (at z ≈ 5.52 and with zmax ≈ 7.16, Ruffini et al. in
preparation). From these
S-GRBs detected by the Fermi and the Swift satellites, we obtain via Eqs. (2)–(3) a
 six−3
local rate ρ0 = 1.9+1.8
×
10
Gpc−3 y−1 .
−1.1
With only six sources, we could not build the evolution with the redshift of such systems.
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10.3. Rate of XRFs

In Kovacevic et al. (2014), we have estimated an updated observed rate for the XRFs at z < 0.1 based on the method
outlined in Soderberg et al. (2006) and Guetta & Della Valle (2007). In this work, we consider the complete list of
XRFs shown in Table 2 and the method outlined in Sun et al. (2015). From Eq. (2)–(3) the local rate of XRFs is
−3 −1
ρ0 = 100+45
y , where the attached errors are determined from the 95% confidence level of the Poisson statistic
−34 Gpc
(Gehrels 1986). Within the extent of our different classification criteria and different choices for f (z), our estimate is
in agreement with those reported for low-luminous long GRBs in Liang et al. (2007) and Virgili et al. (2009), and in
−3 −1
particular with the value of 164+98
y , obtained by Sun et al. (2015) with the same method.
−65 Gpc
In the IGC scenario the XRF out-states are NS–NS binary systems. For a reasonable sets of binary initial conditions,
populations synthesis simulations performed by Fryer et al. (1999) provide a NS–NS formation rate (0.2–1600) Gpc−3
y−1 . NS–NS formation rate accounts for other possible channels in the population synthesis models, in addition to
the one we considered from the XRFs. It is interesting, nevertheless, that our predicted rate is consistent with that
obtained by Fryer et al. (1999) obtained.
For the same above reason, our rate of XFRs can be also compared with the NS–NS merger rate proposed by Eichler
et al. (1989). In this historical paper, the NS–NS merger rate is derived from the strong assumption that each merger
ejects always the same amount of material r-process classified and the heavy r-process material. Eichler et al. (1989)
obtain a rough estimate of (140–14000) Gpc−3 y−1 , which is marginally consistent to the upper value of the local XRF
rate.
−3
The evolution of the XRF rate in various redshift bins is shown in Fig. 6 (a). It decreases from a value of 95+123
−63 Gpc
+1.1
−1
−3 −1
y in the interval 0 ≤ z ≤ 0.1 to a value of 0.8−0.5 Gpc y in the interval 0.7 ≤ z ≤ 1.1. This effect is mainly due
to the intrinsic low luminosities of the bulk of the XRF population (1046 –1048 erg/s, see, e.g., Bromberg et al. 2011)
and to the threshold of the detectors: at increasing sampled Universe comoving volumes, these low luminous XRFs
become undetectable, therefore at higher redshifts the total XRF rate decreases.
10.4. Rate of BdHNe
We proceed now in estimating the rate of BdHNe from the total sample of 233 sources (see Table 3). From Eq. (2)–
+0.09
(3) the local rate of BdHNe is ρ0 = 0.77−0.08
Gpc−3 y−1 . Our estimate is in agreement with two recent estimates
50
−3 −1
obtained from long bursts with L ≥ 10 erg/s and by assuming f (z) 6= 1: a) the value of 1.3+0.6
y obtained
−0.7 Gpc
by Wanderman & Piran (2010), even though limited to the Swift long bursts and including long some bursts with
Eiso < 1052 erg, obtained from a GRB inferred cosmic rate independent on the star formation rate; b) the value
−3 −1
of 0.8+0.1
y
obtained by Sun et al. (2015) with the same method and including the star formation rate
−0.1 Gpc
dependence.
In the IGC scenario the BdHNe out-states are NS–BH binary systems. Following again the work by Fryer et al. (1999),
populations synthesis simulations (which accounts also for alternative scenarios to that of the IGC model) provide a
NS–BH formation rate of (0.02–1000) Gpc−3 y−1 . Also in this case, even though a straightforward comparison is not
possible, the BdHNe rate is consistent with the NSBH formation rate obtained by Fryer et al. (1999).
The evolution of the BdHN rate in various redshift bins is shown in Fig. 6 (b). It slightly decreases from the local
−3 −1
value in the interval 0.1 ≤ z ≤ 0.4 to a value of 0.17+0.05
y in the interval 3.6 ≤ z ≤ 9.3. As stated for the
−0.04 Gpc
case of XRFs, this effect occurs because for increasing sampled Universe comoving volumes, only the most luminous
BdHNe are detectable, even though in a less marked way than the case of the XRFs.
10.5. Rate of U-GRBs
As pointed out in Section 8, nearly 100% of the BdHNe leads to bound NS-BH binaries, which are the progenitor
systems of U-GRBs (Fryer et al. 2015). If we include the possibility of other channels of formation for these NS-BH
−3 −1
binaries, we can safely assume the BdHN local rate as a lower limit for these U-GRBs, e.g., ρ0 = 0.77+0.09
y .
−0.08 Gpc
From this consideration, it appears that the U-GRBs have the second higher rate among the short bursts after the
S-GRFs.
10.6. Rate of GRFs
We proceed now in estimating the rate of GRFs from the total sample of 10 sources (see Table 6). From Eq. (2)–(3)
+0.71
we obtain a local rate ρ0 = 1.02−0.46
Gpc−3 y−1 , and represent the first estimate for these kind for bursts originating
from NS–WD mergers.
Due to the limited number of sources in our sample, we limited the study of the GRF rate evolution in two redshift
bins, as shown in Fig. 6 (d). The rate starts from a value consistent with the above local rate, in the redshift interval
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Figure 6. The evolution of the rate with the redshift for the considered GRB sub-classes: (a) the XRF, (b) the BdHNe, (c) the

S-GRFs, (d) the GRFs. In each plot the upper panel shows the evolution rate with the redshift, while the lower panel displays
the number of observed sources in each redshift bin. Because of the limited amount of sources, for S-GRBs no redshift bin
evolution is shown. In the case of U-GRBs, there are no current detections.
−3 −1
0 ≤ z ≤ 0.35, to a value of 0.080+0.088
y , in the interval 0.35 ≤ z ≤ 2.31. Also for GRFs, the cutoff in the rate
−0.048 Gpc
at higher redshift occurs because for increasing sampled Universe comoving volumes only the most luminous sources
are detectable. However this effect, as in the case of S-GRFs, is more pronounced due to their intrinsically weaker
luminosities, when compared to those of S-GRBs.

11. CONCLUSIONS

The remarkable progress reached in understanding the GRB phenomenon has been made possible by the outstanding
spectral and temporal information acquired from X-rays, γ-rays and high energy observatories, as well as from optical
and radio data obtained by telescopes all over the planet. At the same time this result has been fostered by a novel
deeper theoretical understanding in the physics and astrophysics of WD (see, e.g., Boshkayev et al. 2013), NS (see, e.g.,
Belvedere et al. 2014; Cipolletta et al. 2015) and BH (see, e.g., Ruffini et al. 2010). Consequently the understanding of
the GRB phenomenon has evolved from an elementary paradigm based on a single jetted emission process as postulated
in the fireball model (see, e.g., Sari et al. 1998; Piran 2005; Meszaros 2006; Gehrels et al. 2009, and reference therein)
to an authentic astrophysical laboratory involving many-body interactions between different astrophysical systems
encountering previously unexplored regimes and observational evidence.
In the Introduction we review the increasing number of GRB observations which have led likewise to the theoretical
progress in the understanding of the GRB phenomena. While the role of NS–NS (or NS-BH) binaries as “in-states”
of short GRBs has been widely accepted and confirmed by strong observational and theoretical evidence (see, e.g.,
Goodman 1986; Paczynski 1986; Eichler et al. 1989; Narayan et al. 1991, 1992; Meszaros & Rees 1997; Rosswog et al.
2003; Lee et al. 2004; Berger 2014; Ruffini et al. 2015b), the identification of the progenitor systems for long GRBs
followed a more difficult path. Initially, theoretical models based on a single progenitor were proposed: a collapsar
(Woosley 1993), or a magnetar (see,e .g., Zhang & Mészáros 2001). Then, the role of binary progenitor systems
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composed of two very massive stars for long GRBs was recognized by (Fryer et al. 1999), where several different
scenarios were there envisaged leading to a collapsar (Woosley 1993), as well as a few leading, alternatively, to a
variety of binary compact systems. These considerations were addressed by our group in a set of papers assuming that
the birth of a SN and the occurrence of a GRB were qualitatively and quantitatively different astrophysical events in
space and time. This led to the necessity of introducing the IGC paradigm (see, e.g., Ruffini et al. 2001a, 2006b, 2007,
2008; Izzo et al. 2012b; Rueda & Ruffini 2012; Fryer et al. 2014; Ruffini et al. 2015a). In the IGC paradigm the long
GRB-SN coincidence originates from COcore –NS binary progenitors system. This approach differs from alternative
descriptions, e.g., the magnetars and the collapsar models, where the two events are coming from a single progenitor
star.
In Section 2, we review the fireshell model for GRBs (see, e.g. Ruffini et al. 2001a,b,c) and its general description which
can be applied to any source of an optically thick baryon-loaded e+ e− plasma, i.e., in the quantum-elctrodynamical
process expected in the formation of a BH (see, e.g., Preparata et al. 1998; Ruffini et al. 1999, 2000; Cherubini et al.
2009; Ruffini 2009), as well as in the case of a pair plasma created via ν ν̄ ↔ e+ e− mechanism in a NS–NS merger
(Narayan et al. 1992; Salmonson & Wilson 2002; Rosswog et al. 2003), or in the hyper-accretion disks around BHs
(Woosley 1993; Zalamea & Beloborodov 2011).
In Section 3, we discuss the role of the 1052 erg energy critical value introduced to discriminate between binary
systems leading to the formation of a MNS (XRFs, S-GRFs and GRFs), with energy lower than the above critical
value, and those leading to the formation of a BH (BdHNe, S-GRBs and U-GRBs), with energy larger than the above
critical value. The value of 1052 erg is derived by considering the hypercritical accretion process onto a NS leading to
an energy release in form of neutrinos and photons, given by the gain of gravitational potential energy of the matter
accreted in the NS. This includes the change of binding energy of the NS while accreting both matter and angular
momentum (Becerra et al. 2016). A typical NS mass of ≈ 1.4 M has been assumed, as observed in galactic NS
binaries (Zhang et al. 2011; Antoniadis 2015). A NS critical mass in the range of 2.2 M up to 3.4 M depending on
the equations of state and angular momentum (see Becerra et al. 2016, 2015; Cipolletta et al. 2015, for details) has
been assumed.
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Figure 7. Summary of the properties of long, short and hybrid long/short burst sub-classes discussed in the Introduction. The

red dashed lines indicate the evolutionary tracks linking the out-states and the in-states of some of the sub-classes considered
in this work.

In Section 4, we describe the properties of XRFs (see Fig. 8). In these systems the distance between the COcore
and the NS companion is a > 1011 cm. The hypercritical accretion process is not sufficient to push the NS beyond
its Mcrit and an MNS is formed (see, e.g., Becerra et al. 2015, 2016). In Table 2 we list the XRFs considered in this
work, as well as the spectral, temporal and luminosity analysis of selected prototype, e.g., GRB 060218. The complete
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Figure 8. The Ep,i –Eiso plane for XRFs, BdHNe, S-GRBs, S-GRFs, and the initial spike-like emission of the GRFs. The XRFs

(red triangles) cluster in the red shaded region (Ep,i . 200 keV and Eiso . 1052 erg), while the BdHNe (black squares) in the
gray shaded one (Ep,i & 200 keV and Eiso & 1052 erg); the Amati relation (Amati & Della Valle 2013) fulfilled by the BdHNe
is plotted with a magenta solid line. The S-GRFs (green circles) and the initial spike-like emission of the GRFs (orange reverse
triangles) cluster in the green shaded region (Ep,i . 2 MeV and Eiso . 1052 erg), while the S-GRBs (blue diamonds) in the blue
shaded one (Ep,i & 2 MeV and Eiso & 1052 erg); the relation for short bursts (Ruffini et al. 2015b; Calderone et al. 2015; Zhang
et al. 2012) is plotted with a green solid line for the S-GRFs and the GRFs, and in blue for the S-GRBs.

theoretical simulation of this prototype is presented in Becerra et al. (2016).
In Section 5 we consider the BdHNe, for which the binary separation between the COcore and the NS binary
companion is a < 1011 cm and the hypercritical accretion process trigger the gravitational collapse of the NS into a
BH (see, e.g., Becerra et al. 2015, 2016). We show here an updated list of BdHNe (see Table 3), as well as a diagram
summarizing some of the key properties and prototypes (see Fig. 8), analyzed within the IGC paradigm and the
fireshell model (see, e.g., GRB 090618 and GRB 130427A).
In Section 6, we outline the properties of S-GRFs listed in Table 4 and shown in Fig. 8. These systems coincide with
the short bursts considered in Berger (2014). They originate in NS-NS mergers leading to the formation of a MNS
and possibly a binary companion, in order to fulfill the conservation of energy and momentum (Ruffini et al. 2015b).
In Section 7 we present S-GRBs originating in NS-NS mergers leading to the formation of a BH (see Fig. 8). We
give, in Table 5, their updated list. We then describe their prototypes, analyzed within the fireshell model (see, e.g.,
GRB 090227B and GRB 140619B), and outline the key role of the P-GRB identification for their description, as well
as the analysis of the GeV emission.
In Section 8, motivated by the results obtained by Fryer et al. (2015), where it was shown that nearly 100% of the
NS-BH binaries, namely the out-states of the BdHNe, remain bound, we add the description of this not yet observed,
but theoretically predicted sub-class of U-GRBs, unaccounted for in current standard population synthesis analyses.
In Section 9, we review the properties of the GRFs listed in Table 6 and shown in Fig. 8. We recall and describe
the results obtained from the sources analyzed within the fireshell model (see, e.g., GRB 060614, Caito et al. 2009 and
GRB 071227, Caito et al. 2010).
The most important result of the present article is the estimate the rates of occurrence of the XRFs, BdHNe, SGRFs, S-GRBs, U-GRBs, and GRFs sub-classes. In Section 10, we introduce the procedure outlined in Sun et al.
(2015) for estimating the local rates and their evolution with the redshift of the above sub-classes of long and short
bursts, assuming no beaming (note: the recent observation of the absence of GeV emission associated to a BdHN
may limit this assumption). By ignoring possible redshift-evolution of the GRB sub-classes luminosity functions and
assuming that the GRB cosmic event rate density is redshift-independent (e.g., f (z) = 1), the above method duly
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takes into account observational constraints, i.e., the detector solid angle coverage of the sky Ω and sensitivities which
in turn define a maximum volume of observation depending on the intrinsic luminosity of the sources (see Section 10
and Soderberg et al. 2006; Guetta & Della Valle 2007; Liang et al. 2007; Virgili et al. 2009, 2011; Rangel Lemos et al.
2010; Wanderman & Piran 2010, 2015; Kovacevic et al. 2014; Sun et al. 2015 for details). We obtain:
−3 −1
- an S-GRF local rate of ρ0 = 3.6+1.4
y (see Section 10.1);
−1.0 Gpc

+1.8
- an S-GRB local rate of ρ0 = 1.9−1.1
× 10−3 Gpc−3 y−1 (see Section 10.2);
−3 −1
- an XRF local rate of ρ0 = 100+45
y (see Section 10.3);
−34 Gpc

+0.09
- a BdHN local rate of ρ0 = 0.77−0.08
Gpc−3 y−1 (see Section 10.4; for the above reason this rate coincides with
that of the U-GRBs, see Section 10.5);
+0.71
- a GRF local rate of ρ0 = 1.02−0.46
Gpc−3 y−1 (see Section 10.6).

The local rates of S-GRFs, XRFs, and BdHNe, are in agreement, within the extent of the different classification
criteria, with those reported in the literature. The local rates of S-GRBs and GRFs are, instead, new ones following
from the classification proposed in this work. The evolution with the redshift of the rates of XRFs, BdHNe, S-GRFs,
and GRFs is shown in Fig. 6. It is certainly of interest to compare and contrast these results obtained from the direct
observations of the sources in our new classification with the results computed from population synthesis models. Any
possible disagreement will give the opportunity to identify possible missing links in the evolutionary phases within
population synthesis analysis.
We are now in a position to apply the above rates of S-GRFs, S-GRBs and U-GRBs to assess the detectability and
the expected number of gravitational wave detections by LIGO from NS-NS and NS-BH binaries (Ruffini et al., in
preparation). We are also ready to apply the above BdHN rate to give an estimate of the contribution of GRBs to
cosmic rays (Ruffini et al., in preparation).
Before concluding, in support of the classification proposed in this article, we recall that the luminosity light curves
of the GeV emission is uniquely observed in both BdHNe and S-GRBs. In both cases it follow a precise power-law
behavior with time ∝ t−1.2 (see Nava et al. 2014, Ruffini et al. 2016 and Fig. 9). An outstanding conclusion of
this paper is that in both BdHNe and S-GRBs, where the presence of the BH is predicted, the turn-on of this GeV
emission occurs after the P-GRB emission and at the beginning of the prompt emission phase (see Figs. 2 (d) and
4 (d)). This commonality, in such different systems, as well as their energy requirements (see Tab. 7 and Fig. 9)
are naturally explained if we assume, as indicated in Ruffini et al. (2015a,b), that this GeV emission originates by
accretion processes in the newly-born BH. We have pointed out in Ruffini et al. (2016) how the total energy of the
GeV emission can be expressed in term of the gravitational binding energy of matter accretion into Kerr BHs (see
Ruffini & Wheeler 1969, in problem 2 of § 104 in Landau & Lifshitz 2003). This energetics requirement could not be
fulfilled in the case of accretion onto a NS, in view of the much smaller value of the gravitational binding energy when
compared to the case of a rotating BH (see e.g. Sibgatullin & Sunyaev 2000). On the general issue of the origin of the
jetted GeV emission, and not just of its energetics, we refer to the last paragraph of the conclusions of the paper by
Ruffini et al. (2016).
We have added a Table. 7 with the values of the GeV emission for both the case of S-GRBs and BdHNe. These
energy releases up to ≈ 1054 erg can be explained by the occurrence of accretion onto a rotating BH with mass in
the range of 3–10 M . It is also clear from Fig. 9 that S-GRBs and BdHNe have GeV emission sharing a common
luminosity pattern and originating, in both cases, from a newly-born Kerr BH (Ruffini et al. 2015a,b). This picture
includes also the first scenario of an IGC considered in Ruffini et al. (2001a) where an exploding COcore is in a close
binary system with an already formed BH companion. In view of the hypercritical accretion process of the SN ejecta
onto an already formed BH, these systems have Eiso & 1054 erg and Ep,i & 2 MeV. Their out-states are a binary
composed of a more massive BH and a νNS. Such systems, which we refer to as BH-SNe, are expected to be the late
evolutionary stages of X-ray binaries such as Cyg X-1 or Cyg X-3 (see, e.g., Giacconi & Ruffini 1978).
In conclusion we have computed the occurence rate of short and long bursts following a new classification and obtaining figures in good agreement with the ones derived from population synthesis models. Essential to the classification
have been the following new considerations:
1) the binary nature of the progenitors and their separation;
2) the essential role of the hypercritical accretion process onto a NS member of a close binary system. The possible
reaching of Mcrit by the accretion process and the formation of a BH;
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Figure 9. The rest-frame 0.1–100 GeV isotropic luminosity light curves of selected BdHNe (filled symbols) and all S-GRBs

with available LAT data (empty symbols). BdHNe: GRB 080916C (magenta circles), GRB 090902B (purple triangles), GRB
110731A (orange squares), GRB 130427A (blue reversed triangles). S-GRBs: GRB 081024B (green diamonds), GRB 090510
(red squares), GRB 140402A (black triangles), GRB 140619B (blue circles). Also in this case the dashed vertical line marks the
minimal turn-on time of the GeV emission of BdHNe.
source

z

Ep,i
(MeV)

Eiso
(10

52

erg)

ELAT
(1052 erg)

S-GRBs
081024B
090510
140402A
140619B

2.6 ± 1.6
0.903

5.52 ± 0.93
2.67 ± 0.37

080916C

4.35

090902B

1.822

110731A

2.83

130427A

0.3399

8.7 ± 4.9

2.44 ± 0.22

2.70 ± 0.93

7.89 ± 0.76

3.95 ± 0.21

5.78 ± 0.60

5.34 ± 0.79

6.03 ± 0.79

2.34 ± 0.91

407 ± 86

440 ± 47

6.1 ± 1.6

BdHNe

2.76 ± 0.37

2.19 ± 0.22
1.16 ± 0.12

1.25 ± 0.15

4.7 ± 1.1

292 ± 29

49.5 ± 4.9
92 ± 13

16.6 ± 5.3

110 ± 5

42.5 ± 7.4

19.9 ± 2.9

Table 7. List of the prompt and GeV emission properties of selected BdHNe and S-GRBs. We listed z, Ep,i , Eiso (in the
rest-frame energy band 1–10000 keV), and ELAT (in the rest-frame energy band 0.1–100 GeV).

3) the activity of the newly-born BHs originating the energetic prominent GeV emission, which can be explained
in terms of the gravitational energy release by accreting matter onto a Kerr BH.
This classification is now open to a verification by the addition of new GRBs sources and offer new possibilities of
theoretical and observational activities including:
1) the reaching of new observational constraints on the value of the NS critical mass Mcrit and the minimum mass
of a BH, which play a fundamental role in defining the separatrix among the different classes of our classification.
2) having elucidated the role of the activities of the newly-born BH in explaining the energetics of the GeV emission,
in order to identify its microphysical process, the study of fundamental issues of general relativistic quantum
electrodynamical processes appears to be open to further lines of inquiry (see, e.g., Ruffini et al. 2010, and
references therein);
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Figure A1. For the sources in Tab. 7 (BdHNe as black squares and S-GRBs as blue diamonds), as well as for 2 S-GRFs

(green circles) and 1 XRF (red triangle) which did not exhibit GeV emission although they were in the optimal position (< 65◦
from the LAT boresight) for its detection, we plot: (Left:) the relation between Eiso of the prompt emission observed by the
Fermi-GBM instrument and the total isotropic energy in the 0.1–100 GeV energy band observed by the Fermi-LAT instrument
(or the corresponding upper limit if not detected); and (Right:) the relation between the 10–1000 keV fluence observed by the
Fermi-GBM instrument and the total 0.1–100 GeV fluence observed by the Fermi-LAT instrument (or the corresponding upper
limit if not detected). The purple solid line is the relation between the plotted quantities of BdHNe and S-GRBs, and the dashed
lines are the corresponding dispersion.

3) it is conceivable that the sizable enlargement of the database of GRBs and of their spectral and luminosity time
varability may open the possibilty of further enlarging the above classification.
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APPENDIX
A. ON THE NON-OBSERVED GEV EMISSION IN S-GRFS AND XRFS

In Fig. A1 we compare and contrast the sources in Tab. 7, all exhibiting a GeV emission, with 2 S-GRFs and 1 XRF
which, as theoretically expected within the fireshell model, do not exhibit any GeV emission. All these sources were
in the optimal position (< 65◦ from the LAT boresight) for the detection of the GeV emission.
In the Left panel we plot the values of Eiso and of the isotropic energy in the Fermi -LAT energy band or the
corresponding upper limits if not observed. These upper limits were obtained by using the unbinned likelihood analysis
which was performed assuming an integration time of 100 s after the flash trigger, a radius of the source region of 10◦
and a zenith angle cut of 100◦ . This plot observationally supports the theoretical expectation, made in Ruffini et al.
(2016) and quoted in section 6.2 above, that S-GRFs have, if any, GeV fluxes necessarily 105 –106 times weaker than
those of S-GRBs, although their Eiso is only a factor 102 smaller.
Motivated by a request of the Referee, we also plotted in the Right panel, the values of the fluence observed by
Fermi -GBM and by Fermi -LAT or the corresponding upper limits if not observed (computed as above).
From both plots it is clear that the upper limits to the GeV emission of S-GRFs and XRFs are much lower than
what one may expect from the extrapolation to lower energies of the one observed in BdHNe and S-GRBs. This is a
further clear observational support to the absence, theoretically implied by the fireshell model, of any GeV emission
associated to S-GRFs and XRFs (see sections 4.2 and 6.2 above).
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ABSTRACT
GRBs, traditionally classified as “long” and “short”, have been often assumed, till recently, to originate from a single black hole (BH) with an ultrarelativistic jetted emission. There is evidence that
both long and short bursts have as progenitors merging and/or accreting binaries, each composed by
a different combination of carbon-oxygen cores (COcore ), neutron stars (NSs), BHs and white dwarfs
(WDs). Consequently, the traditional long bursts have been sub-classified as (I) X-ray flashes (XRFs),
(II) binary-driven hypernovae (BdHNe), and (III) BH-supernovae (BH-SNe). They are framed within
the induced gravitational collapse (IGC) paradigm which envisages as progenitor a tight binary composed of a COcore and a NS or BH companion. The SN explosion of the COcore , originating a new
NS (νNS), triggers a hypercritical accretion process onto the companion NS or BH. If the accretion
is not sufficient for the NS to reach its critical mass, an XRF occurs, leading to a νNS-NS system.
Instead, when the BH is already present or formed by the hypercritical accretion, a BdHN occurs,
leading to a νNS-BH system. Similarly, the traditional short bursts, originating in NS-NS mergers, are
sub-classified as (IV) short gamma-ray flashes (S-GRFs) and (V) short GRBs (S-GRBs), respectively
when the merging process does not lead or leads to BH formation. Two additional families are (VI)
ultra-short GRBs (U-GRBs) and (VII) gamma-ray flashes (GRFs), respectively formed in νNS-BH
and NS-WD mergers. We use the estimated occurrence rate of the above sub-classes to assess the
gravitational wave emission in the merging process and its detectability by Advanced LIGO, Advanced
Virgo, eLISA, and resonant bars.
Subject headings: gamma-ray burst: general — gravitational waves — black hole physics — stars:
neutron — white dwarfs — binaries: general
1. INTRODUCTION
Thanks to the extensive observations carried out by
γ-ray telescopes, such as AGILE, BATSE, BeppoSAX,
Fermi, HETE-II, INTEGRAL, Konus/WIND and Swift,
our understanding of “long” and “short” gamma-ray
burst (GRB) progenitor systems has greatly improved.
This has led also to a vast literature devoted to the estimate of their relative occurrence rates, all in general
agreement. For long bursts see, e.g., Soderberg et al.
(2006); Guetta & Della Valle (2007); Liang et al. (2007);
Virgili et al. (2009); Rangel Lemos et al. (2010); Wanderman & Piran (2010); Guetta et al. (2011); Kovacevic et al. (2014); for short bursts see, e.g., Virgili et al.
(2011); Wanderman & Piran (2015); and for both long
and short bursts see, e.g., Sun et al. (2015); Ruffini et al.
(2016).
Our aim in this article is to use the rate of the GRB
occurrence to assess the detectability of their associated
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Roma, P.le Aldo Moro 5, I–00185 Rome, Italy
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gravitational wave (GW) emission by the ground-based
interferometers Advanced LIGO (hereafter aLIGO) and
Advanced Virgo (hereafter AdV), by the space-based interferometer eLISA, as well as by the resonant bars. In
order to do this we have to identify the different kinds
of GRB progenitors. GRBs, traditionally classified as
long and short, have been often assumed, till recently,
to originate from a single black hole (BH) with an ultrarelativistic jetted emission. There is today clear evidence (see Ruffini et al. 2016) that both long and short
bursts have as progenitors merging and/or accreting binary systems, each composed by a different combination
of carbon-oxygen cores (COcore ), neutron stars (NSs),
black holes (BHs) and white dwarfs (WDs). For each
system the initial state and the final state are respectively here referred to as “in-state” and “out-state”.
For the traditional long GRBs, the induced gravitational collapse (IGC) paradigm (Ruffini et al. 2006, 2007,
2008; Izzo et al. 2012; Rueda & Ruffini 2012; Fryer et al.
2014; Ruffini et al. 2015a) proposes as in-state a tight binary system composed of a COcore undergoing a supernova (SN) explosion and a companion compact object,
e.g. a NS or a BH. The SN explosion triggers hypercritical accretion onto the companion (Ruffini et al. 2016).
They are classified into three sub-classes (Ruffini et al.
2016):
I. X-ray flashes (XRFs) with isotropic energy Eiso .
1052 erg and rest-frame spectral peak energy Ep,i .
200 keV. This class occurs in COcore –NS binaries
when the hypercritical accretion onto the NS com-
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Table 1
Summary of the astrophysical aspects of the different GRB sub-classes and of their observational properties. In the first four columns we
indicate the GRB sub-classes and their corresponding in-states and the out-states. In columns 5–8 we list the ranges of Ep,i and Eiso
(rest-frame 1–104 keV), Eiso,X (rest-frame 0.3–10 keV), and Eiso,GeV (rest-frame 0.1–100 GeV). Columns 9 and 10 list, for each GRB
sub-class, the maximum observed redshift and the local observed rate ρGRB obtained in Ruffini et al. (2016).
Sub-class

In-state

Out-state

I
II
III
IV

XRFs
BdHNe
BH-SN
S-GRFs

COcore -NS
COcore -NS
COcore -BH
NS-NS

νNS-NS
νNS-BH
νNS-BH
MNS

Ep,i
(MeV)
. 0.2
∼ 0.2–2
&2
.2

V

S-GRBs

NS-NS

BH

&2

VI
VII

U-GRBs
GRFs

νNS-BH
NS-WD

BH
MNS

&2
∼ 0.2–2

Eiso
(erg)
∼ 1048 –1052
∼ 1052 –1054
> 1054
∼ 1049 –1052

Eiso,X
(erg)
∼ 1048 –1051
∼ 1051 –1052
∼ 1051 –1052
∼ 1049 –1051

> 1052
∼ 1051 –1052

−
∼ 1049 –1050

∼ 1052 –1053

panion is not enough to induce gravitational collapse into a BH (Becerra et al. 2016, 2015). Thus,
the out-states of XRFs are binaries composed of
a newly-formed ∼ 1.4–1.5 M NS (hereafter νNS)
born in the SN explosion, and a massive NS (MNS)
which accreted matter from the SN ejecta. Their
−3
occurrence rate is ρXRF = 100+45
yr−1
−34 Gpc
(Ruffini et al. 2016), which is in agreement with
those for low-luminous long GRBs (Liang et al.
2007; Virgili et al. 2009; Sun et al. 2015).
II. Binary-driven hypernovae (BdHNe) with Eiso &
1052 erg and Ep,i & 200 keV. BdHNe occur in more
compact COcore –NS binaries which leads to a more
massive hypercritical accretion onto the NS, hence
leading to BH formation. Therefore, the out-states
of BdHNe are νNS-BH binaries (Becerra et al.
2016; Fryer et al. 2015; Becerra et al. 2015). Their
+0.09
occurrence rate is ρBdHN = 0.77−0.08
Gpc−3 yr−1
(Ruffini et al. 2016), which is in agreement with
those for high-luminous long GRBs (Wanderman
& Piran 2010; Sun et al. 2015).
III. BH-SN with Eiso & 1054 erg and Ep,i & 2 MeV.
BH-SN occur in close COcore -BH binaries (Ruffini
et al. 2001) in which the hypercritical accretion
produces, as out-states, a more massive BH and a
νNS. Such BH-SN systems correspond to the late
evolutionary stages of X-ray binaries, as Cyg X-1
and Cyg X-3 (Giacconi & Ruffini 1978), or microquasars (Mirabel & Rodrı́guez 1998). These systems are here considered a sub-set of the BdHNe.
Therefore, in the following we assume the rate of
BdHNe as an upper limit to the rate of BH-SNe,
−3
i.e. ρBH−SN . 0.77+0.09
yr−1 (Ruffini et al.
−0.08 Gpc
2016).
Similarly, for the traditional short GRBs, the in-states
are NS-NS or NS-BH merging binaries, as commonly
adopted also within the traditional models (see, e.g.,
Goodman 1986; Paczynski 1986; Eichler et al. 1989;
Narayan et al. 1991; Meszaros & Rees 1997; Rosswog
et al. 2003; Lee et al. 2004; Berger 2014). They are divided into three sub-classes (Fryer et al. 2015; Ruffini
et al. 2015b, 2016):
IV. Short gamma-ray flashes (S-GRFs), with Eiso .
1052 erg and Ep,i . 2 MeV, occur when no BH

. 1051

Eiso,Gev
(erg)
−
. 1053
& 1053
−

∼ 1052 –1053
−
−

zmax
1.096
9.3
9.3
2.609
5.52
−
2.31

ρGRB
(Gpc−3 yr−1 )
100+45
−34
0.77+0.09
−0.08
. 0.77+0.09
−0.08
3.6+1.4
−1.0


−3
1.9+1.8
−1.1 × 10
& 0.77+0.09
−0.08
1.02+0.71
−0.46

is formed in the NS-NS merger, i.e. they lead
to a MNS. Their occurrence rate is ρS−GRF =
−3
3.6+1.4
yr−1 (Ruffini et al. 2016), which is
−1.0 Gpc
in agreement with the estimates obtained from the
whole short burst population reported in the literature (Wanderman & Piran 2015; Sun et al. 2015).
V. Authentic short GRBs (S-GRBs), with Eiso &
1052 erg and Ep,i & 2 MeV, occur when a BH is
formed in the NS-NS merger.
Their occurrence rate

−3
is ρS−GRB = 1.9+1.8
Gpc−3 yr−1 (Ruffini
−1.1 × 10
et al. 2016).
VI. Ultra-short GRBs (U-GRBs), a new sub-class of
short bursts originating from νNS-BH merging binaries. Such systems are yet unobserved and
present a great challenge not only in the present
case of high-energy but also possibly in the radio band where they would manifest themselves as
pulsar-BH binaries (see, e.g., Tauris et al. 2015,
and references therein). They can originate from
BdHNe (see II above) or from BH-SN events (see
III above). We recall that in Fryer et al. (2015)
it is shown that the majority of BdHN out-states
remain bound. We thus assume as an ansatz that
−3
ρU−GRB ≈ ρBdHN = 0.77+0.09
yr−1 (Ruffini
−0.08 Gpc
et al. 2016).
VII. Gamma-ray flashes (GRFs) have 1051 . Eiso .
1052 erg and 0.2 . Ep,i . 2 MeV. This sub-class
of sources originates in NS-WD mergers (Ruffini
et al. 2016). These binaries are notoriously very
common astrophysical systems (Cadelano et al.
2015) and possible evolutionary scenarios leading
to such mergers have been envisaged (see, e.g.,
Lazarus et al. 2014; Tauris et al. 2000). GRFs
form a MNS and not a BH (see Ruffini et al.
2016, for details). Their rate of occurrence is
−3
ρGRF = 1.02+0.71
yr−1 (Ruffini et al. 2016).
−0.46 Gpc
Interestingly, it has been shown in Ruffini et al. (2016);
Fryer et al. (2015); Becerra et al. (2015) that the outstates of long GRBs can become the in-states of short
GRBs. Since ρXRF > ρS−GRF and ρXRF > ρS−GRB , the
out-states of XRFs (νNS-NS) could be the in-states of
S-GRFs (NS-NS mergers leading to a MNS) and S-GRBs
(NS-NS mergers leading to a BH).
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There is also an additional evolutionary scenario concerning the NS-WD merger, namely that they are produced from an S-GRF (Ruffini et al. 2016). The merger
of a mass-asymmetric NS-NS binary with total mass
m1 + m2 smaller than Mcrit can produce a MNS with
a low-mass WD companion (see Bildsten & Cutler 1992,
and references therein), a type of binary of great current
interest (see, e.g., Lazarus et al. 2014; Tauris et al. 2000).
The rate of occurrence of the above GRB sub-classes
has been recently estimated in Ruffini et al. (2016) assuming the absence of beaming. We show in Table 1 a
summary of the astrophysical aspects related to the GRB
sub-classes and their observational properties. With this
knowledge of the compact object binary progenitors associated with each GRB sub-class and their corresponding
rate of occurrence, we can now proceed to estimate their
GW emission in order to evaluate its possible detectability by aLIGO and bar detectors.
2. GW EMISSION AND DETECTABILITY
In the introduction we have recalled that the evolution
of the binary progenitors of both short and long GRBs
lead to compact binaries which will eventually merge in
a characteristic timescale and emit GWs. We turn now
to assess the detectability of the GW emission by these
merging binaries by aLIGO.
In order to do this, we make the following drastic
gedanken assumptions:

1. Although it is manifest that the release of gravitational energy of the system in the merger phase is
dominated by the X, gamma-ray and GeV emission
(see Table 1), we assume in Sec. 2.2 that the binary
dynamics is only driven by the GW emission.
2. Consistent with the above GW emission dominance
assumption, we further assume that the GW waveform is known and thus one can use the matched
filter technique to estimate the signal-to-noise ratio (see Sec. 2.1). The actual GW waveform under
the realistic conditions of electromagnetic emission
dominance is still unknown.
3. To estimate the maximum distance of GW detectability we adopt in Sec. 3 that the source is
optimally oriented with respect to the detector.
The above assumptions are made with the only aim of
establishing an absolute upper limit to the GW emission
and its putative detectability under the most optimistic
conditions. Similarly, we assume that the binarity of the
system does not compromise the structure of the NS (see
Sec. 2.3).
The minimum GW frequency detectable by the broadaLIGO
band aLIGO interferometer is fmin
≈ 10 Hz (LIGO
Scientific Collaboration et al. 2015). Since during the
binary inspiral the GW frequency is twice the orbital
one (see below Sec. 2.2), the above implies a binary is
inside the aLIGO band for orbital periods Porb . 0.2 s.
Thus, we can conclude that COcore -NS binaries, in-states
of XRFs and BdHNe, and COcore -BH binaries, in-states
of BH-SN, are not detectable by aLIGO since they have
orbital periods Porb & 5 min  0.2 s. Concerning their
out-states after the corresponding hypercritical accretion

processes, namely νNS-NS, out-states of XRFs, and νNSBH, out-states of BdHNe and BH-SNe, they are not
detectable by aLIGO at their birth but only when approaching the merger. In the case of NS-WD binaries,
the WD large radius and its very likely tidal disruption
by the NS make their GW emission hard to be detected
(see, e.g., Paschalidis et al. 2009). Thus, we do not consider NS-WD binaries in the following discussion.
It is clear that the analysis of GW emission during
the final coalescence and merger of the νNS-NS binaries
produced by XRFs is included in the analysis of the SGRF and S-GRB sub-classes, and the merger of νNS-BH
binaries produced in BdHNe and BH-SNe is included in
the one of U-GRBs.
In order to define the possible masses of the components of the binary systems, we need information on the
NS structure. In particular, we have to establish the
maximum stable NS mass, i.e., the critical mass for gravitational collapse to a BH. The critical mass lies within
the range 2.2–3.4 M depending on the equation of state
(EOS) and on the NS angular momentum (see Cipolletta
et al. 2015; Becerra et al. 2015; Belvedere et al. 2014 for
details). These quoted values are for EOS based on relativistic nuclear mean-field models (in this case the NL3,
TM1 and GM1 models) and for a NS angular momentum
from J = 0 up to Jmax ≈ 0.7GM 2 /c (Cipolletta et al.
2015). Hereafter, we adopt the stiffest model, namely
the NL3 EOS, which leads to the largest NS critical
mass: from Mcrit ≈ 2.7 M at J = 0, that, as expected,
is lower than the non-rotating critical mass upper limit
of 3.2 M established by Rhoades & Ruffini (1974), to
Mcrit ≈ 3.4 M at Jmax (Cipolletta et al. 2015).
For S-GRFs, we consider the simple case of symmetric
binary (NS-NS) mergers, m1 = m2 = m. The precise
value of the merging NS masses leading to a BH is still
poorly known, thus we have chosen it as roughly half
the maximum NS critical mass. Thus, for the sake of
completeness we explore mass values from m ≈ 1 M to
m ≈ 1.7 M .
For S-GRBs, we also consider non-spinning symmetric
binary components with values starting from the upper
edge of the S-GRF progenitors, i.e. m ≈ 1.7 M , up
to the maximum non-rotating stable mass, i.e. m ≈
2.8 M .
For the U-GRBs which are out-states of BdHN we
adopt m1 = 1.5 M for the νNS mass and mBH = 2.7–
3.4 M for the BH mass. For the U-GRBs which are
out-states of BH-SN we adopt m1 = 1.5 M for the νNS
mass and mBH = 3.4–10 M for the BH mass.
2.1. Signal-to-noise ratio
We first recall the main ingredients needed to estimate
the detectability of the aforementioned merging binaries
associated with the different GRB classes. The signal
h(t) induced in the detector is:
h(t) = F+ (θ, φ, ψ)h+ (t, ι, β)+F× (θ, φ, ψ)h× (t, ι, β), (1)
where h+ and h× are the two polarizations of the GW;
ι and β are the polar and azimuthal angles of the unit
vector from the source to the detector, relative to a coordinate system centered in the source. The detector
pattern functions F+ and F× depend on the localization
of the source with respect to the detector, i.e. they depend on the spherical polar angles θ and φ of the source
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relative to a coordinate system centered in the detector.
The pattern functions also depend on the polarization
angle ψ.
Since the GW signal might be deep inside the noise, the
signal-to-noise ratio, denoted hereafter by ρ, is usually
computed using the matched filter technique, i.e. (Flanagan & Hughes 1998):
Z ∞
2
h̃(f )
ρ2 = 4
df,
(2)
Sn (f )
0
where f is the GW frequency in the detector’s
p frame,
Sn (f ) is
h̃(f ) is the Fourier transform of h(t) and
the one-sided amplitude spectral density (ASD) of the
aLIGO noise. We recall that in the detector’s frame the
GW frequency is redshifted by a factor 1+z with respect
to the one in the source’s frame, fs , i.e. f = fs /(1 + z).
The exact position of the binary relative to the detector and the orientation of the binary rotation plane
are usually unknown, thus it is a common practice to
estimate the signal-to-noise ratio averaging over all the
possible locations and orientations, i.e.:
Z ∞
Z ∞
h|h̃(f )|2 i
h2c (f )
hρ2 i = 4
df = 4
df,
(3)
Sn (f )
f 2 Sn (f )
0
0
with hc (f ) the characteristic strain (Flanagan & Hughes
1998)
s
(1 + z) hF+2 i G dE
hc =
[(1 + z)f ],
(4)
πdl
2 c3 dfs
where
dl =

(1 + z)c
H0

Z

z

[ΩM (1 + x)3 + ΩΛ ]−1/2 dx,

(5)

0

is the source luminosity distance and we have used the
fact that hF+2 i = hF×2 i and hF+ F× i = 0. We recall that
hF+2 i = 1/5 for an interferometer and hF+2 i = 4/15 for
a resonant bar (see, e.g., Maggiore 2007). We adopt
a ΛCDM cosmology with H0 = 71 km s−1 Mpc−1 ,
ΩM = 0.27 and ΩΛ = 0.73 (Rigault et al. 2015). It
is important to recall that, as we have mentioned, we are
interested in estimating the GW detectability under the
most optimistic conditions. Thus, to estimate the maximum distance of GW detectability we adopt in Sec. 3
the ansatz of optimally oriented sources with respect to
the detector. The above averaging procedure is here used
with the only aim of giving an estimate of the GW strain
amplitude, hc , compared and contrasted below in Sec. 2.4
with the strain noise of the detectors.
2.2. GW energy spectrum
A binary system, by emitting GWs, evolves in time
through two regimes: the first is the inspiral regime and
the second, which we refer hereafter to as merger regime,
is composed in the most general case of the final plunge,
of the merger, and of the ringdown (oscillations) of the
newly formed object.
During the inspiral regime the system evolves describing quasi-circular orbits and it is well described by the
traditional point-like quadrupole approximation (Peters
& Mathews 1963; Peters 1964; Rees et al. 1974; Landau

& Lifshitz 1975). The GW frequency is twice the orbital
frequency (fs = 2forb ) and grows monotonically. The
energy spectrum during the inspiral regime is:
dE
1
= (πG)2/3 Mc5/3 fs−1/3 ,
dfs
3

(6)

where Mc = µ3/5 M 2/5 = ν 3/5 M is the called chirp mass,
M = m1 + m2 is the total binary mass, µ = m1 m2 /M
is the reduced mass, and ν ≡ µ/M is the symmetric
mass-ratio parameter. A symmetric binary (m1 = m2 )
corresponds to ν = 1/4 and the test-particle limit is
ν → 0. The total energy emitted during this regime
can be estimated as the binding energy of the binary at
the last stable circular orbit (LSO). For a test-particle
in the Schwarzschild background, the LSO is located at
rLSO = 6GM/c2 and the binding energy is:
√

∆Einsp = 1 − 2 2/3 µc2 .
(7)

The GW spectrum of the merger regime is characterized by a GW burst (see, e.g., Davis et al. 1971; Shibata &
Taniguchi 2011; Bernuzzi et al. 2015a). Thus, to estimate
whether this part of the signal contributes to the signalto-noise ratio, it is sufficient to estimate the location of
the GW burst in the frequency domain and its energy
content. We recall that, in general, the merger regime is
composed of plunge+merger+ringdown. The frequency
range spanned by the GW burst is ∆f = fqnm − fmerger ,
where fmerger is the frequency at which the merger starts
and fqnm is the frequency of the ringing modes of the
newly formed object after the merger, and the energy
emitted is ∆Emerger . With these quantities defined, we
can estimate the typical value of the merger regime spectrum as:


dE
∆Emerger
∼
.
(8)
dfs merger
∆f
2.3. GW energy and frequency in the merger regime
2.3.1. NS-NS merger
Numerical relativity simulations (e.g. Shibata &
Taniguchi 2011; Bernuzzi et al. 2015a) show that finite
size effects might end the inspiral regime before the LSO.
After this point, the GW spectrum damps exponentially.
For the case of NS-NS the merger starts in an orbit larger
than the LSO, and for the case of a NS-BH, as we will
see below, the merger can occur below the LSO making the spectrum similar to a BH-BH merger. When
the merger occurs well before the LSO, there is not the
plunge. Therefore, the emitted energy will be less than
the case when the plunge is present. We can therefore obtain an upper limit to ∆Emerger by adopting the energy
emitted during the plunge-merger-ringdown of a BH-BH
merger (Detweiler & Szedenits 1979; Nagar et al. 2007)
∆Emerger ≈ 0.5ν 2 M c2 .

(9)

To complete the estimate of the merger regime spectrum, we have to estimate the value of ∆f in the different cases of interest. The approach to the merger point,
r = rmerger , depends on the nature of the binary system. Typically, the merger is assumed to start at the
point of maximum GW strain (see, e.g., Bernuzzi et al.
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Table 2
Properties of the GW emission of S-GRFs, S-GRBs and U-GRBs. We have made the drastic gedanken assumption that the binary
evolution is only driven by GW emission, although it is manifest that the gravitational energy of the system in the merger phase is
dominated by the radio, optical, X, gamma-ray and GeV emission (see Table 1). This assumption is made with the only aim of
establishing an absolute upper limit to the GW emission and its detectability under the most optimistic conditions. Column 1: GRB
sub-class. Column 2: energy emitted in GWs during the inspiral regime ∆Einsp given by Eq. (7). Column 3: energy emitted in GWs
during the merger regime (plunge+merger+ringdown) ∆Emerger given by Eq. (9). Columns 4: GW frequency at merger. Column 5: GW
obs at which each sub-class has been observed. Column
frequency of the ringdown regime. Column 6: lowest cosmological redshift value zmin
obs , d
7: luminosity distance corresponding to zmin
,
estimated
from
Eq.
(5).
Columns 8 and 9: GW horizon calculated with the
lmin
sensitivity of the first run of aLIGO (O1) and the expected final sensitivity (2022+), respectively. It can be seen that the current GW
horizon is much smaller than the observed distances of GRBs, impeding a positive detection by aLIGO. Only in the case of U-GRB
(BH-SN) it is foreseen a possible detection during the run 2022+. See also Table 3. We have used for S-GRFs (1.4+1.4) M , for S-GRBs
(2.0+2.0) M and, for U-GRBs (1.5+3.0) M and (1.5+10.0) M respectively for the out-states of BdHNe and of BH-SN. Even if no
obs and d
U-GRB has yet been identified, we use here the values of zmin
lmin corresponding to the closest BdHN observed.

S-GRF
S-GRB
U-GRB
U-GRB (BH-SN)

∆Einsp
(erg)
7.17 × 1052
1.02 × 1053
1.02 × 1053
1.34 × 1053

∆Emerger
(erg)
1.60 × 1053
2.28 × 1053
2.03 × 1052
1.35 × 1053

fmerger
(kHz)
1.20
1.43
0.98
0.38

2015a, and references therein). However, since the transition from a binary system to a single merged object is
not sharply definable, there can be found different definitions of the merger point in the literature (see, e.g.,
Kawaguchi et al. 2015). For our purpose it is sufficient
to estimate the frequency at “contact”, namely the frequency at a binary separation rcontact ≈ r1 +r2 where ri is
the radius of the i-component. This certainly sets a lower
limit to the frequency at maximum strain at merger, i.e.
rcontact & rmerger . Thus, we adopt for these systems:
NS−NS
NS−NS
fmerger
≈ fcontact
=


3/2
1 c3 C1 C2 (1 + q)
,
π GM
C1 + qC2

(10)

fqnm
(kHz)
3.84
2.59
2.30
0.90

obs
zmin

0.111
0.903
0.169
0.169

dlmin
(Mpc)
508.70
5841.80
804.57
804.57

dGW (Mpc)
O1
2022+
168.43
475.67
226.62
640.18
235.62
665.72
362.27
1023.43

last frequency is of the order of

  3/2
1/2
1 GM
1 c3 CMNS
MNS
fqnm
≈
,
=
π
R3
π G
M

(12)

where R is the radius of the MNS and CMNS ≡ GM/(c2 R)
is its compactness. In either case of BH or MNS formation, it is satisfied fqnm > fcontact . It can be checked that
the above frequency estimates are consistent with values
obtained from full numerical relativity simulations (see,
e.g., Rodriguez et al. 2016; Anninos et al. 1995; Bernuzzi
et al. 2015a).

(11)

2.3.2. NS-BH merger
For a NS-BH merger, the approach to merger is different since general relativistic effects avoid the objects to
go all the way to the “contact” point following circular orbits. For example, let us assume m1 = mBH ≈ 3 M and
m2 = MNS ≈ 1.5 M , so M = 1.5 + 3.0 M = 4.5 M .
In this case r1 = 2GmBH /c2 (for a Schwarzschild BH)
and r2 = Gm2 /(c2 C2 ), so rcontact ≈ 3.3GM/c2 . Within
the test-particle limit, the LSO around a Schwarzschild
BH occurs at rLSO = 6GmBH /c2 ≈ 6GM/c2 > rcontact .
Taking into account finite-mass and tidal effects does not
change this conclusion (on the contrary, the LSO becomes bigger; see Bernuzzi et al. 2015b). Thus, we have
that rcontact < rLSO which suggests that a NS-BH binary, similar to the case of a BH-BH one, can pass from
the inspiral regime, to the plunge from rplunge = rLSO to
merger at rmerger ≈ rcontact , to the ringing of the newly
formed BH. At rplunge , the GW frequency is

 3 
1/2
1 GM
1
c
NS−BH
fplunge ≈
=
,
(13)
3
π rLSO
π63/2 GM

i.e. fqnm ≈ 3.4 kHz for a Schwarzschild BH of 3 M .
In the case of a rotating BH, namely a Kerr BH, the
peak frequency shifts to higher values (Detweiler 1980).
BH
Thus, the value of fqnm
for a non-rotating BH can be
considered as a lower bound to the peak frequency.
When the merger does not lead to a BH, the merger
frequency is dominated by the oscillations of a MNS. This

and as in the previous case of BH formation from a NSNS merger, the NS-BH post-merger GW spectrum will
be dominated by frequencies given by Eq. (11). Namely,
NS−BH
BH
for the present example fplunge
≈ 980 Hz and fqnm
≈
2.3 kHz.
In the above analysis we have neglected the possibility that the NS can be tidally disrupted by the BH before it reaches r = rLSO . The NS is disrupted by the

where q = m2 /m1 is the mass-ratio which is related
to the symmetric mass-ratio parameter by ν = q/(1 +
q)2 , and Ci ≡ Gmi /c2 ri is the compactness of the icomponent.
For a mass symmetric NS-NS binary, we have that
3/2
NS−NS
fcontact ≈ (1/π)(c3 /G)CNS /M , where CNS ≡ C1 = C2
is the compactness parameter of the initial NS. For example, for the NL3 EOS, the NS compactness lies in the
range CNS ≈ 0.14–0.3 for a NS mass 1.4–2.8 M (see,
e.g., Cipolletta et al. 2015). Thus, using the same EOS
we have, for an M = (1.4 + 1.4) M = 2.8 M binary,
NS−NS
fcontact
≈ 1.34 kHz, and for an M = (2.0 + 2.0) M =
NS−NS
4.0 M binary, fcontact
≈ 1.43 kHz.
In the merger regime either a BH or a MNS can
be formed. If a BH is formed, the l = 2 multipole
(quadrupole) quasi-normal oscillations lead to a spectrum that peaks at a frequency (Davis et al. 1971, 1972)
BH
fqnm
≈

0.32 c3
,
2π GM
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BH if rLSO < rtd , where rtd is the tidal disruption radius. Numerical simulations of NS-BH binary mergers
suggest rtd . 0.45q −1/3 RNS (see Shibata & Taniguchi
2011, and references therein), where q ≡ m2 /m1 ≤ 1 is
the binary mass-ratio. To evaluate whether rLSO < rtd
or rLSO > rtd , we need to compute the LSO accounting
for tidal effects on the NS, since they make the effective
potential more attractive with respect to the point-like
one (Bernuzzi et al. 2015b). From simulations of NSBH binaries (with mBH = 3 M and for q ≤ 1) via
the effective one-body formalism at 4th post-Newtonian
order including the tidal potential, we have obtained
rLSO ≈ 5(GM/c2 )q 2/5 (Gizzi & Rueda 2016). This implies tidal disruption for values of the NS compactness
CNS < CNS,td = 0.09q 4/15 /(1 + q). For 1.5 + 3.0 M and
1.5 + 10.0 M νNS-BH binaries, we have CNS ≈ 0.15 and
CNS,td ≈ 0.05, thus tidal disruption of the NS by the BH
seems to be unlikely in both cases, as we have supposed.
2.4. Characteristic strain and detectors sensitivity
From Eqs. (6) and (8) and with the knowledge of the
energy released in GWs (9) and the spanned frequencies in the merger regime (see Table 2), we can estimate
the characteristic strain (4) which can be compared and
contrasted with the strain noise of GW detectors.
Fig. 1 shows the GW signal ASD produced by S-GRFs,
S-GRBs and U-GRBs, obtained with the aid of Eq. (4).
In this figure we adopt: a (1.4 + 1.4) M νNS-NS merger
for S-GRFs, a (2.0+2.0) M νNS-NS merger for S-GRBs,
a (1.5 + 3.0) M νNS-BH merger for U-GRBs produced
by out-states of BdHNe, and a (1.5 + 10.0) M νNS-BH
merger for U-GRBs produced by out-states of BH-SNe.
We have assumed in this plot that these sources are located at the closest luminosity distance dl at which each
sub-class has been observed (see Table 2 for details). We
show the noise ASD of aLIGO in the current run (O1)
and in the expected 2022+ run (Abbott et al. 2016);
the expected noise ASD of AdV (BNS-optimized; Abbott et al. 2016); the expected noise ASD of the spacebased interferometer eLISA for the N2A1, N2A2 and
N2A5 configurations (see, e.g., Klein et al. 2016); and
the noise ASD of the NAUTILUS bar detector for a 1 ms
GW burst (Astone et al. 2006, 2008). Narrow-band resonant bar detectors (such as ALLEGRO, AURIGA, EXPLORER, NAUTILUS and NIOBE) are sensitive within
a bandwidth of ∼ 1–10 Hz around the resonant frequency which is typically f0 ∼ 1 kHz (see, e.g., Table
2 in Camp & Cornish 2004, for a summary of the properties of the bar detectors). The bar detector with the
wider bandwidth
with a minimum strain
√ is NAUTILUS
−21
−1/2
spectral
noise
Hz
at f0 = 935 Hz and
S
=
10
n
√
Sn ≤ 10−20 Hz−1/2 in a bandwidth ∼ 30 Hz around f0
(Astone et al. 2008). This implies that a 1 ms GW burst
would be detected by this instrument if it has a strain
amplitude h & 3 × 10−19 (Astone et al. 2006, 2008).
From this figure we can conclude for the NS-NS and
NS-BH binaries associated with S-GRFs, S-GRBs and
U-GRBs:
1. Before merging: they transit, during their inspiral regime which spans the frequency range f <
fmerger /(1 + z) (see in Table 2 the frequencies and
redshift), first the eLISA frequency band to then
enter the aLIGO and AdV ones in the final orbits

prior the merging process (when Porb < 0.2 s). The
narrow bandwidth of the bar detectors does not
cover these frequencies. For the adopted distances
we see that the characteristic strain generated by
all these sources is below the sensitivity of eLISA.
S-GRFs are below the sensitivity of aLIGO (O1),
AdV and NAUTILUS, but inside the sensitivity of
aLIGO (2022+). S-GRBs are below the sensitivity of aLIGO (all runs), AdV and NAUTILUS. UGRBs from out-states of BdHNe are below the sensitivity of aLIGO (O1), AdV and NAUTILUS, but
inside the sensitivity of aLIGO (2022+). U-GRBs
from out-states of BH-SNe are below the sensitivity
of aLIGO (O1) and NAUTILUS, inside the sensitivity of aLIGO (2022+), and marginally inside the
sensitivity of AdV.
2. Merging: the merging regime, which expands frequencies from fcontact /(1 + z) to fqnm /(1 + z) (see
in Table 2 the frequencies and redshift), is outside
the eLISA frequency band but inside the aLIGO,
AdV and bar detectors ones. The characteristic
strain in this final merger phase h ∼ 10−24 –10−23
is, unfortunately, well below the sensitivity of all
of them (see also Kobayashi & Mészáros 2003 for
similar conclusions for aLIGO).
From the above it can be seen that the most interesting
instrument for the possible detection of the GW emission
from binaries associated with GRBs is aLIGO. Therefore,
we estimate in the next section the expected detection
rates by aLIGO (see Fig. 2 and Table 3).
3. GW DETECTION RATE
We assume a threshold for the aLIGO single detector
ρ0 = 8 (Abbott et al. 2016). This minimum ρ0 defines
a maximum detection distance or GW horizon distance,
which is denoted as dGW . This horizon corresponds to
the most optimistic case when the binary is just above
the detector and the binary plane is parallel to the detector plane, i.e. θ = φ = ι = 0 (Allen et al. 2012):
Z ∞ −7/3 1/2
2A
f
dGW =
df
,
(14)
ρ0
Sn (f )
0

where A = 5/(24π 4/3 )1/2 (GMc /c3 )5/6 c. We show in Table 2 GW horizon for S-GRFs, S-GRBs and U-GRBs.
Since not all the sources are optimally aligned with
the detector, the number of detected sources inside a
sphere of radius dGW will be a fraction F 3 of the total. This fraction determines the range of the detector R = FdGW , with F −1 = 2.2627 (Finn & Chernoff
1993). In order to give an estimate of the annual number of detectable binaries associated with GRBs we use
the search volume as computed in (Abbott et al. 2016),
GW
GW
Vs = Vmax
T , where Vmax
= (4π/3)R3 and T is the
observing time. We use here the lower and upper values of Vs for a (1.4+1.4) M NS binary for the different observational campaigns reported in (Abbott et al.
2016): 2015/2016 (O1) with T = 3 months, VS = (0.5–
4) × 105 Mpc3 yr, 2017/2018 (O3) with T = 9 months,
VS = (3–10) × 106 Mpc3 yr, and the one by the entire network including LIGO-India at design sensitivity
(2022+) with T = 1 yr, VS = 2 × 107 Mpc3 yr. The
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Figure 1. Comparison of the signal’s ASD hc / f of S-GRFs, S-GRBs and U-GRBs with the noise’s ASD Sn (f ), where Sn is the power
spectrum density of the detector’s noise of eLISA, of aLIGO and of the bar detector NAUTILUS. The green lines, from top to bottom, are
the expected noise’s ASD of the N2A1, N2A2 and N2A5 configurations of eLISA (Klein et al. 2016). The dashed and continuous blue lines
correspond to the noise’s ASD respectively of aLIGO O1 run (2015/2016) and of the expected aLIGO 2022+ run (Abbott et al. 2016), and
the cyan line is the expected noise’s ASD of AdV (BNS-optimized; Abbott et al. 2016). The filled square indicates the noise’s ASD of the
NAUTILUS resonant bar for a 1 ms GW burst (Astone et al. 2006, 2008). The red filled area indicates the region of undetectability by
any of the above instruments. We recall that in this plot the GW frequency is redshifted by a factor 1 + z with respect to the source frame
value, i.e. f = fs /(1 + z), for which we use the cosmological redshift and corresponding luminosity distance of the closest observed source of
each sub-class (see Table 2). The following three curves correspond to the inspiral regime of the coalescence: S-GRFs with (1.4 + 1.4) M
(solid curve), S-GRBs with (2.0 + 2.0) M (short-dashed curve), U-GRB with (1.5 + 3.0) M (dotted curve) from out-states of BdHNe,
and U-GRB with (1.5 + 10.0) M (long dashed curve) from out-states of BH-SNe. The dot, star, triangle and diamond correspond to hc
in the merger regime for S-GRFs, S-GRBs, U-GRBs from out-states of BdHNe, and U-GRBs from out-states of BH-SNe, respectively. The
first point is located at fmerger /(1 + z) and the second at fqnm /(1 + z) (see Table 2). The down-arrows indicate that these estimates have to
be considered as upper limits since we have assumed that all the energy release in the system goes in GWs, which clearly overestimates the
GW energy output in view of the dominance of the electromagnetic emission (see Table 3). We have also overestimated the GW energy in
the merger regime by using Eq. (9) which is the expected GW energy emitted in the plunge+merger+ringdown phases of a BH-BH merger.
For binary mergers involving NSs, as we have discussed in Sec. 2.3, the energy released in GWs must be necessarily lower than this value.
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Figure 2. Expected annual GW upper and lower bounds (the solid and the dashed lines, respectively) for the detections expected from
S-GRFs (left panel), S-GRBs (middle panel), and U-GRBs (right panel), for three selected observational campaigns: 2015/2016 (O1: green
curves with circles), 2017/2018 (O3: orange curve with squares), and 2022+ (gray curve with triangles). The vertical blue dashed line in
the plot of U-GRBs separates νNS-BH binaries produced by BdHN (BH masses equal to the NS critical mass) and BH-SN (BH masses
larger than the NS critical mass).
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Table 3
Column 1: GRB sub-class. Column 2: inferred number of GRBs per year in the entire Universe, ṄGRB , for each GRB sub-class (see also
obs , obtained from the observations of γ-ray telescopes
Fig. 6 in Ruffini et al. 2016). Column 3: number of GRBs observed per year, ṄGRB
such as AGILE, BATSE, BeppoSAX, Fermi, HETE-II, INTEGRAL, Konus/WIND and Swift, in the indicated years of observations (see
also Tables 2–6 in Ruffini et al. 2016). Column 4: expected rate of GW detections by aLIGO of all the GRB sub-classes, computed for
three selected observational campaigns: 2015/2016 (O1), 2017/2018 (O3) and the one by the entire network including LIGO-India at
design sensitivity, 2022+. The typical masses used here are the same of Table 2.
GRB sub-class
XRFs
BdHNe
BH-SN
S-GRFs

ṄGRB (yr−1 )
144–733
662–1120
. 662–1120
58–248

obs (yr−1 )
ṄGRB
1 (1997–2014)
14 (1997–2014)
. 14 (1997–2014)
3 (2005–2014)

S-GRBs

2–8

1 (2006–2014)

U-GRBs

662–1120

–

U-GRBs (BH-SN)

. 662–1120

–

GRFs

29-153

1 (2005–2014)

ṄGW (yr−1 )
undetectable
undetectable
undetectable
O1: (0.4–8)×10−3
O3: 0.011–0.065
2022+: 0.1–0.2
O1: (0.4–8)×10−6
O3: (0.08–1.2)×10−4
2022+: (0.8–3.6)×10−4
O1: (0.36–3.6) × 10−3
O3: 0.008–0.032
2022+: 0.076–0.095
O1: 0.0016–0.016
O3: . 0.029–0.12
2022+: . 0.3–0.36
undetectable
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maximum possible sensitivity reachable in 2022+ leads
GW
to dGW ≈ 0.2 Gpc, hence Vmax
≈ 0.033 Gpc3 , for such a
binary. We can use this information for a (1.4+1.4) M
binary and extrapolate it to other binaries with different
5/6
masses since the dGW scales with the chirp mass as Mc
(see Fig. 2).
From the inferred occurrence rates ρGRB (not to be
confused with signal-to-noise ratio ρ) summarized in Table 1, we show in Fig. 2 the expected number of GW
detections by aLIGO
GW
ṄGW = ρGRB Vmax
,

(15)

for S-GRFs, S-GRBs, and U-GRBs.
We compare and contrast in Table 3 for the GRB subclasses: the expected GW detection rate by aLIGO given
by Eq. (15), ṄGW , the inferred occurrence rate of GRBs,
ṄGRB , and the observed GRB rate from γ-ray telescopes
(AGILE, BATSE, BeppoSAX, Fermi, HETE-II, INTEGRAL, Konus/WIND and Swift), simply estimated as
obs
obs
obs
is the number of GRBs
/Tobs where NGRB
ṄGRB
= NGRB
detected in the observing time Tobs . The rate ṄGRB
is obtained from the GRB specific rate through the reconstruction of the GRB luminosity function and the
study of its evolution with the redshift (see Ruffini et al.
2016, for details). This estimate, therefore, is larger than
obs
which is limited to those events beyond the detecṄGRB
tor sensitivity threshold, falling inside its field of view
and within its operational time.
4. CONCLUSIONS

Short and long GRBs have been divided into 7 subclasses according to their binary nature (Ruffini et al.
2016). We summarize in Table 1 their main physical
properties characterizing the outcome of X-rays, gammarays, high-energy and ultra high-energy detectors, as well
as their occurrence rate. Particularly important for the
present work is the specification of the in-states and outstates of the GRB progenitors.
With the knowledge of the nature of the compact object binaries associated with each GRB sub-class, we describe in Sec. 2 the general properties of the GW emission
during the inspiral and merger regimes of these binaries.
We argue that S-GRFs, S-GRBs and U-GRBs are the
GRB sub-classes relevant for the GW analysis. It is manifest that the release of the gravitational energy gain of
the system in the merger phase is dominated by the Xrays, gamma-rays and GeV emission (see Table 1). In
order to evaluate the GW emission we have made in this
work the drastic gedanken assumption that the binary
evolution is only driven by GW emission. This assumption is of interest with the only aim of establishing an
absolute upper limit and to check the detectability of
the GW emission under this most optimistic condition.
We compare and contrast in Sec. 2.4 the GW characteristic strain amplitude produced by the inspiral and merger
regimes with the strain noise of the broadband detectors
eLISA, aLIGO and AdV as well as of the narrow-band
resonant bar NAUTILUS. In order to do this we use the
cosmological redshift and corresponding luminosity distance of the closest observed source of each sub-class (see
Table 2). We show that the inspiral regime is possibly
detectable only by aLIGO (see Table 2 and Fig. 1) and

the merger regime is undetectable by any of these instruments.
Therefore, in Sec. 3 we assess quantitatively the GW
detectability of the inspiral regime of S-GRFs, S-GRBs
and U-GRBs only by aLIGO. We recall that, following
(Abbott et al. 2016), we adopt as the threshold for detectability a signal-to-noise ratio equal to 8. We present
in Fig. 2 and Table 3 the expected detection rate of
the gedanken GW emission. Three observational campaigns of aLIGO are analyzed: O1 (2015/2016), O3
(2017/2018), and 2022+ namely the one by the entire
network including LIGO-India at design sensitivity. In
Table 3 we compare and contrast this rate with the occurrence rate of the GRB sub-classes and their rate of
observations by γ-ray telescopes.
Keeping the above in mind, we conclude for each GRB
sub-class:
I. XRFs: their νNS-NS out-states transit, during the
inspiral regime which spans the frequency range
f < fmerger /(1 + z) (see Table 2), first the eLISA
frequency band to then enter the aLIGO and AdV
ones in the final orbits prior to the merging process
(i.e. when Porb < 0.2 s). Resonant bar detectors
are not sensitive in this inspiral regime frequency
range. The characteristic strain generated by these
sources in the inspiral regime is below the sensitivity of eLISA. The merger regime, which expands
frequencies from fcontact /(1 + z) to fqnm /(1 + z)
(see Table 2), is outside the eLISA frequency band
but inside the frequency band of aLIGO, AdV and
bar detectors. See Fig. 1 for details. These νNSNS mergers can lead either to S-GRFs or S-GRBs
(see in IV and V below the conclusion about their
GW detectability).
II. BdHNe: their νNS-BH out-states transit, during
the inspiral regime which spans the frequency range
f < fmerger /(1 + z) (see Table 2), first the eLISA
frequency band to then enter the aLIGO and AdV
ones in the final orbits prior to the merging process
(i.e. when Porb < 0.2 s). Resonant bar detectors
are not sensitive in this inspiral regime frequency
range. The characteristic strain generated by these
sources in the inspiral regime is below the sensitivity of eLISA. The merger regime, which expands
frequencies from fcontact /(1 + z) to fqnm /(1 + z)
(see Table 2), is outside the eLISA frequency band
but inside the frequency band of aLIGO, AdV and
bar detectors. See Fig. 1 for details. These νNSBH mergers lead to U-GRBs (see in VI below the
conclusion about their GW detectability).
III. BH-SN: their νNS-BH out-states transit, during
the inspiral regime which spans the frequency range
f < fmerger /(1 + z) (see Table 2), first the eLISA
frequency band to then enter the aLIGO and AdV
ones in the final orbits prior to the merging process
(i.e. when Porb < 0.2 s). Resonant bar detectors
are not sensitive in this inspiral regime frequency
range. The characteristic strain generated by these
sources in the inspiral regime is below the sensitivity of eLISA. The merger regime, which expands
frequencies from fcontact /(1 + z) to fqnm /(1 + z)
(see Table 2), is outside the eLISA frequency band
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but inside the frequency band of aLIGO, AdV and
bar detectors. See Fig. 1 for details. These νNSBH mergers lead to U-GRBs (see in VI below the
conclusion about their GW detectability).
IV. S-GRFs: the final orbits of the inspiral regime
(when Porb < 0.2 s) fall inside the frequency band
of aLIGO, AdV and bar detectors. However, the
gedanken GW energy output in the merger regime
leads to a characteristic strain which is not sufficient to be detectable either by any of them.
See Fig. 1 for details. The inspiral regime is detectable for sources located at distances smaller
than 168 Mpc for the O1 aLIGO run and smaller
than 476 Mpc for the 2022+ run (see Table 2). The
closest S-GRF observed up to now is, however, located at 509 Mpc. See Table 3 for the gedanken
GW detection rate.
V. S-GRBs: the final orbits of the inspiral regime
(when Porb < 0.2 s) fall inside the frequency band
of aLIGO, AdV and bar detectors. However, the
gedanken GW energy output in the merger regime
leads to a characteristic strain which is not sufficient to be detectable either by any of them.
See Fig. 1 for details. The inspiral regime is detectable for sources located at distances smaller
than 227 Mpc for the O1 aLIGO run and smaller
than 640 Mpc for the 2022+ run (see Table 2). The
closest S-GRB observed up to now is, however, located at 5842 Mpc. See Table 3 for the gedanken
GW detection rate.
VI. U-GRBs: the final orbits of the inspiral regime
(when Porb < 0.2 s) fall inside the frequency band
of aLIGO, AdV and bar detectors. However, the
gedanken GW energy output in the merger regime
leads to a characteristic strain which is not sufficient to be detectable either by any of them. See
Fig. 1 for details. In the case of U-GRBs originating from the BdHN out-states, the inspiral regime is
detectable for sources located at distances smaller
than 235 Mpc for the O1 aLIGO run and smaller
than 666 Mpc for the 2022+ run (see Table 2).
In the case of U-GRBs originating from the BHSN out-states, the inspiral regime is detectable for
sources at distances smaller than 362 Mpc for the
O1 aLIGO run and smaller than 1023 Mpc for the
2022+ run (see Table 2). No U-GRB has yet been
electromagnetically identified. The closest distance
at which is located its possible progenitor, namely
a BdHN, is 805 Mpc. See Table 3 for the gedanken
GW detection rate.
VII. GRFs: The tidal disruption of the WD by the NS
produces a not detectable GW emission (see, e.g.,
Paschalidis et al. 2009).
The most favorable case for the gedanken GW detection by aLIGO, with a rate of ṄGW = 0.1–0.2 yr−1 , is
that of S-GRFs (see Table 3). In such systems however
no BH is formed. The merger of the two NSs will instead
lead to a MNS. Among those producing a BH, the most
favorable cases are that of U-GRBs from BdHNe with a
gedanken rate ṄGW = 0.076–0.095 yr−1 and those from

BH-SN with ṄGW = 0.3–0.36 yr−1 (see Table 3). Realistic ṄGW values will need the assessment of the GW to
electromagnetic energy ratio which is necessarily smaller
than unity from energy conservation.
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What can we really infer from GW 150914?
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In a recent letter we have outlined some issues on GW 150914, we hereby give additional details.
We analyze the event GW 150914 announced by the Advanced Laser Interferometer GravitationalWave Observatory (LIGO) as the gravitational-wave emission of a black-hole binary merger. We
show that the parameters of the coalescing system and of the newly formed Kerr black-hole can be
extracted from basic results of the gravitational-wave emission during the inspiraling and merger
phases without sophisticate numerical simulations. Our strikingly accurate estimates are based on
textbook formulas describing two different regimes: 1) the binary inspiraling analysis treated in
Landau and Lifshitz textbook, 2) the plunge of a particle into a black-hole, treated in the ReesRuffini-Wheeler textbook as well as 3) the transition between these two regimes following Detweiler’s
treatment of a particle infalling with non-zero angular momentum onto a black-hole. It is stressed
that in order to infer any astrophysical information on the masses of the system both regimes have
to be independently and observationally constrained by LIGO, which does not appear to be the
case.
Keywords: Gravitational-Waves

I.

INTRODUCTION

In a recent letter [1], we have pointed out some issues related to GW 150914, the recently announced
gravitational-wave signal by the Advanced Laser Interferometer Gravitational-Wave Observatory (LIGO) [2].
We give in this work additional details.
By using numerical relativity templates of the
gravitational-wave emission of black-hole binary mergers,
the LIGO-Collaboration concluded that the signal, which
lasts 0.2 s with increasing gravitational-wave frequency
from 35 to ∼ 150 Hz, was emitted during the inspiral
and merger of a black-hole binary system, followed by
the subsequent ringdown of the newly formed black-hole.
The binary black-hole parameters obtained from this
+4
analysis are: mBH,1 = 36+5
−4 M , mBH,2 = 29−4 M , and
a luminosity distance to the source dL = 410+160
−180 Mpc
+0.03
(cosmological redshift z = 0.09−0.04 ), adopting a flat
Λ-cold-dark-matter cosmology with Hubble parameter
H0 = 67.9 km s−1 Mpc−1 , and matter and dark-energy
density parameter Ωm = 0.306 and ΩΛ = 0.694, respectively. The mass and spin parameter of the newly
formed black-hole are mBH = 62+4
and α ≡
−4 M
+0.05
cJBH /(Gm2BH ) = 0.67−0.07
, respectively, being JBH the
black-hole angular momentum.
There are two markedly different regimes in the evolution of coalescing binary black-holes: I) the quasi-circular
inspiraling phase and II) the final plunge, merger and
subsequent ringdown of the newly formed black-hole.
We show in this work that the general features of this
system can be inferred from a simple analysis of the
gravitational-wave signal on the light of the foundations
of the gravitational-wave theory and from three classic
results: 1) the analysis of the inspiraling phase of a binary system of point-like particles (regime I, see [3]), 2)

the plunge, merger and ringdown analysis based on the
approximation of a test-particle falling into a black-hole
(regime II, see [4, 5] as well as [6] and appendices therein),
and 3) the transition from regime I to regime II based on
the approximation of a test-particle falling with non-zero
angular momentum into a black-hole [7, 8]. Our treatment evidences that, for the validity of the binary interpretation, it is essential that both regime I and regime II
be independently constrained by observations with comparable accuracy.

II.

REGIME I: THE INSPIRAL PHASE

The presence of a binary system is the first fundamental assumption to be confirmed by observational data. A
binary system, by emitting gravitational-waves, evolves
first through what we call here regime I, namely the inspiral phase in which the binary follows quasi-circular
orbits. The gravitational-wave energy spectrum in this
phase can be estimated from the traditional formula of
the quadrupole emission within the classic point-like approximation [3, 6, 9, 10]
1
dE
= (πG)2/3 νM 5/3 f −1/3 ,
df
3

(1)

where ν ≡ µ/M is the so-called symmetric mass-ratio
parameter, with µ = m1 m2 /M the binary reduced
mass, M = m1 + m2 the total binary mass, and f is
the gravitational-wave frequency. We recall that f =
2forb , wherepforb is the orbital frequency, i.e. forb =
ωorb /(2π) = GM/r3 /(2π) and r the binary separation
distance. We recall that the quantity Mchirp ≡ ν 3/5 M is
referred to in the literature as the binary chirp mass.
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A.

Analysis of GW 150914

In order to extract information from the signal related
to the regime I it is necessary to make an analysis of the
frequency evolution with time since, within this approximation, the binary chirp mass is given by:

Mchirp

5
f˙
8/3
11/3
96π
f

c3
=
G

!3/5

.

(2)

We fit the evolution of the frequency with time in GW
obs
150914 which leads to Mchirp
≈ 30.5 M , in agreement
+2.5
obs
with the LIGO analysis, Mchirp = 30.2−1.9
M , in the
detector-frame [11]. We recall that the total mass in the
source-frame is M = Mobs /(1 + z).
From the definition of chirp mass it follows that the
total mass of the system is M = Mchirp /ν 3/5 . Thus, since
0 < ν ≤ 1/4, the above value of the chirp mass implies
for the total mass a range 70.07 . Mobs /M < ∞ in the
detector-frame.
When the conservative quasi-circular dynamics following the classic point-like approximation breaks down, the
regime II, namely the final plunge, merger and ringdown
of the newly formed object, sets in (see section III).
We denote the gravitational-wave frequency at which the
quasi-circular evolution ends as the plunge starting frequency, fplunge . We adopt here as an estimate that of
the last stable orbit (LSO) of a test-particle around a
Schwarzschild black-hole:
3

fplunge ≈ fLSO =

c
1
M
≈ 4.4
kHz.
G 63/2 πM
M

(3)

Thus, the total energy radiated during regime I can be
estimated from the binding energy of the LSO which,
by extrapolation to the case of a binary of comparable
masses, reads
p

p
∆Einspiral = (1 − 8/9)µc2 = (1 − 8/9)ν 2/5 Mchirp c2 ,
(4)
which for the above value of the chirp mass implies a
range 0 < ∆Einspiral . M c2 /(1 + z).

III.

REGIME II: PLUNGE, MERGER AND
RINGDOWN

After the regime I of quasi-circular inspiral evolution, it
starts the regime II composed by the plunge, merger and
ringdown, as first analyzed in Ref. [4, 5] for a test-particle
falling radially into a Schwarzschild black-hole. It was
shown in Refs. [4, 5] that the gravitational-wave spectrum
in this regime II is dominated by the l = 2 multipole
(quadrupole) emission and that the largest gravitationalwave emission occurs from r ≈ 3GM/c2 , at the maximum

FIG. 1. R̈l factors of the Riemann tensor components as a
function of the retarded time for l = 2, 3, 4. Figure reproduced from Ref. [5] with kind permission of the authors.

of the effective potential


2mBH
×
(5)
Vl (r) = 1 −
r
 2

2λ (λ + 1)r3 + 6λ2 mBH r2 + 18λm2BH r + 18m3BH
r3 (λr + 3mBH )2
where λ = (l − 1)(l + 2)/2, and the black-hole horizon.
It was there shown that in the limit of large l, the contribution of each multipole to the spectrum peaks at the
gravitational-wave frequency
l
fpeak
=

c3
l
c3 p
√
,
(Vl )max ≈
G
G 2π 27M

(6)

c3 0.05
M
≈ 10.36
kHz.
G M
M

(7)

while the total spectrum obtained by summing over all
the multipoles peaks at
fpeak ≈

The signature of the particle infalling is imprinted
in the multipolar structure of the signal.
The
asymptotic expression of the tide-producing compo2
∗
nents of the Riemann
√ tensor are [5]: R020 (r , t) =
P
2π
∗
2r), where the angular depenl R̈l (r , t)Wl (θ)/(
dence factor is Wl (θ) = (∂ 2 /∂θ2 − cot θ∂/∂θ)Yl0 (θ),
being Yl0 the spherical harmonics and r∗ = r +
2GM/c2 ln[c2 r/(2GM ) − 1] (see figure 1).
That the multipole spectra obtained in [4] were associated with the 2l -pole normal-mode vibrations of the
black-hole, excited by the gravitational-wave train produced by the in-falling body, was then shown in [12].
Thus, the gravitational-wave spectrum from the peak
on is governed by the emission of the vibrational energy of the black-hole driven by gravitational-wave radiation. Such vibrations are known today as black-hole
“ringdown” or “ringing tail” [4].
The total gravitational-wave spectrum in the regime
II has a peaked form [4, 6] (see figure 2): it first has
a raising part that follows a power-law behavior, then

3
From all the above we can extract three important theorems:

merger

0.03

2. the energy emitted in gravitational-waves during
the total inspiral phase is larger than the energy
emitted in the final plunge-merger-ringdown phase;

ge
plun

n

0.02

1. the final gravitational-wave frequency of the inspiral phase, fLSO , is lower than the peak frequency,
fpeak ;

ringdow

dE/dω [units of Gµ2 /c]

0.04

0.01
0.0
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0.2
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GωM/c3
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fmerger ≡ fpeak ,

FIG. 2. Spectrum of the gravitational-wave radiation (l = 2
multipole) emitted by a test-particle of mass m falling radially
into a black-hole of mass M (in geometrical units). This figure
has been adapted from the original one in [4].

reaches a maximum to then falling off rapidly. This form
of the spectrum was already evident from the first idealized analysis of the radially infalling particle problem in
Ref. [13] that considered the motion of the test-particle
in the Schwarzschild metric, but the radiation was there
estimated in a flat-space linearized theory of gravity.
The spectrum raises during the plunge following approximately a power-law


dE
df



plunge

∝

Gµ2
c



4πGM f
c3

4/3

;

(8)

then it reaches a maximum at the peak frequency (7),
the approximate point of the merger, and then it falls off
at large frequencies approximately as the exponential


dE
Gµ2
∝
exp(−9.9 × 2πGM f /c3 ) (9)
df ringdown
c
during the ringing. The spectrum of the l = 2 multipole radiation, obtained numerically in [4], is shown in
figure 2. We have indicated the location of the plunge,
merger and ringdown phases in the frequency-domain.
Clearly, one can obtain an approximate formula of the
spectrum from the interpolation function

−1
dE
1
1
≈
+
. (10)
df
(dE/df )plunge
(dE/df )ringdown
The contribution of each multipole to the total energy
radiated during the regime II (plunge+merger+ringdown
phase) is E2l −pole ≈ 0.44(µ2 /M )c2 e−2l , so the total energy radiated to infinity in gravitational-waves is [4]:


XZ
dE
µ2
∆Emerger =
df
≈ 0.01 c2 . (11)
df 2l −pole
M
l≥2

3. the merger point can be set as the point where the
gravitational-wave spectrum, dE/df , reaches the
maximum value. Then,
(12)

where fpeak is given by equation (6).

A.

Angular momentum in the merger phase

It was shown in Ref. [7, 8] that the energy emitted
during the plunge of a test-particle into a black-hole is
affected by the initial angular momentum of the particle.
The total energy output in form of gravitational-wave
radiation was in Ref. [8] computed for selected initial
angular momenta of the particle (which correspond to
start the plunge of the particle from different orbits). It
is worth to notice that in the limit J = 0, the total energy
emitted approaches the numerical value obtained by [4]
[see equation (11)], namely the one of a radially infalling
particle, as expected.
The results of the numerical integration of [8] are wellfitted (with a maximum error of ∼ 10%) by the phenomenological function
J=0
∆Emerger ≈ ∆Emerger
[1 + 0.11 exp(1.53j)],

(13)

J=0
where j ≡ cJ/(GµM ) and ∆Emerger
is the energy radiated by a particle falling radially given by equation (11).
Thus, from the knowledge of the angular momentum
at the LSO, we can infer the amount of energy emitted during the final merger phase. The energy loss during the regime II is therefore ∆Emerger ≈ 0.24(µ2 /M )c2 ,
where we have used equations (11),
(13), and the fact
√
that jLSO = cJLSO /(GµM ) = 2 3 is the dimensionless
angular momentum of a test-particle in the LSO around
a Schwarzschild black-hole.
From the amount of energy emitted in this final plunge
phase, ∆Emerger given by equation (13), we can estimate
the angular momentum loss by the gravitational-wave
emission in the final plunging, ∆Jmerger , as

∆Jmerger ≈

∆Emerger
,
πfLSO

which leads to ∆Jmerger ≈ 3.81Gµ2 /c.

(14)

4

Sn (f) and 2|h̃(f)| f [strain/ Hz]

10-19

p

regime I: inspiral
regime II: plunge+merger+ringdown
regime I + regime II
LIGO strain-noise

10-20
10-21

which leads to a mass-ratio
q=

m2
4ν
+0.33
=
2 ≈ 0.67−0.11 ,
√
m1
1 + 1 − 4ν

(17)

q

which is within the numerical relativity analysis value
q = 0.79+0.18
−0.19 [11]. Thus, we obtain individual masses

10-22
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q

10-24101

102
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FIG. 3. Comparison of the amplitude spectral density of the
signal in the regimes I (dashed orange curve), II (gray dashed
curve) and the total signal (I+II, solid red curve) with the
one of the LIGO H1 noise (solid blue curve).

B.

Analysis of GW 1509014

It is unfortunate that the signal around 150 Hz occurs
just at the limit of the sensitivity of LIGO, not allowing
a definite observational characterization of regime II (see
figures 3–5). Even so, we can proceed with our theoretical
analysis by assuming that the evolution of the system
follows the above theoretical plunge scenario, originating
in a binary system.
obs
We estimate a frequency at maximum strain fpeak
=
144 ± 4 Hz where the uncertainties are due to the resolution of the discrete Fourier transform used to obtain
the spectrogram. By using the aforementioned theorem
3, we can estimate the total mass of the binary equating
the observed peak-frequency to the theoretical prediction
(7). We obtain the total mass in the detector frame:
Mobs =

10.36 kHz
M ≈ 72 ± 2 M ,
obs
fpeak

(15)

where the quoted errors are associated with the errors
obs
in the determination of fpeak
. This value is to be compared with the total mass in the detector-frame obtained
from the analysis based on numerical relativity templates, Mobs ≈ 70.3+5.3
[11], namely, our estimate
−4.8 M
is off only within a 2.4% of error with respect to the full
numerical relativity analysis.
From the knowledge of the chirp mass obtained from
regime I, and the total binary mass computed here above,
we can extract the mass-ratio of the binary. From the
definition of symmetric mass-ratio we have
µ
ν=
=
M



Mchirp
M

5/3

≈ 0.24 ± 0.01,

(16)

Mobs
≈ 43.1+4.3
−7.9 M ,
(1 + q)
q
=
Mobs ≈ 28.9+6.3
−5.9 M ,
1+q

mobs
BH,1 =

(18)

mobs
BH,2

(19)

which agree with the numerical relativity values mBH,1 =
+4.8
39.4+5.5
−4.9 M , mBH,2 = 30.9−4.4 M [2, 11].
With the knowledge of the mass of the binary and the
one of the binary components we can now estimate the
energy emitted in gravitational-waves using equations (4)
and (13) for the regime I and II, respectively. It turns out
that for this nearly mass-symmetric binary the two contributions are almost equal with ∆Einspiral ≈ ∆Emerger ≈
1 M , so a total energy emitted ∆Etot ≈ 2 M .
It is worth to stress that the above will remain mere
theoretical speculations, unless the hypothesis of a binary
nature of the system is confirmed either by independent
astrophysical observations (as, e.g., in the case of binary
pulsars whose independent observation in the radio frequencies has allowed tests of the general theory of relativity with unprecedented accuracy [14, 15]), or by direct
observations of the ringdown phase (see section V).
IV.

MASS AND SPIN OF THE FORMED
BLACK-HOLE

In order to give an estimate of the newly formed blackhole parameters, we can use both energy and angular
momentum conservation. Energy conservation implies a
mass of the newly formed black-hole
√
(20)
mBH ≈ M − (1 − 2 2/3)ν − ∆Emerger /c2
≈ M β(ν),
(21)

√



where β(ν) ≡ 1 − 1 − 2 2/3 ν − 0.24ν 2 .
momentum conservation leads to
JBH = JLSO − ∆Jmerger ,

Angular
(22)

which implies a dimensionless angular momentum of the
newly formed black-hole
√
cJBH
2 3ν − 3.81ν 2
α≡
≈
.
(23)
Gm2BH
β(ν)2
A.

Analysis of GW 1509014

Putting together the equations (19), (20), (23), we obtain a straightforward estimate of the parameters of the

5
1.5

final black-hole:
α=

cJBH
≈ 0.65+0.02
−0.02 ,
Gm2BH

to be compared with the numerical relativity analysis
+0.05
2
mBH = 62+4
−4 M and cJBH /(GmBH ) = 0.67−0.07 [2, 11].
V.

1.0

(24)

0.5
strain (10 -21 )

mBH ≈ 70+2
−2 M ,

DISCUSSION

0.0
0.5
1.0

2) the binary nature of the system and the mass of
each binary component;
3) the formation of the black-hole horizon including
the multipolar structure of the ringing;
4) the energy radiated in gravitational-waves.
In absence of these verifications no conclusion can be
drawn about the nature of the system. It is therefore
unfortunate that the signal around 150 Hz occurs just
at the limit of the sensitivity of LIGO, not allowing a
definite characterization of regime II (see figures 3–5).
Under these conditions, regime I alone is not sufficient to
determine the astrophysical nature of GW 150914, nor to
assess that it was produced by a binary black-hole merger
leading to a newly formed black-hole.
VI.

CONCLUSIONS

It is by now clear that the LIGO event GW 150914
represent an epochal event just a few weeks after the
first run of the advanced LIGO detector and occurring
in the most favorable conditions for detectability. The
current situation has manifested striking correspondence
between our theoretical prediction and the observations.
The confirmation by observing the late phase of coalescence to a black-hole, the creation of an horizon, the

residual
theoretical waveform
0.15

0.10
0.05
time (s) since main event

0.00

0.05

FIG. 4. (Color online) Blue curve: theoretical waveform of
the binary black-hole coalescence used in [2] to explain GW
150914. Red curve: residuals from the subtraction of the
theoretical waveform to the filtered H1 detector time series.
We can see how the theoretical waveform after the first crest
after maximum is of the same order as the residuals, impeding
the characterization of the ringdown.

Regime I: inspiral
Regime II: plunge+merger+ringdown

101

q

1) the total mass of the system;

1.5
0.20

hc (f) fmax /(fSn (f))

There are two markedly different regimes in the evolution of coalescing binary black-holes: I) the inspiraling
phase; II) the plunge and merger followed by the ringdown phase of the newly formed black-hole. These two
regimes have to be constrained by observations with comparable accuracy. In such a case, our analysis shows that
it is possible to extract the parameters of the system, indicated in [2], but from a much simpler analysis of the
two regimes in the test-particle approximation without
the need of sophisticated numerical simulations. This
is quite striking since we would expect that in the real
world our test-particle approximation should not be valid
in nearly mass-symmetric systems like the one proposed
in [2] to explain GW 150914.
The independent observational confirmation of the two
regimes and their subsequent matching is indeed essential
in order to evaluate:

100
50

100

f [Hz]

150

200

FIG. 5. (Color online) Estimated signal-to-noise ratio of
regimes I (blue curve) and II (red curve) as described in
this work. We can see how the signal-to-noise ratio decreases
at the end of regime II impeding the characterization of the
ringdown. The frequency fmax is the maximum observed frequency of the signal in each regime.

multipolar structure of the ringing (see figures 3–5) is now
open to further inquire in order to uniquely identify and
verify the astrophysical nature of the source. A quest for
search of previously discarded signals with lower values of
signal-to-noise ratio occurring not in the optimal region
of sensitivity nor with the optimal localization and directionality should be addressed. Also important is to focus
on the observation of merging processes leading either to
a more extended or less extended range of frequencies.
We can then conclude:
A) if these verifications in past or future observations

6
will materialize, then we are in presence of an outstanding scientific confirmation of the theoretical analysis we
here presented on the ground of three fundamental results: 1) the inspiral phase described in [3], 2) the plunging, merger and ringdown phases described in [4, 5] (see
also [6] and appendices therein), and 3) the transition
from the quasi-circular inspiral phase to the final merger
described in [8].
B) On the other hand, if these verifications will not

succeed, the relevance of the present work will be of service for inquiring on alternative sources not originating
from a black-hole created in a black-hole binary merger.
C) If this last alternative does not materialize, the
relevance of the present work will be more academic and
will focus on the perspective that GW 150914 is not of
astrophysical nature.
All these three possibilities, at the moment, have to be
addressed with equal vigor, each being equally epochal.
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ABSTRACT

We analyze the event GW 150914 announced by the Advanced Laser Interferometer Gravitational-Wave Observatory (LIGO) as the gravitational-wave emission of
a black-hole binary merger. We show that the parameters of the coalescing system
and of the newly formed Kerr black-hole can be extracted from basic results of the
gravitational-wave emission during the inspiraling and merger phases without sophisticated numerical simulations. Our strikingly accurate estimates are based on textbook
formulas describing two different regimes: 1) the binary inspiraling analysis treated
in Landau and Lifshitz textbook, and 2) the plunge of a particle into a black-hole,
treated in the Rees-Ruffini-Wheeler textbook. It is stressed that in order to infer any
astrophysical information on the masses of the system both regimes have to be independently and observationally constrained by LIGO, which does not appear to be the
case.
Key words: Gravitational Waves

1

INTRODUCTION

It was recently announced by the Advanced Laser Interferometer Gravitational-Wave Observatory (LIGO) the observation, for the first time, of a gravitational wave signal
(Abbott et al. 2016). After the data analysis using numerical relativity templates of black-hole binary mergers, they
concluded that the signal, which lasts 0.2 s with increasing gravitational-wave frequency from 35 to ∼ 150 Hz, was
emitted during the inspiral and merger of a binary blackhole, followed by the subsequent ringdown phase of the
newly formed black-hole. The binary black-hole parameters obtained from this analysis are: mBH,1 = 36+5
−4 M ,
mBH,2 = 29+4
M
,
and
a
luminosity
distance
to
the
source
−4
+0.03
dL = 410+160
−180 Mpc (cosmological redshift z = 0.09−0.04 ),
adopting a flat Λ-cold-dark-matter cosmology with Hubble
parameter H0 = 67.9 km s−1 Mpc−1 , and matter and darkenergy density parameter Ωm = 0.306 and ΩΛ = 0.694, respectively.
We show in this Letter that the general features of the
system that generates GW 150914 can be inferred from a
simple analysis of the gravitational-wave signal on the light
of the foundations of the gravitational-wave theory and from
two classic results: 1) the analysis of the inspiraling phase
of a binary system of point-like particles, and 2) the merger
analysis based on the approximation of a test-particle falling
into a black-hole. It is of course essential for the validity
of this approximation that both regimes be independently
confirmed by observations.
c 2016 The Authors

2
2.1

BINARY EVOLUTION
Inspiral phase

A binary system, by emitting gravitational-waves, evolves
through two different phases: the regime I is the “adiabatic” inspiral phase in which the binary follows quasicircular orbits. The gravitational-wave energy spectrum in
this phase can be estimated from the traditional formula of
the quadrupole emission within the classic point-like approximation (Peters & Mathews 1963; Peters 1964; Rees et al.
1974)
dE
1
= (πG)2/3 νM 5/3 f −1/3 ,
df
3

(1)

where ν ≡ µ/M is the so-called symmetric mass-ratio parameter, with µ = m1 m2 /M the binary reduced mass, M =
m1 + m2 the total binary mass, and f is the gravitationalwave frequency. We recall that f = 2fs = 2forb , where fs
the source frequency
so the orbital one, i.e. fs = forb =
p
ωorb /(2π) =
GM/r3 /(2π) and r the binary separation
distance. We recall that the quantity Mchirp ≡ ν 3/5 M is
referred in the literature to as the binary chirp mass.
When the conservative quasi-circular dynamics following the classic point-like approximation breaks-down, the
regime II, namely the final plunge, merger and ringdown of
the newly formed object sets in. We denote the gravitationalwave frequency at which the quasi-circular evolution ends as
plunge starting frequency, fplunge . We adopt here as an estimate of the plunge starting frequency, the one of the last
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0.04

c3
1
M
≈ 4.4
kHz.
G 63/2 πM
M

(2)

Plunge, merger and ringdown

After the regime I of quasi-circular inspiral evolution, the
regime II composed by the plunge, merger and ringdown,
as first analyzed in Davis et al. (1971, 1972) for a testparticle falling radially into a Schwarzschild black-hole,
starts. It was shown first by Davis et al. (1971, 1972) that
the gravitational-wave spectrum in this regime II is dominated by the l = 2 multipole (quadrupole) emission and
that the largest gravitational-wave emission occurs from
r ≈ 3GM/c2 , at the maximum of the effective potential


2mBH
Vl (r) = 1 −
×
(3)
r
 2

2λ (λ + 1)r3 + 6λ2 mBH r2 + 18λm2BH r + 18m3BH
r3 (λr + 3mBH )2
where λ = (l −1)(l +2)/2, and the black-hole horizon. It was
there shown that in the limit of large l, the contribution of
each multipole to the spectrum peaks at the gravitationalwave frequency
l
fpeak
=

c3 p
c3
l
√
(Vl )max ≈
,
G
G 2π 27M

(4)

M
c3 0.05
≈ 10.36
kHz.
G M
M

(5)

while, the total spectrum obtained by summing over all the
multipoles, peaks at
fpeak ≈

Then, Press (1971) showed that the multipole spectra
obtained in Davis et al. (1971) were associated with the 2l pole normal-mode vibrations of the black-hole, excited by
the gravitational-wave train produced by the in-falling body.
Thus, the gravitational-wave spectrum from the peak on is
governed by the emission of the vibrational energy of the
black-hole driven by gravitational-wave radiation. Such vibrations are referred today to as black-hole “ringdown” or
“ringing tail” (Davis et al. 1971).
As it was shown in Davis et al. (1971), the gravitationalwave spectrum in this phase has a peaked form: it first has
a raising part that follows a power-law behavior which can
be understood as follows. The solution of the particle radially falling onto the black-hole in linearized theory, i.e. in a
flat background, and using Newtonian equations of motion
which leads to (Rees et al. 1974)



4/3
dE
Gµ2 4πGM f
≈ 2π × 0.18
.
(6)
df plunge
c
c3
The spectrum thus raises following approximately (6) until

0.02

n

2.2

0.03
ringdow

Thus, the total energy radiated during the inspiral regime
can be estimated from the binding energy of the LSO which,
by extrapolation to the case ofpa binary of comparable
masses, reads ∆Einspiral = (1 − 8/9)µc2 , where we recall
that µ is the binary reduced mass. Thus, for a symmetric
binary it gives ∆Einspiral ≈ 0.014M c2 .

merger

ge

fplunge ≈ fLSO =

dE/dω [units of Gµ2 /c]

stable orbit (LSO) of a test-particle around a Schwarzschild
black-hole:

plun

L2

0.01
0.0
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0.2

0.3

0.4
GωM/c3

0.5

0.6

0.7

Figure 1. Spectrum of the gravitational-wave radiation (l = 2
multipole) emitted by a test-particle of mass m falling radially
into a black-hole of mass M (in geometrical units). This figure
has been adapted from the original one in Davis et al. (1971).

it reaches a maximum at the peak frequency (5), and then it
falls off following an approximate (phenomenological) form


dE
Gµ2
≈ 2π
exp(−9.9 × 2πGM f /c3 ).
(7)
df ringdown
c
The spectrum of the l = 2 multipole radiation as obtained
numerically in Davis et al. (1971) is shown in figure 1. We
have indicated the location of the plunge, merger and ringdown phases in the frequency-domain. It is clear that an
approximate analytic formula of the spectrum can be obtained from the interpolation function

−1
1
1
dE
≈
+
.
(8)
df
(dE/df )plunge
(dE/df )ringdown
The total energy radiated to infinity in gravitationalwaves during this plunge+merger+ringdown phase is (Davis
et al. 1971):


XZ
dE
µ2
∆Emerger =
≈ 0.01 c2 .
(9)
df
df 2l −pole
M
l≥2

From all the above we can extract three important theorems:

(i) the final gravitational-wave frequency of the inspiral
phase, fLSO , is lower than the peak frequency, fpeak ;
(ii) the energy emitted in gravitational-waves during the
total inspiral phase is larger than the energy emitted in the
final plunge-merger-ringdown phase;
(iii) the merger point can be set as the point where the
gravitational-wave spectrum, dE/df , reaches the maximum
value;
(iv) from the above, the frequency at merger is
fmerger ≡ fpeak ,

(10)

where fpeak is given by equation (4).
2.3

Angular momentum in the merger phase

As it was shown in Detweiler & Szedenits (1979), the energy
emitted during the plunging of a test-particle into a blackMNRAS 000, 1–4 (2016)
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hole is affected by the initial angular momentum of the particle. The total energy output in form of gravitational-wave
radiation was there computed for selected initial angular momenta of the particle (which correspond to start the plunge
of the particle from different orbits). It is worth to notice
that in the case J = 0, the total energy emitted approaches
the numerical value obtained in Davis et al. (1971), see equation (9), in the case of radial falling into the black-hole, as
expected.
The results of the numerical integration of Detweiler &
Szedenits (1979) are well-fitted (with a maximum error of
∼ 10%) by the phenomenological function
J=0
∆Emerger ≈ ∆Emerger
[1 + 0.11 exp(1.53j)],

(11)

J=0
∆Emerger

where j ≡ cJ/(GµM ) and
is the energy radiated
by a particle falling radially given by equation (9).
Thus, from the knowledge of the angular momentum
at the LSO, we can infer the amount of energy emitted
during the final merger phase. The energy loss during the
regime II is therefore ∆Emerger ≈ 0.24(µ2 /M )c2 , where we
have used equations
√ (9), (11), and the fact that jLSO =
cJLSO /(GµM ) = 2 3 is the dimensionless angular momentum of a test-particle in the LSO around a Schwarzschild
black-hole.
From the amount of energy emitted in this final plunge
phase, ∆Emerger given by equation (11), we can estimate the
angular momentum loss by the gravitational-wave emission
in the final plunging, ∆Jmerger , as
∆Jmerger ≈

∆Emerger
,
πfLSO

(12)

which leads to ∆Jmerger ≈ 3.81Gµ2 /c.

3

the point-like approximation, it can be inferred the chirp
mass of the binary as:
Mchirp

c3
=
G



3/5
f˙
5
.
96π 8/3 f 11/3

Mobs =

10.36 kHz
M ≈ 72 ± 2 M ,
obs
fpeak

where we have computed it in the observer-frame, i.e. in the
detector-frame. This value is to be compared with the total
mass in the detector-frame obtained from the analysis based
on numerical relativity templates, Mobs ≈ 70.3+5.3
−4.8 M (The
LIGO Scientific Collaboration & the Virgo Collaboration
2016), namely, our estimate is off only within a 2.3% of error
with respect to the full numerical relativity analysis. Clearly,
the total mass in the source-frame is M = Mobs /(1 + z).
From the knowledge of the chirp mass and the total
binary mass, we can extract the mass-ratio of the binary.
From the definition of symmetric mass-ratio we have

q=

≈ M β(ν),
(14)
√



where β(ν) ≡ 1 − 1 − 2 2/3 ν − 0.24ν 2 , while angular
momentum conservation leads to
(15)

which implies a dimensionless angular momentum of the
newly formed black-hole
√
cJBH
2 3ν − 3.81ν 2
≈
α≡
.
(16)
Gm2BH
β(ν)2

µ
=
M



Mchirp
M

5/3

≈ 0.24 ± 0.01,

m2
4ν
+0.33
=
2 ≈ 0.67−0.11 ,
√
m1
1 + 1 − 4ν

(19)

ANALYSIS OF GW 1509014

In order to extract more information from the signal it is
necessary to make an analysis of the frequency evolution
with time. From the binary evolution in the regime I, within

(20)

which is within the numerical relativity analysis value q =
0.79+0.18
−0.19 (The LIGO Scientific Collaboration & the Virgo
Collaboration 2016). Thus, we obtain individual masses
mobs
BH,1

=

mobs
BH,2

=

Mobs
≈ 43.1+4.3
−7.9 M ,
(1 + q)
q
Mobs ≈ 28.9+6.3
−5.9 M ,
1+q

(21)
(22)

which agree with the numerical relativity values mBH,1 =
+4.8
39.4+5.5
−4.9 M , mBH,2 = 30.9−4.4 M (Abbott et al. 2016; The
LIGO Scientific Collaboration & the Virgo Collaboration
2016).
Therefore, together with the equations (13) and (16),
we obtain a straightforward estimate of the parameters of
the final black-hole:
mBH ≈ 70+2
−2 M ,

MNRAS 000, 1–4 (2016)

(18)

which leads to a mass-ratio

In order to give an estimate of the newly formed black-hole
parameters, we can use both energy and angular momentum conservation. Energy conservation implies a mass of
the newly formed black-hole
√
mBH ≈ M − (1 − 2 2/3)ν − ∆Emerger /c2
(13)

4

(17)

We fit the evolution of the frequency with time in GW
obs
150914 which leads to Mchirp
≈ 30.5 M , in agreement with
obs
the LIGO analysis, Mchirp = 30.2+2.5
−1.9 M , in the detectorframe (The LIGO Scientific Collaboration & the Virgo Collaboration 2016).
obs
We estimate a frequency at maximum strain fpeak
=
144±4 Hz. The uncertainties are due to the resolution of the
discrete Fourier transform used to obtain the spectrogram.
By using the aforementioned theorem 3, we can estimate
the total mass of the binary equating the observed peakfrequency to the theoretical prediction (5):

ν=

MASS AND SPIN OF THE FORMED
BLACK-HOLE

JBH = JLSO − ∆Jmerger ,

L3

cJBH
= 0.65+0.02
−0.02 ,
Gm2BH

(23)

to be compared with the numerical relativity analysis
mBH = 62+4
and cJBH /(Gm2BH ) = 0.67+0.05
−4 M
−0.07 (Abbott
et al. 2016; The LIGO Scientific Collaboration & the Virgo
Collaboration 2016).

L4
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CONCLUDING REMARKS

There are two markedly different regimes in the evolution
of coalescing binary black-holes: I) the inspiraling phase up
to merger and II) the final ringdown phase of the newly
formed black-hole. The two regimes have to be constrained
by observations with comparable accuracy. In that case, our
analysis shows that it is possible to extract the parameters
of the system, indicated in Abbott et al. (2016), but from a
much simpler analysis of the two regimes in the test-particle
approximation without the need of sophisticated numerical
simulations. This is quite striking since we would expect
that in the real world our test-particle approximation should
not be valid in nearly mass-symmetric systems like the one
proposed in Abbott et al. (2016) to explain GW 150914.
The independent observational confirmation of the two
regimes is indeed essential for testing the validity of this
approximation, for determining the total mass of the system and the mass of each binary component, as well as the
formation of the black-hole horizon.
It is therefore unfortunate that the signal around 150 Hz
occurs just at the limit of the sensitivity of LIGO, not allowing a definite characterization of regime II. Under these
conditions, regime I alone is not sufficient to determine the
astrophysical nature of GW 150914, nor to assess that it was
produced by a binary black-hole merger leading to a newly
formed black-hole.
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Equilibrium structure of white dwarfs at finite temperatures
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Recently, it has been shown by S. M. de Carvalho et al. (2014) that the deviations between
the degenerate case and observations were already evident for 0.7-0.8 M⊙ white dwarfs.
Such deviations were related to the neglected effects of finite temperatures on the structure of a white dwarf. Therefore, in this work by employing the Chandrasekhar equation
of state taking into account the effects of temperature we show how the total pressure
of the white dwarf matter depends on the mass density at different temperatures. Afterwards we construct equilibrium configurations of white dwarfs at finite temperatures.
We obtain the mass-radius relations of white dwarfs for different temperatures by solving the Tolman-Oppenheimer-Volkoff equation, and compare them with the estimated
masses and radii inferred from the Sloan Digital Sky Survey Data Release 4.
Keywords: Hot white dwarfs; finite temperatures; general relativity; hydrostatic equilibrium.
PACS numbers: 03.75.Ss; 04.40.Dg; 95.30.Sf; 97.20.Rp

1. Introduction
In astrophysics it is of high importance to construct a realistic physical model of
stellar compact objects such as neutron stars and white dwarfs (WDs) which fits
with observations. Consequently, all physical phenomena and quantities must be
duly taken into account in the equation of state (EoS). Up to now there exist
three EoS to describe the degenerate matter of WDs: the Chandrasekhar EoS,1 the
Salpeter EoS2,3 and the Relativistic Feynman-Metropolis-Teller (RFMT) EoS.4,5,6
The main differences, advantages and drawbacks among theses EoS are discussed
by Rotondo et al6 . in detail. Moreover, according to Shapiro et al.6,7 it is necessary
to investigate WDs in general relativity (GR) in order to analyze their stability
though the corrections of GR can be neglected for low mass WDs.
In this work, we investigate hot white dwarfs by employing the Chandrasekhar
EoS1 including the finite-temperature effects. Similar approach to include the effects

1
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of finite temperatures in case of the RFMT EoS has been used by S. M. de Carvalho
et al.8
Here we perform similar analyses following S. M. de Carvalho et al.8 in order to
construct the mass-radius relations of white dwarfs at finite temperatures in GR for
the sake of completeness. We compare our results with the estimated masses and
radii from the Sloan Digital Sky Survey Data Release 4 (SDSS-E06 catalog).9
2. Equation of State
For the sake of clarity we make use of the Chandrasekhar EoS since it is the simplest
EoS for WD matter, is well known and widely used in the description of physical
properties of WDs.6
2.1. Chandrasekhar EoS at finite temperatures
In general, the EoS is determined through the total pressure and the total energy
density of matter. Within the Chandrasekhar’s approximation, the total pressure
is due to the pressure of electrons Pe since the pressure of positive ions PN (naked
nuclei) is insignificant whereas the energy density is due to the energy density of
nuclei EN as the energy density of the degenerate electrons Ee is negligibly small.
Thus, the Chandrasekhar EoS is given by
ECh = EN + Ee ≈ EN =

A
M u c2 n e ,
Z

PCh = PN + Pe ≈ Pe ,

(1)
(2)

where A is the average atomic weight, Z is the number of protons, Mu = 1.6604 ×
10−24 g is the unified atomic mass, c is the speed of light and ne is the electron
number density. In general, the electron number density follows from the FermiDirac statistics and is determined by10,11
Z ∞
2
4πp2 dp
i
h
ne =
,
(3)
(2π~)3 0 exp Ẽ(p)−µ̃e (p) + 1
kB T

where kB is the Boltzmann constant,
µ̃e is the electron chemical potential without
p
the rest-mass, and Ẽ(p) =
c2 p2 + m2e c4 − me c2 , with p and me the electron
momentum and rest-mass, respectively.
It is possible to show that (3) can be written in an alternative form as
√

8π 2 3 3 3/2 
F1/2 (η, β) + βF3/2 (η, β) ,
(4)
m c β
ne =
(2π~)3
where

Fk (η, β) =

Z

0

∞ k

t

p
1 + (β/2)t
dt
1 + et−η

(5)
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Fig. 1. Total pressure as a function of the mass density in the case of µ = A/Z = 2 white dwarf
for selected temperatures in the range T = (104 − 108 ) K.

is the relativistic Fermi-Dirac integral, η = µ̃e /(kB T ), t = Ẽ(p)/(kB T ) and β =
kB T /(me c2 ) are degeneracy parameters.8,11
Consequently, the total electron pressure for T 6= 0 K is given by

β
23/2 4 5 5/2 
F
(η,
β)
+
m
c
β
F
(η,
β)
.
(6)
Pe =
3/2
5/2
3π 2 ~3 e
2

In Fig. 1 we plot the total pressure (6) as a function of the total density (1) of
the system for selected temperatures T = 104 , 105 , 106 , 107 , 108 K. As one can see
the effects of temperature is essential in the range of small densities.
2.2. Chandrasekhar EoS at T=0
When T = 0 one can write for the number density of the degenerate electron gas
the following expression from the Eq. (3)
Z PeF
Z PeF
2
(P F )3
8π
(me c)3 3
3
p2 dp = e2 3 =
d
p
=
x
(7)
ne =
3
3
(2π~)
(2π~) 0
3π ~
3π 2 ~3 e
0

and the total electron pressure
1 2
Pe =
3 (2π~)3

Z

PeF

0

p

c2 p 2
c2 p2 + m2e c4

4πp2 dp

p
m4e c5
[xe 1 + x2e (2x2e /3 − 1) + arcsinh(xe )] ,
2
3
8π ~
where xe = PeF /(me c) is the dimensionless Fermi momentum.
=

(8)

3. Equations of Stellar Structure and Equilibrium
From spherically symmetric metric
ds2 = eν(r) c2 dt2 − eλ(r) dr2 − r2 dθ2 − r2 sin2 θdϕ2 ,

(9)
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the equations of equilibrium can be written in the Tolman-Oppenheimer-Volkoff
(TOV) form,
dν(r)
2G 4πr3 P (r)/c2 + M (r)
h
i ,
= 2
dr
c
r2 1 − 2GM(r)
2

(10)

c r

E(r)
dM (r)
= 4πr2 2 ,
dr
c
1 dν(r)
dP (r)
=−
[E(r) + P (r)] ,
dr
2 dr

(11)
(12)

where the mass enclosed at the distance r is determined through e−λ(r) = 1 −
2GM (r)/(c2 r), E(r) = c2 ρ(r) is the total energy density, and P (r) is the total
pressure, given by Eqs. (1) and (2).
From the Eqs. (10) and (12) the total pressure can be rewritten in the following
form



−1
P (r)
4πr2 P (r)
2GM (r)
GM (r)ρ(r)
dP (r)
1
+
1
+
1
−
. (13)
=−
dr
r2
ρ(r)c2
M (r)c2
rc2
The TOV equation completely determines the structure of a spherically symmetric body of isotropic material in equilibrium. The first two factors in square
brackets represent special relativistic corrections of order 1/c2 that arise from the
mass-energy relation so that the denominators, E and M c2 , vary relativistically in
connection with Einstein’s famous equation E = mc2 . The last term in brackets is
a general relativistic correction due to non-negligible strength of the gravitational
potential (in units of c2 ) and the meaning of M (r) as the total integrated mass out
to a radial distance r. These corrections each act to strengthen the gravitational
interaction. If terms of order 1/c2 are neglected, the TOV equation becomes the
Newtonian hydrostatic equation,
GM (r)ρ(r)
dP (r)
,
=−
dr
r2

(14)

dM (r)
= 4πr2 ρ(r)
dr

(15)

dΦ(r)
GM (r)
=
dr
r2

(16)

and

used to find the equilibrium structure of a spherically symmetric body of isotropic
material when general-relativistic corrections are not important. Here Φ(r) is the
Newtonian potential of the gravitational field inside the star.
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Fig. 2. Total mass versus central density for µ = 2 white dwarfs for selected temperatures from
T = 104 K to T = 108 K.
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Fig. 3. Mass versus radius for µ = 2 white dwarfs at temperatures T = [ 104 , 105 , 106 , 107 , 108 ] K
in the range R = (104 − 105 ) km.

4. Results
By solving the TOV equations Eqs. (10)-(12) numerically, we obtained mass-central
density M − ρ, and mass-radius M − R relations for static hot WDs.
In Fig. 2 we plot the mass-central density for µ = 2 white dwarfs using the
Chandrasekhar EoS at different temperatures in the range of densities where the
finite-temperature effects are more important.
In addition, in Fig. 3 we show the mass-radius relations. One can see that the
finite-temperature effects are essential for small mass WDs.
In Fig. 4 we plot M − R relation for hot static white dwarfs with µ = 2 (see
Fig. 2) and compare them with the estimated masses and radii of white dwarfs from
the Sloan Digital Sky Survey Data Release 4 (see Ref. 9).
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Fig. 4. Mass-radius relations of white dwarfs obtained with the Chandrasekhar EoS (dashed black
lines) for selected finite temperatures from T = 104 K to T = 108 K and their comparison with the
masses and radii of white dwarfs taken from the Sloan Digital Sky Survey Data Release 4 (black
dots).

Note, the temperature we use here is the temperature of the WD isothermal
core Tc . In order to find the surface effective temperature Tef f , one needs to know
the temperature gradient (so the heat flux) between the isothermal core and the
surface of the star from which photons finally escape, i.e. a Tc -Tef f relation. We
4
−10 2.56
adopt here the Koester formula Tef
Tc , where g is the surface
f /g = 2.05 × 10
12
gravity.

5. Conclusion
In this work we studied the properties of static WDs by using the Chandrasekhar
EoS at finite-temperatures. To investigate WDs in GR we solved the TOV equation
numerically in order to construct M − ρ and M − R relations at finite temperatures.
Furthermore we superposed our results with the estimated values of masses and radii
obtained by Tremblay et al.9 As a result we showed that all observational data, at
least in the range of low masses, can be described by the Chandrasekhar EoS at
finite-temperatures. In our computations we used the values of temperature of the
core of the WD. To compare with the real surface temperature of WDs we exploited
the Koester formula which establishes the connection between the effective surface
temperature and the temperature of the core of WDs. We found that most of the
observed WDs have core temperatures lower than 108 K (see Fig. 4). A precise
analysis using empirical mass-radius relations obtained from the spectroscopic or
photometric measurements of masses and radii is still needed to confirm and extend
our results.
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We consider the effects of rotation and temperature on the structure of white
dwarfs in order to compare them with the estimated data from observations.
Keywords: Rotating White Dwarfs; Hot White Dwarfs; General Relativity.

In this work we construct the mass-radius relation for white dwarfs
(WDs) using the Chandrasekhar equation of state (EoS) within general relativity (GR). First we perform computations for zero temperature uniformly
rotating WDs at the mass shedding limit within the Hartle formalism 1 . Afterwards we superpose our results with the estimated mass-radius relations
obtained from the Sloan Digital Sky Survey Data Release 4 (SDSS 4) by
Tremblay et al. 2 As one can see on the left panel of Fig. 1 the difference
between theory and observations is quite noticeable.
In order to overcome this problem S. M. de Carvalho et al. 3 proposed
to include the finite-temperature effects in the EoS. Following this idea we
performed similar analysis for static WDs at finite-temperatures by solving
the Tolman-Oppenheimer-Volkoff equation (see Ref. 4 for details). The
results of Ref. 4 are shown on the right panel of Fig. 1. As one can see the
only inclusion of the temperature effects on the EoS and on the structure
of the WD leads to a mass-radius relation in better agreement with the
observational data with respect to the only inclusion of the rotation effects.
It should be stressed that from the observations usually one infers the
effective surface temperature and the surface gravity of WDs. All the rest
parameters are estimated by using certain models. However there also exist
techniques to measure the masses of WDs in close eclipsing binaries. The
data inferred from close binaries are more reliable. Therefore in order to
perform more realistic computations one needs to take into account the
effects of rotation and temperature together for selected WDs with known
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Fig. 1. Mass-radius relation of uniformly rotating WDs (the average radius is defined
as hRi = (1/3) (Rp + 2Re ), where Pp is the polar radius, Pe is the equatorial radius)
obtained with the Chandrasekhar EoS for T = 0 K case (left panel) and mass-radius
relation of static WDs for selected finite temperatures from T =104 K to T = 108 K
(right panel) and their superposition with the estimated masses and radii of WDs taken
from the SDSS 4 (blue dots).

parameters. Only after one can make further predictions. This issue is out
of the scope of the present work and will be considered elsewhere.
In conclusion, we calculated the masses and radii of cold rotating and
hot static WDs in GR i.e. the effects of the rotation and finite-temperature
have been considered separately. We compared and contrasted our results
with the estimated data from the observations of WDs. Our results cover
all the data. For more detailed analysis one needs to consider both effects
together and work with more or less model-independent data.
The work was partially supported by Grant No. 3101/GF4 IPC-11/2015
of the MES of the RK.
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